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1 PAULO ). V. GARCIA, ANTONELLA NATTA, AND MALCOLM WALMSLEY

CIRCUMSTELLAR DISKS AROUND
YOUNG STARS

Circumstellar disks around young stars have a long history. Kant, Laplace,
and others realized in the 18th century that our solar system probably arose
in something that one might call a “rotating disk.” About 30 years ago, with the
birth of infrared and millimeter astronomy, it became possible to observe direct
emission from the gas and dust particles in disks surrounding young pre-main-
sequence solar-mass stars. It was found that these might be the forerunners of
“planetary systems” like our own. For fairly obvious reasons, studying the evo-
lution of such disks became a subject of prime interest for many astronomers.
Today, thousands of disks have been detected in nearby star-forming regions,
and we have developed a variety of observational tools, over a wide range of
wavelengths from X-rays to millimeter, to study their properties. Disk stud-
ies have become sufficiently important that they have driven the design of
several new large facilities, such as the first worldwide telescope, the Ata-
cama Large Millimeter Array (ALMA), whose operations will start in the 2010
decade.

Before we go into the details, it is worth pointing out that an important
motivation for much of the work on disks surrounding young and forming
stars is the wish to understand the origins of planetary systems. These, of
course, include our own solar system, but also the hundreds of extrasolar
planets that have been discovered in the last 15 years. The striking diversity
of the planetary systems associated with nearby stars suggests that variations
in the initial conditions of stellar birth give rise to a wide variety of resultant
systems. Since planets form from the dust and gas in the disks, understand-
ing disk structure and evolution is therefore the key to understanding planet
formation.

This book is dedicated to the physical and chemical processes that take
place in circumstellar disks around young stars after the early stage of star
formation, when the central star is formed by the collapse of a molecular core,
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and before the disk dissipates entirely, leaving behind, perhaps, a planetary
system and a tenuous disk of dust, formed by collisions among larger bodies.

Understanding disks requires a knowledge of dust and gas properties,
chemical processes, hydrodynamics and magnetohydrodynamics (MHD),
radiation transfer, and stellar evolution. This book provides a comprehensive
and systematic discussion of the physical phenomena, feedback mechanisms,
and observational probes that control disk physics and evolution. Advanced
undergraduates, graduate students, and researchers in the field will find it
useful. The book assumes a standard undergraduate knowledge of astronomy
and star formation as presented in the excellent monographs by Stahler and
Palla (2005) and Hartmann (2009).

What Does a Circumstellar Disk Look Like?

The most direct evidence for a disklike distribution of the matter around young
stars came from direct imaging with the Hubble Space Telescope (HST), which
showed that some young stars in the Orion Nebula Cluster were surrounded by
dusty disks observed in silhouette against the background nebular emission.
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Fig. 1.1. HH 30 imaged by HST and the Plateau de Bure Interferometer (from Pety et al.,
2006). In all panels, the gray scale is a red (~ 0.7 um) image from HST ; the butterfly-shaped
emission is reflected starlight from the disk surface, while the straight line of emission to the
North East (NE) is the jet emission in [SII]. Left: Contours are the outflow emission traced
by the '2CO J = 2 —1 line integrated only at extreme blue (< 4 km/s) and red (> 11 km/s)
velocity to avoid contamination. Center: superimposition of the outflow emission as in the
left panel and of the blueshifted (from 4.6 to 7.2 km/s; dotted line) and redshifted (from 7.2
t0 9.8 km/s; dashed line) emission of the disk as traced by the 13CO(2-1) line, which show the
evidence of the disk Keplerian rotation. Right: the contours show the 1.30 mm dust continuum
emission from the disk.
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The disks imaged in Plate 1 have in a sense been observed by accident. They
happened to be interposed between the Sun and the background emission
from the Orion Nebula, and they are seen by virtue of the extinction that they
cause to this background.

However, it has been possible in the last few years to image disk emission
directly using a variety of techniques. One is to observe reflected starlight from
the disk (see, e.g., Fig. 1.1). Another is to observe the emission from the dust
and gas in the disk directly at infrared or radio wavelengths. Here the use of
mm wavelength interferometers in particular has allowed imaging the outer
disk (e.g., Fig. 1.1, right) in the dust-emitted continuum and in molecular
lines, such as CO.

How Massive Are Disks?

Disk masses are the most important quantity that one would like to derive
directly from observations. Unfortunately, this is a very difficult task because
most of the disk mass is in cold molecular hydrogen, which cannot be directly
detected. In general, the disk mass is indirectly determined from the dust
mass, assuming a dust-to-gas mass ratio similar to that in the diffuse inter-
stellar medium (ISM). In turn, dust masses are uncertain since they depend
on the dust properties, mostly composition and sizes. With these caveats, one
finds that the disk mass is generally small relative to the mass of the central star,
and in fact current estimates are that the ratio of disk mass My;g to stellar mass
M, is roughly a few percent in the early pre-main-sequence phases (Fig. 1.2).
As discussed in the chapter by Bergin, this agrees with evidence from line
profiles, both at millimeter wavelengths, where one sees the emission of the
outer disk, and in the near infrared (IR), where one sees gas in the inner disk;
in particular, both the profiles of the rotational transition of CO at 1-3 mm
and of the vibrationally excited transitions at 4.6 um are roughly consistent
with Keplerian rotation around the central star.

Although the best-studied disks are associated with T Tauri stars, i.e., in
the mass range ~ 0.1-1 Mg, disks exist around intermediate-mass stars and
around brown dwarfs. This is illustrated in Fig. 1.2, which shows a plot of
observed disk masses for the Taurus region. One sees that objects below the
hydrogen-burning mass limit of 0.1 solar masses (i.e., brown dwarfs) have
disks with a disk-to-stellar-mass ratio similar to that of higher-mass stars.
The number of brown dwarfs with disks is increasing quickly, as more sen-
sitive surveys in the mid-IR are coming out, especially from the Spitzer Space
Telescope. The disk emission of young brown dwarfs can be reproduced by



4 / PAULO J. V. GARCIA, ANTONELLA NATTA, AND MALCOLM WALMSLEY

0_' LA B R AL DL R L R B R B
Taurus n
1 . 7
. ]
s | ° .
3 ¥ ¥.° -
ko] L 2 .: n L} fl
= 2+ Ive ™ .
o) i m, =
L2 "
[ [
u [
3k LI | .
[
| PR T T T [N TR SN SN N (NN SR T U S (NN SN SO SN S (N SO SNNT W M R
-2 -1.5 -1 -0.5 0 0.5
log M, (M,)

Fig. 1.2. Observed ratios of disk mass My;s to stellar mass M, for Taurus pre-main-sequence
stars and brown dwarfs, plotted as function of stellar mass (from Natta and Testi, 2008).
Data for stars are from Andrews and Williams (2005), and for brown dwarfs from Scholz et al.
(2006); in all cases, a value of the opacity of k300,m = 10 cm?/g has been used.

scaled-down T Tauri star disks, which reprocess the radiation emitted by the
central objects. This similarity speaks in favor of a similar process for the
formation of objects of all masses, although more and better data (for example,
improved estimates of the brown-dwarf disk masses) are required.

What Are Disks Made Of?

Essentially, most of what we know about disks concerns the grains. This is
because grains, being efficient radiators, are the most easily observable compo-
nents of young pre-main-sequence disks. However, the gas is important both
because it is the major component and also because it emits spectral lines and
thus allows us to examine disk kinematics and excitation. Unfortunately, most
of the gas is molecular hydrogen, which is difficult to observe except in special
circumstances. As discussed by Bergin in this book, the next most abundant
constituent of most pre-main-sequence disks is thought to be carbon monox-
ide (CO), which, as mentioned earlier, is an important tracer of both inner and
outer disk properties. Obviously, however, it is important to fully characterize
the disk chemistry, which is likely to play a role in the formation of planets
and, possibly, survive in objects such as comets in the early solar system.

Are the Disks Actively Accreting?

It is very likely that the disk structure and its evolution in time are controlled
primarily by accretion of the matter onto the central star. The strong magnetic
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Fig. 1.3. Observed accretion rates of pre-main-sequence stars are plotted as a function of
stellar mass. Crosses are brown dwarfs and T Tauri stars in Taurus; circles and upper limits
area objects in Ophiuchus (Natta et al., 2006; and references therein); plus signs and squares
are G-F—type stars and Herbig Ae stars (from Calvet et al., 2004; Garcia Lopez et al., 2006; and
unpublished data). Accretion rates are derived from “veiling” and emission-line intensities
and/or profiles.

fields measured in these stars point to a magnetic influence in the fate of the
material reaching the inner end of the disk. As shown in the chapter by Calvet
and D’Alessio, accretion rates can be measured because of the excess (over
the photospheric radiation) radiation emitted from the accretion shock caused
by disk material impinging on the stellar surface. This radiation essentially
corresponds to the potential energy liberated (GMf /Ry, where M, is stellar
mass and R, is stellar radius) and hence is a measure of accretion rate. In
Fig. 1.3, we show accretion rates as a function of stellar mass for a large
number of young stars. The figure suggests rapidly increasing accretion rates
for higher masses, leading one to wonder whether disk lifetimes are a function
of stellar mass. Indeed, a trend of shorter disk lifetime for stars of increasing
mass is observed in many star-forming regions, where, as in the much-studied
Orion Nebula Cluster, the intermediate-mass stars lack any evidence of disks.
In fact, most of the well-known young, active stars of intermediate mass (so-
called Herbig Ae stars, the higher-mass brothers of T Tauri stars) are not in
star-forming regions; one thus wonders why their disks have survived, in
contrast to their counterparts in star clusters.

What physical mechanism allows accretion to occur? A classical phe-
nomenological description, which has been extremely successful in under-
standing disk observations, is addressed in the chapter by Durisen. It is
assumed that the angular momentum is dissipated locally by viscous friction



6 / PAULO J. V. GARCIA, ANTONELLA NATTA, AND MALCOLM WALMSLEY

between contiguous rings of gas, so that at time approaching infinity all the
matter has accreted onto the central star and all the angular momentum is
at infinite distance. The timescale is determined by the disk viscosity; how-
ever, the physical nature of viscosity is a much-debated question, and many
of the contributions in this book attempt to provide elements for a response.
The magnetorotational instability discussed by Balbus describes one possible
solution involving small-scale magnetic fields. Another possibility discussed
by Durisen in his contribution is that gravitational instabilities drive accretion
and hence disk disappearance, as well as giving rise to planets and multiple
systems. Finally, large-scale magnetic fields could play a role in transferring
angular momentum by exerting torques on the disk, allowing for simultane-
ous accretion and wind ejection, as exposed by Kénigl and Salmeron. Pinning
down the physical process (or “viscosity”) responsible for accretion will be a
major accomplishment in this field.

What about Disk Structure?

Matter in disks spans several orders of magnitude in density and a large range
of temperatures. One can get a crude idea of this by looking at the predictions
of the simple viscous models mentioned previously. In these so-called a-disks,
the viscosity v is given by

V= acsHp,

where ¢; is the sound speed, Hj, is the vertical pressure scale height, and e is a
parameter (probably in the range 0.1-0.001). In these models, the gas motions
are dominated by the Keplerian rotation, which is supersonic at all radii; there
is no motion in the vertical direction; and the radial drift toward the star, with
velocity of the order of v/R, is subsonic. At 1 AU from a solar-mass star, the
Keplerian rotation velocity is v, ~ 30 km/s, the sound speed is ¢ ~ 1 km/s,
and the accretion velocity vg is only 30 m/s. In steady state, the mass accretion
rate l\'/IaCC is

Mace ~ 27 X Rug,

where ¥ is the surface density through the disk at R.

Viscous a-disks are geometrically thin (Hp/R ~ ¢s/vy), and most of the
mass is concentrated on the disk midplane. If we assume hydrostatic equi-
librium in the vertical direction, density decreases as exp(— 22/ 2H§). If one
neglects the heating due to the stellar radiation, the surface radial temperature

profile due to the viscous dissipation is T o« R—3/#; a-disks are hotter in the
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midplane than on the surface, so that lines can be seen only in absorption, as
in a plane-parallel stellar atmosphere. The radiation emitted by these disks is
powered by accretion, and the disk luminosity is directly proportional to the
mass-accretion rate.

Is Irradiation from the Central Star Important?

In general, viscosity is not the only source of heating, because the disk surface
and, as an indirect consequence, the whole disk will be heated by radiation
from the star. This is often the dominant effect in observed disks, and thus
disk emission can be considered to be reprocessed stellar radiation generated
by the star contraction. In this situation, disks are heated from the outside;
the temperature decreases from the surface to the disk midplane, and gas and
dust features are seen in emission, rather than in absorption, as would be the
case if the disk heating were dominated by accretion energy dissipated in the
midplane.

Even the simplest disk models include the heating from the central star
in the calculation of the sound speed ¢ and of the disk structure. Fig. 1.4
shows an example of the range of densities and temperatures involved in a
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Fig. 1.4. Typical density (lower panel) and temperature (upper panel) in a disk around a T Tauri
star. The range shown by the hatching is that between the temperature or density on the disk
surface and at the midplane. The horizontal line on the top panel shows the dust evaporation
temperature (about 1,500 K), which provides a natural inner cutoff to the dust (but not the
gas) disk.
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typical a-disk around a T Tauri star when the heating due to the central star
is included. There is a large range in both parameters, and one can infer,
for example, as a result of the temperature variation, that grains emit at
different wavelengths depending on the distance from the star. Moreover,
one sees that typical midplane densities vary by many orders of magnitude,
from the inner disk 0.1 AU from the star to the outer disk at 100 AU. There
are also large gradients from midplane to surface. Finally, one should note
that very close to the star, at around 0.03 AU in the example of Fig. 1.4, the
dust is expected to evaporate, and within this radius, the disk will be purely
gaseous.

In irradiated disks, the amount of radiation reprocessed depends on the
disk geometry, i.e., on the geometrical shape of the disk. If the disk is flared,
the fraction of solid angle covered by the disk increases with radius (see the top
panel of Fig. 1.5 and note that “flat” in this context implies a constant ratio of
scale height to radius). This gives origin to the shape seen in the HST images,
and also to the relatively weak dependence of the disk emission an wavelength
observed in most T Tauri star disks. An example showing the importance of
disk geometry is given in Fig. 1.5, where one sees (center panel) the fraction of
stellar light intercepted by the disk as a function of radius for both a flat-disk
model and a flared model. The bottom panel shows the corresponding spectral
energy distributions (SEDs). The flared disk, and in particular its outer regions,
intercepts a greater fraction of the stellar luminosity and is consequently a
much stronger source of radiation. One notes also in these model spectral
energy distributions the “bumps” at 10 and 20 um due to emission by silicate
grains on the disk surface, as discussed by Henning and Meeus. Most of the
observed SEDs (Fig. 1.6) can be accounted for by models with varying degrees
of flaring, from flared to flat disks.

Disk models will be discussed in detail in this book, from detailed vis-
cous models (Calvet and D’Alessio) to more physical models, which include a
physical description of accretion based on hydrodynamic processes (Durisen)
and local magnetohydrodynamic processes (Balbus), as well as large-scale
magnetic fields (Konigl and Salmeron). In all cases, disks present a wide
variation of conditions, whose characterization requires many different
complementary observational techniques. As will be shown in the chapters by
Calvet and D’Alessio and by Clarke, the millimeter continuum observations
sample the cold outer disk and allow estimates of the disk mass, whereas
the near-infrared continuum is sensitive to the hottest grains and thus tells us
about the structure of the inner disk (radii of less than a few AUs). Continuum
multiwavelength observations probe the spatial distributions of the grains and
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Fig. 1.5. The upper panel is a sketch showing the difference between a flared (disk opening
angle increases with radius, dashed line) and a flat (full-line) disk. The center panel shows
the fraction of stellar luminosity intercepted by a flat and a flared disk as a function of radius.
The bottom panel shows the corresponding spectral energy distributions (SEDs); the dotted
curve shows the contribution from the stellar photosphere. The flared disk intercepts a larger
fraction of stellar light, especially at larger radii; correspondingly, it has a much stronger
emission than the flat disk at far-infrared and mm wavelengths.
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Fig. 1.6. Median SED (points) and quartiles (error bars) of Taurus-Auriga pre-main-sequence
sources normalized at A = 1.6 um (adapted from D’Alessio et al., 1999).

(implicitly) gas and thus disk geometry. As explained in the chapters by Calvet
and D’Alessio and by Bergin, lines from gaseous species of different excita-
tion, covering the whole range of wavelengths from IR to millimeter, can be
used to obtain information on disk kinematics (tests of Keplerian rotation, for
example) and atomic and molecular gas content and properties.
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How Do Disks Evolve?

Disk properties change with time as the star forms and evolves toward the main
sequence. We believe that stars form from “dense cores” of cold molecular
gas with sizes of roughly 0.1 parsec in clouds where initially, at least, centrifu-
gal and magnetic forces are not capable of preventing gravitational collapse.
On timescales of roughly 10° years (essentially the “free-fall time” corre-
sponding to a core density of typically 10*~10°> H nuclei cm—3), protostars
form. Angular momentum breaks the spherical symmetry of the system, and
because of its conservation such protostars are surrounded by a disk of gas
and dust, as well as by an infalling “envelope.” Powerful jets of matter are
generally present, and a large-scale magnetic field is the prime candidate for
driving them. At this stage, the disk is continually fed by matter from the
surrounding envelope, and its properties depend on the properties of the core
(density distribution, angular momentum, and magnetic field) from which
the protostar forms. Because these disks are embedded in the envelope, which
is optically thick (at visible and infrared wavelengths), such objects can be
observed only at mm and cm wavelengths using interferometry, to detect
emission from structures with dimensions of hundreds of astronomical units
(AUs). The disk is difficult to distinguish at this point from infalling gas
close to the star, and as a result, we have rather little detailed information.
Nevertheless, the development of mm interferometers such as the Institut
de Radioastronomie Millimétrique (IRAM) Plateau de Bure instrument in
France and the Submillimeter Array (SMA) in Hawaii, as well as the ALMA
interferometer in Chile, suggest that this situation will change in the not-too-
distant future. This is of importance because the young protostellar disks and
envelopes represent the initial conditions for the more evolved objects that
can be studied at optical and infrared wavelengths. Sections of the chapters by
Durisen and by Konigl and Salmeron address this earlier stage of core collapse
into a disklike structure from a hydrodynamic and magnetohydrodynamic
perspective.

On timescales of a few 10° years, the envelope accretes onto the disk and
young protostar, and the pre-main-sequence star with its accompanying disk is
revealed. At this point, the disk lifetime depends mainly on the disk mass and
on the accretion rate M, onto the central star. Roughly speaking, one expects
disk age to be Mg/ Mace ~ 10° years. The observational evolution of the disk
fraction is presented in Fig. 1.7. As will be detailed in the chapters by Calvet
and D’Alessio and by Clarke, the evolution of disks with time seems also to
depend on the properties of the central object. In addition, disk evolution can
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Fig. 1.7. Disk frequency as a function of the age of the population. Each population is named in
the figure. The disk frequency is measured by the ratio of stars with excess in the near infrared
(either JHK or in the Spitzer /Infrared Array Camera [IRAC] bands) to the total number of stars.
From Herndndez et al., 2007.

be affected by the disk’s environment. If, for example, the star is not isolated
but is part of a dense stellar cluster, at least two effects are worth considering:
one is the effect of the radiation field of the higher-mass objects in the cluster,
which cause evaporation of disks along the lines discussed by Clarke; the other
is that the high stellar density makes interactions between different star-disk
systems more frequent. Overall, these effects argue for faster disk evolution
in clusters.

A specific aspect of disk evolution concerns how the solid disk compo-
nent changes with time, from the small, submicron size of grains in the
ISM to planetesimals. This process can be followed theoretically and, to some
degree, observationally. As explained in the chapter by Henning and Meeus,
the silicate features are a tracer of the existence of small micron-sized grains
in the disks because larger grains will not show a distinct feature. Grain growth
is expected to occur and to be followed by settling of larger grains toward the
midplane. Observed spectral energy distributions show great variety, and this
can be understood if the dust population undergoes growth and settling on
timescales comparable to the T Tauri starses lifetimes (see the chapters by
Calvet and D’Alessio and by Henning and Meeus). The statistical studies that
are now available show that T Tauri stars with disks live a few million years,
although there is clearly much dispersion. It is quite plausible that this is the
timescale on which planets form and thus that the process of grain growth
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that gives rise to spectral energy distribution variations is the first signature
of planet formation.

Final Comments

In this brief introduction, we have summarized some basic properties of
pre-main-sequence stellar disks, setting the stage for the more detailed pre-
sentations of the chapters that follow. Most of the theoretical chapters are
aimed at understanding how disks evolve. The contributions of Clarke, Balbus,
and Durisen attack this problem from different angles, and probably all the
processes that they discuss contribute to producing the observed character-
istics of “real disks.” An essential input to any understanding of real disks
comes from the evolution of the dust grains, as discussed by Henning and
Meeus. Then, coming closer to the observations, the contributions of Calvet
and D’Alessio and of Bergin allow one to transform the theoretical description
into expected observational consequences. Last but not least, the contribution
of Kénigl and Salmeron addresses the effects of large-scale magnetic fields
in pre-main-sequence disks whose main signatures are winds and jets. All in
all, we are at a fascinating moment in the research of the properties of these
objects, with many unanswered questions, and it is our hope that this book
provides a starting point for discovering some answers.
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2 NURIA CALVET AND PAOLA D’ALESSIO

PROTOPLANETARY DISK STRUCTURE AND
EVOLUTION

1. Introduction

The standard picture of star formation, based on several decades of obser-
vations and models, can be summarized as follows. Stars are born in dense
cores inside molecular clouds, which are the densest regions of the interstel-
lar medium (ISM). These dense cores collapse under their self-gravity, and be-
cause they have some angular momentum, they end up forming disklike struc-
tures and/or multiple stellar systems. When a single star’s disk is formed,
the lowest-angular-momentum core material falls toward its center, where
the star builds up. The rest of the material falls onto the circumstellar disk,
which surrounds the young star during its first few million years of life. These
young disks are called accretion disks because their central star acquires mass
from them.

Disks evolve during their lifetime. Viscosity and gravitational torques trans-
fer angular momentum to a fraction of the disk material that ends up moving
toward the outer regions, increasing the disk radius. On the other hand, the
fraction of material that has lost angular momentum falls toward the star,
increasing the stellar mass. Disk mass is replenished by the molecular dense
core until the latter is dissipated by a disk wind or some other mechanisms.
Gravitational torques must be important in transferring angular momentum
when a disk has a large mass compared with its central star (see the chapter
by Durisen, this volume). Simultaneously, dust grains grow inside the disk,
from micrometer sizes like grains found in the diffuse interstellar medium
to millimeter, meter, and even kilometer sizes, eventually to form planetesi-
mals. The disk is a natural place to grow a planetary system if it happens to last
long enough. However, how long a disk should live to actually form planets
depends on the details of the planet-formation process, which are a matter of
debate. Recently, timescales have been observationally constrained, helping

14
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define the finer details of how a planetary system is built up. What seems to
be clear, on the basis of the number of extrasolar planets found so far, is that
the formation of planetary systems around stars is not a rare process. This is
why accretion disks around young stars are frequently called protoplanetary
disks, reflecting their potential to form planets. The final destiny of the disk
mass is to be part of planets, to be accreted by the star, or to be lost in a pho-
todissociated wind or by a stellar encounter.

In this chapter we will describe what has been learned about disk structure
and evolution from the combination of observations and modeling. In § 2
we give a summary of the observations on which models rely. In § 3 we list
evidence for accretion; review magnetospheric accretion, the current paradigm
for accretion; an describe determinations of accretion luminosity and mass-
accretion rate, concentrating in low-mass Young Stellar Objects YSOs In § 4
we describe the physics of irradiated accretion disks and how it relates to the
properties of solids in the disk and to accretion. Finally, in § 5, we describe the
effects of dust evolution in disks and evidence that the expected evolution is
taking place.

2. Observational Overview

Observations give us quantitative information about the reality we are able to
measure. This makes them the basis of any modeling effort, not only by moti-
vating the generation of new sets of models but also by constraining models,
verifying their value as an appropriated description of reality. Frequently, one
is able to explain a particular observation with many models, but only a few
give a consistent picture of the whole set of observations available and allow
predictions that guide new observations for further tests. In this section we
summarize observations of young stars, related to the disk-model interpreta-
tion. This is not a review of all the observations involving young stars, but only
an attempt to introduce some basic observational information and to illus-
trate its importance for constructing the models described in the following
sections.

When a protoplanetary disk model is calculated, the importance of the
central star is sometimes underestimated. The star is the ultimate source
of the disk energy, heating it by irradiation and producing the gravitational
field where the disk mass falls, releasing energy during the accretion process.
Thus the properties of the central stars are an essential input for modeling
disks. Fig. 2.1 shows the location in the Hertzsprung-Russell (HR) diagram
of the most commonly studied visible YSOs, together with evolutionary tracks
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Fig. 2.1. Location of young stellar objects in HR diagram. Shown are substellar T Tauri stars
(YBDs), classical T Tauri stars (CTTSs), weak-line T Tauri stars (WTTSs), Herbig Ae stars
and their predecessors, and intermediate-mass T Tauri stars (IMTTSs). Sources for the data:
substellar objects [15], Tauru’s CTTSs and WTTSs [114], and Herbig Ae [95]. Zero-age main
sequence (ZAMS, long-dashed line), evolutionary tracks (solid lines, labeled by the corre-
sponding stellar mass in solar masses), and isochrones (dashed lines, corresponding to 0.3,
1, 3,10, and 30 Myr from top to bottom) from [161] and [13].

and isochrones from [161] and [13]. These objects are given different names
depending on their mass:

 Herbig Ae/Be stars (HAeBe), A and B stars with emission lines [90], with
masses 1 Mg < M, < 8 M.

* T Tauri stars (TTSs):, characterized by late-type spectra superimposed by
strong emission lines [90], with masses 0.08 < M, < 1 Mg;

* Young brown dwarfs (YBDs), substellar objects with masses M, <
0.08 M that will never reach a central temperature high enough to burn
hydrogen.

As shown in Fig. 2.1, TTSs and YBDs tend to be on the Hayashi track, while
HAeBe are much closer to the main sequence, and all have ages ~ 1-10 Myr.
However, note that some TTSs have masses comparable to the HAeBe (the
intermediate-mass TTSs, IMTTSs) and will end up as HAeBe as they evolve
along the radiative tracks.

Young stars are subject to different classification schemes, based on obser-
vational criteria. These categories are usually related to evolutionary stages, but
we will see that the picture is not as clear as it seems at first sight. For instance,
according to the slope dlog(AFy)/dlogh of their spectral energy distribution
(SED) in the 2.2 to 25 um range [117, 116], YSOs have been classified as
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* Class I, with positive slope. These are thought to be still surrounded by
infalling material from which they form.

* Class II, with negative slope, but still flatter than the Rayleigh-Jeans slope
expected for stellar photospheres, A Fj oc 7. Their excess is explained
as produced by the disk.

+ Class III, with photospheric slopes [117]. They appear to have dissipated
their disks.

This classification scheme, which is based on the slope of the SED, is
applicable to YSOs of all masses. Another classification scheme, applied only
to T Tauri stars, is based on the strength of their emission lines. According to
this scheme, TTSs can be classified as follows:

* Classical TTSs (CTTSs), with an equivalent width of Ho larger than 10
A [92]. These stars also show strong excesses in line and continua above
the intrinsically photospheric fluxes and are thought to be accreting mass
from the disk (see § 3).

* Weak-line TTSs (WTTSs), with Ho equivalent widths lower than this
limit [92]. More recent studies indicate that the Ha equivalent width
separating both classes depends on spectral type [179]. These stars are
thought not to be accreting mass from the disk.

The identification of CTTSs with Class II objects and WTTSs with Class IT1
objects is usually made under the assumption that the disk that produces the
near-IR emission characterizing the Class II objects is an accretion disk. In
this case, the potential energy released by the accretion process is responsible
for the excess in line and continuum emission seen in CTTSs in the optical
and shorter wavelengths. However, observations of the Spitzer Space Telescope
in the last 5 years have altered this simple picture. Although most CTTSs are
Class II, some WTTSs may show emission from remnant disks; also, some
stars with clear signs of being accreting may show no excess in the 1-10um
range [35] and thus could not be classified as Class II. Thus an easy one-to-
one correspondence cannot be made in all cases, and all indicators have to be
examined to determine the physical properties of a given object.

Another inference usually drawn from these classifications is that because
WTTSs have already lost their disks, they should be older than CTTSs; how-
ever, examination of Fig. 2.1 shows that CTTSs and WTTSs coexist in the HR
diagram; that is, they have similar ages, indicating that age is not the only
factor in determining disk dissipation.

The accretion-based classification of CTTSs and WTTSs does not extend to
the HAeBe. These stars are selected because they have emission lines in their
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spectra, while most stars in the corresponding spectral range show absorption
lines only. Moreover, they have infrared excesses consistent with the presence
of disks [97]. This means that all are Class II objects and, if anything, would
be intermediate-mass analogs of the CTTS. Thus a classification scheme often
used in the literature for these objects is based on the shape of their infrared
SED [123], and the differences are thought to be due to different properties in
the disk:

* Group I, objects with a continuum that can be reconstructed by a power
law and a blackbody. Members of the subgroup Ia have solid-state bands
present in their SEDs, and those of Ib have no solid-state bands.

* Group II, objects with a continuum that can be reconstructed by only a
power law. Again, members of subgroup Ila have solid-state bands, and
those of ITb have no solid-state bands in their spectra.

The large midinfrared continuum excess observed in SEDs of HAeBe in
group lis usually associated with the emission of flared disks that are heated by
stellar irradiation. The smaller excess shown by stars in Group Il is associated
with a flat outer disk in the shadow of a puffed-up inner region [123, 52] or
with the settling of dust grains [55].

CTTSs and WTTSs show emission lines in their spectra, but the lines are
much broader and generally stronger in CTTSs. In addition, CTTS show veiling
of their photospheric absorption lines [79]; i.e., these lines are less deep than
those of main-sequence stars of the same spectral type. This is interpreted in
terms of an excess in continuum that adds to the intrinsic photospheric flux.
Veiling is measured in terms of the veiling parameter r, = F,/ Fun, where F,
is the excess flux and F), is the photospheric flux at the same wavelength. The
veiling parameter increases as wavelength decreases [75, 181]; the excess flux
dominates in the ultraviolet (UV) and shorter wavelengths because the intrin-
sic photospheric flux drops [76]. The excess luminosity in CTTSs is typically ~
10% of the stellar luminosity, but it can be comparable with or higher than the
stellar luminosity for a few CTTSs (see [85]). WTTSs also emit at short wave-
lengths, from X-rays to UV, but their excess luminosity at these wavelengths
is comparable with or slightly higher than that of active main-sequence stars
[12]. Similar to these, WTTS excesses are thought to be powered by magnetic
activity at the stellar surface; however, magnetic activity cannot produce a
luminosity comparable to that of the star, as seen in some CTTSs. A source of
energy external to the star is required; this is the main justification for expect-
ing CTTSs to be accreting matter from their disks and in the process releasing
gravitational potential energy that powers the excess.
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Broad emission lines [142, 136] and veiling of absorption lines and bands
in the blue and ultraviolet regions of the spectra [98] have been detected in
YBDs, and as in CTTSs, the source of the excess has been attributed to
accretion energy. It is more difficult to measure veiling in HAeBe; however,
measurements of an excess of flux in the Balmer discontinuity have also been
interpreted as evidence of an excess of energy produced probably by accretion
[135]. Similarly, association with jets and UV excess have been interpreted as
due to accretion in these objects [74].

In the near IR, CTTSs show characteristic excesses as well. In particular,
in the J-H versus H-K diagram, most CTTSs fall in a well-defined region,
“the CTTS locus” (left panel of Fig. 2.2; [122]), while WTTSs have colors
consistent with dwarf stars. The HAeBe also show characteristic colors in this
diagram [97], which helps distinguish them from classical Be stars. Around
2.5-3 um, HAeBe stars show a characteristic “bump” in their SEDs [99], and
it has been found that CTTSs also show a similar kind of excess, although it is
less apparent because of the relatively larger photospheric emission at those
bands [134]. This emission has been interpreted as produced by the inner
wall of the disk made by gas and dust, located at the dust-sublimation radius
[139, 171]. With near-infrared photometry, the inner radii have been measured
for CTTSs and HAeBe stars [125] and have been found to be consistent with
the radius expected for dust sublimation (§ 4.3).

Observations from the Infrared Space Observatory (ISO) telescope in space
provided a wealth of information on the IR spectra of YSOs. Observations
from the instruments on board Spitzer have now characterized the excesses
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Fig. 2.2. Left panel: Taurus stars in the J-H versus H-K diagram. The dwarf sequence and the
CTTS locus (solid gray line) are shown. Observations have not been corrected for redden-
ing. Right panel: Taurus stars in the IRAC [3.6]-[4.5] versus [5.8]-[8] diagram. The dotted
square indicates the region covered by colors of irradiated accretion-disk models. Data
from [82].
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of TTSs, HAeBe and YBDs in these wavelength regions [66, 67, 162, 112, 120,
119, 128]. For instance, in color-color diagrams constructed with combinations
of the four bands of the Infrared Array Camera (IRAC) instrument, at 3.6, 4.5,
5.8, and 8 um, and the Multiband Imaging Photometer (MIPS) 24m band,
most CTTSs fall in a region well separated from the WTTSs. The right panel
of Fig. 2.2 shows one of these diagrams. The WTTSs have colors ~ 0, while
most CTTSs populate a distinct region of the [3.6]-[4.5] versus [5.8]-[8.0] dia-
gram, which corresponds to the emission expected from optically thick disks
[5, 82] (§ 4). In addition, spectra of CTTSs between 5 and 30 um obtained
with the Infrared Spectrograph (IRS) on Spitzer have shown the large diversity
of these spectra, including fluxes and profiles of the silicate features and the
slope of the SED in this wavelength region [66, 120, 119, 128]. As discussed in
§ 5, these observations give direct information on the spacial distribution and
evolutionary state of the solid component in the disks.

Another important observational development of the last 10 years has been
interferometric observations in the near and mid-IR of YSOs; with resolu-
tions of a few milliarcseconds, these observations are probing the structure of
the innermost disk regions and providing invaluable information about their
structure [125]. Optical and near-IR scattered light disk images, combined with
detailed modeling of the transfer of stellar radiation through the disk dust, have
been an important tool to understand the disk geometry and to constrain the
properties of its atmospheric dust [187]. In addition, observations with single
dish and interferometers in the submillimeter and millimeter range are prob-
ing the midplane regions of the disks from ~ 10 AU and beyond [9, 170]. With
the Herschel Observatory, which is observing the region between ~ 50 and 600
um, we will have complete wavelength coverage of the SEDs of YSOs against
which we should confront our models.

As a summary of the emission properties of YSOs, Fig. 2.3 shows the
SED of the CTTS BP Tau. The excess over the photospheric fluxes, shown
with dashed lines, is clearly apparent from the UV to the mm. Shown are the
observed fluxes and fluxes corrected for reddening.

With the wealth of information of the last 10 years, we have learned much
about disk structure, for example, what the main disk-heating mechanisms
are, the role of the dust, and how matter is accreted by the central star. There
are still debates on the details of the accretion mechanisms and how to quan-
tify the viscosity. We have also learned about disk evolution. We now know that
mass-accretion rate and disk emission decrease with age, as expected in gen-
eral terms from evolutionary models of the gas [86] and the solids [177, 55] in
the disk. However, many points in this evolution from the primordial gas-rich
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Fig. 2.3. Spectral energy distribution of the CTTS BP Tau as an illustration of the typical SED
of an accreting late-type star. The photosphere is shown with a dashed line. In the near IR,
the solid circles correspond to the observations and the open circles to the data corrected
for reddening. This correction is not important beyond the near IR for most nonembedded
objects. The HST/ Space Telescope Imaging Spectrograph (STIS) UV data are from [19]; the
optical photometry, Infrared Astronomy Satellite (IRAS) fluxes, and spectral type are from
KH95; the IRS spectrum is from [66]; the millimeter data are from [7].

disks to the debris disks with planets are yet to be understood. In this con-
tribution, we will outline some of the basic physical principles characterizing
disk structure and emission, hoping to give the reader insight to understand
and perhaps help clarify some of the many remaining problems. Although we
will concentrate on CTTSs, the principles outlined are general enough to be
applicable to stars in other mass ranges.

3. Magnetospheric Accretion and Mass-Accretion Rate

The collapse of slowly rotating molecular cores forms stars surrounded by
disks by conservation of angular momentum [166]. Most of the mass of the
cores resides at large distances, which have the highest angular momentum,
so it falls onto the disk and not onto the star. This matter has to be transported
through the disk to the center and onto the star to make up the bulk of the
stellar mass. One can define the disk mass-accretion rate M onto the star as
the mass per unit time going through a cylindrical control surface centered in
the star. The buildup of the stellar mass occurs mostly in the Class I phase,
while the protostar is still embedded in its envelope and receiving matter
from it; it is thought to occur in episodes of high mass accretion due to disk
instabilities [85], which have been identified with the the outbursts in FU Ori
objects [88, 191].
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The YSOs we have discussed in § 2 are at a later evolutionary phase, when
most of the mass of the star has already been built. Still, as we have seen, the
total luminosity of some of these objects exceeds that expected from release of
magnetic energy on the stellar surface or even from the expected quasi-static
contraction of a star in the pre-main-sequence phase, implying the existence
of an external source of energy. For stars surrounded by disks, which is the
case for the objects with large excesses, a readily available energy source is
gravitational potential energy if the disks are accreting matter onto the star.
But can we confirm that this is the case, and if so, how is potential energy
actually released?

In standard steady accretion disks, matter is transfered from the disk to the
star through a narrow boundary layer in which ~ 1/2 of the accretion luminos-
ity Locc = GMyM/R, is released as material slows down from the Keplerian
velocity at R, to the much lower stellar rotational velocity [85]. Although this
model could explain in general terms the continuum excess [16, 115], other
crucial observations could not be understood with it. As noted, CTTSs have
strong emission lines; the peaks of these lines are close to the line center,
and their wings extend to hundreds of km s~ [80, 131, 130, 133]. These emis-
sion lines exhibit blueshifted absorption components, usually attributed to the
matter ejected from the star, so early models sought to explain the emission
lines as formed in winds [81, 141]. However, the profile of emission lines in
CTTSs are different from those produced in a spherically symmetric wind for
expected wind-velocity profiles. In particular, they are nearly centrally peaked,
and, moreover, a redshifted absorption component with characteristic veloci-
ties of ~ 100 km s~ is seen in some cases [63], in addition to the blueshifted
component. These redshifted absorptions, indicative of high-velocity infalling
material, which coexists with outflowing material, cannot be understood with
the standard accretion-disk model.

The present-day paradigm for transferring matter from the disk to the star
is magnetospheric accretion. In this model, the stellar magnetic field truncates
the inner disk, and matter falls onto the star along magnetic-field lines, merg-
ing with the photosphere through an accretion shock at the stellar surface.
Simultaneously, matter is ejected through open field lines, most likely in the
innermost regions of the disk. The virtue of this model is that it can consis-
tently explain a number of observations. To start with, disks are expected to
be truncated at a few stellar radii, given the typical mass-accretion rate and
the strength of the stellar magnetic field. In spherical infall onto a magnetized
body, if the gas is sufficiently ionized, matter cannot move freely inside a
given distance r, where the infall velocity and density are v and p, respectively,
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such that B2 /81 >1/2 pv?%; rather, matter couples to the magnetic field B, and
accretion may even be stopped [65]. The radius where the magnetic pressure
equals the ram pressure is

N 7( B )4/7< M >—2/7( M, )—1/7( R, >5/7
R. "\1KG 108 Mg yr—1 0.5 Mg 2R/
In accretion disks, the truncation radius is a fraction of this value, ~ 1/3 — 2/3
[65]. Surface magnetic-field strengths in TTSs are of the order of kG [109],
and the average mass-accretion rate is of the order of 1078 Mg yr~! [89, 180],

so disks should be truncated at a few stellar radii.

Observed emission-line profiles are naturally explained if these lines form
in the magnetic infall region, as shown schematically in Fig. 2.4. The bulk
of the line forms in the region where matter is just lifted from the disk; this
matter has very low velocities but large emitting volumes. In contrast, the
wings of the line form near the star where matter is approaching the sur-
face at free-fall velocities of a few x 100 km s~1. Moreover, this high-velocity
matter may absorb the background accretion-shock emission for appropriate
line-of-sight inclinations, which naturally explains the redshifted absorption
component. Detailed models confirm these expectations [131, 133]. Fig. 2.5
shows observed profiles of Ho and Na I 5876 for three CTTSs in increas-
ing order of mass-accretion rate from bottom to top (determined from their
UV excess and veiling); observations are compared with the magnetospheric-
model predictions. The comparison indicates that emission lines form in the
magnetospheric infall flows for all but the CTTSs with the highest accretion
rates. For the high accretors, high opacity lines like Ho have a typical wind
profile, but lower-opacity lines like Na I D are magnetospheric in nature [133].

Observer

Fig. 2.4. Schematic of line formation in magnetospheric flow. Adapted from [23].



24 | NURIA CALVET AND PAOLA D’ALESSIO

15— T T
DR Tau , NaD
1.5+ s n E
4 (ﬂ‘"‘l mm
PRI N I Y W W TTON YO
. /| UW'IV‘ TRVH
5k ) /
o 0.5 i
0—t t t
14
z10[ ] %
e [
° 1.2
N i
© ©
E sl 1§
b4 Z10
0.8 -
t t t
DN Tau 12F .
4L _
2— -
VY S~y v
1 1 1
-500 0 500 -500 0 500
Velocity (kms™) Velocity (kms")

Fig. 2.5. Observed line profiles (solid lines) compared with predictions of the magnetospheric
accretion model (dashed lines). Stars have increasing mass-accretion rates in their disks from
bottom to top, determined from veiling measurements. The magnetospheric accretion model
explains fairly well the observed profiles except in high-opacity lines like Ha in high accretors
like DR Tau (upper left panel), for which the line is formed mainly in the wind [4]. Even in those
cases, the profiles of lower-opacity lines like Na D (upper right panel) indicate that those lines
form in the magnetosphere. Adapted from [133].

Finally, the magnetospheric accretion model can explain the flux excess
observed in the optical and UV wavelengths in CTTSs as formed in the accre-
tion shock at the stellar surface. Matter approaches the photosphere at free-fall
velocities and forms an accretion shock very near the surface, where matter
heats to temperatures

M. R. \ !
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Fig. 2.6. Schematic of accretion column. Matter falling at free-fall velocities reaches the stellar
surface, with which it merges through an accretion shock. Kinetic energy thermalizes, and
for the expected temperatures, the shock emits soft X-rays, which heat the preshock region
and the photosphere below the shock. These regions reprocess the shock emission and emit
mostly in the UV and optical wavelengths [26].

Soft X-ray radiation from the shock heats the preshock region and the
photosphere just below the shock, as indicated schematically in Fig. 2.6;
the reprocessed emission from these regions adds to the photospheric emis-
sion as an excess continuum [26]. Plate 2 shows that the predicted emission
from the accretion-shock model fits fairly well the HST and ground-based
observations of a typical CTTS. Recent modeling of the X-ray spectra of one
CTTS, TW Hya, also shows that the accretion-shock model can explain the
features in at least this star [62], although this may not be the case for all
CTTSs [169].

The models discussed above are very simple in the sense that they are axially
symmetric, assuming homogeneous flows. Reality, of course, is much more
complicated, as the variability observed in excess continuum and emission
lines readily shows. Magnetic field and rotation axes are mostlikely not aligned,
and flows are not uniform sheets onto the star. But the main physical principles
are present in these models. In particular, the energy budget is modified
from that of the standard model, in which the excess continuum could have
at most half of the accretion luminosity, dissipated in the boundary layer, while
the other half was emitted by the disk. In contrast, in the magnetospheric
model the intrinsic disk emission is drastically reduced because matter is
being lifted from it at a few stellar radii, depriving the disk of the contribu-
tions of regions deep in the stellar potential well. This potential energy, rather,
comes out in the magnetospheric infalling material. This is fortunate because
the luminosity in the excess continuum is then of the order of the accretion
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Fig. 2.7. Mass-accretion rates for stars of a number of populations indicated in the insert with
ages between ~ 1 and 10 Myr. These include stellar clusters and distributed populations.
From [30].

luminosity Lgg; for known M, and R, given by the position of the star in the
HR diagram, measurements of the excess luminosity allow us to estimate the
mass-accretion rate onto the star, an important quantity for understanding
disk structure.

On the basis of these principles, measurements of the excess luminosity
in the 3,200-5,300 A range and conversion to L, have yielded mass-accretion
rates for a sample of 18 stars [75]. These measurements have been used to
establish secondary calibrations of the accretion luminosity in terms of observ-
ables easier to obtain, such as the excess luminosity in the U band [75] and
the luminosity in Ca II 8542, Paschen 8, and Bry lines [130, 129, 22, 28].
These calibrations have been used to determine accretion luminosities and
mass-accretion rates in numerous samples of stars [86, 180]. The average
mass-accretion rate in CTTSs belonging to ~1 Myr old populations is ~
1078 Mg yr~'. Moreover, determinations of mass-accretion rates for popula-
tions in the 1-10 Myr age range using these methods indicate that the accretion

rate decreases with age roughly as age ™1

, as shown in Fig. 2.7, in agreement
with predictions of viscous evolution [86)].

One of the main caveats of this procedure is the so-called bolometric cor-
rection, that is, the conversion from the excess luminosity measured in the
observed wavelength range to the total excess luminosity, which relies on the
model used. Ref. [75] and others adopted a ~ 10* K slab model with vari-
able optical depth. Using an accretion-shock model, [26] found corrections
that were consistent with those of [75]; this agreement is due to the fact that

the emission from a hot slab with optical depth < 1 is not very different
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from the emission of the shock, which essentially consists of the sum of the
blackbody-like emission from the photosphere below the shock, which reaches
similarly hot temperatures, and a smaller contribution from the optically thin
preshockregion. In any case, recent determinations [181, 64] of the wavelength
dependence of the veiling have shown that the excess flux in the 5,000-10,000
A range is higher than predicted by the single accretion column of [26]. A
more realistic model, including a diversity of accretion columns carrying dif-
ferent energy fluxes, can better explain the veiling observations; the excess
at longer wavelengths could be due to accretion columns carrying low-energy
fluxes and thus heating the photosphere to lower temperatures than the high-
energy columns that contribute to the UV [103]. The resultant mass-accretion
rates are higher by a factor of ~2 to 3, which is within the uncertainties of
the determinations [103].

The determination of the mass-accretion rate from the veiling excess or by
direct measurements of the UV excess continuum is limited by the intrinsic
chromospheric emission of the star. WITSs show levels of magnetic activ-
ity comparable to those of the most active stars. This is seen in emission
lines as Ca II triplet [12] and in their X-ray luminosities [60]. CTTSs are in the
same evolutionary stage, and thus their chromospheres and transition regions
must be similar. Therefore, emission from accretion flows with mass-accretion
rates much lower than the average are not detectable in the continuum. How-
ever, accretion can be detected in high-opacity emission lines as Ha by the
presence of high-velocity wings sometimes superimposed on the narrow chro-
mospheric emission component. Thus [179] proposed that the 10% half width
of Her is a much better discriminant between CTTSs and WTTSs than the usu-
ally used Ho equivalent width (see § 2). Similarly, modeling of the emission
lines produced in the low-density flows of extremely low accretors, which are
not affected by saturation effects, is the best way to estimate the mass-accretion
rates. Such models have been done for the He and Br y lines of very low-mass
stars and YBDs [142, 136] and have yielded mass-accretion rates on the order
of 10712 — 101! Mg yr— 1.

The situation is also more complicated for HAeBe stars. In this case, the
intrinsic photospheric emission is much higher than the excess; in addition,
the photospheric emission peaks at wavelengths similar to those of the ex-
pected shock emission because both photosphere and shock have similar
temperatures. These factors make the intrinsic shock emission much more
difficult to detect, except by a small filling in of the Balmer jump [135].
Emission-line profiles of at least the HAeBe (least likely to be confused with
classical Be stars) seem to be consistent with magnetospheric infall [135], but
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the contribution from the wind seems to be much more important than in
the TTS case. Secondary calibrations of L, versus L(Br y), determined from
measurements of mass accretion in intermediate mass CTTSs, predecessors
of the HAeBe and still cool enough that the excess can be measured in the UV
[28], are commonly used [69], but justification for their application from first
principles is still to be given.

In any event, measurements of the accretion luminosity now exist from the
substellar limit to the intermediate-mass range. These measurements indicate
a dependence M oc M2 [136]. Several models have been proposed to explain
this dependence [83, 53, 37], but none has yet been widely accepted.

4. Disks in YSOs

The firstimages of disks around CTTSs came from the Very Lange Array (VLA)
at 7 mm [154, 185] and from HST observations [21, 145, 146]. Observations
by millimeter interferometers have now imaged a substantial number of disks
[9, 170], from which we are getting more and more detailed information on
their velocity field, which is usually Keplerian, and on their surface-density
distribution.

Several groups now have codes for sophisticated calculations of disk struc-
ture and emission (see [52]). Here we focus on the general physical principles
governing the structure and emission of disks around young stars and use
our models to illustrate the results.

4.1. Irradiated Accretion Disks

Even though disks around YSOs are accreting (see § 3), their SEDs do not
agree with the predictions of standard accretion disks; specifically, they are
flatter than A F;, o A73/4 [115, 85]. However, for an average mass-accretion rate
of 1078 Mg yr~! (§ 3) and typical stellar parameters, Ly ~0.1 Lg & 0.1 L,
the stellar luminosity is higher than the accretion luminosity in most cases,
indicating that stellar irradiation must be an important heating agent.

For a flat disk, the irradiation flux can be estimated as

LaR:h, 2I, (R* >3

3 Fipp ~ 1,82, cos 6y ~ = R 3 \ R

where 6 is the angle between the line connecting from a representative point
on the stellar surface (at a height h, ~2R, /37 above the disk midplane) and a
point on the disk surface at distance R and the vector normal to this surface.
Here we have approximated the stellar radiation as impinging on the disk

surface in a single beam. If we take F;,, ~ o T#, the temperature is T o« R=3/4,



PROTOPLANETARY DISKS / 29

which is similar to the temperature distribution of an accretion disk, and thus
the flat irradiated disk results in SEDs that cannot explain the observations
either.

Kenyon & Hartmann (1987) [115] proposed that disks of CTTSs are not flat
but flared, which means that they can capture more stellar radiation than flat
disks. The equation of hydrostatic equilibrium in the vertical direction for a
geometrically thin disk in the central gravitational potential well of the star
can be written as
1dp _ GM,z

4 i
o dz R3

)

where p(z, R) and p(z, R) are the mass density and pressure at height z and
radius R. If the disk is isothermal in the vertical direction, then p = pcsz, where
¢s = (kT/m)1/? is the sound speed, which does not depend on z, and m is
the mean mass of the gas particles. With this approximation
_ 2
5 paR) = pme 297,
where pp,(R) is the density at the midplane and H is the gas scale height,
given by
6 H= —— 5 = 2 & T'2R32
(GM,/R})1/2 ~ 2

If temperature decreases with distance more slowly than R=3, then the disk
gas scale height increases with distance. Then, if the height of the disk surface
that intercepts the stellar radiation is proportional to the gas scale height, it is
curved, capturing more stellar flux than a flat disk. With these approximations,
T ~ R73/7, and the corresponding SEDs are much flatter than a viscous disk
or a flat irradiated disk, i.e., they have a larger excess at longer wavelengths.

Disks are not vertically isothermal. Stellar radiation enters the disk at an
angle 6y to the local normal to the stellar surface (again approximating the
stellar radiation as coming in a single beam), so the energy flux captured by
the disk is ~(o T:)(R«/R)? 1o, with 1o = cos @y [24, 25, 121, 33, 43, 44, 49).
For simplicity, the radiation field can be separated into two frequency ranges,
the stellar range, given by the stellar energy distribution, which is related to the
stellar effective temperature, and the disk range, given by the local emissivity
and related to the disk local temperature. As stellar flux enters the disk, a
fraction dt, /o is absorbed at each z, where 7, is the mean optical depth at
the stellar range. This energy reemerges at the wavelength characterizing the
local temperature, the disk range, so the directimpinging stellar flux decreases
with height. The main opacity source in CTTS disks is dust grains, because
temperatures are low enough that dust is not sublimated in most of the disk,
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except in regions very close to the central star. Dust opacity increases as A
decreases, and stellar radiation is emitted at a shorter wavelength than the
radiation emitted by the disk, so the hotter the star, the larger the opacity at
the stellar range, and the higher the energy capture and thus the heating.

The vertical temperature profile can be obtained from the equation of
conservation of energy,

7 /:OKV B, (T)dv — /pKv]ddV =

where «,, is the monochromatic absorption coefficient per unit of (gas plus

1 dF,
47 dz’

dust) mass, J; is the mean intensity of the local radiation at the disk wavelength
range, and F; is the local radiative flux. This equation indicates that the emitted
energy is due to the absorption of photons from the radiation field plus the
change in local flux Fy.

If we neglect viscous heating, the local flux changes only by deposition of
stellar energy, so

dF,
8 (Td ~ATTK* P = 4K P06 1,
Z

where «* is the mean opacity at the stellar wavelength range, and J.o is
the mean stellar intensity at the disk surface, given by J,o=1/4x [ Id$2 ~
1,82, /4w If we perform the integrals, equation (7) can be written as

o T*(2) oTH (RN e
9 «p(T) - = kp(T)Ja(z) +xp(Tx) o <§> € '
where «* ~ kp(Ty), and «p is the Planck mean opacity ([49, 44]).
In the surface, where the local field is much smaller than the stellar field,
Ja << Jx0; in addition, the medium is optically thin, so 7,/uo << 1, and we

can write

2
10 ip(To) To(2) ~ kp(Ts) T} <%> .

This is an implicit equation for the surface temperature T, corresponding
to the optically thin limit. Note that this is the “hot-layer” temperature in the
2-layer approximation [33].

Stellar heating and thus the temperature decrease as radiation penetrates
the disk, because the optical depth increases (cf. eq. (9)). The actual T pro-
file depends on o, and through this, on the actual shape of the surface of
the disk, defined as the surface where ./ ~1, that is, where most of the
stellar energy is deposited. The mass surface density of the upper optically
thin region above the surface is given by AX ~ uo/«*; the more flared the
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disk surface, the larger the 1o and the higher the mass of the optically thin
region [140].
The stellar flux intersected by the disk surface z(R) can be written as [115]

oT4 |2 (R Ry \ % Rd(zs/R)
" Fir(Rz)~==13\% ) *"\ &) —ar

for R >> R,.
A flat disk has a negligible d(z;/R)/dR; thus

flat 20T Ry\3
[ 37 (?) ’

12

and T/ ~ (F{’:t/a)l/A' ~ R™3/*, as we already have shown.
For a flared disk, if we assume that the height of the surface is a fixed
number of scale heights, z; becomes a function of T, and

Rd(zs/R)  12z,dT 5z
13 i sk AP o
dR 2TdR 2R

With F;,, = 0 T4, egs. (11) and (13) form a system for T(R) in the isother-
mal approximation, resulting in T(R) oc R¥/7. If T increases, the gas scale
height increases, then the cross section to capture stellar photons increases,
and the disk heating increases. This T(R) o R*/7 solution has been found to be
stable under perturbations in temperature or scale height as long as the ther-
mal timescale of the disk is longer than the vertical dynamic timescale [43].
However, if the opposite is true, as could be the case for the outer disk, this
simple solution turns out to be unstable [57]. The simple flared-disk solution
is based on several simplifying assumptions. Effects like viscous dissipation,
radial energy transfer, and scattering of the incident radiation tend to stabilize
the disk. Moreover, disks are not isothermal, and the height of the surface is
not a fixed number of scale heights.

Results of the detailed solution of the set of equations of vertical struc-
ture, including viscous dissipation for a disk with typical CTTS parameters
are shown in Figs. 2.8 and 2.10 [44]. Figs. 2.8 and 2.9 shows the height of the
surface z;, the scale height H, and the photospheric height z,p,,;, where the
Rosseland mean optical depth tges ~1. Note that the height Zphot 18 defined
only in the region where the disk is optically thick to its own radiation, deter-
mined by the Rosseland mean opacity. In the example shown in Figs. 2.8 and
2.9, the disk becomes optically thin to its own radiation (tgess < 1) for R > 20
AU. In contrast, since the opacity at the wavelength where the stellar radiation
is absorbed (A4 ~1um for T, ~4000K) is large, the disk remains optically thick
to the stellar radiation, and the surface is flared out to a few hundred AU.
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Fig. 2.8. Characteristic heights in the disk. Height z; where stellar radiation is absorbed (solid
line); scale height Hy, (dashed line); photospheric height z,,; (dot-dashed line), defined
where the disk is optically thin to its own radiation. Model parameters are M, = 0.5 Mg,
R« =2 Rg, T, = 4,000 K and M =108 Mo yr’1. Dust is uniformly mixed with gas and has
an ISM composition and size distribution. Adapted from [44, 48].

Fig. 2.9. Same as Fig. 2.8, but for grains with a size distribution characterized by dpma =1 mm.

Figs. 2.10 and 2.11 shows characteristic temperatures in the disk. It can
be seen that the midplane temperature T, is higher than the photospheric
temperature Tpyor = T (Zpher) in the inner disk, where it is optically thick to its
own radiation. This can be understood by using the diffusion approximation
djg odT* 3

——XxrPFy,

14 = =
dz T dz 47
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Fig. 2.10. Characteristic temperatures of the disk. Midplane temperature T,, (solid line); upper-
layers temperature Ty (dashed line); photospheric temperature Ty, (circles), defined where
the disk is optically thin to its own radiation; viscous temperature T, (dot-dashed line).
Model parameters are M, = 0.5 Mg, R, =2 Rp, T = 4,000 K, and M =108 Moyr~'.
Dust is uniformly mixed with gas and has an ISM composition and size distribution. Adapted
from [44, 48].
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Fig. 2.11. Same as Fig. 2.10, but for grains with a size distribution characterized by g = 1
mm.

from which we can write
3
15 A(0T4)~ZrRFd.

In the inner annuli, tg >> 1, and T}, > Tphot§ the temperature gradient al-
lows the flux (viscous plus local radiation) to emerge from the disk. In the
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outer regions, when the disk becomes optically thin to its own radiation,
TR << 1, the disk becomes nearly isothermal in the regions near the mid-
plane. As shown in Figs. 2.10 and 2.11, the midplane temperature remains
at the dust-destruction temperature (~1,500 K) in the innermost regions; if
the temperature increases, the dust gets destroyed and the opacity drops; as
a result, the disk becomes optically thin and cools below the dust-destruction
temperature, at which point the opacity increases again. This thermostat ef-
fect makes the temperature at the midplane stay at the dust-destruction
temperature [189].

The surface temperature Tp is higher than Ty, in the inner regions and
than Ty, in the outer optically thin regions, as predicted by eq. (9). By compar-
ison of Ty and Ty, in Figs. 2.10 and 2.11, it can be seen that viscous heating
is important only in regions inside 1 AU, given the low M characteristic of
the typical CTTS. Finally, it can be seen that temperatures behave as 1/R'/2
for R >> R,. As a summary, the upper panel of Fig. 2.12 shows isocontours
of temperature for the disk model in Figs. 2.8 and 2.10. It also shows isocon-
tours of number density for the same cases, and the surface z; where stellar
radiation is absorbed.

The particular shape of the temperature profile has important observational
implications. For one thing, features formed in the optically thin upper regions
will appear in emission, even if the disk is optically thick, because the local tem-
perature is so much higher than that of deeper regions where the continuum
forms. As a result of this “chromospheric effect,” features like those from sili-
cates that form in the atmosphere of the optically thick inner disk regions ap-
pear in emission [140, 66]. Molecular features formed in the upper layers
appear in emission as the CO near infrared [24, 20] and water lines [31]. The
higher temperatures of the upper layers also imply that molecules can exist in
the gas phase in the disk even when the midplane temperatures are so low that
molecules are settled onto grain surfaces [188, 190, 3, 2]. For example, if the
disk shown in Fig. 2.10 were isothermal at Tj,, the CO molecules would be on
grain surfaces for R > 60 AU, for which T < 20 K (see also Fig. 2.12). However,
the hot upper layers are kept at a temperature high enough for molecules to
be in the gas phase out to ~400 AU, in agreement with millimeter molecular
observations [59, 61, 149, 102].

An additional important effect further affects molecular equilibrium and
emission. The results discussed so far assume that the temperatures of the
gas and dust are the same. However, in the low-density uppermost layers of
the disk, the collisional coupling between gas and dust becomes much less
effective, and other factors become more important in heating and cooling the
gas. Heating factors include absorption of X-rays and UV radiation, grain
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Fig. 2.12. Isocontours of temperature and number density in the disk. Isocontours are shown
for temperatures (solid lines) 80 K, 70 K, 60 K, 50 K, 40 K, 30 K, and 20 K, and densities (dashed
lines) 105,107,102 and 10° cm—3. The height where most of the energy in the stellar radiation
is absorbed is indicated by a dotted line. The disk model parameters are M, = 0.5 Mg,
R. =2 Ro, T =4,000 K, and M = 1078 Mg yr~'. Upper panel: ISM dust. Lower panel:
Amax = 1 mm. Adapted from [44, 48].

photoelectric heating, exothermic chemical reactions, and collisions with
warm grains, while cooling factors include line emission and collisions with
cooler dust grains. Several groups are working on the calculation of gas tem-
peratures [70, 71, 72, 110, 73, 144], and not all groups include all these factors.
The gas temperature in the low-density, uppermost layers of the disk becomes
much higher than the dust temperature, reaching ~ 5,000 K at 1 AU and
~300 K at 100 AU. These elevated temperatures imply that molecules can be
in the gas phase even in the uppermost layers of the outer disk, in agreement
with observations.

The surface density of the disk can be self-consistently calculated from the
equations of an irradiated accretion disk. A geometrically thin accretion disk
with a steady mass-accretion rate M has a surface-density distribution given
by the conservation of the angular momentum flux,
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M R\ 2
16 y=_ |1-(= 7
3mv R
where v is the viscosity. In the parametric o prescription [157], the viscosity

can be written as v = ac;H = ac?/2k by using eq. ( 6). With ¢; oc TV/? o
R V*and 2 x Mi/zR_z‘/Z, we obtain at large radii
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using values of « found in modeling CTTS disks and expected from theories

(see the Balbus chapter, this volume), and typical temperatures at 100 AU. The
surface-density dependence on radius of irradiated accretion disks, ¥ o R1,

is much flatter than the usually assumed dependence ¥ R15 and it has
been confirmed by observations [184, 8].

If we assume that this dependence holds at all radii, the disk mass would
be given by

M, M Ry a \-1
18 24 _0.03 (—)
Mo 105 Y2 | {100 AU/ \0.01

Tiooau\ [ M. \?
10K 1Mo/

in agreement with values determined from dust millimeter emission. We can

see that the mass-accretion rates, determined from the inner disk properties,
are consistent with large-scale properties like the disk mass. Note that if M is
known for a given star, then My and « are complementary parameters, since
the temperature at the outer disk radii, Tgy, is fixed by stellar irradiation, and
sizes can be estimated from observations.

4.2. Effects of Dust Properties

The temperature of a volume element inside the disk, assumed to be in ther-
mal equilibrium (i.e., such that its temperature does not change with time),
is mostly controlled by the balance between the heating produced through
absorption of stellar radiation, accretion-shock radiation, and the fraction
of disk radiation that reaches the volume element (§ 4.1), and the cooling
due to the radiative losses of the element. There are different mechanisms
that transport energy between disk regions, contributing to local heating
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and cooling, but radiation is the most relevant of these mechanisms [49].
Another important aspect to keep in mind is that the disk temperature is not
an isolated quantity but is connected to the disk viscosity, gas scale height,
density, and other factors, so the whole disk structure is an interdependent
phenomenon.

The crucial ingredient in the absorption and emission of radiation is the
opacity of the disk material, and given the low temperatures in almost the
whole disk (around a young low- or intermediate-mass star), dust happens to
be its main opacity source, despite the fact that it represents only around 1% of
the disk mass. In this subsection we summarize important dust properties and
the general effects they have on the structure and emission of circumstellar
disks.

The dust opacity depends on the shape, size distribution, abundance, and
constitution of the dust grains. Schematically, a spherical grain with radius
a has a cross section for absorption of radiation at wavelength A of the order
of the geometric cross section ma?, if A << 2ma, and it decreases as ~ A ™2
for A >> 2ma. It is common to use the size parameter x = 1/27a and an
efficiency factor Q,, defined as the cross section for absorption divided by the
geometric cross section. Thus Q ;,~1 for x <1, and Q ;, oxx 2 for x > 1. The
dust opacity, «, (a), given in cm? per gram of dust, is given by the cross section
over the mass of the grain, my = pg4/ 3a’, where pg is the bulk density of
the grain. Thus «, o< 1/a, which means that the bigger the grain, the lower
the opacity at short wavelengths and the higher at long wavelengths, close to
where x ~1. Note that the transition to the A2 regime occurs at a wavelength
that increases with a. This is shown schematically in Fig. 2.13.

In general, dust grains are not of a single size, and typically there are
different numbers of grains in different size intervals, between a minimum
radius a,,;, and a maximum radius gy This is described by a size-distribution
function, for example, a power law n(a)da o a"Pda, where a is the grain size and
the exponent p is usually taken as 3.5, describing the properties of the ISM dust
[51], or 2.5 if there has been some degree of coagulation [126]. The coefficient
in the dust size distribution is proportional to the dust-to-gas mass ratio, ¢,
which specifies the mass in dust in a given disk mass element. If a,,;, and ¢
are fixed, the larger the ap,y, the less the number of smaller particles, because
the larger particles take more mass, and therefore, the lower the opacity at
short wavelengths and the higher at long wavelengths. For a mixture of sizes,
the transition from the flat to the o =2 regime occurs over a large range of
wavelengths (see Fig. 2.13), so that the local slope of the function « () versus
A changes slowly from ~0 to ~ — 2. Therefore, the form usually assumed to
represent the dust opacity k¥ oc A~# is not actually valid, since 8 depends on
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Fig. 2.13. Dependence of opacity on grain size. Upper panel: opacity for single grains. As the
grain size a increases, « decreases at short A and increases at long A. Lower panel: opacity for
a grain size distribution. The slope B of k versus A depends on A. From [23].

A [126, 48], although it may be applicable over a sufficiently small X interval.
For a detailed study of dust properties, see [126].

But how does all this affect the disk? Most of the energy of the stellar
radiation intercepted by the disk is deposited at the “irradiation surface,” where
the mean radial optical depth of the stellar radiation is unity. The actual fraction
of stellar flux absorbed and reprocessed by the disk is proportional to the solid
angle subtended by the irradiation surface as seen from the star (see [85]).
Thus a higher and more curved surface intercepts more stellar radiative flux
than a lower and flatter surface, and this is why a flared disk is hotter and has
an SED with a larger infrared excess than a flat disk (see § 4.1).

The location of this surface depends on the dust opacity at the wavelength
range where most of the stellar radiation is emitted. For instance, a T Tauri star,
with an effective temperature of T, = 4,000 K, has an SED that peaks around
A ~1um. Ifthe number of grains in the disk with sizes much smaller than ~0.1
um decreases, then the height of the irradiation surface decreases, and the
fraction of stellar flux reprocessed by the disk decreases too. As we have men-
tioned above, if apqy increases, the number of small grains decreases. Thus
a disk with a dust mixture characterized by a5 = 0.25um—a size distribu-
tion typical of the ISM—has a higher irradiation surface (compare Figs. 2.8
and 2.9) and is hotter (compare Figs. 2.10 and 2.11) than a disk characterized
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by amax ~1 mm and the same dust-to-gas mass fraction. Thus the resulting
SED of the disk with small grains has a larger infrared excess than the disk
with big grains. On the other hand, the millimeter emission of the disk with
Amax = 0.25 pm will be lower than that of the disk with a5« = 1 mm because
disks with mm grains are more efficient emitters at those wavelengths. There-
fore, the SED gives direct information about the dust properties. In particular,
the median SED of the CTTSs in Taurus can be much better explained by a
disk with a uniform grain mixture characterized by amax ~ 1 mm dust than
by ISM dust (@max = 0.254m) [48].

Another way to decrease the irradiation surface and make a disk model with
an infrared SED more consistent with observations than the SED predicted
using a disk model with ISM-like grains is to decrease the number of small
grains in the disk atmosphere by decreasing the dust-to-gas mass ratio. This
happens naturally when grains grow and settle toward the disk midplane, since
a fraction of the dust mass disappears from the disk atmosphere, decreasing
locally the dust-to-gas mass ratio and, therefore, the opacity. At the same time,
the missing dust mass increases the dust-to-gas mass ratio at the disk mid-
plane, where grains can grow even more and the millimetric emissivity of the
disk increases. In § 5.1 the evolution of dust and its effects on the disk are
discussed in more detail.

4.3. Inner Disk

The picture of the inner disk around young stars has changed considerably
over the years. As discussed in § 3, the disk was thought to extend all the way
to the star and to be separated from it by a thin boundary layer. This picture
evolved into the present paradigm of magnetospheric accretion, where the
disk is truncated at a few stellar radii by the stellar magnetosphere. Since
the temperature obtained from eq. (9) at the disk photosphere was below the
dust-sublimation temperature, it was assumed that dust was present in the
disk all the way to the truncation radius. It then became clear that something
was wrong with this picture. References [139, 56] showed that the peculiar
3 um “bump” in the SEDs of HAeBe, first discussed in [99] and which had
defeated explanation until then, could be explained as emission from a “wall” in
the inner disk, located at the dust-destruction radius and illuminated by the star
with a normal impinging angle. The gas disk inside this radius was assumed
to have a low optical depth, an assumption confirmed at first approximation
by [135]. At the same time, first interferometric results showed that indeed
there was a sharp cutoff in the inner disks of HAeBe stars also associated with
the dust-sublimation radius [124, 171].
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The existence of this wall can be easily understood in the context of irra-
diated accretion disks. For radii just outside the magnetospheric truncation
radius, the temperature in the uppermost layers above the disk photosphere
is higher than that in the photosphere (see eq. [10]), and dust could sublimate
there. But if those upper regions were clean of dust, stellar radiation would
reach the dust down at the photosphere and sublimate it too. Stellar radiation
could then erode the dusty disk from the magnetospheric radius to a radius
where the temperature of dust grains illuminated directly by the star (and the
accretion shocks at the stellar surface) are equal to the sublimation temper-
ature; for larger radii, dust grains are cold and could not be destroyed. Thus
in the present picture of the inner disk there is a region free of dust between
the magnetospheric truncation radius and the dust-destruction radius. Plate 3
shows an artistic representation of the inner disk.

Disk models usually start the calculation of the structure at the dust-
sublimation radius under the assumption that the inner gaseous disk does
not contribute to the emission. The emission from the wall adds to the
disk emission to make the resultant SED; wall emission is comparable to
or even dominates the rest of the disk emission in the near IR, specially in the
Spitzer/IRAC bands (3.6, 4.5, 5.8, and 8 um), with important observational
implications [45, 66].

The contribution of the wall to the SED depends on its emitting area,
~47 R, Zowani- The sublimation radius can be written as

1/2
S
R ka Tsub
[47], neglecting scattering. In this expression, Ly and L, are the stellar and
accretion-shock luminosities, «, and «; are mean opacities weighted by the
Planck function at the stellar and local disk temperatures, respectively, and
Ty, is the dust-sublimation temperature. The accretion luminosity is impor-
tant only for the high accretors among the CTTSs [134]. The kind of dust at the
inner disk affects Ry, through the sublimation temperature. In general, dust
at the wall is assumed to be mostly silicates, the dust with the highest sublima-
tion temperature among the expected dust composition in disks, as indicated
by solar system studies [148]. Sublimation temperatures can be determined
observationally from interferometric sizes, and they range from 1,300 to 1,900
K [127], consistent first approximation with silicates. However, sublimation
temperatures increase with the local density. Thus dust at the dense midplane
can survive at a smaller radius than the dust at the less dense upper regions,
and the wall curves outward [106]. In addition, the size distribution of the dust
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is important because the smaller the dust, the larger the ratio «./ky (§ 4.2),
and thus the larger the Ry,,. Moreover, if there is settling at the wall, large
grains at the midplane will survive at smaller radii than the small grains at the
upper layers, again curving the surface [168].

The height of the wall Z,,,;; can be estimated as the height where the optical
depth to the stellar radiation becomes unity [56]. If the wall is assumed to be
vertical, then the height can be calculated from the vertical density profile and
the assumed dust properties, and it is usually 3 to 4 scale heights [56]. The
scale height is calculated with the local temperature, the dust-destruction tem-
perature. In the case of “passive disks,” i.e., those in which accretion heating
is neglected, the wall is hotter than the disk behind it, so it is “puffed up” and
shadows the disk behind. However, accretion heating keeps the midplane of
CTTS disks behind the wall at the dust-sublimation temperature through the
thermostat effect (§ 4.1). In this case it seems unlikely that the inner disks are
shadowed.

5. Dust Evolution

5.1. Dust Settling

With the launch of IR missions to space in the last decade, such as ISO and
Spitzer, the near- to mid-IR region has became accessible, showing disk spectra
of YSOs characterized by strong silicate features in emission [140, 186, 158,
1, 66]. Fig. 2.14 shows a sample of spectra of CTTSs in Taurus obtained with
the Infrared Spectrograph (IRS) on board Spitzer. At first, these observations
seem to contradict the prediction from fits to the overall SED that grains must
have grown in the disk to millimeter sizes [48], because the opacity due to
grains larger than ~1um is featureless [126]. However, the silicate features
form in the upper layers of the inner disk, while the long-wavelength SED
comes mostly from regions closer to the midplane; therefore, this apparent
contradiction is actually directly indicating that large grains must have settled
to the midplane, leaving behind a population of small grains, as predicted by
dust-evolution theories [177, 55].

Grain growth and settling toward the midplane are natural consequences
of the environmental conditions in disks [177, 55, 54]. Particles tend to collide
and stick together, growing in size; gravity pulls them toward the midplane.
The timescales for these processes to occur scale as the orbital period, and they
are thus faster for smaller disk radii. As a consequence of these processes, the
upper disklayers get depleted with time, while the dust-to-gas mass ratio builds
up at the midplane (for a good description of the physics of these processes,
see the introductory lectures in [10]).
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Fig. 2.14. IRS spectra of Taurus stars. Note the diversity of profiles in the silicate emission
features. Adapted from [66].

The depletion of the upper layers expected from dust evolution has direct
observational consequences. As a result of depletion, the absorption of stellar
radiation by the upper layers decreases, the surface where stellar radiation is
absorbed becomes flatter, so less radiation is absorbed, and the disks emit less
[55, 54, 45]. Fig. 2.15 shows the effects on the temperature and disk structure
of dust settling. The models shown have two populations of grains: ISM dust,
which resides mostly in the upper layers, and a mixture with a5, = 1 mm, at
the midplane. In the left panel, the dust-to-gas mass ratio of the small grains
is equal to the standard. In the lower panel, it has been reduced to 1% of the
standard (depletion is parameterized by ¢, the dust-to-gas mass ratio of the
small grains relative to the standard). The disk with a strong depletion has
a much flatter surface (z(R), see § 4) than the disk without depletion. Note
the warm and dense regions above z(R) in the depleted disk, important for
molecular formation ([144]; chapter 3 this volume).

Fig. 2.16 shows the noticeable effects of upper-layer depletion due to dust
settling in the SED. Dust settling decreases the opacity in the upper layers
as increasing dust size did, but there is an important difference. According
to eq. (10), the surface temperature depends only on the ratio «p(Tx)/kp(To),
which is independent of the dust-to-gas mass ratio. This ratio is large for
the small grains remaining in the upper layer, and thus these layers are hot,
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Fig. 2.15. Effects of dust settling on the disk structure: isocontours of temperature (solid lines)
and number density (dashed lines) for disks with M = 1078 Mg yr~!, & = 0.01, typical stellar
parameters, and depletion parameters € =1 (left) and € = 0.01 (right). The dotted line shows
the disk surface, z;(R). Adapted from [45].
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Fig. 2.16. Effects of settling on the SEDs. Disk models are calculated for the same stellar
parameters and accretion rate and vary by the degree of depletion of small grains in the upper
disk layers, from the standard dust-to-gas ratio (uppermost dotted curve) to 0.001 times the
standard ratio (dash-dotted line). Even with this degree of depletion, the slope of the SED is
not as steep as that of the flat disk. The photosphere is shown for comparison. From [45].

regardless of depletion. As a result, the silicate features appear in emission,
even though the opacity of the upper layers decreases and so does the IR
flux [45].

Observations obtained with the IRS instrument on board Spitzer allow
us to make inferences about the degree of depletion in the upper layers in
typical disks. As can be seen in Fig. 2.16, the slope of the SED in the range
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Fig. 2.17. Predicted midinfrared slope of the SED between 13 and 31 um versus the equivalent
width of the silicate feature at 10 um for two mass-accretion rates, shown in the upper left
corner, several values of the depletion parameter €, which measures the dust-to-gas mass
ratio of small grains in the upper layers relative to the standard dust-to-gas mass ratio (lower
values of € correspond to larger symbol sizes), and several inclinations, as indicated in the
inset. From [68].

13um-30 pum, covered by IRS spectra, is a good indicator of settling. Fig.
2.17 shows this slope versus the equivalent width of the 10um silicate feature
calculated with irradiated accretion-disk models from [45] for two values of
the mass-accretion rate, M = 10~2 and 10~ Mg yr~, and typical values for
the stellar mass and radius of CTTSs. The models are calculated for different
amounts of dust settling, measured by the depletion parameter €. Values of
these quantities determined from IRS spectra of CTTSs in the Taurus clouds
are shown in Fig. 2.18. Most of the observations fall in the region explained by
the models, indicated in the figure, and among these, comparison with models
indicates large factors of depletion in the upper layers; namely, observations
seem to indicate that the dust abundance in the upper layers of the Taurus
disks is 1% or even less of the standard ISM abundance [66, 68]. A number of
disks fall outside the region explained by the models. These will be discussed
in §5.3.
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Fig. 2.18. Observed midinfrared slope of the SED between 13 and 31 um versus the equivalent
width of the silicate feature at 10 um in the CTTSs in Taurus. The curved line encloses the
region covered by the models in Fig. 2.17. From [68].

5.2. Evolution of Dust Properties
Studies of dust growth and settling [177, 55, 54] describe in general terms the
expected evolution of the solids in disks; however, the microphysics of dust
growth and the effects of turbulence in disks are complicated, weakening the
predictive power of those studies. Observations of disks over a large range
of ages and environments can provide necessary input to guide theoretical
studies. Such observations have been vigorously conducted in the last few
years, specially with Spitzer. They focus on populations of a given age, rather
than individual stars, because one important aspect that is emerging from
these studies is that age is not the only factor controlling evolution; there is
a large spread of properties within a population of a given age, and median
properties are better indicators of the processes that may be happening.

Several important points have been established. First, the disk frequency
decreases with the age of the population. Fig. 2.19 shows the disk frequency in
late-type mass stars (late G or later) as a function of age for a number of
populations, including clusters and associations, some without high mass
formation. The disk frequency is measured by the presence of excesses over
the photosphere in the near-IR bands, and therefore it refers to the inner disk.
It is apparent that ~ 70-80% of the inner disks have dissipated by 5 Myr. The
disk frequency is also mass dependent, with disks around intermediate-mass
stars (types F and early) evolving much faster than for later types [97, 94].

In addition, the excess itself decreases with age. Fig. 2.20 shows the median
slope of the SED as a function of age. The slope is measured between the
K band, representative of the photospheric levels, and three bands: 24 um,
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Fig. 2.20. Slope of the near-IR SED for populations with ages from ~ 1to 10 Myr. Top panel:
slope between K and 24 um; middle panel: slope between K and 8 um; bottom panel:
slope between K and 5.8 um. It is apparent that the innermost disk, emitting at the shorter
wavelengths, clears up first. The dotted line indicates the photospheric level. Adapted from [93].

8 um, and 5.8 um (the last two come from IRAC measurements, the first
from MIPS measurements). The error bars represent the first quartiles; that
is, 50% of the disks have slopes within those bars. The photospheric level
is shown for comparison. Although there is a large spread at a given age, it
is apparent that the excess over the photosphere decreases as the age of the
population increases. Moreover, the slope becomes steeper and closer to the
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photospheric slope sooner at the shorter wavelengths, indicating that the inner
disk becomes optically thin first.

Present evidence thus indicates that the older the population, the fewer
disks remain, and those remaining disks show less excess above the photo-
sphere. In the near IR, the contributors to the flux are the wall at the dust-
destruction radius and the innermost disk. The first evolutionary effect that
must be taken into account is that the mass-accretion rate decreases with age
(§3); this implies that the surface density decreases (eq. [16]), and thus the
optical depth of the disk decreases. However, [94] shows that the decrease
of mass-accretion rate alone cannot account for the decrease of the excess.
Additional factors, such as dust growth and settling in the inner disk and wall,
are required to explain the decrease. The observed inside-out clearing (Fig.
2.20) is consistent qualitatively with predictions of dust evolution [177, 55].
Extreme cases of inner disk clearing are the transitional disks.

5.3. Transitional and Pretransitional Disks

Transitional disks have been characterized observationally as having little
excess above the photosphere in the near IR below ~10um and excesses
consistent with optically thick disks at longer wavelengths. This characteristic
SED can be understood in terms of an optically thick outer disk truncated at
some radius, with or without a small amount of dust remaining in the inner
disk region inside the truncation radius [27, 46, 29, 41, 67]; the edge of the
truncated disk, frontally illuminated by the star, is responsible in this model
for the flux above 10 um, while the small excess above the photosphere at
shorter wavelengths, and often the silicate feature, are due to the remain-
ing dust in the inner region. A sketch of the model and a typical SED are
shown in Figs. 2.21 and 2.22. Although the inner truncation of the disk was
originally inferred from the SED, inner edges to disks at radii in agreement
with SED predictions have been confirmed by millimeter interferometric data
[101, 147], which probe the large grains at the midplane of the outer disk.
The inner disk regions are not actually empty in most known cases, because
the star is accreting mass from the disk.

The observational signatures of transitional disks are consistent with the
SEDs of binary objects surrounded by a circumbinary, optically thick disk
with the inner edge illuminated by the stars, and several cases have been
identified so far [172, 83, 67, 104]. However, in other cases no stellar com-
panion has been found, or the companion cannot explain the location of the
truncation radius. Alternative theories have been truncation by a planetary-
mass object [153, 150] (which would have been missed in surveys for binary
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Fig.2.22. SED ofthe transitional disk GM Aur. The median SED of the CTTSs in Taurus is shown
by short dashed lines. The near-IR flux deficit and the fluxes beyond ~10 um comparable to or
higher than the median SED are apparent. The disk model includes the contribution from the
outer disk (short dash-dot-dotted lines), the wall at the edge of the truncated disk, at ~20 AU
(long dash-dotted lines), and an optically thin region inside the hole (wide dashed lines), in

which small dust particles are responsible for most of the observed silicate feature. Adapted
from [29].

companions), photoevaporation [36], or erosion of the disk wall by induced by
magnetorotational instability mass loss [34].

High-energy radiation fields, and in particular external ultraviolet radiation,
from the central objects are expected to heat the uppermost layers of the disk,
raising the thermal velocities above the escape velocity [100]; this effect is
important outside a given radius, the gravitational radius, which scales with
the mass of the star, and results in mass loss from the disk surface. Ref. [36]
proposed that as the mass-accretion rate decreases with age, at some time it
becomes equal to the rate of mass loss. From this point on, matter is lost
through the wind and does not reach the inner disk, which quickly dumps its
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mass onto the star, clearing up the inner region. Further photoevaporation of
the exposed edge of the disk makes the inner hole grow with time ([6]; chapter 8
in this volume). This model predicts low mass-accretion rates and disk masses
in transitional disks, which are not observed [6]. Thus photoevaporation does
not seem to be the explanation for the clearing in transitional disks, although
it may be responsible for getting rid of the remaining disk gas in the latest
phases of evolution.

Planets opening gaps in disks emerge as the mostlikely cause of transitional
disks without stellar binary companions. A further step in this direction has
been taken with the identification of pretransitional disks. In these disks,
optically thick material remains inside the cleared region, as shown by near-
IR excesses comparable to optically thick disks [40, 18, 17]. A compelling proof
comes from spectroscopy in the 2—4 pm band; the spectrum of the excess is
that of a blackbody at the dust-destruction temperature [39], similar to that
of full disks [134]. These disks may be in the first stages of gap opening by
forming planets.

We have given positive steps toward understanding how planets form, and
how disks actually evolve and dissipate. Still, much more work remains to be
done to achieve these goals, which is a good thing.
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3 EDWIN A. BERGIN

THE CHEMICAL EVOLUTION OF
PROTOPLANETARY DISKS

1. Introduction

The origins of planets, and perhaps of life itself, are intrinsically linked to
the chemistry of planet formation. In astronomy these systems are labeled
protoplanetary disks—disks on the incipient edge of planet formation. For
our Sun, the rotating ball of gas and dust that collapsed to a disk has been
called the Solar Nebula. In this chapter I will attempt to explore the chem-
istry of planet-forming disks from the perspective of knowledge gained from
decades of solar system study, combined with our rapidly growing knowledge
of extrasolar protoplanetary disks. This chapter is not written in the form of a
review. Rather, I survey our basic knowledge of chemical/physical processes
and the various techniques that are applied to study solar/extrasolar nebular
chemistry. Therefore, my reference list is limited to works that provide a direct
discussion of the topic at hand.

A few aspects of general terminology and background are useful. I will
use ny to refer to the space density (particles per cubic centimeter) of atomic
hydrogen, ny, for the molecular hydrogen density, and n for the total density
(nu + na2). Similar terminology will be used for the column density (particles
per square centimeter), which is denoted by N. In addition, Ty will refer to
the gas temperature and T, to the dust/grain temperature, which are not
always coupled and have separate effects on the chemistry. At high densities,
where they are coupled, I will simply refer to the temperature, T.

Stars are born in molecular clouds with typical densities of a few thou-
sand H; molecules per cubic centimeter, gas temperatures of ~10-20 K,
and 103-10° M. These clouds exist over a scale of tens of parsecs (1 pc =
3 x 10'® cm) but exhibit definite substructure, with stars being born in denser
(n >10° cm™3) cores with typical sizes of 0.1 pc. The chemistry of these
regions is dominated by reactions between ions and neutrals, but also by
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the freeze-out of molecules onto the surfaces of cold dust grains. A summary
of the properties of the early stages can be found in the reviews of Bergin &
Tafalla (2007) and di Francesco et al. (2007). Molecular cloud cores are rotat-
ing, and upon gravitational collapse, the infalling envelope flattens to a disk.
This stage is labeled Class 0. As the forming star begins to eject material, the
envelope is disrupted along the poles, and the star/disk system begins the
process of destroying its natal envelope. In this Class I stage the star accretes
material from the disk, and the disk accretes from the envelope (see Adams
etal., 1987; André et al., 1993; for a discussion of astronomical classification).
As the envelope dissipates, the system enters the Class II stage, wherein mate-
rial accretes onto the star from the disk. The disk surface is directly exposed
to energetic ultraviolet (UV) radiation and X-rays from the star, but also from
the interstellar radiation field. Observational systems in the Class II stage are
often called T Tauri stars. These disks have strong radial and vertical gradients
in physical properties, with most of the mass residing in the middle of the disk,
labeled the midplane. It is the midplane that is the site of planet formation.
The density of the midplane significantly exceeds that of the dense natal core,
by many orders of magnitude. The midplane is, in general, colder than
the disk upper layers, which can also be called the disk atmosphere. Finally,
the outer regions of the disk (r >10 AU) have reduced pressure and tempera-
ture but contain most of the mass. Bergin et al. (2007) and Ciesla & Charnley
(2006) provide recent summaries of disk chemical evolution. This chapter will
provide greater detail on the methodology and techniques used to explore the
chemistry of protoplanetary disks, and the reader is referred to the previous
reviews for additional information regarding both observations and theory.

I will start this study by discussing some key observational results, begin-
ning with bodies in our solar system and extending to circumstellar disk sys-
tems at a typical distance of 60-140 pc. I expand the exploration to the basic
facets of theoretical studies of disk chemistry: thermodynamic equilibrium and
chemical kinetics. This is followed by an outline of our knowledge of key phys-
ical processes. In the final sections, I synthesize these results to summarize
our theoretical understanding of the chemistry of protoplanetary disks.

2. Observational Constraints

There exists a wealth of data on the chemical evolution of our own solar sys-
tem regarding the composition of planetary bodies, moons, asteroids, comets,
and meteorites. In addition, there is a rapidly growing observational sample
of molecular and atomic transitions in extrasolar protoplanetary disks. The
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current astronomical data set is limited to only a few objects that have been
subjected to deep searches. However, the upcoming Atacama Large Millimeter
Array (ALMA) will dramatically expand our current capabilities and offers great
promise for gains in our understanding of planet formation. This will directly
complement knowledge gained from the remnants and products of planet for-
mation within the solar system. For more detailed views of disk chemistry, the
reader is referred to the recent compilations found in Meteorites and the Early
Solar System 11 (Lauretta & McSween, 2006), the Treatise on Geochemistry (vol.
1, A. M. Davis et al., 2005), and Protostars and Planets V (Reipurth et al., 2007).

2.1. Planets, Comets, and Meteorites: Tracing the Midplane

This chapter cannot do justice to the gains from the decades of study of bodies
within our solar system. Instead, I will highlight a few basic facets of our
understanding and a few examples where the chemical composition is a fossil
remnant that tracks conditions that existed billions of years ago.

PLANETS. The standard model for the formation of the Earth and other rocky
planets is that the temperature of the nebula was initially hot enough that
all primordial grains sublimated. As the nebula cooled, various species con-
densed out of the hot gas, depending on their condensation temperature
(defined in § 3.1). The nebula also had strong radial temperature gradients
such that different species could first condense at larger radii. This model and
various issues are summarized in Palme et al. (1988) and A. M. Davis (2006).
Fig. 3.1 shows the condensation temperatures of various minerals and ices,
along with the radii where these species potentially condensed in the nebula, as
estimated by Lewis (1990). The fraction of rock/ices in planets is also provided
on this plot and clearly follows this trend. Itis a basic astronomical fact that the
rocky planets reside in the inner nebula, with gas giants in the outer nebula;
however, this is supplemented by Uranus and Neptune having incorporated
a greater percentage of ices. Thus basic molecular properties (i.e., tempera-
ture of condensation) work in tandem with the nebular thermal structure to
determine the composition of bodies in the nebula, supplemented by dynamic
evolution (e.g., Morbidelli et al., 2000). Other facets of chemical composition
of bodies in the solar system in relation to nebular thermal structure are dis-
cussed by Lewis (1974), who provides some of the basis for the condensation
temperatures and radii placements in Fig. 3.1.

METEORITES. Meteorites are the most directly accessible primitive material
in the solar system. Meteorites come in a number of classes, based, in part,
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Fig. 3.1. Top: Plot of temperature of condensation for materials that represent some of the
major contributors to planetary composition as a function of distance from the Sun. This part
of the figure is adapted from NASA’s Genesis mission educational materials. Condensation
temperature and estimated position from Lewis (1990). Bottom: Plot of percentage of planetary
mass constituted by rocks (black-filled labels) and ices (white-filled labels). Labels represent
each ofthe 8 major planets in the solar system. Jupiter, Saturn, Uranus, and Neptune estimates
are from Guillot (1999a, 1999b). Values for the giant planets have larger uncertainties than
those for the terrestrial planets.

on whether the material is undifferentiated and therefore more primitive or is
part of the mantle or core of some larger planetesimal (see Krot et al., 2005).
The most primitive meteorites are the carbonaceous chondrites (labeled C).
Among the various types, the CI carbonaceous chondrite contains a composi-
tion that is quite similar to that of the Sun (Palme & Jones, 2003). In fact, in
many instances abundances from CI chondrites provide a better value for the
solar composition than spectroscopy of the solar photosphere (Lodders, 2003;
Palme & Jones, 2003). This is illustrated in Fig. 2.1, where I plot abundances
measured in CI chondrites against those estimated in the Sun.

The exceptions to the general agreement in Fig. 2.1 are telling. Li is under-
abundant in the Sun because of convective mixing into layers where Li is
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destroyed. Li is inherited from the interstellar medium (ISM), and stars begin
their evolution with abundant Lithium. Primordial Li is gradually destroyed
(Bodenheimer, 1965; Skumanich, 1972); thus the presence of Li in a stellar
photosphere is generally taken as a sign of youth. The most volatile elements
have low abundances in chondrites; these include the noble gases, along with
H, N, C, and to some extent O. Unreactive noble gases reside for the most
part in the nebular gas along with H (which was in molecular form). Noble
gases can be trapped inside the lattices of rocky and icy planetesimals, and
their abundances provide key clues to the evolution of terrestrial planet atmo-
spheres (Pepin, 1991; Owen & Bar-Nun, 1995; Dauphas, 2003). In the cases
of C and N, thermodynamic equilibrium would place these molecules in the
form of CO/CH4 or N;/NHj3 (depending on the pressure/temperature). Thus
the temperature in the nebula where these rocks formed must have been above
the sublimation temperature for these molecules. In the case of O1, the oxy-
gen not consumed by refractory material and CO likely resides in the form of
gas-phase H;O.

An additional clue to the chemistry of rock formation in the inner nebula
lies in the relative abundances of elements within the various classes of mete-
orites. Fig. 3.3 shows a sample of these results, plotting the abundances of
CM, CO, and CV carbonaceous chondrites normalized to CI as a function of
condensation temperature. For a more expanded plot, the reader is referred
to A. M. Davis (2006). This plot demonstrates that elements with higher con-
densation temperatures are more likely to be incorporated into planetesimals.
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Hence rock formation in the Solar Nebula was in some sense a volatility-
controlled process. This can involve aspects of both condensation in a cooling
nebula and, potentially, evaporation during heating events (Palme et al., 1988;
A. M. Davis, 20006).

COMETS. Because comets harbor volatile ices, they are likely the most pris-
tine remnants of the formation of the solar system, tracing conditions that
existed in the outer tens of AUs in the Solar Nebula. Long-period comets,
with periods > 200 yrs, originate in the Oort cloud, while short-period comets
(< 200 yrs) are believed to originate in the Kuiper belt. Oort cloud comets
are believed to have formed predominantly in the region between Uranus
and Neptune and to have scattered to distant orbits via interactions with
the giant planets (Fernandez, 1997; Dones et al., 2004). The chemical com-
position of volatiles in cometary comae can be studied via remote sensing
techniques with the basic physics summarized in § 2.2. In general, there are
some gross similarities in the abundances of volatiles in cometary comae to
those of interstellar ices, which are suggestive of a direct link (e.g., Bockelée-
Morvan et al., 2000; Ehrenfreund et al., 2004). In particular, water, CO, and
CO; are the most abundant ices in comets and in the ISM, with smaller con-
tributions from CHy, NH3, and others. However, there is also a wide degree
of chemical inhomogeneity in the cometary inventory. In particular, a study of
85 short-period comets by A’Hearn et al. (1995) found that a fraction appeared
to be depleted of the carbon-chain precursors that produce C,. Such diversity
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is not limited to short-period comets, because Oort cloud comets also exhibit
variations in CO, CHg, and CHy relative to H,O, along with other composi-
tional differences (see Bockelée-Morvan et al., 2004; Disanti & Mumma, 2008;
and references therein). Methanol also stands out as another species where
variations are found within the Oort cloud population of comets and also
short-period comets (Disanti & Mumma, 2008). These differences likely point
to systematic changes in the chemistry throughout the cometary formation
zone, perhaps due to a diversity of formation radii for cometary nuclei.

One potential clue to the formation of cometary volatiles lies in the
ortho/para ratio of water ice. The spin pairing of the hydrogen atoms for
H;0 leads to two independent forms, para-H;O (spins antiparallel, with total
nuclear spin I, = 0), and ortho-H;O (spins parallel, with total nuclear spin
I, = 1). The lowest energy level of para-HO is ~34 K below that of ortho-
H,O0, and if water forms at temperatures below this difference, the water will
preferentially be in the form of para-H;O. The ortho/para ratio depends on
the distribution of population within the energy levels that are characterized
by three quantum numbers (J, Ky, K_) used for asymmetric tops (§ 2.2). In
thermodynamic equilibrium the ratio is given by (Mumma et al., 1987)

2L, +1 (2] + 1)e” B Ko K)/ET

1 o/ = L1 22 + 1)e BUKKAT

and athigh temperature is set by the ratio of the spin statistical weights (21 + 1),
o/p = 3:1. When water forms in the gas via exothermic reactions, the energy
is much greater than the ground-state energy difference, and the ortho/para
ratio reflects the 3:1 ratio of statistical weights between these species. When
water forms on the surfaces of cold dust grains, it is possible that the excess
energy in the reaction is shared with the grain, and the water molecules equi-
librate to an ortho/para ratio at the grain temperature (e.g., Limbach et al.,
2006). If the grain temperature is below ~ 50 K, then the ortho/para ratio
will lie below 3:1. In Comet P/Halley, Mumma et al. (1987) measured an o/p
ratio of 2.73 £0.17. This is consistent with an equilibrium spin temperature
of ~30 K, which is similar to that measured for water and other species (ammo-
nia, methane) in other cometary comae (Kawakita et al., 2006). Bonev et al.
(2007) provide a summary of water ortho/para ratios measured in cometary
comae that span a range of spin temperatures from ~20 to 40 K. One potential
interpretation of this ratio is that cometary ice formed at temperatures near
30 K, possibly in the interstellar medium, although other explanations exist
(see Bockelée-Morvan et al., 2004; for a discussion).
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ISOTOPIC CHEMISTRY. A clear chemical constraint on planet formation is the
deuterium enrichment observed in the solar system. In Fig. 3.4 I provide a
compilation of D/H ratios seen in a variety of solar system bodies and
molecules in the ISM. This figure essentially summarizes salient issues as
determined by cosmochemical and geological studies over the past decades.
(1) Gas in the early Solar Nebula (proto-Sun, Jupiter) is believed to have had
a ratio comparable to that seen in the main mass reservoir in the natal cloud
(i-e., ISM Hy). (2) As we move toward bodies that formed at greater distances,
there is a clear trend toward deuterium enrichment in trace gas components
(Uranus, Neptune). (3) The material that formed directly from ices and rocks
(comets, interplanetary dust particles, meteorites) exhibits large enrichments.
(4) The Earth’s oceans are enriched in deuterium.

From astronomical studies of the dense (n > 10° cm™3) cores of molecular
clouds—the sites of star and planet formation—we know that these enrich-
ments are readily initiated by a sequence of reactions that are favored for
Toas <30 K (§ 3.2; Geiss & Reeves, 1981; Millar et al., 1989). Indeed, large D/H
ratios are observed inside molecular cloud cores, both in the gas phase and in
evaporated ices (Fig. 3.4; Ceccarelli et al., 2007). The same cold (Tgs <30 K)
nonequilibrium gas chemistry that gives rise to the deuterium fractionation
in molecular cloud cores is also observed to be active in the outer reaches of
extrasolar protoplanetary disks (Bergin et al., 2007; and references therein).
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Fig. 3.4. D/H ratios measured in key species in solar system bodies and molecules in the
ISM. Plot adapted from Messenger et al. (2003) and using additional ratios taken from the
tabulation of Robert (2006) with references therein. The Jupiter value is an in situ measure-
ment from the Galileo probe (Mahaffy etal., 1998) and Infrared Space Observatory observations
(Lellouch et al., 1996), while the protosolar ratio is estimated from measurements of 3He in the
solar wind (Geiss & Gloeckler, 1998). SMOW—standard mean ocean water—is the reference
standard for the Earth’s ocean. The ISM value for H; is based on measurements of atomic
D/H in clouds within 1 kpc of the Sun (Wood et al., 2004).
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These inferences hint that the Earth received a contribution to its water content
from some cold reservoir (e.g., comets, icy asteroids).

Beyond hydrogen, meteorites also exhibit a number of other isotopic
anomalies (see A. M. Davis et al., 2005; Lauretta & McSween, 2006; for a
complete discussion). Of particular interest is the isotopic enhancement seen
in carbon, oxygen, and nitrogen, which is potentially related to kinetic chemi-
cal effects early in nebular evolution or perhaps in the cloud that collapsed to
form the Sun (Clayton, 1993; Floss et al., 2004; Yurimoto et al., 2007; Rodgers
& Charnley, 2008).

2.2. Astrophysical Techniques

Astronomy offers several methods to explore the predominantly molecular
chemistry of protoplanetary disks. In general, molecules are fantastic probes
of their environment. In the following I will outline a few basic facets of
molecular astrophysics and discuss the current status of observations. A listing
of molecules and transitions that have been detected in protoplanetary disks
is provided in Table 3.1.

MOLECULAR ASTROPHYSICS. For atomic species the electronic states are
discrete, or quantized, and their emission spectra have been successfully char-
acterized by using the principles of quantum mechanics (e.g., Cowley et al.,
2000; or an astronomical perspective). In comparison to atoms, molecules
have more complicated structures where rotational and vibrational motions
are coupled to electronic states. Similar to atoms, the various motions/states
are quantized. A more complete description of the molecular physics and
spectroscopy is provided by Townes & Schawlow (1955) and Herzberg (1950
and subsequent volumes). Evans (1999) provides a more descriptive outline
regarding the use of molecules as astrophysical probes.

The Born-Oppenheimer approximation (Born & Oppenheimer, 1927)
allows the separation of the nuclear and electronic motions in the wave func-
tion. Thus molecular transitions are characterized by three different energies:
rotational, vibrational, and electronic. Electronic transitions have energies
typically ~4 eV (40,000 K), with lines found at visible and ultraviolet (UV)
wavelengths. Vibrational levels probe energies of ~0.1 eV (1,000 K) and are,
for the most part, found in the near to mid-infrared (~2-20pum). Rotational
transitions of the ground vibrational and electronic states have energies below
0.01 eV (100 K) and emit at millimeter and submillimeter wavelengths. The
wide range of temperatures and densities present in protoplanetary disks has
led to detections of electronic, vibrational, and low-/high-energy rotational
lines of a variety of molecular species (Table 3.1).
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For the bulk of the disk mass, which has temperatures below 10s of
Kelvin, the disk is best traced by molecular rotational lines. Solutions of the
wave equation for a “rigid” rotating linear molecule yield rotational energy
levels

hZ
2 E]=Z](]+1)y

where I = pa} is the moment of inertia (u is the reduced mass, and aq is
the bond length, typically ~ 1 A) and J is the angular momentum quantum
number. The quantity h%/21 is redefined as the rotation constant, By, which
is an intrinsic property of a given molecule. For linear molecules the excita-
tion is simplified because there is symmetry about all rotational axes and the
selection rules for electric dipole transitions are AJ £ 1. For these molecules
the frequency of a rotational transition from level [ to level ] — 1 is

3 v=Ej(J)— E(J—1) = 2Bo].

Heavy linear molecules with a large moment of inertia (e.g., HCN, CS, CO)
have small rotational constants and, in consequence, have more transitions at
longer millimeter/centimeter wavelengths. Lighter molecules, such as H; or
HD, have larger energy spacings and emit primarily in the near to far infrared
(2-115pum). Molecules have three degrees of rotational freedom, and the sim-
plest case is the linear rigid rotor. Some nonlinear molecules have a degree
of rotational symmetry. For a symmetric-top molecule, two of the principal
moments of inertia are equal. In this case the rotational energy spacing is
charactered by two quantum numbers (], K). Because of their energy-level
spacing and excitation properties, symmetric tops have been used as probes
of the gas temperature. Prominent examples are NH3 or CH3C;H (Ho &
Townes, 1983; Bergin et al., 1994). Nonlinear molecules with no symmetry
are called asymmetric tops. The energy levels for these species are described
by three quantum numbers (], Ky, K_). Water is the most notable species in
this category, which also includes most complex organic molecules.

The spontaneous emission arises from a rotating dipole, which from
an upper to a lower | state of a linear molecule is given by the Einstein
A-coefficient:

A S 64n* 5,
= ————vus.
1 3he3 e

Here p is the permanent electric dipole moment of the molecule. A common
unit for the dipole moment is the Debye (1 D = 10~!8 esu cm). S is the line
strength of the transition. For linear rotors, S = J,.
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From egs. 3 and 4, the methodology of using molecular emission to probe
the physical environment can be demonstrated. In a disk with density ny,,
molecules are excited through collisions with molecular hydrogen at a typi-

3571 (see

cal rate ny,y,;, where the collision rate coefficient, y,; ~ 10711 cm
Flower, 2003; for a thorough discussion of molecular collisions). This leads
to a critical density required for significant excitation of a given transition,
which is ng ~ Ay/y.. If we use egs. 3 and 4, the critical density scales as n,
o BjuJ?. Of these, the rotation constant and the dipole moment are molec-
ular properties, while | depends on the observed transition. Heavy molecules
with large dipole moments, due to charge disparities, have higher critical
densities and are excited in denser gas. Thus HCN (u; = 2.98 D) and H,;0
(g = 1.85 D) are tracers of dense (ny, > 10° cm™3) gas, and CO (ug =
0.11 D) traces lower-density material. Higher | transitions probe successively
denser (and warmer layers), presumably at the disk surface, or radially closer
to the star.

Molecules with identical nuclei have no permanent electric dipole but in
some instances can emit via weaker quadrupole (H;) or magnetic dipole (O3)
transitions. In the case of H,, which is the dominant gas constituent, the first
rotational level (J = 2-0 for a quadrupole) is 510 K above the ground state.
The population in this state is o exp(— E;,/kTgys), which hinders H, emission
from the cold (Tgys ~ 10-30 K) midplane. Hence, similar to the ISM, other
molecules with dipole moments are used as proxies to trace the molecular gas.
These species are generally heavier molecules consisting of H, C, O, and N
(typically CO).

Vibrational modes are also commonly detected in warm and dense disk
systems. Molecules with N atoms have 3N degrees of freedom. In a linear
molecule 2 degrees are rotational and 3 translational. Thus there are 3N —5
degrees of freedom (3N — 6 for nonlinear). In the case of H,O there are 3
modes, 2 stretching and 1 bending. Vibrational modes are quantized. How-
ever, the stretching frequency can be roughly approximated in a model where
the two atoms are attached via a spring. Thus, if we use Hooke’s law, where
the vibration of the spring depends on the reduced mass (u,) and the force
constant k (the bond),

1 k

5 Vo= —. —.
2mc\

The force constant for bonds is ~ 5 x 10> Dynes cm ™! for single bonds, 10 x
10° Dynes cm ™! for double bonds, and 15 x 10° Dynes cm ™! for triple bonds.
The energy of vibration depends on the vibrational quantum number, n:
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1
6 Ep = (n—i— E) hvy.

Thus heavier molecules have vibrational modes at shorter wavelengths
when compared with lighter molecules. Each vibrational state has a spectrum
of rotational states called rovibrational transitions. The frequency of these
transitions from an upper state ’ to a lower state ” is given by (ignoring some
higher-order terms):

7 v=vo+ ByJ () +1) — BlJ(J +1).

B, contains the rotational constant along with a correction due to the inter-
action between vibration and rotation (i.e., the intermolecular distance can
change). The selection rule is A] = +£1, so there are 2 cases: J' = J” 4+ 1, the R
branch, and J' = J” — 1, the P branch. These are labeled as R(J) or P(J), where
] is the lower state. In some instances AJ] = 0 is allowed, which is called the Q
branch. Quadrupole transitions AJ + 2 are labeled S(J) for A] = 2 and O())
for A] = —2.

BRIEF SUMMARY OF OBSERVATIONAL RESULTS. Some features of the obser-
vational picture become clear in Table 3.1. Molecular transitions that probe
higher-temperature gas have been found to predominantly probe the inner-
mostregions of the disk. This is inferred via spatially unresolved but spectrally
resolved line profiles, assuming that the line broadening is due to Keplerian
rotation. Spatially resolved observations of the lower-energy rotational transi-
tions trace the outer disk and confirm that protoplanetary disks are in Keplerian
rotation (Koerner & Sargent, 1995; Simon et al., 2000) and that the tempera-
ture structure has sharp radial gradients (as expected). In addition, analysis of
high-] molecular transitions by van Zadelhoff et al. (2001) and Aikawa et al.
(2002) confirms that the surface of the irradiated disk is warmer than the mid-
plane, as suggested by analysis of the dust spectral energy distribution (Calvet
et al., 1991; Chiang & Goldreich, 1997). It is important to state that current
submillimeter and millimeter wave observational facilities are limited by res-
olution and sensitivity and, therefore, only probe size scales of tens of AUs at
the nearest star-forming regions (e.g., TW Hya at 65 pc and Taurus at 140 pc).
This limitation will be significantly reduced with the advent of ALMA (and the
James Webb Space Telescope [ JWST]) in the coming decade, and we can expect
the listing in Table 3.1 to increase drastically.

The chemistry of protoplanetary disks is slowly being cataloged. Mole-
cular emission depends on physical parameters (density, temperature, veloc-
ity field) and the molecular abundance. The radial distribution of density and
temperature is estimated via thermal dust emission (e.g., Beckwith et al.,
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1990). Power-law fits provide X' (r) oc v P and T(r) o< r~1 with p = 0-1 and
g = 0.5-0.75. Temperatures are estimated to be ~ 100-200 K at the midplane
at 1 AU with surface densities of ~ 500-1500 g cm~2. Modern models now
take into account the disk vertical structure (§ 4.1; Calvet, this volume; Cal-
vet et al., 1991; Chiang & Goldreich, 1997; D’Alessio et al., 1998). Thus the
determination of chemical composition requires untangling the physical and
chemical structures, both of which can vary in the radial and vertical directions.
Abundances were first calculated using emission assuming local thermody-
namic equilibrium in a disk with radial variations in density and temperature,
but researchers now adopt more sophisticated models capable of exploring
two-dimensional-parameter space (Monte Carlo, accelerated lambda iteration:
Bernes, 1979; Rybicki & Hummer, 1991).

With these techniques, a simple understanding of the chemistry is emerg-
ing. One underlying result is that the molecular abundances are generally
reduced when compared with those measured in the interstellar medium
(Dutrey et al., 1997; Bergin et al., 2007; Dutrey et al., 2007a). This is due to the
freeze-out of molecules in the dense cold midplane, which will be discussed
later in this chapter. Closer to the star there exist species-specific “snow lines”
where molecular ices evaporate. In this regard, the presence of hot abundant
water in the inner (<2 AU) disk has been confirmed in some systems (Carr &
Najita, 2008; Salyk et al., 2008). A sample of these results is shown in Fig. 3.5,
where a Spitzer spectrum of a T Tauri star is shown. This spectrum reveals
not only the presence of water vapor inside the snow line but also abundant
prebiotic organics (see also Lahuis et al., 2006). It is also becoming possible to
resolve chemical structure within protoplanetary systems (e.g., Dutrey et al.,

T ——
Fig. 3.5. Infrared spectrum 0.7 k- Observed A& Taur Spectrum -
of the classical T Tauri star |
AA Tau taken by the Spitzer '3J
Space Telescope. Vibrational !
modes of C;H5,, HCN, and
COy, along with a transition of
[Ne 1] are labeled. Diamonds
mark detections of OH rota-
tional transitions. Numerous
rotational transitions of water
vapor (not marked) are spread
throughout the spectrum. Fig- L i 1 i L
ure and discussion published 10 15 20 i3 30
by Carr & Najita (2008). Wavslangsh (am)

Fhux Deangity (Jy]
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2007a). A sample of what is currently possible is shown in Plate 4, where I show
the integrated emission distributions of HCO', DCO*, HCN, and DCN. As
can be seen, the emission of deuterium-bearing DCO™ is off-center compared
with HCO™, which is indicative of an active deuterium chemistry, at least for
that species. Finally, in the case in which most species containing heavy ele-
ments (with dipole moments) are frozen onto grains in the dense midplane,
two species, H,D' and D;H™, will remain viable probes (Ceccarelli et al.,
2004). Some complex organics have been detected in the millimeter wave, and
a summary of disk organic chemistry is given by Henning & Semenov (2008).

One key factor for modeling disk chemistry is the dissipation timescale
of the gas-rich disk. The molecular detections listed in Table 3.1 are pre-
dominantly from systems with ages of ~ 1—-3 Myr, demonstrating that the
gas-rich disk clearly exists for at least a few Myr. In addition, some gas-rich
systems, such as TW Hya, are observed at 10 Myr. There is growing evidence
of increased dust evolution (i.e., grain growth and possible planet formation)
in the inner disk (r < 10-30 AU) of some systems (Calvet & D’Alessio, this
volume; Najita et al., 2007). Systematic surveys of disk dust emission in stel-
lar clusters have provided some of the strongest limits on the evolutionary
timescales for solids. From these studies it is estimated that the timescale for
grain growth, settling, and potentially planetesimal formation is ~ 1-10 Myr
(e.g., Haisch et al., 2001; Cieza, 2008). The disk gas-accretion rate decays over
similar timescales, although there is a large scatter in the data (Muzerolle etal.,
2000). Beyond disk accretion, direct observations of gas dissipation are limited
by our observational capabilities. However, a Spitzer search for gas emission
lines in systems spanning a wide range of ages has suggested that the gas disk
dissipates on timescales similar to those seen for dust evolution (i.e., ~ 1-10
Myr; Pascucci et al., 2006). It is worth noting that the available data, while
showing a general decline with age, exhibit a large degree of scatter. Thus
there are systems that have lost their disk in ~ 1 Myr, while others exhibit rich
gaseous disks at 10 Myr (Cieza et al., 2007).

3. Equilibrium and Kinetic Chemistry

In the following I will outline the basic methods and chemical processes
that are generally used to examine chemistry in protoplanetary disks. In the
past, the primary method to explore disk chemistry involved assuming a gas-
solid mixture at fixed pressure and temperature with solar composition and
determining the resulting composition in thermodynamic equilibrium. This
method has been quite successful in explaining various trends observed in
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meteorites and planetary bodies. For a summary of these efforts, see Prinn
(1993); A. M. Davis & Richter (2004; and references therein). More recently,
in part because of observations of an active chemistry on the disk surface, it
has been recognized that for much of the disk mass, the temperatures and
pressures are too low for the gas to reach equilibrium, and the gas kinetic
chemistry must be considered. In the following I will describe the basic tech-
niques for both of these cases, with a brief discussion regarding the regimes
where each is relevant.

3.1. Thermodynamic Equilibrium
Thermodynamic equilibrium is defined as the state of maximum entropy or
the state of minimum Gibbs’s free energy of the system. It is the state toward
which all chemical systems are being driven if one waited “forever and a day.”
A key aspect of these calculations is that the final composition depends on the
pressure, temperature, and elemental composition, butnot the initial chemical
state. For the following the author is grateful to C. Cowley for numerous dis-
cussions and for providing an outline of the methodology (see Cowley, 1995).
The simplest method involves using the equilibrium constants. For every
reaction an equilibrium can be defined. For example, in the following reaction,

8 2H+ O = H;0,

the ratio of partial pressures (px = nxkT) can be determined from the equilib-
rium constant K,(H20), which is a tabulated quantity (cf. JANAF tables from
the National Institute of Standards and Technology NIST). The equilibrium
constant can be expressed as

p(H20)
p*(H)p(0)
where R is the gas constant and AG is the Gibbs’s free energy, which for this

9 K,(H,0) = = exp[—AG°(H,0)/RT],

reaction is
10 AG°(H0) = AG}(HZO) — ZAGJ?(H) — AGJ‘E(O).

The © superscript denotes that the substance is in its standard state given the
temperature (i.e., liquid, gas, solid), and the subscript f refers to “of forma-
tion.” In a system with multiple species at fixed pressure and temperature,
we can use the equilibrium constants to determine the composition. For an
example, let us take the following system:

n CO=C+0,
12 CN=C+N.
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We know the following:

13 Keo(T) = 2P0,
Pco

14 Ken(T) = 2PN
PcN

We can now define “fictitious pressures,” Pc, Po, and Py, which can be
expressed as

15 Po = po +pco = po + P2,
Kco
C
16 PN=pN+pCN=pN+pr ,
Ken
CPN  PCPo
17 Pc = pc + pex + peo = pe + LN 4 PP
Ken  Keo

and the pressure (mass) balance equation,

18 P = pc+pn+po + pco + pen.

From these we can solve for the partial pressures and composition.
There are some other more commonly used methods in the literature,
which I will outline below. The Gibbs’s free energy (G) is defined by

19 G=H-TS=E+PV-TS,

where H is the enthalpy, F is the energy, and S is the entropy. P, T, and V are,
respectively, the pressure, temperature, and volume. From this the change in
energy is

20 dG = dE + PdV + VdP — TdS — SdT,
which, by use of the first law of thermodynamics, reduces to
21 dG = VdP — SdT.

If this is an ideal gas, then PV = nRT, and

RT
2 (dG)r = VdP = ”po,
pB
23 Gg—Gyg = f ﬂdp = nRTIn <p£> .
s P pa

In the case of departures from an ideal gas,

pB RT
24 Gp—Ga =/ (V—L> dP 4+nRTln <p—B> =VLRTln<@),
Pa p PA fa
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where f is the fugacity, which is essentially a pressure term for a nonideal
(real) gas. It is equivalent to the partial pressure if the gas is ideal. It is now
common to rewrite this in terms of some known or measured state (e.g., 1
atm where f = fo):

25 Gg = G +nRTln (]%) =G+ nRTn(a),

0
where a is the activity, which is defined as f /fo. If we have an ensemble of
atoms and molecules, we can write out the total Gibbs’s free energy:

26 G = Xn;,(AG;,+ RTlna; ),

where n is the number of moles of species i in phase p (either pure con-
densed, condensed, or gaseous). The final equation is for mass balance
normalized to the assumed initial composition. Given these sets of equations
the minimized value of the Gibbs’s free energy determines the equilibrium
composition. Thermodynamic data are available via the JANAF tables (Chase,
1998), although the tables are not complete. Some useful references that out-
line this procedure and more directly discuss issues regarding thermodynamic
data are Burrows & Sharp (1999) and Lodders & Fegley (2002).

CONDENSATION. The condensation temperature of an element, as defined
by Richardson & McSween (1989), is “the temperature at which the most
refractory solid phase containing that element becomes stable relative to a
gas of solar composition.” A full discussion of this topic is beyond the scope
of this chapter, and the reader is referred to Grossman (1972), Richardson
& McSween (1989), and Lodders (2003) (and references therein). However,
as discussed in § 2, these calculations lie close to the heart of understanding
the composition of some meteorites and therefore warrant a brief discus-
sion. The essential idea is that as the nebula gas cools (at constant pressure),
refractory minerals condense from the gas, and this sequence depends on
the condensation temperature of the various potential refractory minerals.
When a given element condenses, one must pay attention to mass balance
because some (or all) of its abundance is now unavailable for the gas in equi-
librium. As an example, corundum (Al,03) is one of the first minerals to
condense. This is consistent with the detection of this mineral in Ca-Al-rich
inclusions in chondrites and the fact that Ca-Al inclusions provide the oldest
age measured in the solar system (Amelin et al., 2002). An excellent further
discussion of this topic is found in the references above and also in A. M. Davis
(2006).
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FISCHER-TROPSCH CATALYSIS. Fischer-Tropsch catalysis is the name of a sub-
set of high-temperature reactions wherein CO (and CO;) with H; is converted
to methane and other hydrocarbons on the surfaces of transition metals, such
as Fe and Ni. If Fe/Ni grains are present, then Fischer-Tropsch catalysis
is an effective method to create hydrocarbons from gas-phase CO at tem-
peratures where the reaction is inhibited because of high activation energies
(T < 2,000 K). The conversion of CO to organics via this process has been
explored by numerous authors, and the reader is referred to Fegley & Prinn
(1989), Kress & Tielens (2001), and Sekine et al. (2005), and references therein.
The efficiency of Fischer-Tropsch catalysis is highly dependent on the gas
temperature and pressure. The efficiency, measured at pressures relevant
to a giant-planet subnebula' (0.09-0.53 bar), peaks at ~550 K, with reduced
efficiency at either lower on higher temperatures (Sekine et al., 2005), but
see also Llorca & Casanova (2000) for measurements at lower pressures.
At higher temperatures the surface of the catalyst is poisoned by the con-
version of surface carbide to unreactive graphite. At lower temperatures
the efficiency will ultimately be limited by the incorporation of Fe into sili-
cates, the formation of Fe3Oy4 coatings (Prinn & Fegley, 1989), or coatings by
organic and water ice (Sekine et al., 2005). It is also worth noting that ammo-
nia could also be formed from N via a similar process called Haber-Bosch
catalysis.

CLATHRATE HYDRATES. Lunine & Stevenson (1985) provided a detailed anal-
ysis of the thermodynamics and kinetics of clathrate hydrates at relevant
conditions for the Solar Nebula. A clathrate hydrate is a water ice crystal in
which the lattice is composed of water molecules with open cavities that are
stabilized by the inclusion of small molecules of other chemical species. The
inclusion of additional molecules in the lattice is actually key to the stabil-
ity of the clathrate (Buffett, 2000; Devlin, 2001). Because of this support, the
clathrate latices are more open than either the regularly structured lattice of
crystalline ice or the irregularly structured lattice of amorphous ice (see, e.g.,
Tanaka & Koga, 2006).

The relevance of these compounds for nebula chemistry is that they provide
a means of trapping volatile species (noble gases, CO, N;) into ices at tem-
peratures well above their nominal sublimation temperature. Thus volatiles
can be provided to forming planets to be observed later in their atmospheres.

1. A giant-planet subnebula refers to the collapsing pocket of the surrounding disk gas
out of which the giant planet forms. Both the gas/ice giant and its satellites form within the
subnebula.
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Lunine & Stevenson (1985) suggest that clathrate hydrates can be important,
but only if fresh ice is exposed to the surrounding gas via frequent collisions or
perhaps if ices evaporate and condense upon an accretion shock (e.g., Lunine
etal., 1991).

KINETIC INHIBITION. It has been recognized that the conditions in the Solar
Nebula may not always be in thermodynamic equilibrium. In particular,
the timescale of nebular evolution (e.g., the gas lifetime) could be shorter
than reaction timescales, and therefore equilibrium would not be attained.
Alternately, the dynamic mixing of gases from colder regions within the nebula
with the warmer central regions could preclude the formation of certain species
that would otherwise be favored, given local conditions. Thus knowledge of
the reaction kinetics is required. Cases where kinetics limit the outcome of
thermodynamic equilibrium are labeled kinetic inhibition by Lewis & Prinn
(1980). It is also referred to as quenching in the literature. As an example,
in equilibrium CH4 should dominate over CO in the inner Solar Nebula and
also within giant-planet subnebulae. However, the chemical timescale for CO
conversion is ~10? s at Tgas ~1,000 K and longer at lower temperatures (Lewis
& Prinn, 1980). Estimates suggest that dynamic timescales are shorter, and
the zone where CH4 dominates therefore shrinks considerably (e.g., Fegley &
Prinn, 1989; Mousis & Alibert, 2006). In general, these models derive the equi-
librium results and then explore whether kinetics would change the predicted
results (see Smith, 1998; for a discussion).

3.2. Chemical Kinetics

For much of the disk mass, the density and temperature are low enough that
the gas does not have sufficient time to reach equilibrium, and one needs
to explore the time dependence of the chemistry. The exact temperature and
density (and various combinations) where equilibrium calculations are not
valid are presently unclear, and I include a brief discussion of this in § 3.3.
However, itis certain that within regions of the disk where the gas temperature
is below 100 K (which is most of the disk mass), the chemical kinetics should
be considered.

Fortunately, observations (see § 2) appear to suggest that the observed
chemistry on tens of AU scales is similar to that seen in the dense (n > 10°
cm™3) regions of the interstellar medium exposed to energetic radiation
fields. Models developed for application in this regime (Herbst, 1995) have
been readily applied to protoplanetary disks (see, e.g., Aikawa et al., 1997;
Bauer et al.,, 1997). A key feature of the interstellar models is that the cold
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(Tges < 100 K) temperatures require exothermic reactions, while the low
(n ~ 103-10% cm™3) density limits reactions to two bodies. At these ener-
gies, typical reactions between two neutrals are endothermic or have an
activation barrier. Therefore, exothermic reactions between ions and neu-
trals are believed to dominate (Herbst & Klemperer, 1973; Watson, 1976).
However, given the strong radial gradients in density and temperature, it is
certain thatin some instances reactions with barriers are important, and three-
body reactions can also be activated (Willacy et al., 1998; Tscharnuter & Galil,
2007).

In the disk context, the temperature is often low enough that water and other
more volatile species will freeze (or even be created in situ) on grain surfaces.
Thus the inclusion gas-grain interaction is a key piece of any successful disk
chemistry model. Below I will first describe the basic gas-phase chemistry and
how networks are created and solved. Then I extend the discussion to include
grain chemistry.

GAS-PHASE CHEMISTRY. In Table 3.2 I provide a listing of common chemical
reaction types and typical rates. To be active, the gas-phase chemistry requires
a source of ionization, which in the disk can be cosmic rays, X-rays, or active
radionuclides (§ 4.2). The ionization of H; ultimately produces HJ, which
powers the ion-molecule chemistry. A general feature of this chemistry is
the subsequent creation of complex molecular ions that undergo dissociative
recombination to create both simple and complex molecules. To illustrate the

Table 3.2: Typical Reaction Types and Coefficients

Reaction type Example Typical rate coefficient
Ion-neutral Hf+ CO — HCO*+ H, ~1072 cm3 571
Radiative association? Ct+H; — CH;’ + hv ~ 1077 cm3 571

Neutral exchange O+ OH— 0+ H ~1071 - 1071 cm3 57!
Charge transfer Ct+S—St+C ~107 cm? 571
Radiative recombination? Ct+e — C+hv ~ 10712 cm3 57!
Dissociative recombination? H30t +¢ — H,O+H ~107% cm3 s!
Photoionization® C+hv - Ct e~ ~ 107 % 74 571
Photodissociation? H,0 +hv — O + OH ~ 10 %74 g1

2 Sample rate coefficients derived at a gas temperature of 40 K using the UMIST database (Woodall
etal., 2007a).

b The depth dependence of photoionization rates and photodissociation rates is often parameterized by
e~VAv_In this form y includes factors such as the shape and strength of the radiation field, the
absorption and scattering due to dust, and the wavelength dependence of the photoionization or
photodissociation cross sections. For more discussion, see van Dishoeck (1988), Roberge et al. (1991),
and van Dishoeck et al. (2006).
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various features of the chemistry, [ will examine the chemistry of water, which
has significance in the disk context.

The oxygen chemistry begins with the ionization of H, and the formation
of the trihydrogen ion (HJ ). Hj will react with O, and a sequence of rapid reac-
tions produces H3O™. The next step involves the dissociative recombination
of H307 with electrons:

27 H;0" +e~ — H+H,0 (f1)
— OH+ H; (fz)
— OH+2H (f3)

— O+H+H;  (fy),

where fi—4 are the branching ratios.? Via this sequence of reactions water
vapor is then created. The primary gas-phase destruction pathway in shielded
gas is via a reaction with He™ (another ionization product); at the disk surface
photodissociation also plays a key role. It should be stated that the example
above provides only the primary formation and destruction pathways under
typical conditions (i.e., where ionizing agents are available). In addition, water
participates in numerous other reactions both as reactant and product, and
some water can be created via other pathways, albeit at reduced levels (e.g.,
Bergin et al., 2000).

At temperatures below a few hundred degrees Kelvin, ion-neutral chem-
istry dominates. Above this temperature, two neutral-neutral reactions rapidly
transform all elemental oxygen in the molecular gas into water vapor (Elitzur
& de Jong, 1978; Wagner & Graff, 1987):

28 O+H; - OH+H (E, = 3,160 K),
29 OH +H, — H,0+H (E, = 1,660 K).

This mechanism (along with evaporation of water ice) will keep water vapor
the dominant oxygen component in the gas within a few AU of the form-
ing star.

To model these reactions, one creates a series of ordinary differential equa-
tions, one for each species included, accounting for both formation rates
and destruction rates: dn/dt = formation — destruction. For water (excluding
the numerous reactions not mentioned above) the equation is as follows:

2. Two measurements using a storage ring give roughly consistent results (Vejby-
Christensen etal., 1997; Jensen et al., 2000). I provide here the latest measurement: f; = 0.25,
f =0.14, f3 = 0.60, and f4 = 0.01. Using a different technique (flowing afterglow), Williams
etal. (1996) find fi = 0.05, f = 0.36, 3 = 0.29, and f; = 0.30.
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30 % = n(H307)n(e”)a +n(OH)n(Hz)k:

— n(H20)[n(He™)ky + ky a,—0e 1741

In eq. (30) oy is the recombination rate of H3O" (Jensen et al., 2000),
and k, 4,—o is the unshielded photodissociation rate. Values for this rate and
others can be found in either of the two available astrochemical databases
(one originally maintained by E. Herbst at Ohio State and the other at UMIST:
Woodall et al., 2007a). These rate networks have thousands of reactions occur-
ring over a wide range of timescales, and thus there is a stiff system of ordinary
differential equations (ODEs). A number of ODE solvers have been developed
to solve these systems with the output of composition as a function of time.
A summary of some of the available codes for astrochemical applications is
given by Nejad (2005).

GAS-GRAIN CHEMISTRY. In the dense (n > 10° cm™3), cold (T < 20 K) cen-
ters of condensed molecular cores, which are the stellar birth sites, there is
ample evidence for the freeze-out of many neutral species onto grain surfaces
(Bergin & Tafalla, 2007). These even include the volatile CO molecule, which
freezes onto grains only when temperatures are below 20 K (Collings et al.,
2003), as opposed to water, which freezes at 110 K for interstellar pressures
(Fraser et al., 2001). The outer disk midplane (r > 20-40 AU) is believed to
be similarly cold, with densities that are several orders of magnitude higher
than in prestellar cores where volatile CO freeze-out is readily detected. Thus
to model disk kinetic chemistry, it is necessary to model the deposition of
species onto grain surfaces in tandem with the mechanisms that desorb frozen
ices. A number of such desorption mechanisms have been identified in the
literature, including thermal evaporation, X-ray desorption, and UV photo-
desorption. Each of these will be described below and is generally included in
the rate equations (eq. [30]) as a source or loss term with rate coefficients
given below.

Gas-Phase Freeze-Out. Atoms and molecules freeze onto grain surfaces or
adsorb with a rate of kg, = ngogvS s™!. Here oy is the grain cross section,
v is the mean velocity of the Maxwellian distribution of gaseous particles,
ng is the space density of grains, and S is the sticking coefficient (i.e., how
often a species will remain on the grain upon impact). Sticking coefficients
for molecular species are generally thought to be unity at low T, a value that
is supported by theoretical (Burke & Hollenbach, 1983) and laboratory work



THE CHEMICAL EVOLUTION OF PROTOPLANETARY DISKS / 79

a) Dopletion Timescale b) GO bear Evaporatsosn Timascala

B
5k
oAb = Disk
et LA ] . g Surlace
= 3 Mok | Cloud: T Dk '_E 7
312 I-i.‘_.k_:-ud Cong : kid-plana ? i
Pl r < 20-40 AL

0 a0 5
log n{Hz} {orm™} Temparatue (K)

Fig. 3.6. (a) CO freeze-out timescale as a function of density of molecular hydrogen. (b)
Thermal evaporation timescale for CO molecules as a function of dust temperature.

(Bisschop et al., 2006). For an interstellar grain size distribution® with a lower
cutoff of 20 A, ngo, =~ 2 x 107*'n cm™! (see discussion in Hollenbach et al.,
2008). In disk systems the process of grain coagulation and settling will locally
reduce the grain surface area, and this value is only a starting point for potential
situations. If we assume this surface area, the freeze-out timescale, © for 18

1
10°cm =3\ /20K ?
31 T = 5 x 103yrs (Cm> ( > VA,
n

Tgas

where A is the molecule mass in atomic mass units. Fig. 3.6 demonstrates
that within the disk the freeze-out time for CO is on the order of tens of years
or below. Thus, without effective means to remove molecules from the grain
surface, most heavy molecules freeze onto grain surfaces. In the astronomical
literature this timescale is often referred to as the depletion timescale. Because
molecular abundances can “deplete” by freeze-out or gas-phase destruction, I
adopt here the more descriptive terminology.

Grain Binding Energies. The removal of ices from the refractory grain core
requires overcoming the strength of the bond to the surface. Because
low temperatures preclude the breaking of chemical bonds, molecules are
not expected to be chemically bound to grain surfaces (although chemi-
cal bonds may be important at higher temperatures; Cazaux & Tielens,
2004). Instead, the approaching molecule has an induced dipole interac-
tion with the grain surface or mantle and is bound through weaker Van

3. In the interstellar medium grains are inferred to exist with a size distribution that
follows a power law of dn(a)/da oc a3, with a as the grain radius (Mathis et al., 1977).
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Table 3.3: Binding Energies of Important lces?

Species Ey/k (k) Reference

H,0 5,800 Fraser et al. (2001)

Cco 850 Collings et al. (2003)
N, 800 Bisschop et al. (2006)
NH;3 2,800 Brown & Bolina (2007)
CH3;0H 5,000 Brown & Bolina (2007)

2 Values are from laboratory work only using pure ices.

der Waals-London interactions called physical adsorption (Kittel, 1976).
Van der Waals interactions are proportional to the product of the polariz-
abilities (o) of the molecule and the nearby surface species (E, & @pol@surface)-
Because of this property, binding energies on a silicate surface have been cal-
culated by using the extensive literature on the physical adsorption of species
onto graphite. With accounting for differences in polarizability, these can be
scaled to silicates (Allen & Robinson, 1977). Hasegawa et al. (1992) reexam-
ined this issue and provide a sample list of estimated values that have widely
used. These estimates need to be revised for cases where actual experimental
information exists. Measurements have now been performed for a number of
key species; a listing is given in Table 3.3.

Thermal Evaporation. The rate of evaporation from a grain with a temperature
of Ty, is given by the Polanyi-Wigner relation (Tielens, 2005):

32 kevap,i = vg,jexp(— Ep,; /deust) (S_l)Y

where vy is the vibrational frequency of molecule i in the potential well,

33 v = 1.6 x 10™/(Ep; /k) (mu/mi) s71,

with Ej, ; the binding energy of species i. From Hollenbach et al. (2008) the sub-
limation or freeze-out temperature can be derived by setting the flux of desorb-
ing molecules (Fy; ;) equal to the flux of species adsorbing from the gas. Thus

34 Ftd,i = Ns,ikevap,i = O.25niv,-,

where Nj; is the number of adsorption sites per cm? (N;; ~ 10> cm™2), and
n; and v; are the gas-phase number density and thermal velocity of species i.
Solving for the dust temperature, we can derive the sublimation temperature
for species i (Hollenbach et al., 2008):

35

(Epi Ng; v; 1em=3\ /10 em s~ 1\
Tsub,i — <T) |:57 + In |:(]_015(jm_2> (1013 S_l) ( " " .
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Eq. (35) assumes that there is at least one monolayer of the particular species
present on the grain surface. In the case where only a partial monolayer exists,
then the thermal desorption rate per unit grain surface area is f;; N Kepgp,is
where f;; is the fraction of the Nya? surface sites occupied by species i. In
Fig. 3.6(b) I show a plot of the CO evaporation timescale as a function of
grain temperature. Comparison with the freeze-out timescale in Fig. 3.6(a)
suggests that CO will be frozen in the form of ice throughout much of the
outer (r > 20-40 AU) disk midplane. However, on the warmer disk surface
CO will remain in the gas phase. This is consistent with observations (van
Zadelhoff et al., 2001).

Another interesting aspect of eq. (35) is the dependence on gas density. In
Fig. 3.7 I provide a plot of the sublimation temperature (and dust temperature)
as a function of disk pressure and radius for a model solar analog disk. This
calculation uses the binding energies given in Table 3.3. Thus most volatile
ices are frozen beyond tens of AUs, with various species returning to the gas in
a fashion that depends on their relative binding strength to the grain surface.
It should also be noted that experiments suggest that the return of species
to the gas is not entirely as simple as described above. The evaporation also
depends on the composition of the mantle and the relative disposition of its
components (Viti et al., 2004).

Photodesorption. The direct absorption of an ultraviolet (UV) photon by a
molecule adsorbed on the grain surface puts an electron in an excited state. If
the interaction between the excited state and the binding surface is repulsive,
then the excited molecule may be ejected from the surface (Watson, 1976).
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The rate of photodesorption per adsorbed molecule is given by (Boland & de
Jong, 1982; Hollenbach et al., 2008)

36 Rpg = ngﬂmée YGoFoexp(— 1.84,). em 3L

In this equation Y is the photodesorption yield (number of molecules des-
orbed per incident photon), € is the fraction of species that are found in the
top few monolayers, a4 is the grain radius, and Gy is the UV field enhance-
ment factor in units of the mean interstellar UV field of Fy = 10® photons
cm~2 57! (Habing, 1968). The stellar UV field and its relation to the inter-
stellar radiation field are discussed in § 4.2. For most molecules, the yield
is unknown and is assumed to be ~ 107°~10~3 (Bergin et al., 1995). More
recently there have been measurements for CO (Y = 3 x 10~3 mol/photon;
Oberg et al., 2007) and H,0 (Y = 1073(1.3 + 0.032 x T) mol/photon; Oberg
et al., 2009).

X-ray Desorption. Young stars are known to be prolific emitters of X-ray pho-
tons with emission orders of magnitude above typical levels for main-sequence
stars (Feigelson & Montmerle, 1999). This emission is capable of penetrating
much deeper into the disk atmosphere than UV photons and hence can poten-
tially provide energy to release molecular ices from grains on the disk surface.
In this chapter I will focus on the effects of these X-rays on the chemistry
and refer the reader to Feigelson & Montmerle (1999) for a discussion of the
origin and characteristics of X-ray emissions. X-ray photons are absorbed by
the atoms that compose the grain refractory core and mantle with a cross sec-
tion that depends on species and wavelength (Morrison & McCammon, 1983;
Henkeetal., 1993). The absorption of an X-ray produces a hot primary electron
that generates a number of secondary electrons (s) via a process known as the
Auger effect. Depending on the energy of these electrons and the grain size,
they then deposit all or a fraction of their total energy on the grain (Dwek &
Smith, 1996). This heat diffuses through the grain lattice on the basis of the
thermal physics of the material. Fortunately, experiments have demonstrated
that the thermal conductivity and specific heats of amorphous solids tend have
near-universal values to within an order of magnitude over 3 decades in tem-
perature (Pohl, 1998). This is encouraging for interstellar studies because we
can more reliably adopt laboratory estimates for studies of grain heating (see
the appendix in Najita et al., 2001).

Léger et al. (1985) explored grain heating by X-rays and cosmic rays by
adopting the specific heat measurements of amorphous silica from Zeller &
Pohl (1971) in the following form:
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37 pCy(T) =1.4x107*T? Jom™ K~! (10 < T < 50 K),
38 pCy(T) =2.2x1073T™ Jem™ K~ (50 < T < 150 K).

If we use these expressions, the energy increase due to an energy impulse
raises the temperature by (using the specific heat appropriate for T < 50 K)

a 3 Tf 3
AE(eV) = 3.4 x 10* ——
01um/) \30 K

where Ty is the final grain temperature and a is the grain size (Léger et al.,

1985). Najita et al. (2001) explored the question of X-ray desorption in proto-
planetary disks by using the results of Dwek & Smith (1996) and Léger et al.
(1985). As one example, they found that a 1 keV photon will deposit ~ 700eV
ina 0.1 um grain. The warm grain cools via evaporation and thermal radiation.
This energy impulse is insufficient to raise a cold (Tj,5; ~ 10 K) grain to above
the threshold for desorption of the volatile CO molecule. However, smaller
grains (a < 0.03um) have reduced volume for heat diffusion and equilibrate
to temperatures that evaporate CO molecules. Thus X-ray desorption from the
whole grain is not feasible, because grains with sizes > 0.1 um are present
in the ISM and in disks. A more efficient method for desorption is found
when one considers the fact that grains are likely porous fractal aggregates
composed of a number of small grains with a range of sizes. In this case the
absorption of an X-ray by a portion of the grain is capable of local evaporation
before the heat diffuses throughout the aggregate (Najita et al., 2001). This is
efficient for desorbing the most volatile ices (e.g., CO, N3) on the disk surface,
but not water ice. There is some evidence that this process is active (Greaves,
2005), although the situation is complex because one additional effect of X-ray
ionization is the excitation of H,, which generates a local UV field that could
release molecules via photodesorption.

Cosmic-Ray Desorption. Like X-rays, cosmic rays absorbed by dust grains can
provide non thermal energy to desorb molecules frozen on grain surfaces.
Cosmic rays also have greater penetrating power than X-rays and UV and
hence can have a greater impact on the chemistry in well-shielded regions.
The penetration of cosmic rays to the inner tens of AUs of the disk is highly
uncertain; however, it is likely that cosmic rays can affect the chemistry of
the outer disk. This issue will be discussed in § 4.2; here I will focus on the
effects of nonthermal desorption via cosmic-ray impact. Cosmic rays have
energies between 0.02 and 4 GeV per nucleon, but the energy deposition goes
as Z2 such that the less abundant heavier cosmic rays have greater impact
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on the grain thermal cycling and ice evaporation (Léger et al., 1985). Bringa
& Johnson (2004) noted that the impact of the cosmic ray on a grain is not
exactly a question of thermal diffusion (as normally treated), but rather one of
a pressure pulse and a melt. In general, the effect of cosmic rays is to efficiently
remove all ices (including water) from small (0.01 um) grains because of large
thermal impulses. Cosmic-ray impacts can also release ices from larger grains
via local spot heating. This is thought to be capable of removing the most
volatile ices (CO, N3), but not water ice (Léger et al., 1985; Herbst & Cuppen,
2006). A number of groups have looked at this process, and there is disparity
in the calculations. A summary of the various approximations is provided by
Roberts et al. (2007).

Explosive Desorption. Experiments with ices irradiated in the lab suggest that
when an ice mantle formed at ~ 10 K is exposed to radiation and then warmed
to ~ 25 K, the rapid movement and reactivity of radicals lead to an explosion of
chemical energy and desorption (Schutte & Greenberg, 1991). There are two
issues with this mechanism that are not insurmountable but make it more
difficult to readily place it into models: (1) The generation of radicals on the
surface needs the ice-coated grain to be exposed to the UV radiation field. A
criticism of this is that the UV flux in the lab was significantly greater than typ-
ical exposure in the well-shielded ISM where ice mantles form. However, the
strength of the UV (Ly ) field at 10 AU in TW Hya, the closest young star with

0'* photons cm 2 s~! (Herczeg et al., 2002), com-

a circumstellar disk, is ~ 1
parable to that used in the laboratory. The UV radiation may also come from
external high-mass stars if a young solar-type star is born in a cluster. Thus itis
likely that on the disk surface, radicals are being created in the frozen mantle.
(2) Once the radicals have been generated, a cold (~ 10 K) grain needs to be
warmed to above ~ 25 K. This could be possible if the grain absorbs an X-ray

on a cosmic ray, undergoes a grain-grain collision, or advects to warmer layers.

GRAIN SURFACE CHEMISTRY. A full treatment of grain surface chemistry is
beyond the scope of this chapter, and the reader is referred to the review by
Herbst et al. (2005). There are a few issues specific to disk chemistry that
should be discussed. First, at low dust temperatures (< 20 K) H atom addition
will dominate because H (and D) atoms can more rapidly scan the surface
than heavier atoms or molecules. The scanning timescale is (Tielens, 2005)

39 T = vnjle(_E"L/de““) ,

where vy, is the vibration frequency of the migrating molecules, which is
equivalent to vy (eq. [33]). It is typical to assume that E,, ~ 0.3 — 0.5E; thus
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at Tyus ~ 10 K, atoms with low binding energies (H, D) migrate rapidly, and
heaver molecules tend to remain in place.

The H atom abundance in molecular gas is set by the balance between
H; ionization (which ultimately produces a few H atoms per ionization) and
reformation of H; on grains. Since the ionization rate in the disk midplane is
likely small (see § 4.2) and cold grains are present, there may be few H atoms
(or other atoms) present in the gas to allow for an active surface chemistry. To
be more explicit, the sequence of H formation and destruction reactions in a
well-shielded molecular medium is as follows:

40 H+gr — Hg,
4 {crRxrRRNHH2 = Hy +e,
) Hy +H; — HY +H.

The limiting step in H atom formation is the ionization from cosmic rays
(CRs), X-rays (XRs), or radionuclides (RNs). In essence, every ionization of
H, ultimately produces fi ~ 2-3 H atoms per ionization. In equilibrium the
H atom concentration is

fu¢ny, fH¢

43 nyg = = .
ngagvHSHn 10721VHSH?7

In this equation vy is the thermal velocity of hydrogen atoms, and 7 is an
efficiency factor that can be set to unity provided that there is more than one
H atom on each grain. Sy is the sticking coefficient for H atoms. Burke &
Hollenbach (1983) and Buch & Zhang (1991) provide analytical expressions
for the sticking coefficient that can be used with values of Sy ~ 0.7 at 20 K.

I have also used the expression ngog = 10~ *!ny,. Each of the relations in
eq. (43) is constant (given a temperature); thus the space density of H atoms
is a constant in the molecular gas. If we assume that cosmic rays penetrate to
the midplane with an ionization rate of ¢ = 1 x 10717 s~ (the most extreme
high-ionization case for the midplane) and the gas temperature is 30 K, then
ny ~ 5cm™3. The H atom abundance is therefore inversely proportional to the
density. The average grain in the ISM with a size 0of 0.1 um has an abundance of
~ 10712, This sets the initial conditions for the abundance of grains. If n = 1,
then for much of the disk midplane, where n > 102 cm~3, there will be less
than 1 H atom per grain, significantly reducing H atom surface chemistry.
However, it may be the case that there is less than one H atom on each grain
and n « 1, which could significantly reduce the grain surface formation rate.
This would require more gas-phase H atoms and a potential to power chemical
processes with longer timescales.
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Second, at higher temperatures heavier atoms and molecular radicals can
begin to diffuse on the grain surface and create complex species. Given the
abundance of radiation on the disk surface, it is highly likely that bonds are
broken in the ices, creating radicals (from CH30OH, H;0, CO,, CHy4, NH3,
and so on). Upon warm-up this can produce more complex species (see the
models of Garrod et al., 2008; as an example), unless it is limited by explosive
desorption. Thus grain chemistry may be important on the disk surface, and,
depending on the strength of vertical mixing, its products may reach the disk
midplane.

DEUTERIUM FRACTIONATION. Enhancements of deuterium-bearing molecules
relative to the hydrogen counterparts have been known for some time in the
solar system and in the interstellar medium. In cold (T, ~ 10-20 K) cores
of clouds where stars are born, enrichments of 2—3 orders of magnitude are
observed above the atomic hydrogen value of D/H > (2.340.2) x 107> esti-
mated within 1 kpc of the Sun (Linsky et al., 2006). Because of the lower
zero-point energy for deuterium than for hydrogen, at low (T < 30 K) tem-
peratures, conditions become favorable for transfer the D bond, as opposed
to the H bond. Ion-molecule reactions in the dense ISM are thought to be the
mechanism responsible for these enrichments (Millar et al., 1989). Deuterium
fractionation can also be powered via reactions on the surfaces of dust grains
(Tielens, 1983; Nagaoka et al., 2005), which are also discussed below.
In the gas, deuterium chemistry is driven by the following reaction:

4 H7 +HD < H,D" + H; + 230K.

The forward reaction is slightly exothermic, favoring the production of H,D™*
at 10 K and enriching the D/H ratio in the species that lie at the heart of ion-
molecule chemistry (Millar et al., 1989).* These enrichments are then passed
forward along reaction chains to DCO™, DCN, HDO, HDCO, and others.

At densities typical of the dense interstellar medium (n ~ 10> cm™3), pure
gas-phase models without freeze-out cannot produce significant quantities of
doubly (NHD,; Roueff et al., 2000) and triply deuterated ammonia (ND3; Lis
etal., 2002; van der Taketal., 2002). This motivated a reexamination of the basic
deuterium chemistry. The primary advance in our understanding is twofold:
(1) Deuteration reactions do not stop with H,D; rather, they continue toward

4. Reaction (44) has been measured in the lab at low temperatures, where it has been
found that there is an additional dependence on the ortho/para ratio of H; (Gerlich et al.,
2002).
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the formation of both D,H™" and DgL via a similar reaction sequence (Phillips
& Vastel, 2003; Roberts et al., 2003; Walmsley et al., 2004):

45 H,DT + HD < DyH' + Hj + 180K,
46 H,D* +HD < D7 +H, +230K.

(2) The freeze-out of heavy species in the disk midplane, in particular CO, a
primary destroyer of both Hj and H,D*, increases the rate of the gas-phase
fractionation reactions. Thus in vertical gas layers, before potential complete
freeze-out of heavy molecules, there can exist active deuterium fractionation,
provided the gas temperature is below 30 K (see Aikawa & Herbst, 2001).

At high densities in the inner nebula, thermodynamic equilibrium can
apply. At temperatures T > 500 K [HDO]/[H,O)] closely follows [HD]/[H],
but at T < 500 K fractionation can proceed via the following reaction (Richet
etal., 1977):

47 HD + H,;0 < HDO + H,.

This reaction can provide a maximum enrichment of a factor of 3 (Lecluse &
Robert, 1992).

Grain surface chemistry can also produce deuterium fractionation because
the gas-phase chemistry (at low temperatures) leads to an imbalance and
enhancement in the D/H ratio of atomic H. The efficiency of this process
depends on the number of atoms that are generated by ionization. At low tem-
peratures more deuterium is placed in H,D* relative to H} . These species
create H and D atoms by reacting with neutrals. Thus fp > f (see eq.[43]), and
there is the potential for these atoms to freeze onto grains and react, thereby
fractionating molecular ices. However, as noted earlier, it is possible that in
the dense midplane there will be less than one D atom generated per grain,
and the efficiency of D fractionation on grain surfaces could be reduced.

To summarize, deuterium chemistry can be active in the disk, both in the
gas and on grains, but it requires low temperatures and sufficient levels of
ionization.

3.3. Kinetics and Thermodynamic Equilibrium

At present it is not clear exactly where in the disk thermodynamic equilibrium
is valid. It is clear that some aspects of meteoritic composition are consistent
with equilibrium condensation (§ 2.1). However, there are also aspects that are
inconsistent, such as the detection of unaltered presolar grains (Huss & Lewis,
1995) and deuterium enrichments in cometary ices, which suggest that not
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all material cycled to high temperatures (above evaporation). Fegley (2000)
provides a schematic of the relative importance of equilibrium to kinetics.
He proposes that thermodynamic equilibrium is of greater significance in the
inner nebula and within giant-planet subnebulae. To some extent this must be
the case, butdivining the exact transition is not entirely clear because, for exam-
ple, the inner nebula and surfaces of giant-planet subnebulae will be exposed to
radiation that powers nonequilibrium photochemistry. Given evidence from
trends in meteoritic composition (e.g., A. M. Davis & Richter, 2004), it is clear
that in some instances thermochemical equilibrium is valid. However, one
must pay careful attention, where possible, to the relevant kinetic timescales.

4. Physical Picture and Key Processes

4.1. Density and Temperature Structure

Estimates of the physical structure of circumstellar disks can come from the
solar system and also from extrasolar systems. Within the Solar Nebula,
estimates are based on the so-called minimum-mass Solar Nebula: the
minimum amount of mass required to provide the current distribution of
planetary mass as a function of distance from the Sun, with a correction for
a gas-to-dust ratio. Hayashi (1981) estimates that X (r) ~ 1,700r =32, which is
commonly used, but see also Weidenschilling (1977) and S. S. Davis (2005).
It is important to note that this value is a lower limit and does not account
for any potential solids that have been lost from the system during the early
evolutionary phases. Limits on the gas temperature have been estimated by
Lewis (1974), based on the differences in planetary composition. For instance,
the temperature at 1 AU is suggested to be ~ 500-700 K on the basis of the
estimation that the Earth formed below the condensation temperature of FeS,
but above the end point for oxidation of metallic iron in silicates (Lewis, 1974).
If we use these estimates, the nebular thermal structure would decay as R1
which is much steeper than in pure radiative equilibrium, R™%° (see, e.g.,
Hayashi, 1981). However, as discussed below, radiation does dominate the
thermal structure of protoplanetary disks.

More detailed estimates as a function of position (both radial and vertical)
are available from extrasolar protoplanetary systems. Models take into account
the energy generated by accretion and by stellar irradiation of a flared disk
structure. Disk flaring is due to hydrostatic equilibrium (Kenyon & Hartmann,
1987) and is characterized by a pressure scale height H, = /R3c2/GM,, with
the sound speed ¢; = \/kT/pump (1 is the mean molecular weight, u ~ 2.3).
The vertical density then follows p = poexp(— 22/ ZHIE), with pg a function of
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radius. With radial density profile as a variable and some assumptions regard-
ing dust composition and size distribution (to set the optical properties), the
spectral energy distribution of dust emission from UV/visible (~ 4,000 A) to
millimeter (1,000 m) can be predicted and compared with observations (Cal-
vetetal., 1991; Chiang & Goldreich, 1997; D’Alessio et al., 1998). These models
have found that disk surfaces, which are directly heated by stellar irradiation,
are warmer than the midplane. The midplane is heated by reprocessed stel-
lar radiation and, for the inner few AU, by viscous dissipation of accretion
energy. Plate 5 shows an example of the thermal structure from one such
model (D’Alessio et al., 2001).

An important issue is the effect of the initial steps of planetesimal forma-
tion, grain growth and settling, on the disk physical structure. Smaller grains
({(a) ~ 0.1 um) preferentially absorb the energetic short wavelength, and as
these grains grow to larger sizes, their optical depth decreases (Dullemond
& Dominik, 2004; D’Alessio et al., 2006). The presence of small grains in the
disk atmosphere leads to higher temperatures and greater flaring than in disks
with larger grains (or more settling to the midplane). Thus the disk physical
structure evolves with the evolution of solids. Moreover, there is an observed
decay in accretion rate over similar timescales (Muzerolle et al., 2000). Thus
the energy input from accretion should similarly decline. In sum, both the
midplane temperature and pressure should decline with evolution (D’Alessio
et al., 2005). As I will show in § 5, this structure and evolution are important
components of time-dependent disk chemical models.

4.2. Disk lonization

The gas-phase chemistry is powered by ionizing photons. The characteristics of
the chemical kinetics therefore depend on the flux and wavelength dependence
of ionizing photons. The molecular ions generated by photo- or cosmic-ray
absorption are also the key to linking the mostly (by many orders of magnitude)
neutral gas to the magnetic field, which is thought to have a direct relation to
the physics of disk accretion. In the following I will explore each of the various
components of disk ionization. In Table 3.4 I provide a listing of the major
contributors to the ion fraction.

cosmic RAYs. The interstellar cosmic-ray ionization rate has been directly
constrained by the Voyager and Pioneer spacecraft at ~ 60 AU from the Sun
(Webber, 1998), and estimates in the ISM have been summarized by Dalgarno
(2006). On the basis of these studies, the ionization rate is believed to be
¢H, ~ 5 x 107571 in the dense ISM, with growing evidence for higher rates
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in the diffuse gas (McCall et al., 2003; Indriolo et al., 2007). It is this rate that
impinges on the surface of the disk. Umebayashi & Nakano (1981) explored
penetration depth of ionizing protons as a function of gas column and found
that cosmic rays penetrate to a depth of ¥ ~ 96 gcm™2. Table 3.4 compares this
exponential-folding depth with that of other potential contributors to the ion
fraction. Excluding radionuclides, cosmic rays represent the best mechanism
to ionize and to power chemistry in the disk midplane. However, if present,
even cosmic rays will have difficulty penetrating to the midplane in the inner
several AUs of disks around solar-type stars. Another important question is
whether ionizing cosmic rays are present in the inner tens of AUs at all.
Within our own planetary system, the solar wind limits ionizing cosmic rays
to beyond the planet-formation zone. Estimates of mass loss rates from young
star winds significantly exceed the solar mass-loss rate (Dupree et al., 2005)
and may similarly exclude high-energy nuclei. Cosmic rays will contribute to
the chemistry for the outer disk, and the detection of ions potentially provides
some confirmation (Ceccarelli & Dominik, 2005).

ULTRAVIOLET RADIATION. T Tauri stars are known to have excess UV fluxes
much higher than their effective temperature, T,y ~ 3,000 K (Herbig &
Goodrich, 1986), which are generated, at least in part, by accretion (Calvet &
Gullbring, 1998). Observations have suggested that the UV radiation field and
X-ray ionization play a key role in the observed molecular emission (Willacy
& Langer, 2000; Aikawa et al., 2002). UV radiation is important because the
primary molecular photodissociation bands lie below 2,000 A, and this radi-
ation both dissociates molecules and can power a rich chemistry on the disk
surface (see, for example, Tielens & Hollenbach, 1985).

In this context there are two photon fields to consider, the stellar radiation
field and the external radiation field, which can be enhanced when compared
with the standard interstellar radiation field (ISRF). Itis common to place both
the stellar and the interstellar UV radiation fields in the context of the ISRF,
which is defined by the measurements of Habing (1968) and Draine (1978).
If we use the measurements of Habing, the energy density of the ISRF is
1.6 x 1073 ergcm ™2 571, which is defined as Gy = 1 (in this context the Draine
field is Go = 1.7). As an example, the FUV flux below 2,000 A for T Tau is ~
3x 1073 ergem2 571 A~1. Sealing to 100 AU at 140 pc and integrating over
1,000 A (the Lyman limit to 2,000 A, where most molecular photoabsorption
cross sections lie) give 23.5ergcm™2 571, or Go = 1.5 x 10* at 100 AU (scaling
as 1/r?). T Tau has a particularly high mass-accretion rate of dM/dt ~ 10~/
Mg /yr thatis about an order of magnitude higher than typically observed. Most
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T Tauri stars have lower accretion rates and weaker UV fields with values in
the range of Gp(100 AU) = 300-1, 000, according to observations from the
Fare Ultraviolet Spectroscopic Explorer (FUSE) and the Hubble Space Telescopes
(HST) (Bergin et al., 2004). Bergin et al. (2003) pointed out the importance
of Ly « emission, which is present in the stellar radiation field but absent in
the ISRF. In one star that is unobscured by interstellar absorption, TW Hya,
Ly o contains as much as 85% of the stellar UV flux (Herczeg et al., 2002).
Even in systems where Ly « is absent because of absorption and scattering
by interstellar H 1, Ly a—pumped lines of H; are detected, testifying to the
presence of Ly o photons in the molecular gas (Herczeg et al., 2002; Bergin
et al., 2004; Herczeg et al., 2006). A sample of the UV field of typical T Tauri
stars is shown in Fig. 3.8.

Stellar photons irradiate the flared disk with a shallow angle of incidence,
while external photons impinge on the disk ata more normal angle. Interstellar
photons therefore have greater penetrating power (Willacy & Langer, 2000).
van Zadelhoffetal. (2003) employed a two-dimensinal model of UV continuum
photon transfer and demonstrated that scattering of stellar photons is key to
understanding how UV radiation influences disk chemistry. Fig. 3.9 illustrates
the geometry of various contributors to the radiation field on the disk surface.
An analytical approximation of the transfer of the stellar field is provided by
Bergin et al. (2003). In Taurus the average extinction toward T Tauri stars is
Ay ~ 1™ (Bergin et al., 2003); under these circumstances the stellar field will
dominate over the ISRF (Go = 1) for much of the disk.

Using the parameterization of the stellar field with respect to the ISRF
allows the use of photodissociation rates calculated on the basis of the strength
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Fig. 3.8. UV spectra of T Tauri stars. Heavy solid lines and light solid lines represent the spectra
of BP Tau and TW Hya, respectively. The spectrum of TW Hya is scaled by 3.5 to match the BP
Tau continuum level. The long dashed line represents the interstellar radiation field of Draine
(1978) scaled by a factor of 540. The region around the Ly « line is enlarged in the right panel.
Taken from Bergin et al. (2003).
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Fig. 3.9. Schematic showing the difference in angle of incidence between stellar and external
radiation impinging on a flared disk. Radiation with a shallow angle of incidence will have less
penetration into the disk. Scattering of stellar radiation increases its importance, particularly if
the external radiation field suffers from any local extinction from a surrounding molecular cloud.

and shape of the IRSF, assuming albedo and scattering properties estimated
for interstellar grains (van Dishoeck, 1988; Roberge et al., 1991). This correctly
treats the direct attenuation of the field, but not the contribution from scatter-
ing, which dominates the deep surface (van Zadelhoff et al., 2003). The shape
of the stellar field, which is primarily line emission, is also different from that
of the ISRF (see Fig. 3.8). This is particularly acute for Ly o because some
species are sensitive to dissociation by Ly « emission (e.g., HyO, HCN), while
others are not, such as CO and CN (Bergin et al., 2003; van Dishoeck et al.,
2006). In this case, it is better to calculate the photodissociation and ionization
rates directly from the flux and the cross sections. This can be done by using
the observed UV field, or a proxy blackbody, in the following fashion:

4 )
e bproo = [ - Roe ™ di (571

where o (1) is the photodissociation cross section and J ¢ is the mean inten-
sity of the radiation field at the surface (F, = 4], = [ [,d$2, where Q2 is the
solid angle of the source). The main source of opacity at these wavelengths
is dust grains, and some assumptions must be made regarding the composi-
tion, optical properties, and size distribution (see § 4.3 for a more complete
discussion of dust-grain absorption of radiation). van Dishoeck et al. (2006)
provide photodissociation-rates for various blackbodies and also photodisso-
ciation cross sections coincident with Ly «. In addition, a Web site for cross
sections is available at http://www.strw.leidenuniv.nl/ewine /photo.
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It is important to note that the photodissociation of two key species, H;
and CO, requires additional treatment. These species are dissociated via a
line-mediated process, as opposed to a dissociation continuum typical for
most other molecules. In this regard the optical depth of the lines depends
on the total column. When the lines become opaque, molecules closer to
the radiation source can shield molecules downstream in a process that is
called self-shielding. In addition, H, molecules can partially shield some
of the CO predissociation lines. Self-shielding rates are time and depth
dependent. In general, approximations based on the interstellar UV field
are adopted from Draine & Bertoldi (1996) for H,, while for CO the shield-
ing functions provided by van Dishoeck & Black (1988) and Lee et al. (1996)
can be used. One caveat of these approximations is that the shielding func-
tions are calculated by assuming that molecules predominantly reside in the
ground state with a line profile appropriate for cold interstellar conditions. In
regions with high temperatures, these approximations can potentially break
down.

X-RAY IONIZATION. X-rays are a key source of ionization and heating of pro-
toplanetary disks. The typical X-ray luminosity (based on protostars in Orion)
is Ly = 10%85-10%! ergs s, with a characteristic temperature of the X-ray-
emitting plasma of Ty ~ 1-2 keV (e.g., Feigelson & Montmerle, 1999). X-ray
photons interact directly with the atoms in the disk; i.e., the inclusion of the
atom in a molecule does not affect the photoabsorption cross section. In par-
ticular, the opacity is dominated by inner-shell ionization of heavier elements.
For atoms heaver than Li, the inner-shell ionization is followed by the Auger
effect, which generates a number of primary electrons. Each primary elec-
tron ( p) produces secondary electrons (s) by impact ionization of the gas, with
N > N,. Therefore, for the X-ray ionization rate, ¢y,

49 e =8+ 8 =10

This is a well-known result and is similar to that seen for cosmic rays. In
general, there are N; ~ 30 atoms and molecules ionized per keV (Aikawa &
Herbst, 2001).

The X-ray ionization rate can be derived by an integration of the X-ray flux,
F(E), and the cross section o;(E) of element i (in this case hydrogen) over
energy:

30 keV
50 Cxi = NS/ O‘L(E)F(E)dE
1 keV
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Table 3.5: Coefficients for Fit to X-Ray Cross Section®P

Energy Range (keV) co 1 1)
0.030-0.100 17.3 608.1 —2,150.0
0.100-0.284 34.6 267.9 —476.1
0.284-0.400 78.1 18.8 4.3
0.400-0.532 71.4 66.8 —51.4
0.532-0.707 95.5 145.8 —61.1
0.707-0.867 308.9 —380.6 294.0
0.867-1.303 120.6 169.3 —47.7
1.303-1.840 141.3 146.8 —31.5
1.840-2.471 202.7 104.7 —17.0
2.471-3.210 342.7 18.7 0.0
3.210-4.038 352.2 18.7 0.0
4.038-7.111 433.9 —2.4 0.75
7.111-8.331 629.0 30.9 0.0
8.331-10.000 701.2 25.2 0.0

@ Fit and tabulation reprinted from Morrison & McCammon (1983).
b Cross section per hydrogen atom, o (E), is (co + ¢1 E + ¢ E2)E~3 x 1024 cm? (E in keV).

The X-ray flux can be estimated from the X-ray luminosity by assuming a
characteristic temperature for the plasma (see Glassgold et al., 1997; for an
example). The X-ray flux decays with depth into the disk, F(E) = Fx,0e~*F),
where t(E) = Nor(E). X-ray photons are attenuated by photoabsorption at
the atomic scale. In this regard it is customary to use the total X-ray cross
section, or(E), computed using solar abundances (Morrison & McCammon,
1983). With this assumption the total hydrogen column is the only information
required. Table 3.5 lists the fits to the X-ray cross section computed by Morrison
& McCammon (1983). These assume that the heavy elements, which control
the opacity, have solar abundances and are uniformly distributed in the disk.

Itis well known that dust grains suspended in the disk atmosphere will sink
to the midplane, reducing the dust-to-gas mass ratio in the upper disk atmo-
sphere (Weidenschilling & Cuzzi, 1993). This will reduce the optical depth of
the upper layers to both X-rays and UV radiation. Compared with UV trans-
fer, dust coagulation will not reduce the X-ray opacity as dramatically unless
grains grow to large sizes. Instead, the mass of heavy elements must be redis-
tributed, as in the case of dust settling. More recent calculations account for
these differences and provide tabulated values similar to that provided in
Table 3.5 (Bethell & Bergin, 2010). In the extreme limit only H and He are
present in the upper atmosphere, and the cross section at 1 keV is reduced by
a factor of ~4.5 (i.e., the H and He absorption limit; Morrison & McCammon,
1983). In the case of nonsolar abundances or mass redistribution the cross
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section for each individual element can be used (Henke et al., 1993). X-ray ion-
ization is crucial for the inner disk, where cosmic rays likely do not penetrate.
X-ray photons also have a significantly greater penetration depth than UV pho-
tons and thus can power chemistry (and perhaps accretion; Gammie, 1996) on
the disk surface. The characteristics of the X-ray-driven chemistry can extend
beyond the simple ionization of H, because X-rays can produce short-lived,
but reactive, doubly ionized molecules. For greater detail, the reader is referred
to Langer (1978), Krolik & Kallman (1983), and Stiuber et al. (2005).

ACTIVE RADIONUCLIDES. In case the midplane of the disk is completely
shielded from cosmic-ray radiation, radionuclides provide a baseline level of
ionization. A primary issue in this regard is the overall abundance of various
radionuclides and whether these elements are uniformly distributed through-
out the system. Key elements in this regard are 2°Al and ®Fe, which have
short lifetimes [71,2(2°Al) = 0.72 Myr; 71,2(°*Fe) = 2.6 Myr] and have been
inferred to be present in the solar system (e.g., Wasserburg et al., 2006; Wad-
hwa et al., 2007). If present, they are a strong source of ionization for several
million years. Table 3.2 provides an estimate of this ionization rate, which
is dominated by 2°Al. This is sufficient to allow for an active ion-driven gas
chemistry in regions where neutral molecules (excluding H, and HD) are not
completely frozen on grains. This ionization rate will decay with time accord-
ing to respective half-lives. If ®“Fe or 26Al is not present, then this rate gets
substantially reduced. Finocchi & Gail (1997) provide a short summary of the
relevant ionization processes, including the most important radionuclides.

DISSOCIATIVE RECOMBINATION. A key to the question of the overall ioniza-
tion fraction is the balance between the ionization rate and the recombination
rate of atoms and molecules. In equilibrium, the ion fraction, x, = n./n, can
be expressed by x, = \/¢/(arn), where «; is the electron recombination rate.
The ion fraction therefore depends not only on the flux of ionizing agents, but
also on the recombination rate of the most abundant ions. There are some
key differences in this regard that are summarized in Table 3.4. For the mid-
plane, a key question is whether molecular ions, metal ions, or grains are
the dominant charge carriers, and this serves as a useful foil to discuss some
differences in recombination.

In general, atomic species have longer recombination timescales than
molecular ions. Thus the presence of abundant slowly recombining metals
can have key consequences for magnetic-field coupling (Ilgner & Nelson,
2006). However, metal ions are not present in the dense star-forming cores
that set the initial conditions for disk formation (Maret & Bergin, 2007), and
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they are likely not present in the disk gas. If grains are the dominant charge
carrier, the recombination rate, oy, is the grain collisional timescale with a cor-
rection for long-distance Coulomb focusing: ag = ymé ngrv(1+ €2 /kag Tays)-
At Ty,4 = 20 K, Draine & Sutin (1987) show that for molecular ions, grain
recombination will dominate when n,/n < 1077 (a,y;,/3A) ~3/2. Grains can be
positive or negative and can carry multiple charges: Sano et al. (2000) find
that the total grain charge is typically negative, while the amount of charge is
1-2e~, varying with radial and vertical distance. Florescu-Mitchell & Mitchell
(2006) provide a summary of molecular ion recombination rates determined
in the laboratory.

4.3. Grain Growth and Settling

The onset of grain evolution within a protoplanetary disk consists of colli-
sional growth of submicron-sized particles into larger grains; the process
continues until the larger grains decouple from the gas and settle to an
increasingly dust-rich midplane (Nakagawa et al., 1981; Weidenschilling &
Cuzzi, 1993).

Grain coagulation can alter the chemistry through the reduction in the total
geometric cross section, lowering the adsorption rate and the Coulomb force
for ion-electron grain recombination. Micron-sized grains couple to the small-
est scales of turbulence (Weidenschilling & Cuzzi, 1993) and have a thermal,
Brownian velocity distribution. Thus the timescale of grain-grain collisions is
Tgr—gr “,51/ 2 / (T% Sztén), where & is the gas-to-dust mass ratio and Ty, is the
dust temperature (Aikawa et al., 1999). In this fashion grain coagulation pro-
ceeds faster at small radii where the temperatures and densities are higher.
Aikawa et al. (1999) note that the longer timescale for adsorption on larger
grains leaves more time for gas-phase reactions to drive toward a steady-state
solution; this involves more carbon trapped in CO, as opposed to other more
complex species.

Overall, the evolution of grains, by both coagulation and sedimentation,
can be a controlling factor for the chemistry. As grains grow and settle to the
midplane, the UV opacity, which is dominated by small grains, decreases,
allowing greater penetration of ionizing/dissociating photons. As an example,
in the coagulation models of Dullemond & Dominik (2004) the integrated
vertical UV optical depth at 1 AU decreases over several orders of magnitude
toward being optically thin over the entire column (see also Weidenschilling,
1997).

This can be understood by exploring the question of dust extinction of
starlight from the perspective of the interstellar medium. In this case the
amount of dust absorption is treated in terms of magnitudes of extinction,
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labeled A;.> At any given point in the disk (or in the ISM), the intensity can
be characterized by the intensity (ergs s~' cm™2 A~! sr~1) that impinges on
the surface, I, 9, modified by the dust absorption, I, = I, pexp(— 7). The
opacity, 7, is given by 75 = Ny, Qr0, where Ny, is the total dust column
along the line of sight, Q, is the extinction efficiency, and o is the geometric
cross section of a single grain. The wavelength-dependent extinction, placed
in terms of magnitudes, is defined as follows:

51 A, = —2.5log(I,/I,0)
52 = 2.5log(e)Ts

53 = 1.086 N, 010
54 — 1.086 ”‘Z“t NQ;o.

The total dust column can be related to the gas column (N) via the gas-to-dust
mass ratio, &, which is measured to be 1% for interstellar grains (i.e., the
primordial condition):

ngm,
55 Pdust —f= dMgr ,
Pgas numgy
n 3 m
56 ng 3 Eumyg

= T
n 4 Pgr gy

If we place the dust abundance (ng, /1) into eq. (54) and explore the extinction
at visible wavelengths where Qv ~ 1, assuming a typical grain size of 0.1 um,
and py = 2 gcm™?, then

3
57 Ay = 1.086> S Noy ~ <i> (@) 1072IN.
4 pgag 0.01 )\ 1

Thus a total gas column of 102! cm™2 provides 1 mag of extinction at visible
wavelengths for a standard gas-to-dust mass ratio. As grains settle to the mid-
plane, the gas remains suspended in the upper layers, and the gas-to-dust ratio
decreases. This requires larger columns for the dust to absorb stellar radia-
tion. In my example I have explored extinction in the visual range, while most
molecules are dissociated by ultraviolet radiation. Dust extinction is larger in
the UV (requiring a smaller gas column); however, the dependence on the
gas-to-dust ratio and grain size remains.

5. Magnitudes in astronomy are defined such that a difference of 5 mag between two
objects corresponds to a factor of 100 in the ratio of the fluxes. Thus an extinction of 1 mag
corresponds to a flux decrease of (100)1/°> ~ 2.512.
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As grains evolve, there will be a gradual shifting of the warm molecular
layer deeper into the disk and eventually into the midplane (Jonkheid et al.,
2004). Because the grain emissivity, density, and temperature will also change,
the chemical and emission characteristics of this layer may be altered (Aikawa
& Nomura, 2006). These effects are magnified in the inner disk, where there
is evidence for significant grain evolution in a few systems (Furlan et al.,
2005) and deeper penetration of energetic radiation (Bergin et al., 2004). A
key question in this regard is the number of small grains (e.g., polycyolic
aromatic hydrocarbons) present in the atmosphere of the disk during times
when significant coagulation and settling have occurred.

4.4. Turbulence and Mixing

It is becoming increasingly clear that mixing played an important role in the
chemistry of at least the solids in the nebula. This awariness is due to the
detection of crystalline silicates in comets (e.g., Brownlee et al., 2006) and the
presence of chondritic refractory inclusions in meteorites (MacPherson et al.,
1988). Since the smallest solids (micron-sized grains) are tied to the gas, it
is likely that the gas is also affected to some extent (perhaps in a dominant
fashion) by turbulent mixing. The question of mixing and its relevance has a
long history in the discussions of solar nebula chemistry (e.g., Prinn, 1993;
and references therein).

With regard to the dynamic movement of gas within a protoplanetary disk
and its chemical effects, a key question is whether the chemical timescale,
Tchem. 15 less than the relevant dynamic timescale, 74, in which case the chem-
istry will be in equilibrium and unaffected by the motion. If 74y, < Tpem, then
mixing will alter the anticipated composition. These two constraints are the
equilibrium and disequilibrium regions, respectively outlined in Prinn (1993).
What is somewhat different in our current perspective is the recognition of an
active gas-phase chemistry on a photon-dominated surface (§ 5). This provides
another potential mixing reservoir in the vertical direction, as opposed to the
radial direction, which was the previous focus.

It is common to parameterize the transfer of angular momentum in terms
of the turbulent viscosity, v; = acsH,, where v; is the viscosity, ¢; is the
sound speed, H, is the disk scale height, and « is a dimensionless parameter
(Shakura & Sunyaev, 1973; Pringle, 1981). Hartmann et al. (1998) empirically
constrained the a-parameter to be < 1072 for a sample of T Tauri disks.

A number of authors have begun to explore the question of including
dynamics in the chemistry. A brief and incomplete list is provided by Bergin
et al. (2007). Although the details differ, a common approach is to use
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mixing-length theory, where the transport is treated as a diffusive process
(Allen et al., 1981; Xie et al., 1995), but see also Ilgner et al. (2004); Tschar-
nuter & Gail (2007). In mixing-length models the fluctuations of abundance
of species i can be determined by the product of the abundance fluctuations in
a given direction and the mixing length (), dx; ~ —ldx;/dz, where z denotes
the direction where a gradient in abundance exists. The net transport is then
(Willacy et al., 2006)

dx; 1 dn; 1 d
58 ¢;(cm 2 57 = ny, (ndx;) = — DnHzﬁ = — Dny [—'ﬁ - nHZ],

where D is the diffusion coefficient and v; is the turbulent velocity. The dif-
fusivity is related to the viscosity v; by D = (»l) = v; = acsH,. If we use this

description, the chemical continuity equation can be written as
on 09

59 L+ 2 =p L,
ot dz b

where P; and L; are the chemical production and loss terms for species i.
The radial disk viscous timescale is 7, = r?/v or

1 1
n 10 (-95) () () ()
102 100K 1AU Mo

The diffusivity, D or K, is not necessarily the same as the viscosity, v; (e.g.,

Stevenson, 1990), as given above. Moreover, it is not entirely clear that radial
mixing will be the same as vertical mixing. In the case of disks, several groups
have explored this question, with potential solutions ranging from v;/D below
1 to near 20 (Carballido et al., 2005; Johansen et al., 2006; Turner et al.,
2006; Pavlyuchenkov & Dullemond, 2007). For completeness, when v;/D > 1,
turbulent mixing is much less efficient than angular momentum transport.

5. Current Understanding

In this section I will synthesize the various physical and chemical processes in
a discussion of our evolving understanding of disk chemistry. One important
issue is that because of its low binding energy to grain surfaces (Hollenbach
& Salpeter, 1971), molecular hydrogen will remain in the gas throughout the
nebula. Provided that sufficient levels of ionizing agents reach the midplane or
the deep interior of the disk surface, the ion-molecule chemistry outlined ear-
lier can proceed. Surface chemistry based on diffusing hydrogen atoms will be
more difficult to initiate, but in warmer regions heavier radicals can potentially
migrate and react. Thus both gas and grain surface chemistry are important.
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For other molecules we expect large compositional gradients in the verti-
cal and radial directions. The dominant effect is the sublimation/freeze-out
as molecules transition from warm to colder regions in a medium with
high densities (n ~ 10’=10'> cm~3) and therefore short collisional timescales
between gas and solid grains. In large part the overall chemical structure
follows the thermal structure and is schematically shown in Fig. 3.10. This
plot illustrates that beyond ~40 AU, the disk can be divided into three ver-
tical layers. CO, one of the most volatile and abundant species, controls the
gas-phase chemistry in the outer disk and sets the radial and vertical bound-
ary of these layers. The top of the disk is dominated by stellar UV and X-ray
radiation, which leads to molecular photodissociation in a photon-dominated
layer. This layer will have several transitions. H/H; is the first transition
because molecular hydrogen is strongest at self-shielding. This is followed
by C 11/C 1/CO and subsequently the oxygen/nitrogen pools, which require

=
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Fig. 3.10. Chemical structure of protoplanetary disks (taken from Bergin et al., 2007). Vertically
the disk is schematically divided into three zones: a photon-dominated layer, a warm molecular
layer, and a midplane freeze-out layer. The CO freeze-out layer disappears at r < 30-60 AU
as the midplane temperature increases inward. Various nonthermal inputs, cosmic rays, UV
rays, and X-rays drive chemical reactions. Viscous accretion and turbulence will transport
the disk material both vertically and radially. The upper panels show the radial and vertical
distribution of molecular abundances from a typical disk model at the midplane (Aikawa et al.,
1999) and r ~ 300 AU (van Zadelhoff et al., 2003). A sample of the hydrogen density and dust
temperature at the same distance (D’Alessio et al., 1999) is also provided.
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dust shielding (e.g., O 1/H,0, N 1/N; or NH3; see Hollenbach & Tielens,
1999).

Inside this photon-dominated layer, the grain temperatures are warm
enough for CO to exist in the gaseous state (Ty,; > 20 K), but water will
remain as an ice. Thus the C/O ratio ~ 1, leading to an active carbon-
based chemistry in a vertical zone labeled the warm molecular layer. The
ion-molecule chemistry of this layer is powered predominantly by X-rays and
cosmic rays (if present). Reactions between CO and molecular ions (predom-
inantly H3+) transfer a small fraction of this carbon into other simple and
complex species (Aikawa et al., 1997). If CH4 is present on grain surfaces
and evaporates into the gas, it will also be a key precursor to the creation of
larger hydrocarbons and carbon chains. If Ty, < Ty, for any product of this
gas-phase chemistry, then that molecule freezes onto grains. In a large sense
the gas phase is acting as an engine for building complexity within molecular
ices (Tscharnuter & Gail, 2007). As material advects inward, the region of the
disk with Ty, > 20 K increases in depth, and, in addition, the more tightly
bound complex species created earlier (e.g., HCN, C;H;,, C3H4) will eventu-
ally evaporate. An additional issue that is likely important is the creation of
frozen radicals via photodissociation on the grain surface. If the grain is warm
enough, these radicals can migrate and react on grain surfaces. This can lead
to a large increase in molecular complexity (Garrod et al., 2008) and perhaps
contribute to organics detected in meteorites (see, e.g., Bernstein et al., 2002;
and references therein).

Below the warm molecular layer lies the dense (n>> 108 cm™3), cold
(T < 20 K) midplane where molecules are frozen on grain surfaces (Willacy
& Langer, 2000; Aikawa & Herbst, 2001). This is the case for much of the
outer disk (R » 20-40 AU) beyond the radial snow lines. If ionizing agents
are still present and Tgys < 30 K, then the transition to the midplane and the
midplane itself are the main layers for deuterium fractionation in the disk
(Aikawa & Herbst, 2001). Gas-phase deuterium fractionation requires that
heavy molecules be present in the gas. In the limit of total heavy-element
(C, O, N) freeze-out, the chemistry will be reduced to the following sequence:
Hi — H,D* — D;H" — D (Ceccarelli & Dominik, 2005).

Fig. 3.11 shows the CO abundance structure in a fiducial disk model to
illustrate some of these effects more directly. The three panels refer to different
models of dust settling, with lower values of the parameter € (defined in the
figure caption) referring to a greater degree of dust settling. The top panel is
for a disk with no settling. As can be seen, the chemical structure divides into
three layers, as shown in Fig. 3.10. In addition, the interior evaporation zone
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Fig. 3.11. Plot of the abundance of carbon monoxide as a function of radial and vertical height
in three disk models with variable gas-to-dust ratios. The gas-to-dust ratio is parameterized
by the parameter ¢, which is the gas-to-dust ratio in the upper layers relative to the gas-to-
dust ratio in the midplane (see Calvet and D’Alessio, this volume). Lower values of € are
representative of the effects of the settling of dust grains. Also shown is the T = 1 surface for
stellar photons, which appears deeper in the disk as grains settle to the midplane. The top
panel shows some of the basic disk chemical structure. Figure from Fogel et al. 2010.

(inside the snow line for CO) can be resolved. As grains settle into the disk,
the radiation penetrates more deeply, as seen by the line delineating the t =1
surface and also in the chemical structure, which moves the warm layer to
lower depths (Jonkheid et al., 2004).

The case of water deserves special mention. Beyond the snow line at ~ 1-5
AU, water will exist mostly in the form of water ice (see Ciesla & Cuzzi, 2006;
S. S. Davis, 2007). Dust grains suspended in the atmosphere will typically not
be heated above the sublimation temperature (Fig. 3.7), and water will, for the
most part, remain as ice. However, UV photons can photodesorb water ice
from grain surfaces, producing a small layer where water exists with moder-
ate abundance (XH,0,max ~ 1077, relative to Hy; Dominik et al., 2005). The
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water vapor abundance peaks at the layer where the rate of photodesorption is
balanced by photodissociation. The depth where the abundance reaches this
maximum value depends on the strength of the UV field, the local density,
and grain opacity (Hollenbach et al., 2008). At lower depths photodissociation
will destroy any desorbed H,O molecules and erode the mantle. At greater
depths the lack of UV photons leaves the ice mantle intact. Inside the snow
line the water ice can evaporate from the grains and can also be produced in
the gas via the high-temperature chemistry discussed in § 3.2. There is also a
strong possibility of rapid movement of icy solids from the outer nebula that
can seed additional water and other ices inside the snow line (Ciesla & Cuzzi,
2006).

Radially there exist large gradients in the gas/solid ice ratio of molecular
species in the midplane. The snow line is species specific in the sense that CO
should be present in the gas phase at greater radii than water (see Fig. 3.7). This
may not be a continuous transition, with various species sublimating accord-
ing to their molecular properties. Rather, some molecules may be frozen in the
water lattice (possibly clathrates in denser regions) and may evaporate along
with water, as seen in laboratory experiments (Sandford & Allamandola, 1993;
Collings et al., 2004; Viti et al., 2004). In the dense interior a wide range of
high-temperature kinetic reactions are likely active. These reactions can pro-
duce observed species, such as HCN and C;H; (Gail, 2002; Agiindez et al.,
2008), and perhaps even greater chemical complexity. However, the eventual
products are tempered by the destructive influence of photons. As noted in
§ 3.3, thermodynamic equilibrium can potentially be reached in the midplane
of the inner few AUs and in giant-planet subnebulae, with the removal of
some elements from the gas as solids condense. However, the surface lay-
ers in the inner disk are dominated by the short-timescale effects of stellar
radiation.

All these processes must be viewed in light of the likelihood of dynamic mix-
ing both radially and vertically. Models including mixing generally show that
the vertical structure illustrated in Fig. 3.10 is preserved with some widening
of the warm molecular layer (Willacy et al., 2006). Beyond the inward advection
of material, the outward diffusion of hot gas from the inner nebula can bring
gas to cold layers where molecules freeze onto grain surfaces (Tscharnuter
& Galil, 2007). Moreover, the grains are evolving via coagulation and settling,
and the gas gradually becomes transparent to destructive radiation. Grain evo-
lution ultimately results in the formation of planetesimals and planets (likely
at different timescales for giant and terrestrial worlds), and the gas chemistry
will continue until the gas disk dissipates.
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6. Conclusion

We are approaching an age where studies of extrasolar systems can be
informed by, and inform, studies of the chemical composition of bodies in
our solar system. Some major gaps remain in our understanding that will
benefit from this closer cooperation. These include the following: (1) What
is the relative importance of thermodynamic equilibrium and kinetics in the
inner disk, and how does this inform the meteoritic inventory? (2) Inclusive of
presolar grains, does any material remain pristine and chemically unaltered
from its origin in the parent molecular cloud? It is likely that the deuterium
enrichments ultimately originate in the cold prestellar stages, but are these
components dissociated and reassembled into different forms? (3) How deep
inside the disk (radially) do cosmic rays penetrate, and how might this influ-
ence dynamic evolution? (4) How extensive is the complex chemistry in the
inner disk, and how are these organics incorporated into planetesimals? (5)
Diffusive mixing can be important, buthow much and for how long is it active?
These are just a sample of the many questions that remain. In this chapter I
have outlined some of the basic physical and chemical processes that have laid
a foundation for much of our current understanding. I hope that this chapter
and this book inform the next generation of researchers in order to untan-
gle long-standing questions regarding the initial conditions, chemistry, and
dynamics of planet formation, the origin of cometary ices, and, ultimately,
a greater understanding of the organic content of gas/solid reservoirs that
produced life at least once in the Galaxy.
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DUST PROCESSING AND MINERALOGY IN
PROTOPLANETARY ACCRETION DISKS

In this chapter we discuss the different dust components a protoplanetary disk
is made of, with a special emphasis on grain composition, size, and structure.
The chapter will highlight the role these dust grains play in protoplanetary
disks surrounding young stars, as well as observational results supporting
this knowledge. First, the path dust travels from the interstellar medium into
the circumstellar disk is described. Then dust-condensation sequences from
the gas are introduced to determine the most likely species that occur in a
disk. The characteristics of silicates are handled in detail: composition, lat-
tice structure, magnesium-to-iron ratio, and spectral features. The other main
dust-forming component of the interstellar medium, carbon, is presented in
its many forms, from molecules to more complex grains. Observational evi-
dence for polycyclic aromatic hydrocarbons (PAHs) is given for both young
stars and solar system material. We show how light-scattering theory and
laboratory data can be used to provide the optical properties of dust grains.
From the observer’s point of view, we discuss how infrared spectra can be
used to derive dust properties, and we present the main spectral analysis
methods currently used and their limitations. Observational results, deter-
mining the dust properties in protoplanetary disks, are given, first for the
bright intermediate-mass Herbig Ae/Be stars and then for the lower-mass
Tauri stars and brown dwarfs. Here we present results from the Infrared
Space Observatory (ISO) and the Spitzer Space Telescope, as well as from the
mid-infrared instrument at the Very Large Telescope Interferometer (VLTI), and
summarize the main findings. We discuss observational evidence for grain
growth in both Herbig Ae/Be and T Tauri stars, and its relation to spectral
type and dust settling. We conclude with an outlook on future space mis-
sions that will open new windows toward longer wavelengths and even fainter
objects.
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1. Introduction

Dust grains dominate the opacity in protoplanetary disks whenever they
are present. This implies that their radiation properties play a crucial
role in determining the temperature and density structure of these disks.
The initial population of (sub)micron-sized particles evolves over time
toward planetesimals, eventually providing the building blocks for terrestrial
planets.

The dust grains shield the interior of protoplanetary disks from energetic
cosmic particles and stellar X-ray and ultraviolet (UV) radiation and provide
the surface for electron recombination. The presence of dust grains regulates
the ionization structure of disks, which is an important ingredient for the mag-
netorotational instability to operate and to drive angular momentum transport.
The dust particles are equally important for disk chemistry because chemistry
on grain surfaces leads to the formation of molecular ices and, possibly, com-
plex organic molecules, which will enter the gas phase when their evaporation
temperature is reached.

Infrared spectroscopy is a powerful tool to characterize the properties of
protoplanetary dust. With ground-based telescopes, the ISO and Spitzer Space
Telescope, an enormous amount of data has been obtained to characterize
the mineralogy of disks around a variety of objects, ranging in luminosity
from Herbig Ae/Be (HAeBe) stars to T Tauri stars and even brown dwarfs.
These data allow us to put constraints on the chemical composition and
amorphous/crystalline state of the dust particles and to address questions
such as radial distribution and mixing processes. Mid-infrared long-baseline
interferometry is starting to contribute as well to our understanding of the
structural properties of dust in the different radial zones of protoplanetary
disks.

2. Dust Components in Protoplanetary Disks

2.1. General Overview

Because the infalling disk material originates from the interstellar medium
(ISM), more precisely from the parental molecular cloud core, the initial dust
composition in a protoplanetary accretion disk is assumed to be similar to the
molecular cloud dust composition. It can be slightly altered from this compo-
sition because volatile molecular ices could evaporate during the passage of
the accretion-shock front, oxygen could convert into water, and quartz (SiO;)
could form from silicon atoms. For a detailed discussion of the various dust
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populations in space, including dustin molecular clouds, we refer to the review
by Dorschner & Henning (1995). The most abundant cosmic dust species are
compounds of O, Si, Mg, Fe, and C: silicates and carbonaceous dust.

Depending on the angular momentum of the material, molecular cloud
dust will accrete onto the disk at different radial distances from the star,
which may influence subsequent grain evolution (Dullemond et al. 2006).
In protoplanetary disks, a wide range of modification processes are expected
to occur, including thermal annealing in hot regions of the inner disk, ion
irradiation by stellar flares, X-ray and UV irradiation, destruction of car-
bonaceous dust by oxidation close to the central star, equilibration with
the gas through sublimation-condensation processes, and solid-phase reac-
tions, as well as molecular ice formation in the outer disk. In addition,
grain growth and both radial and vertical mixing processes need to be con-
sidered, and thus we are led to the expectation that the grain composition
changes both over time and with radial distance from the star, so that a rel-
atively large diversity of dust compositions can be expected in protoplanetary
disks.

As a reference for the composition of protoplanetary dust in the outer disk
regions, the dust model introduced by Pollack et al. (1994) is widely used. Itis
based on the solar elemental composition and the ISM gas-depletion pattern,
the composition of primitive solar system material, including the mass-
spectroscopy results of the space probes to comet Halley, and theoretical con-
siderations. The model contains the iron-magnesium silicate minerals olivines
and pyroxenes, quartz, metallic iron, troilite (FeS), and volatile and refractory
organics, as well as water ice in the outer disk. Pollack et al. already noted that
the silicates are certainly mixtures of amorphous and crystalline silicates, with
the amorphous silicates dominating. In fact, they used the optical constants
of amorphous silicates at mid-infrared wavelengths as a pragmatic choice.
The dust model divides the products of the most abundant dust-forming ele-
ments O, C, Si, Mg, Fe, S, and N into three categories: gases, molecular ices,
and refractory grains. On the basis of the dust composition and the optical
properties of these various components, Pollack et al. (1994) also derived dust
opacities for disks. These were further improved by including dust aggre-
gates (Henning & Stognienko 1996), as well as updated optical data for the
various materials (Semenov et al. 2003).

Molecular ices exist only in the cold outer disk, while FeS forms from Fe
and H;S at condensation temperatures of 680 K. Besides water ice, CO, CO>,
NH3, CHy4, and CH3OH ices have also been detected in the infrared spectra
of disks (Pontoppidan et al. 2005; Zasowski et al. 2009).
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The exact fractional abundances of the various solids remain an open ques-
tion. In general, we would expect a radial variation of the dust composition,
as already mentioned for Fe/FeS and molecular ices. As another example,
carbonaceous dust should be destroyed in the inner disk when it is evolving
toward an equilibrium dust mixture under oxygen-rich conditions.

The bulk of the ISM/molecular cloud dust consists of amorphous silicates
and amorphous carbonaceous material. ISO observations around 10 micron
have shown that most of the silicates (> 98% by mass) in the ISM have an
amorphous structure (e.g., Kemper et al. 2004). In contrast, infrared spec-
troscopy of HAeBe stars, T Tauri stars, and brown dwarfs has demonstrated
that a significant fraction of the dust in protoplanetary disks is in a crystalline
state, implying that these crystals have been formed inside the disks (see § 5).
Amorphous silicates crystallize only at relatively high temperatures through
thermal annealing processes (e.g., Fabian et al. 2000). This fact suggests that
these materials have experienced high temperatures in the disks (typically
800-1,000 K).

In an actively accreting disk, the main accretion flow points to the star, and
most of the dust will be destroyed by sublimation and subsequently incorpo-
rated into the star. Once the main accretion phase has terminated and the star
has grown close to its final mass, the material will only slowly move inward. In
both cases, the dust grains will experience an increase in temperature when
approaching the star. This will lead to both (1) annealing of the amorphous
material into a more crystalline structure and (2) chemical processing through
evaporation and recondensation, thereby changing the abundance of the dif-
ferent species. It is important to remember that the dust species are the main
source of the opacities, which determine the disk structure. When chemi-
cal processing or sublimation causes a certain dust species to disappear, a
change in the opacities will occur, with consequences for the structure of the
disk.

2.2. Condensation of Dust
Condensation sequences of dust from the gas phase are often based on chem-
ical equilibrium calculations, from the early studies by Larimer (1967), Gross-
man (1972), and Lattimer et al. (1978) to the more recent investigations by Gail
(1998) and Krot et al. (2000). Although the gas-dust mixture may often not be
in a state of chemical equilibrium, these calculations are a useful tool to predict
which dust species can be expected in the considered elemental gas mixture.
Gail (1998; see also Gail 2003 for a comprehensive discussion) proposed
a scheme to determine the stable dust materials expected to be present in a
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disk. It starts from the dust mixture—vaporized into the gas phase—from
Pollack et al. (1994) and is based on chemical equilibrium considerations.
The most important parameters in this scheme are the temperature and the
pressure, which critically depend on the location in the disk; as a consequence,
the stability of a certain dust species (and hence its presence) will be radially
dependent. To summarize Gail’s results, we will give an overview of the con-
densates that are expected to be stable at a certain temperature, starting from

the outer disk region and moving inward:

* At low temperatures (below 700 K), FeS (troilite) will be formed and is
stable, with the remaining iron (excess Fe over S) contained in pure iron
particles. Silicon will be in magnesium-rich amorphous silicates, while
SiO; is found to be unstable in chemical equilibrium.

+ Athigher temperatures (around 800 K), FeS will disappear and contribute
to metallic iron, while amorphous silicates will anneal into crystalline
silicates.

* At even higher temperatures (1,300-1,400 K), both crystalline silicates
and solid iron can no longer survive and are destroyed; the last remaining
dust particles are aluminum-rich species such as corundum (Al,O3).

+ Above 1,850 K these last remaining dust species also can no longer
survive.

From a comparison with dust-condensation experiments by, e.g., Nuth and
Donn (1982), it is known that non-equilibrium processes must also play a role
in the formation of dust (e.g., Tielens et al. 2005). Unfortunately, condensa-
tion paths that also include kinetic considerations are not yet available (e.g.,
Gail 2003), mainly because of the lack of measured reaction rates. This is
especially true for the first step in the dust-formation process in oxygen-rich
environments, the nucleation of tiny seed particles from the gas phase.

However, the predictions based on chemical equilibrium considerations
are already in relatively good agreement with observations. In a more refined
model, Gail (2004) added radial mixing, which moves processed material from
the inner disk to more outward regions. We should also note that several
additional dust components can exist in the temperature-density regime of
protoplanetary disks, including Al- and Ca-containing compounds such as
hibonite (CaAl;;019) and spinel (MgAl,Oy4).

2.3. Silicates
Silicates form a diverse class of materials, ranging from amorphous and
glasslike structures, characterized by three-dimensional disordered networks,
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to well-ordered crystals (e.g., Colangeli et al. 2003; Henning 2009, 2010). The
different silicates are assembled by linking the corners of individual [SiO4]*~
tetrahedra through their oxygen atoms with different levels of complexity.
The negative net charge of the ion group must be balanced by metal or hy-
drogen cations to produce an electrically neutral compound. The cations are
dispersed between the individual tetrahedra or the tetrahedra arrays. Mineral
structures that have been extensively discussed in the context of protoplan-
etary dust are Mg-Fe olivines and pyroxenes. Olivines with the composition
Mg;xFes(1-x)SiO4 can be considered a solid solution of their end members
forsterite (Mg;SiO4) and fayalite (Fe;Si04). Pyroxene with the composition
Mg, Fe(1_)SiO3 is a solid solution formed from enstatite (MgSiO3) and fer-
rosilite (FeSiO3). Thelattice structures of olivines and pyroxenes are very differ-
ent: olivines are island silicates (nesosilicates) with isolated tetrahedra, while
pyroxenes are chain silicates (inosilicates) in which one oxygen atom of every
tetrahedron is shared with its neighbor. We should explicitly note that the ter-
minology of olivines and pyroxenes refers to crystal structures and should not
be used for amorphous silicates of the same chemical composition. The silicate
particles show a wide variety of infrared features, characteristic of their chemi-
cal composition and structure, as is shown for the wavelength range between 8
and 13 um in Fig. 4.1, where we also show an example of a template with PAH
features.

In the equilibrium calculations for the inner disk by Gail (1998), iron is sel-
dom found to be incorporated into silicates, so only the magnesium-rich end
members of the compounds are present: forsterite (Mg, SiO4) for the olivines
and enstatite (MgSiO3) for the pyroxenes. Enstatite appears to be the more sta-
ble of those two, with forsterite appearing only in a narrow temperature range,
just below the stability limit. It is thus predicted that in a disk, enstatite is the
dominating component of the crystalline silicates, and forsterite is important
only in the more inward regions of the disk, near the region where it becomes
too hot to survive (around 1,400 K). However, Gail (2004) cautions that the
high enstatite abundance he predicts might need to be lowered because the
forsterite-enstatite conversion might be too slow to reach complete chemical
equilibrium within the relevant timescales involved. We will discuss the ratio
of enstatite to forsterite, as determined from observations, in § 5.

The Mg/Fe ratio of the amorphous silicates located in the outer regions of
protoplanetary disks is not well constrained. In the Pollack et al. (1994) dust
model, an average value of 0.3 was assumed for the Fe/(Fe+Mg) ratio, guided
by the mass-spectroscopy results of comet Halley dust (Jessberger et al. 1989),
as well as results obtained for anhydrous chondritic porous interplanetary dust
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particles (CP IDPs; Bradley et al. 1988) that were collected in the stratosphere.
Such IDPs consist mainly of glass with embedded metal and sulfides (GEMS),
whose properties are consistent with those of interstellar amorphous silicates
(Bradley et al. 1994). However, their origin is currently under debate: Bradley
& Ishii (2008) argue that they are of presolar nature because some of the GEMS
have a nonsolar isotopic composition, and the ISM dust is in any case charac-
terized only for a small part by nonsolar isotopic composition, while Min et al.
(2007) argue that most of them were formed in the solar system. From an anal-
ysis of the shape and position of interstellar silicate features, Min et al. (2007)
concluded that interstellar silicates are predominantly Mg rich. However, the
interplay between shape and composition in determining the relatively broad
infrared features of amorphous silicates introduces considerable uncertainty
in such an analysis (see, e.g., Chiar & Tielens 2006 for different conclusions).
So far, in the analysis of protoplanetary disk spectra, mainly amorphous sil-
icates with a mixed Fe/Mg ratio have been used (e.g., Bouwman et al. 2001;
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Kessler-Silacci et al. 2006). Therefore, a detailed examination of high-quality
spectra, taking into account different chemical compositions and size/shape
effects, still needs to be performed.

Amorphous silicates with the same stoichiometry as pyroxenes and olivines
(note again that the amorphous silicates have a different structure from
pyroxenes and olivines despite the same chemical bulk composition) typically
show two broad infrared bands at about 10 and 18 um, corresponding to Si—
O stretching and O-Si-O bending vibrations, respectively. These bands are
frequently observed in the spectra of protoplanetary disks. The large width of
the bands results from a distribution of bond lengths and angles, typical of the
amorphous structure of these solids. The 18 pum band is additionally broad-
ened and generally weaker because of the coupling of the bending mode to the
metal-oxygen stretching vibrations occurring in this spectral region. The exact
position of the Si—O stretching vibration depends on the level of SiO4 polymer-
ization. As an example, the band is shifted from 9 um for pure (sub)micron-
sized SiO; grains to about 10.5 um for Mg 4SiO4 4 (Jager et al. 2003a).

In contrast to amorphous silicates, crystalline pyroxenes and olivines pro-
duce a wealth of narrow bands from the mid-infrared to the far-infrared
wavelength range because of metal-oxygen vibrations. In crystalline pyroxenes
and olivines, the majority of the infrared peaks are shifted to longer wave-
lengths with increasing iron content. These observed shifts are caused by an
increase in bond lengths between the metal cations and the oxygen atoms when
Mg?* is substituted by Fe?*. The wave-number shift is very closely related to
the Fe content and allows a determination of the Mg/Fe ratio from infrared
spectroscopy (Jager et al. 1998). However, it is difficult to derive the Mg/Fe
ratio from 10 um observations alone because the shift there is rather small;
fortunately, it is more pronounced for bands at longer wavelengths, enabling
the determination of the ratio. On the basis of laboratory data, forsterite grains
have strong bands at 10.0, 11.3, 16.3, 19.8, 23.5, 27.5, 33.5, and 69.7 um, while
enstatite grains have bands at 9.4, 9.9, 10.6, 11.1, 11.6, 18.2, 19.3, and 21.5
pum. The exact position of these features varies with the quality of the crystals
and with temperature and will also depend on the shape distribution of the
particles.

By observing the mid-infrared wavelength range, the ISO and Spitzer mis-
sions provided a wealth of information on the presence of crystalline olivines
and pyroxenes in protoplanetary disks through spectroscopy (e.g., Bouwman
et al. 2001, 2008; Kessler-Silacci et al. 2006; see also § 5). Strong bands were
observed at 9.3, 10.1, 11.3, 19.0, 23.4, 27.8, and 33.5 um. In Fig. 4.2 we
illustrate the wealth of crystalline features observed in T Tauri stars.
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Fig.4.2. The emission bands of crystalline silicates, as observed with the Spitzer Space Telescope
in the spectra of seven T Tauri stars. The spectra have been normalized to a dust-model fit,
thereby removing the amorphous silicate and PAH features and enhancing the crystalline
features. Note that the silica identification is less secure. After Bouwman et al. (2008).

2.4. Carbonaceous Grains

Carbon is a major player in the ISM because it is a primary cooling and
heating agent. It can be present in many different forms: as pure atoms,
in simple molecules (e.g., CO, SiC, CN, and CH), and more complex ones
(polycyclic aromatic hydrocarbons, PAHs) up to carbonaceous solids. Car-
bonaceous solids span a wide range of materials (Henning & Salama 1998;
Henning et al. 2004) from ordered structures, such as graphite and dia-
mond, to complicated amorphous structures, such as a variety of hydrogenated
carbonaceous particles. The relevance of these materials as cosmic dust
analogs and their spectroscopic properties have been summarized by Henning
et al. (2004). Hydrogen-deficient amorphous carbon grains have only weak or
lacking infrared modes and will be difficult to identify in the spectra of pro-
toplanetary disks. Saturated aliphatic hydrocarbons show CH stretching and
deformation modes in CH; and CHj3 groups at 3.4 and 6.6 um, seen in the
diffuse ISM but so far not detected in the spectra of protoplanetary disks.
An exception is the Herbig Ae/Be star HD 163296, where ISO spectroscopy
provided evidence for the presence of aliphatic carbonaceous dust (Bouwman
et al. 2001). We can certainly expect more evidence for this dust component
from a detailed analysis of high-quality Spitzer data (e.g., Juhasz et al. 2010).
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In the Pollack et al. (1994) model for the dust composition of the cooler
outer disk, a kerogen-like material is assumed: it is a carbon-rich structure
containing a significant amount of H, N, and O, typical of the matrix material
in carbonaceous chondrites. This material should show C=0 stretching vibra-
tions in carbonyl groups. However, spectroscopic evidence for the presence of
this material in disks is still lacking. So far, we have to conclude that the nature
of the carbonaceous material in protoplanetary disks remains ill defined.

In protoplanetary disks around HAeBe stars, PAHs were convincingly
detected at 3.3, 6.2, 7.7, 7.9, 8.2, 8.6, 11.2, and 12.7 um (Peeters et al. 2002;
Sloan et al. 2005; Boersma et al. 2008; Keller et al. 2008; Acke et al. 2010).
The ratio of the band strengths can be used to derive the charge state of the
PAHs, from which the ionization parameter can be calculated (e.g., Bakes
et al. 2001). Furthermore, the band ratio can also be related to the size of the
emitting PAHs (Allamandola et al. 1985). In T Tauri stars there is much less
evidence for the presence of PAHs, certainly because of the different stellar
UV radiation fields (Geers et al. 2006, 2007). The presence of PAHs in the
disks of HAeBe stars shows that at least some carbonaceous material survives
in protoplanetary disks.

Evidence for the presence of nanodiamonds has been found in a very
small number of HAeBe stars (van Kerckhoven et al. 2002). Their infrared
features at 3.43 and 3.53 um have been interpreted as vibrational modes of
hydrogen-terminated crystalline facets of diamond particles (Guillois et al.
1999; pure nanodiamonds have no infrared features). Alternatively, diamon-
doid molecules were recently discussed as the carriers of these bands (Pirali
etal. 2007). There are actually only three HAeBe stars known to date that have
clear diamond signatures: HD 97048 (Whittet et al. 1983), MWC 297 (Terada
etal. 2001), and Elias 1 (Whittet et al. 1984). An extensive 3 um spectroscopic
survey of over 60 HAeBe stars did not add a single source with a pronounced
diamond spectrum to the already-known objects (Acke & van den Ancker
2006). Goto et al. (2009) argued that the presence of diamonds in the disks
around selected HAeBe stars may be related to the transformation of graphitic
material into diamond under the irradiation of highly energetic particles.

Carbonaceous material was also found in solar system material: in chon-
dritic meteorites, nanodiamonds and graphitic particles were detected (e.g.,
Sandford 1996; Hill et al. 1997), while PAHs were observed in comets (e.g.,
Moreels et al. 1994; Joblin et al. 1997).

2.5. Iron-Containing Grains
Iron-containing particles have an important effect on the dust opacity
(Ossenkopf et al. 1992; Henning & Stognienko 1996). In amorphous silicate
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grains, they strongly influence the near-infrared absorptivity and the tempera-
ture of the grains (Dorschner et al. 1995). Pure iron aggregates would dramat-
ically increase the dust opacities (Henning & Stognienko 1996). In the Pollack
et al. (1994) dust model, most of the iron is in silicates and troilite (FeS), and
the remaining 20% of its solar abundance is assumed to be in metallic iron. In
the inner disk, most of the iron would be in metallic iron. Only at temperatures
below 700 K will part of the metallic iron be incorporated into FeS.

There is strong evidence for the widespread occurrence of Fe and FeS
in primitive solar system material, including the dust analyzed by the mass
spectrometers on board the space probes to comet Halley and the Stardust
samples from Comet 81P/Wild 2 (e.g., Bradley et al. 1988; Bradley 1994;
Zolensky et al. 2006). Solid iron and troilite form solid solutions with the
available Niand NiS under the conditions of protoplanetary disks and standard
cosmic element mixtures.

Despite the important role of iron in determining the opacities of protoplan-
etary dust, so far, no convincing spectroscopic identification in astronomical
spectra has been presented. Small iron particles will contribute only to the
general infrared continuum and will show no infrared resonance. Therefore,
they cannot be identified by distinct infrared spectroscopic features. Labora-
tory measurements demonstrated that (sub)micron-sized FeS particles should
have relatively strong infrared features between 30 and 45 um (Begemann etal.
1994; Mutschke et al. 1994). Again, no observational evidence for the presence
of these features exists in spectra of protoplanetary disks.

3. Optical Properties of Dust Particles

In order to interpret astronomical spectra and to be able to assign solid-state
features to given species, the optical properties of the dust particles need
to be calculated. Such calculations are based on light-scattering theory and
laboratory data.

The interaction of a radiation field with a system of solid particles can
be described by their absorption and scattering cross sections C,ps and Csca,
respectively. They describe what fraction of the incoming radiation is absorbed
or scattered by a dust particle. The extinction cross section Cey is given by

1 Cext = Cabs + Csca-

The cross sections depend on the chemical and structural properties
of the solid particles, ranging from the atomic scale (chemical composi-
tion and crystal and defect structure) to the mesoscopic scale (porosity and



DUST IN PROTOPLANETARY DISKS / 125

inhomogeneities, mantles, surface states) and finally the macroscopic mor-
phology (size and shape distribution, agglomeration, coalescence).

Instead of the extinction cross section, the mass-extinction coefficient «yy,
defined as the extinction cross section per unit of particle mass, is often used to
characterize the extinction of light. This quantity is actually more appropriate
in describing how much light is removed from the incoming radiation field

by a fixed mass of particles. For a spherical particle, ky, = 33;;“, where a is the

particle radius, 8 is the material density, and Qe is the extinction efficiency
(extinction cross section per geometric cross section, Cext/7 a?).

The optical properties of small particles can deviate considerably from those
of bulk materials because of the occurrence of surface modes. The structure of
the interface of small particles, including their shape, can have strong effects
on their optical behavior. A comprehensive description of the classical electro-
dynamics of light absorption and scattering by small particles goes far beyond
the goal of this section, and we refer to the excellent textbook by Bohren &
Huffman (1983) for a detailed discussion.

The qualitative features of the absorption and scattering of light strongly
depend on the ratio between the wavelength of the incident light A and the
size of the particle (for a spherical particle, the radius a). We can distinguish
three cases:

1. Geometrical optics (size parameter x = 2w a/A >> 1): The propagation of
light is described by rays that are reflected and refracted at the surface
of the scatterer and finally transmitted, according to Snell’s law and the
Fresnel formulae. The scattering of a wave incident on a particle can
be described as a combination of a reflected and a transmitted wave.
For absorbing materials, light can penetrate only within the skin depth.
Scattering, therefore, is mainly a surface effect, and the absorption cross
section becomes proportional to the area of the particle as the radius
increases. In this case, the mass-absorption coefficient for a sphere scales
roughly as 1/a. We should note that for very large size parameters, the
extinction efficiency Qext approaches the limiting value 2.

2. Wave optics (A ~ a): The angular and wavelength dependence of the
scattered radiation is dominated by interferences and resonances. For
spherical particles, this is the domain of Gustav Mie’s (1908) scattering
theory, which is often applied in astrophysics.

3. Rayleigh limit (size parameter x = 27 a/A < 1): If, in addition, we have
| m | x < 1, where m = n+ ik is the (complex) refractive index of the
particle, we are in the quasi-static limit. Then both the incident field and
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the internal field can be regarded as static fields. In this regime, phase
shifts over the particle size are negligible. For nonmagnetic particles this
implies that it is generally sufficient to consider only the dipolar electric
mode.

The interaction of infrared and (sub)millimeter radiation with sub-
micron sized grains can generally be considered good examples of the
quasi-static case. However, particles with high imaginary parts of the
refractive index (metals, semiconductors, crystalline grains) and parti-
cles of somewhat larger sizes can easily violate the conditions for the
quasi-static limit, even at infrared wavelengths.

In Fig. 4.3, we show an example of the extinction efficiencies of four dif-
ferent grain sizes for the case of an infrared resonance of amorphous silicates
in the 10 um range, caused by Si-O stretching vibrations. It is clear that the
feature changes shape with increasing grain size: larger (micron-sized) grains
show typical “flat-topped” features and eventually disappear. This behavior
can be used to trace the size of the particles by infrared spectroscopy. Here
we want to note that the infrared features lose their diagnostic value for grain
sizes much larger than the wavelength of the feature.

For the sake of simplicity and physical insight, we will discuss only the
quasi-static case (Rayleigh limit) in the following. In this case, there isa connec-
tion between electrostatics and scattering by particles. Therefore, the expres-
sions for the scattering and absorption cross sections for (small) spherical par-
ticles can be derived by treating the particle as an ideal dipole, with the dipole
moment given by electrostatic theory (see, e.g., Bohren & Huffman 1998).

According to Rayleigh’s law, the scattering cross section scales with k*,
where k = 27/ is the wave number. This means that for very small absorbing
particles (compared with the wavelength of incident radiation), the extinction
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cross section is given by the absorption cross section. For the extinction cross
section we can write

2 Cext = kIm(a),

where the quantity o denotes the polarizability and Im stands for the imag-
inary part of this quantity. The polarizability is defined as the ratio of the
induced electrical dipole moment to the electric field that produces this dipole
moment. This quantity depends on the complex dielectric function (dielectric
permittivity) € = €1 + i€, (for dielectrics € = m?) of the particle and on the
dielectric function of the embedding medium, €,,, which is in most cases a
wavelength-dependent real number (in vacuum €, = 1).

One can treat not only spheres in the electrostatic approximation but also
other particles, as long as their characteristic dimensions fulfill the same con-
ditions as those defined for the spherical particles. Therefore, we will now
consider ellipsoids as a more general particle shape, including both spheres
(all axes equal) and spheroids (two axes having the same length).

For ellipsoids, the polarizability, «;, in an electric field parallel to one of the
principal axes is given by

3 a; = V(e —€m)/(em + Li(€ — €m)),

where L; are geometric factors and V is the volume of the ellipsoid. The
relation L + Ly 4+ L3 = 1 implies that only two of these three factors are inde-
pendent. For a continuous distribution of ellipsoids (CDE) we get the relation
(in vacuum with €y, = 1)

4 o = V(2e/(e —1))loge,

where log € denotes the principal value of the logarithm of the complex num-
ber €. The CDE in this form assumes equal probability for the presence of every
shape and averages over all orientations. This implies that extreme shapes are
also equally weighted, although they are less likely to be present in real shape
distributions. Nevertheless, the CDE can be used for a first estimate of how
important shape effects for a certain resonance really are. It is important to
note that the previous equations also demonstrate that the mass-extinction
coefficient for such particles is independent of their size, but not of their shape.

The simplest case of light scattering in the quasi-static limit is that of a
spherical particle where all axes are equal and L; = 1/3. This gives o; = o and
results in the expression

5 Cext = 4xIm((€ — €m)/ (€ + 2€m)).
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Fig. 4.4. Extinction efficiencies for silica particles of different shapes. Optical constants from
Henning & Mutschke (1997).

Eq. (3) demonstrates that resonances for particles surrounded by a nonab-
sorbing medium occur close to the wavelength where the imaginary part of
the dielectric function is close to zero and the real part fulfills the condition

6 €1 = em(1—1/Ly).

This equation immediately implies that the resonance wavelengths depend
on the shape of the particles. The resonances can occur only in regions where
the real part of the dielectric function is negative (for a sphere €1 = —2¢4,).
Examples of astronomically relevant materials that fulfill these criteria are SiC
and SiO; in the infrared and graphite in the UV. In contrast, the lattice features
of amorphous silicates do not always show this behavior. In Fig. 4.4 we show an
example of the shape effects for SiO; particles. In the case of lattice modes, the
resonances are always located between the transverse and longitudinal phonon
frequencies, which makes it possible to estimate the wavelength range where
the peak absorption can occur. The equations also show that the positions of
the resonances depend on the surrounding medium. This is important for
protoplanetary dust because it consists of core-mantle grains where the core
is made of refractory material and the mantle is composed of molecular ices.

For particles of arbitrary shapes there exists no analytical solution, not even
in the quasi-static limit. Numerical models frequently used for non-spherical
particles are the separation-of-variables method, the T-matrix method, and
the discrete dipole (or multipole) method (see, e.g., Draine 1988; Michel et al.
1996; Voshchinnikov et al. 2000, 2006; Min et al. 2008).

We should stress again that the occurrence of resonances is a property
typical of small particles. For metal particles, resonances even occur at wave-
lengths where the bulk material does not show any absorption bands. In
reality, the resonances will be modified and smeared out by a distribution of
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shapes, and the real difficulty is to evaluate which shape distribution would be
a realistic description of the observed infrared features (Min et al. 2005, 2007;
Voshchinnikov & Henning 2008). An analysis of the dust composition, based
on the simple assumption that the particles are compact spheres, certainly
leads to unreliable results. Min et al. (2005, 2007) recommend the applica-
tion of a distribution of hollow spheres (DHS) for the calculations of the dust
cross sections, which is computationally easy to use. In the Rayleigh limit,
the absorption properties for a distribution of spheroidal particles and for a
distribution of hollow spheres are very similar. However, the DHS method
can also be used outside the Rayleigh limit, in contrast to the CDE. Absorp-
tion properties calculated by the DHS method seem to provide a reasonable
representation of the shape of observed dust features (see, e.g., van Boekel
et al. 2005; Kessler-Silacci et al. 2006).

In the dense regions of protoplanetary disks, we expect that particles coag-
ulate and form larger particles (Beckwith et al. 2000; Henning et al. 2006;
Natta et al. 2007). For a description of the interaction of electromagnetic
radiation with fluffy aggregates composed of individual particles, two distinct
approaches are possible:

1. The Deterministic approach: The frequency-domain Maxwell equation is
solved for an individual cluster. The resulting cross sections are calcu-
lated for many clusters and then averaged over both the ensemble of
clusters and their orientation. The advantage of this approach is that for
special systems (e.g., clusters of spheres), exact solutions of the prob-
lem exist. For computational reasons, however, these methods are often
limited to either comparatively small clusters or moderately absorbing
systems. Examples of this kind of approach are the discrete-dipole and
multipole approximations (DDA/DMA) and the extended Mie theory for
multisphere aggregates.

2. The Statistical approach: The equations are formulated in terms of sta-
tistically relevant quantities (e.g., average radial density function of the
clusters, density correlation function), without any explicit treatment of
individual particles. Whereas a given cluster generally does not have any
symmetry, statistical averages show rotational invariance unless align-
ment mechanisms break this symmetry. The advantage of this approach
is that only the necessary information (ensemble- and orientation-
averaged quantities) enter the calculations. Examples of this approach
are the different effective medium theories and the strong permittivity
fluctuation theory.
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The dielectric function € or the complex refractive index m can be deter-
mined in the laboratory for relevant astronomical materials. The term optical
constants for the real (n) and imaginary (k) parts of the complex refractive index
is somewhat misleading since the quantities strongly depend on frequency.
For certain materials they also depend on temperature. The optical constants
or dielectric functions are macroscopic quantities and lose their meaning for
small clusters and molecules.

The dispersion with frequency is determined by resonances of the electronic
system and of the ionic lattice and, at very low frequencies, by the relaxation of
permanent dipoles. In the resonance regions the absorption becomes strong
(high imaginary part), and the real part n shows “anomalous dispersion,“ i.e.,
a decrease with frequency. In many cases this behavior can be described by
Lorentzian oscillators.

Compilations of optical constants of solid materials can be found in a num-
ber of databases that are available either in the form of books or of electronic
media. The most important database in book form is the Handbook of Opti-
cal Constants of Solids, edited by E. D. Palik, which currently consists of three
volumes that appeared in 1985, 1991, and 1997. These books are highly recom-
mended since they comprise detailed discussions of the origin and errors of
each data set. A database that is especially dedicated to cosmic dust has been
developed by Henning et al. (1999) and can be found in its updated elec-
tronic form at http://www.mpia-hd.mpg.de/HJPDOC (Heidelberg-Jena—St.
Petersburg Database of Optical Constants).

4. Spectral Analysis Methods

Dust properties are best studied in the infrared because it is here that the vibra-
tional resonances of many astronomically relevant materials occur. Indeed,
silicates and other oxides, sulfides, hydrogenated amorphous carbon parti-
cles, PAH molecules, and even hydrogen-terminated nanodiamonds all show
characteristic features at those wavelengths (see § 2). This makes the infrared
the fingerprint region for cosmic dust studies. Sensitivity, spectral cover-
age, and resolution are important observational parameters for such studies.
Ground-based mid-infrared spectroscopy is mostly limited to the 8-13 um
atmospheric window, but can deliver data with very high spectral and spatial
resolution, however, always with limited sensitivity because of the thermal
background of the atmosphere. The ISO Short Wavelength Spectrometer
(SWS) covered the extremely interesting wavelength range between 2 and
45 pum with a spectral resolution between 1,000 and 2,000. In addition, the
ISO Long Wavelength Spectrometer (LWS) extended the wavelength range to
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wavelengths between 45 and 200 um with a resolution from 100-200 up to
6,800-9,700 in high-resolution mode. The Spitzer Short-Low and Long-Low
spectrometers covered a wavelength range between 5.3 and 14.5 um and 14.2
and 38.0 um, respectively, with a spectral resolution of 60-120. The Short-
High and Long-High spectrometers had a wavelength coverage between 10.0
and 19.5 um and 19.3 and 37.2 um with a spectral resolution of 600. The ISO
mission was the firstinfrared space observatory that delivered high-quality data
for the bright HAeBe stars over a wide wavelength range. The Spitzer Space
Telescope, with its unprecedented sensitivity, provided spectra of very high qual-
ity not only for these intermediate-mass stars but also for large and statistically
significant samples of T Tauri stars and even made the first measurements of
spectra of brown-dwarf disks possible.

4.1. Location of the “Observable” Dust Grains

The dust spectral features that are seen in emission arise in the optically thin,
warm disk atmosphere; the dust regions closer to the midplane are optically
thick and do not show spectral features. This means that we can trace only a
very small part of the total disk material with infrared spectroscopy. A major
concern here is the differential sedimentation of particles: larger grains would
reach a smaller scale height, that is an equilibrium between sedimentation
and vertical turbulent mixing and this implies that through spectroscopy, we
get only selective information about the uppermost disk layer. In the case of
efficient mixing between the optically thick (featureless) disk midplane and the
upper disk layers, the observations would provide information on the complete
dust population of the disks.

The properties of the dust grains—size, shape, agglomeration state, chem-
ical composition, and material structure—as well as the dust temperature
distribution, determine the shape of the spectral features that occur on top
of the continuum, arising in the optically thick part of the disk. In addition,
the disk geometry also has an important influence on the observed spectrum:
in disks with a flared geometry, the outer disk contributes significantly to the
spectrum in the 10 um range, whereas in disks with a flat geometry, the inner
disk edge (the inner “rim”) is more dominant. The inner disk edge is often
strongly “crystallized,” whereas the regions farther out contain much less crys-
talline material. Therefore, a disk with a flat geometry may appear to have a
higher crystallinity than a flared disk, even though the actual composition of
the dust is identical; this is purely a contrast effect.

Furthermore, it is important to realize that spectra around 10 um trace
different regions of the disk as a function of (sub)stellar luminosity: Rjp
L1936, For brown dwarfs and T Tauri stars, the emission comes from regions
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of 0.05 and 0.5 AU distance from the brown dwarf and star, respectively,
whereas the 10 um emission from HAeBe stars traces the 10 AU range (see
Kessler-Silacci et al. 2007 for a discussion of the scaling of the silicate emission
region with luminosity). In the inner disk, more rapid grain growth is expected,
leading to different contrast ratios between amorphous and crystalline silicate
features, because the amorphous features flatten with increasing size (see
Fig. 4.3). This fact also needs to be kept in mind when one is comparing
spectra of objects with different luminosities and arriving at conclusions about
the amount of crystalline grains.

4.2. Spectral Decomposition

The combination of disk thermal structure and dust optical properties can
lead to degeneracies between these properties in the modeling results, even
if sophisticated radiative transfer calculations are used to interpret the spec-
tral energy distributions. Such degeneracies can be reduced when additional
interferometric data, intensity maps, and polarization data are used to further
constrain the disk properties. An additional problem is that some materials do
not show any specific resonance (e.g., metallic iron particles in the infrared)
and that large particles “lose” their characteristic features. Such “featureless”
grains produce a continuum that is difficult to separate from the continuum
of the optically thick part of the disk.

The most studied wavelength region in the context of dust is around 10
um, where amorphous and crystalline silicates show features, as well as silica
and PAHSs. It is fortunate that this region is also observable from the ground,
unlike most longer-wavelength regions. However, many of the features typi-
cal of crystalline grains are located at longer wavelengths and can be observed
only by space missions. Because the dust emission arises in an optically thin
region, the modeling of the features should be straightforward, but it is com-
plicated by the temperature distribution of the particles and the underlying
continuum. Here we should note that a certain wavelength range in the spec-
trum corresponds to a certain temperature range in the disk. This immediately
implies that the analysis of a wider spectral range requires the application of
a temperature distribution in the analysis.

In order to analyze larger data sets, especially in the 8-13 yum region, differ-
ent simple spectral decomposition methods have been used in the literature
to narrow down the properties of the grains that produce the features and
to determine quantities such as composition, shape, size, and crystallinity.
In a simple approach, the continuum below the spectral features is modeled
by a polynomial and then subtracted from the measured spectrum. In this

continuum-subtraction method (Bouwman et al. 2001), the continuum is



DUST IN PROTOPLANETARY DISKsS / 133

fitted outside the feature, which is often hardly possible in ground-based
observations because the spectrum cannot be sampled in the atmospheri-
cally opaque regions. In addition, the continuum can be associated with the
bands themselves because the grains generally contribute to the continuum
mass-absorption coefficients. It is further assumed that the dust grains have
a single temperature. The continuum-subtracted feature is then fitted with a
linear combination of mass-absorption coefficients of dust particles of differ-
ent sizes, composition, and structure (see Bouwman etal. 2001); the necessary
optical constants for the materials are provided by laboratory measurements.

Two other methods are very similar but differ in the modeling of the under-
lying continuum. In the single-temperature method (van Boekel et al. 2005)
the spectrum is fitted by a linear combination of optically thin and thick emis-
sion components. In this approach it is assumed that the disk continuum is
well represented by a Planck function and that the temperature of this con-
tinuum is the same as the temperature of the optically thin disk emission.
The two-temperature method (Bouwman et al. 2008) is formally identical
to the single-temperature method but fits the temperatures for the feature
and the continuum separately. In the two-temperature method the observed
monochromatic flux F, is given by

3 s
7 Fy = By(Teont) Co+ Bo(Taust) [ Y D Cijier? | + CoanFJA,
i=1 j=1

where B, (Tcont) is the Planck function with a continuum temperature Teont,
B, (Tqust) is the Planck function with the characteristic dust temperature, «,’
is the mass-absorption coefficient for species j and grain size i, and FFAH is

the PAH template spectrum. Co, C; ;, and Cpapy are weighting factors.

The strongest limitations of thesé approaches are that the underlying con-
tinuum of the optically thick dusty disk is assumed to be well represented
by a Planck function, which is never the case in realistic disk models (e.g.,
Chiang & Goldreich 1997; Men’shchikov & Henning 1997; Dullemond et al.
2001; Dullemond & Dominik 2004), and that even in the narrow spectral
range from 8 to 13 um, grains of quite different temperatures contribute to
the emission.

Recently, Juhasz et al. (2009) developed a more realistic but still fast ap-
proach, the two-layer temperature-distribution method, in which a continu-
ous distribution of temperatures is applied, rather than a fixed temperature,
and the correct continuum is calculated. The continuum emission below the
silicate features consists of three components: a high-temperature component
from the star and from the inner rim of the disk, a low-temperature component
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from the cold disk midplane, and the optically thin emission from featureless
grains (e.g., carbon) from the disk atmosphere. This again illustrates that the
real continuum is complex and cannot (and should not) be modeled by a Planck
function with a single temperature.

In the two-layer temperature-distribution method, the observed monochro-
matic flux F, is given by

T R2B,(T, Trim,min 277 2
8 F, = Fyam + Do% + Dl/ Z BT dT

1im,0

+D2 /T e Z—ZBV(T)T¥ dT.
mid,0

Here R, and T, are the radius and temperature of the central star, B, (T)
is the Planck function, and q is the exponent of the temperature distribution,
which is assumed to be a power law. The subscripts “atm”, “rim”, and “mid”
refer to the disk atmosphere, puffed-up inner rim, and disk midplane, respec-
tively. Note that one fits the value of q for the disk atmosphere, inner rim,
and disk midplane separately. F, amm denotes the flux of the optically thin disk

atmosphere, which is given by
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where N and M are the number of dust species and of grain sizes used,
respectively. The temperature range for the integrals is fixed by the contri-
bution from grains of different temperatures to the emission of the actually
analyzed spectral range. In other words, the outer disk does not contribute
and does not need to be considered when one is analyzing the emission in the
10 pum range. In this method (and the other methods), one assumes that the
dust mixture is uniform over the fitted range of disk temperatures and corre-
sponding disk radii. This means that one has to split the wavelength interval
if one wants to analyze the whole spectral region covered by the ISO or Spitzer
Space Telescope.

Juhdsz et al. (2009) compared the robustness of the various methods
mentioned above with the aid of synthetic disk spectra, calculated with a two-
dimensional (2D) radiative transfer code, so that the input dust composition is
known. They showed that the two-layer temperature distribution method does
the best job in retrieving the input composition. Furthermore, they showed
that within the interval 5 to 35 microns the wavelength region between 7 and
17 microns is best suited to derive the various dust parameters if one assumes
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a dust composition close to that generally obtained in the analysis of disk
spectra.

We note, however, that the two-layer temperature-distribution method has
its own limitations because it assumes that all dust species have the same
temperature at a given disk location and does not consider the influence of the
amount of disk flaring. This may lead to spurious inverse correlations between
the derived mass-averaged grain size and the flaring of the disk because the
radiative transfer effect, discussed at the beginning of this section, is not
appropriately taken into account. In addition, the input grain model should
contain the major dust species expected to be present in protoplanetary disks.

The next step in sophistication would be to use a real radiative transfer
model, but this would need additional information to constrain the model.
In the most recent models, it is now possible to include a realistic treatment
of the irradiation of the inner disk by the central star and different flaring
configurations, as well as dust sedimentation (see, e.g., Dullemond et al. 2001;
Dullemond & Dominik 2008).

5. Mineralogy of Protoplanetary Dust

The derivation of the dust properties in protoplanetary disks can be tackled
through the analysis of primitive material in the solar system as an analog
for young disks, as well as through infrared spectroscopy of protoplanetary
disks (see Henning 2003 for a comprehensive coverage of the field of astro-
mineralogy). In this context, the ISO and Spitzer missions provided a legacy
of spectroscopic data on protoplanetary disks. In the following, we will discuss
the knowledge these space missions have provided about the dust properties
in disks around young stars.

5.1. Intermediate-Mass Stars: The HAeBe Stars

Protoplanetary dust has most thoroughly been studied for disks around
intermediate-mass (2 to 8 M) pre-main-sequence stars, the HAeBe stars.
This is mainly because they are brighter than their lower-mass counterparts
and provide spectra with high signal-to-noise ratios. The characterization of
the dust in the disks around HAeBe stars made important steps forward with
the launch of ISO, which provided high-quality infrared spectra, and also with
ground-based data in the 8-13 um window. Broad emission features from sil-
icates (at ~ 9.7 and 18 um), features assigned to crystalline silicates, and PAH
features (see § 2.4) have been observed (e.g., Malfait et al. 1998; Bouwman
et al. 2001; Acke & van den Ancker 2004; van Boekel et al. 2005).
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These observations showed that the dust composition and size distribu-
tion vary widely from object to object: some objects (e.g., AB Aur; Bouwman
etal. 2000; van Boekel et al. 2005) have dust features typical of amorphous dust
grains as found in molecular clouds and in the diffuse interstellar medium.
Other HAeBe stars have dust features showing a large fraction of crystalline
dust grains, similar to solar system bodies such as comets and interplanetary
dust particles. The striking similarity between the silicate mineralogy of comet
Hale-Bopp’s dust and the dust around the isolated HAeBe star HD 100546 was
both an exciting and surprising result, showing that some cometary material
has seen partial processing at high temperatures and can serve as an analog
for silicate minerals in disks (Malfait et al. 1998). An amazing observation with
the Spitzer Space Telescope (Lisse et al. 2006) and ground-based N-band obser-
vations (Harker et al. 2007) was the detection of “crystalline” silicate features
after the Deep Impact Encounter on comet 9P /Tempel 1. That encounter lifted
grains from the cometary nucleus into the coma. Although the claims about
the abundance of minor grain components from the analysis of the infrared
Spitzer spectrum by Lisse et al. (2006) should be taken with some caution,
the experiment clearly demonstrates the presence of crystalline silicates in the
cometary nucleus. For a more detailed discussion of cometary grains and their
implications for dust mineralogy and heating, as well as of radial mixing in
protoplanetary disks, we refer to Hanner (2003) and Wooden et al. (2007).

The analysis of long-wavelength spectroscopy data (A > 20 um) can provide
a determination of the Mg/Fe content of the crystalline silicates, as discussed
in § 2.3. Focused on the 69 um feature, such an analysis demonstrated that
crystalline olivines in the outflows of evolved stars are predominantly Mg rich
(Molster et al. 2002). A similar result was obtained for the pyroxenes, based
on the 40.5 um feature. The exact determination of the chemical composition
of crystalline silicates in the disks around young stars is more complicated
because of a lack of relevant spectral features observed with high S/N ratio.
The only source where the 69 um feature has been detected through ISO
observations was the bright HAeBe star HD 100546. Here the analysis also
showed that the crystalline silicates are predominately Mg rich (e.g., Malfait
et al. 1998; Bouwman et al. 2003). This result has recently been confirmed
by high-quality data from the Heschel observatory (Sturm et al. 2010). The
shorter-wavelength data on crystalline silicate bands in the spectra of disks
around young stars (and comet Hale-Bopp) also point to a low iron content in
crystalline silicates (e.g., Bouwman et al. 2008; Juhasz et al. 2010).

Spitzer observations provided a compilation of high-signal-to-noise-ratio
spectra for about 45 HAeBe disk sources (Juhasz et al. 2010). These spectra
provide a strong indication that forsterite grains dominate the dust composition



DUST IN PROTOPLANETARY DISKS / 137

HD 104237

o o
) o]

Normalized Flux

N
~

Fig. 4.5. Normalized Spitzer spectrum of the HAeBe star HD 104237. The positions of
the forsterite (solid line) and enstatite (dashed line) bands are indicated. In addition,
the mass-absorption coefficients for 0.1 um forsterite and enstatite grains (distribution of
hollow-spheres model, volume-equivalent radius) are shown. After Juhasz et al. (2010).
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Fig.4.6.The N-band spectrum of HD 179218 (upper panel) and the measured mass-absorption
coefficients of ortho-enstatite from Chihara et al. (2002; lower panel). The wavelengths of the
most prominent emission bands are indicated by the dotted lines. In this object, enstatite
grains are an important constituent of the grain population that causes the 10 um feature.
After van Boekel et al. (2005).

in the outer disk, characterized by the long-wavelength data. In Fig. 4.5
we show the high-quality spectrum of the optically brightest HAeBe star,
HD 104237.

Fig. 4.6 shows a high-quality ground-based spectrum of a HAeBe star that
illustrates that such data can also provide important constraints on the dust
composition. The spectrum shows very convincing evidence for the presence
of enstatite in HD 179218.
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Interferometric measurements with the Mid-infrared Instrument (MIDI)
at the Very Large Telescope Interferometer, providing for the first time spatially
resolved spectroscopy, demonstrate that dust processing by thermal annealing
and coagulation is most efficient in the innermost parts of the disk (< 2 AU;
van Boekel et al. 2004): a spatial gradient in amount of crystallinity and size
distribution was found in the disks of 3 HAeBe stars. These data also indicated
aradial dependence of the chemical composition of the crystalline silicate dust:

olivines dominate in the inner disk, while pyroxenes dominate in the outer

disk.

5.2. The Lower-Mass T Tauri Stars and Brown Dwatfs

The grain properties in the lower-mass (~ 1 solar mass) T Tauri stars (TTSs)
have also been derived in the last few years, and a diversity in dust properties
similar to that observed in HAeBe stars was found (e.g., Meeus et al. 2003;
Przygodda et al. 2003). Thanks to the sensitivity of Spitzer, it soon became
possible to study larger samples of TTSs, confirming the similarity in dust
properties with the higher-mass stars (e.g., Forrest et al. 2004; Kessler-Silacci
et al. 2006; Sicilia-Aguilar et al. 2007; Watson et al. 2009). Kessler-Silacci
et al. (2006) also found that half of their sample (40 TTSs) show crystalline
silicate features at longer wavelengths (33-36 um). Sicilia-Aguilar et al. (2007)
and Watson et al. (2009) found no correlation between the crystallinity and
any stellar parameter but showed that, in general, the crystallinity in TTSs is
relatively low (less than 20%). In Fig. 4.7 we show a comparison between the
Spitzer spectrum of the disk around a low-mass star and the ISO spectrum
of comet Hale-Bopp. The two spectra show remarkable similarity, indicating
that comet-like material is present in the disks around TTSs.

In two different samples of TTSs, Bouwman et al. (2008) and Meeus et al.
(2009) determined that the forsterite-to-enstatite ratio is low in the inner disk
(1 AU), while forsterite dominates in the outer (5-15 AU), colder regions.
The same results were obtained for the Spitzer sample of HAeBes (Juhisz
et al. 2010). This is in contradiction to the chemical-equilibrium calculations
by Gail (2004), which predict that—if one assumes that the crystalline silicates
form as high-temperature gas-phase condensates—forsterite is present only
in the innermost regions where crystalline silicates can survive, while enstatite
dominates in the more distant regions. Also, radial mixing, investigated in the
study by Gail (2004), would not resolve this discrepancy, because this model
still predicts that enstatite will dominate in the outer disk regions. Here one
should keep in mind that the reaction rates for the conversion from forsterite
to enstatite and vice versa are still relatively uncertain.
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Fig. 4.7. Spitzer spectrum of the ~ 9 Myr-old M4-type star RECX5 compared with the ISO
spectrum of comet Hale-Bopp (Crovisier et al. 1997). For identification purposes, we also
show an emission spectrum (bottom dashed line) for a distribution of hollow forsterite spheres
(volume-equivalent radius of 0.1 um) at a temperature of 200 K.

Most likely, nonequilibrium processes contribute to the formation of
enstatite (see the extensive discussion of this topic by Bouwman et al. 2008).
As an alternative scenario for the formation of crystals, local heating in tran-
sient events has been discussed, either by lightning in the disks (Desch &
Cuzzi 2000) or by shocks caused by gravitational instabilities (Harker & Desch
2002). Compositional and structural features of enstatite and forsterite in prim-
itive chondrite matrices also point to formation through shock heating in the
Solar nebula, at distances from 2 to 10 AU from the Sun (Scott & Krot 2005).
Here we should note that potential correlations between stellar parameters
and crystallinity may be erased by additional processes, such as amorphiza-
tion of grains through ion irradiation associated with stellar activity (see, e.g.,
Jiger et al. 2003D).

In the mid-infrared spectra of a few T Tauri stars, taken with the Spitzer
Space Telescope, Sargent et al. (2009) detected prominent narrow emission
features at 9.0, 12.6, 20, and sometimes 16.0 um, indicating the presence
of crystalline SiO; (silica). Modeling suggests that the two polymorphs of
silica, tridymite and predominantly cristobalite, which form at high tempera-
tures and low pressures, are the dominant forms of silica responsible for the
spectral features. This material is certainly largely the result of processing of
primitive material in the protoplanetary disks around these stars. Tridymite
and cristobalite, once formed, must be cooled quickly enough to keep their
crystalline structure.

Finally, for brown dwarfs, the field of disk studies is quite new, but also here
Spitzer has somewhat lifted the veil. The silicate emission feature observed
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in young brown dwarfs in Chamaeleon I (2 Myr, Apai et al. 2005) suggests
dust processing similar to that in the young stellar disks: the 10 um feature
varies from source to source, with different degrees of disk flattening (due to
larger grains). Remarkably, given their cooler temperature, a high degree of
crystallinity (between 10% and 50%) is derived.

Here we note that the brown-dwarf spectra generally have a lower signal-
to-noise ratio than those of the brighter stars, which makes the derivation of
dust parameters less reliable. In addition, because of the low luminosity of
brown dwarfs, we probe a physically much smaller region of their disks, so
we see only those regions where grain growth is expected to be very fast (see
also § 6). This may also explain the observational evidence for often flatter disk
geometries in brown dwarfs, due to the fast settling of larger grains and the
associated transition from flared to flat disk structures. We already noted in
§ 4.1 that a flatter disk may have a higher apparent crystallinity than a flared
disk, even though the actual composition of the dust is identical; this may at
least partly explain the brown dwarf results.

In this context it is interesting to note that the 10 um feature in brown
dwarfs seems to disappear quickly; in the 5 Myr-old Upper Scorpius region,
the feature is either absent or very weak (Scholz et al. 2007), while the fea-
ture is completely absent in the three brown dwarfs observed in the TW Hya
association (10 Myr; Morrow et al. 2008), so not much is known about dust
evolution in brown dwarf disks.

5.3. PAHs and Nonsilicate Dust

PAH emission is widespread in disks around HAeBe stars (see § 2.4), with
stronger features in more flaring disks and weak or absent features in geomet-
rically flat disks (e.g., Acke & van den Ancker 2004). This can be explained by
the fact that flared disks intercept a larger fraction of the UV radiation from
the central star than flat disks. However, Dullemond et al. (2007) found that
dust sedimentation can enhance the infrared features of PAHs. For disks with
low turbulence, the sedimentation causes the thermal (larger) dust grains to
sink below the photosphere, while the PAHs still stay well mixed in the sur-
face layer. The sedimentation of the larger grains would also lead to a reduced
far-infrared flux. Therefore, this investigation predicts that sources with weak
far-infrared flux have stronger PAH features, which is—at least among the
HAeBe stars opposite to what has been observed. This suggests that sedimen-
tation is not the only factor responsible for the weak mid- to far-infrared excess
in some disks. We also refer to Keller et al. (2008) and Acke et al. (2010) for a
discussion of this topic.
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PAH emission is also expected to be less strong in the cooler T Tauri stars
because the PAH molecules are excited by UV photons. Geers et al. (2007)
showed that at least 8% of TTSs show PAH features, but their latest spectral
type is only G8. Bouwman et al. (2008) report the first detection of the 8.2 um
PAH feature in young low-mass objects and observe this feature in 5 of their
7 sources.

It is interesting to note that apart from the discussed silicates and PAHs,
not much convincing spectroscopic evidence for other grain components has
been found, so far.

6. Evidence for Grain Growth

Grain growth in protoplanetary disks is a complex process, driven by gas-grain
dynamics that lead to collisions between the particles and finally coagulation
(Beckwith et al. 2000; Henning et al. 2006; Dominik et al. 2007; Natta et al.
2007). A state-of-the art grain-growth model for the conditions of protoplane-
tary disks has recently been developed that takes into account radial drift and
vertical sedimentation, as well as coagulation and the relevant microphysics
(Brauer et al. 2008).

In the ISM, the mass-averaged grain size for silicates is smaller than 0.1
micron (Kemper et al. 2004). In young disks, the derived average grain size
varies strongly between objects (e.g., Bouwman et al. 2001; van Boekel et al.
2005), butitis generally found to be much larger than in the diffuse interstellar
medium. Van Boekel et al. (2003) related the shape and the strength of the
10 um feature and showed that this relation provides proof for grain growth
(see Fig. 4.8): strong and triangular 10 um features are typical of submicron-
sized grains, whereas a weaker and flattened structure indicates the presence
of grains with sizes between 2 and 4 um. Here we should again note that the
shape of the feature can be influenced by other parameters than size (Min et
al. 2006; Voshchinnikov et al. 2006; Voshchinnikov & Henning 2008). The
actual particle size can be underestimated if one uses homogeneous spheres
instead of fractal dust aggregates, as pointed out by Min et al. (2006).

Spitzer observations of 40 TTSs by Kessler-Silacci et al. (2006) reveal evi-
dence for fast grain growth to micron-sized grains in the disk surface. They
did not find a correlation either with age of the systems or with accretion
rates. Kessler-Silacci et al. (2006) further found that later-type (M) stars show
flatter 10 pum features (pointing to larger grain sizes) than earlier-type (A/B)
stars. This finding was confirmed by Sicilia-Aguilar et al. (2007), who reported
that strong silicate features are a factor of ~ 4 less frequent among disks
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Fig. 4.8. Infrared spectra of HAeBe stars ordered by peak strength, illustrating the size effect
on the shape and strength of the silicate feature. After van Boekel et al. (2003).

around M-type stars than around stars of earlier type. This inverse relation
between stellar luminosity and grain size was further investigated in a study
by Kessler-Silacci et al. (2007). It can easily be explained by a different location
being probed at 10 pum: for later-type stars, this is more inward than for earlier
types (e.g., TTSs 0.1-1 AU, versus HAeBe stars 0.5-50 AU). In the inner disk
we would expect faster grain growth because of the higher collision rates of
grains. This may also explain the fast disappearance of the silicate features in
the spectra of brown dwarfs, discussed in the previous section.

Sicilia-Aguilar et al. (2007) found a somewhat counterintuitive relation for
TTSs in the cluster Tr37. Only the youngest (0-2 Myr) objects showed evidence
of large grains by flat and weak spectral features, while features typical of
submicron-sized grains were seen in the oldest objects (> 6 Myr), indicating
that dust settling removes larger grains from the disk atmosphere. In addition,
objects with a lot of turbulence (witnessed by larger accretion rates) have larger
dust: itislikely that the turbulence supports large grains against settling toward
the disk midplane. They also relate the observed weakness of silicate emission
features in later-type objects to inner disk evolution.

Dullemond & Dominik (2008) investigated the effect of differential set-
tling of grains on the appearance of the silicate feature. They confirmed that
sedimentation can turn a “flat” feature into a “triangular” one, but only to
a limited degree and for a limited range of grain sizes. Only in the case of a
bimodal size distribution, i.e., a very small grain population and a bigger grain
population, is the effect strong. If sedimentation were the sole cause of the
feature variation, one would expect disks with weak mid- to far-infrared excess
to have a stronger 10 um silicate feature than disks with a strong excess at
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these wavelengths, but this is not what has been observed in a sample of 46
HAeBe stars with a wide range of mid- to far-infrared excesses (Acke & van
den Ancker 2004).

In a sample of 24 HAeBe stars, van Boekel et al. (2005) derived the com-
position and grain size of the dust with the single-temperature method (see
§ 4.2). They used this decomposition to derive the mass fraction of the observ-
able grains in the 10 um region and found that a high crystallinity (above
10%) is observed only in those cases where the mass fraction in large grains
is higher than 85%, which suggests that crystallization and grain growth are
related. However, this may partly be a contrast effect, because the strength of
the amorphous feature becomes weaker with increasing grain size, thus more
clearly revealing crystalline features.

For grains with sizes larger than about 5 um, 10 um spectroscopy will no
longer be able to trace such particles, which anyway may sediment below the
optically thin atmosphere. Here millimeter observations of HAeBe stars and
TTSs have provided evidence for the presence of even centimeter-sized grains
in protoplanetary disks (see, e.g., Natta etal. 2007 for a review). In case the disks
are optically thin at millimeter wavelengths—a feature that can be expected
because of the low mass-absorption coefficients at these wavelengths—the
slope of the spectral energy distribution (F, « v¥) can be directly related to
the frequency dependence of the mass-absorption coefficient (k (v) o v#) via
the relation B = o — 2. Here the Planck function is represented by its Rayleigh-
Jeans approximation. For typical submicron-sized dust grains in the diffuse
ISM, the spectral index B has been found to be close to 2 (e.g., Draine &
Lee 1984). For particles that are very large compared with the wavelength,
which will block the radiation by virtue of their geometric cross sections, the
mass-absorption coefficient becomes independent of frequency (gray behav-
ior). Particles of about the same size as the wavelength, for instance, 7 mm,
selected for studies at the Very Large Array (VLA), i.e. pebble-sized particles,
are expected to have spectral indices in the intermediate range. For silicate
particles, 8 indices < 1 suggest the presence of dust particles with millimeter
sizes. Such values have been found in the VLA studies of disks around HAeBe
stars (Natta et al. 2004) and TTSs (Rodmann et al. 2006), clearly indicating the
presence of large particles.

7. Conclusions and Future Directions

The last decade has seen huge progress in our knowledge of dust properties in
protoplanetary disks, which was made possible mostly through observations
with both the ISO and the Spitzer Space Telescope. The first surprise was the
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vast variety in appearance of dust features around young stars. A more detailed
analysis, however, showed that those dust features, although very different in
appearance, could be related to a handful of dust species with different sizes
and structures.

The dust in protoplanetary disks bears the signature of processing com-
pared with ISM dust; the grains are clearly larger, and most young sources
also show evidence for crystalline silicates.

Despite the large number of spectra now available to the community, it
has proved difficult to pin down the relationships between the observed dust
properties, on the one hand, and the stellar and disk properties, on the other
hand. The obviously expected relation of increasing grain size with age, or of
increasing crystallinity with higher temperature of the central star, has proved
to be incorrect.

The problem lies in the fact that there are many parameters to take into
account: age, stellar luminosity, disk flaring angle, dust sedimentation, and
presence of a close companion, to name just a few. Furthermore, dust features
cannot be directly related to a specific dust species and size: other parameters,
such as the dust temperature or the shape of the dust particles, also play an
important role. In addition, good laboratory data for astronomical dust species
over the full observable wavelength range remain a much-needed ingredient.
The same is true for reaction rates, which determine the conversion between
different grain species.

Therefore, we expect to make more progress in the coming years by com-
paring the wealth of data provided by Spitzer in a thorough statistical study,
eliminating as much as possible those parameters that can be determined, so
that, e.g., in studying the size distribution, stars with a similar luminosity are
being compared.

In the coming years, several new observatories and instruments will
become available. With the launch of the Herschel Space Observatory in 2009,
covering the far-IR wavelength region (Photodector Array Camera and Spec-
trometer (PACS), 57-210 um), we now are able to study the lattice vibrations
of heavy ions or ion groups with low bond energies with a high signal-to-noise
ratio. In particular, studies of the forsterite band at 69 um will be promising
in the context of determining the dust temperature and the composition of the
olivines, while aqueous alteration can be studied through features of hydrous
silicates at 100-110 pum.

Further on the horizon lies the launch of the James Webb Space Telescope
(JWST), where the unprecedented sensitivity will allow us to study the disks of
brown dwarfs with the same ease with which we now study T Tauri stars,
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opening up yet another region of the parameter space in dust-processing
studies.

Last but not least, much can be learned from comparing observations of
protoplanetary disks and dust with the composition of primitive material in the
solar system, provided by the analysis of meteoritic material and interplanetary
dust particles of cometary origin as collected by the STARD UST mission.
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5 RICHARD H. DURISEN

DISK HYDRODYNAMICS

1. Introduction

| assert, among all things of nature whose first cause one investigates the origin of the world
system and the formation of celestial bodies together with the causes of their motions is the
one which one may hope to grasp first in a fundamental and satisfactory way. ... Give me
matter, | will show you how a world might arise from it. For if there is matter available which is
endowed with an essential attractive force, then it is not difficult to determine the causes which
can contribute to the arrangement of the world, considered at large.—(Kant, 1755; translated
by S. L. Jaki)

Kant and Laplace are credited with being the earliest proponents of the so-
called nebular hypothesis, the idea that our own planetary system evolved into
its current state from a swirling disk of dust and gas around the young Sun. The
above quote from Kant’s “Opening Discourse” to Universal Natural History and
Theory of the Heavens (Kant, 1755) may be viewed by modern readers as naively
optimistic, but the spirit of Kant’s remarks remains with us today as we attempt
to understand from simple physical principles how matter distributed in space
can pull itself together into the elegant and cozy architecture of a solar system.
Although details of their 18th- and 19th-century cosmogonies were wrong, the
genius of these men was to be among the first to envision the origin of planetary
systems as a natural evolutionary process guided by physical laws. Although
free energy, deterministic chaos, nonlinearity, and environmental effects,
among others, endow the problem with a complexity that Kant and Laplace
could hardly have imagined, we can in fact learn a great deal about planetary
system formation and disk evolution through arguments from first principles.

This chapter focuses on the theory of protoplanetary gas disks as mechani-
cal systems, specifically hydrodynamic systems. We will find, of course, that
we are quickly impelled to consider thermodynamics and radiative physics in
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order to understand more fully how disks behave. By design, this chapter will
avoid extensive treatment of magnetic-field effects (see the chapters by Balbus
and by Konigl and Salmeron), except as one possible source of turbulence.
The big questions guiding our discussion will be the following:

* What hydrodynamic processes affect the evolution of disks?
Which can and do alter their structure?
Which, if any, play a role in planet formation?
» Which of these hydrodynamic processes can transport mass and angular
momentum in disks?
How efficient are they?
Are they local or global?

Because of the focus on transport and global structure, there are a number
of interesting disk phenomena that I will not discuss, such as bending waves
(see Ogilvie, 2000) and migration of embedded objects (see Papaloizou and
Terquem, 2006; Papaloizou et al., 2007).

I strive to develop each topic clearly from its basics so that this chapter
can serve as a primer on the subject for future researchers. However, the
confines of a chapter length do not permit me to provide many derivations.
Instead, I will attempt to introduce results with clear explanations and offer
references where the derivations can be found. I have come to disks from
the direction and background of work on star formation and the structure
and stability of rotating stars, and so my perspective has been shaped over the
years by several books and review articles in that area (notably Chandrasekhar,
1969; Fricke and Kippenhahn, 1972; Tassoul, 1978; Cox, 1980; Tohline, 1982;
Durisen and Tohline, 1985; Bodenheimer, 1995). For specific processes, texts
on hydrodynamics and galactic dynamics are helpful (e.g., Landau and Lifshitz,
1959; Chandrasekhar, 1961; Binney and Tremaine, 1987), and I draw heavily
from reviews on disk transport mechanisms by Pringle (1981), Papaloizou
and Lin (1995), Balbus and Hawley (1998), Balbus (2003), and Gammie and
Johnson (2005). Of course, the Hartmann (2009) book on disks around young
stars is indispensable and strongly influences the structure and content of
this chapter. The reader will also find two very accessible introductions to
astrophysical fluid dynamics with contemporary applications in Shu (1992)
and Clarke and Carswell (2007).

The chapter begins in § 2 with the basics of disk equilibrium and dynamics,
classic views about disk origin, and an introduction to the evolution of disks
due to internal stresses. The quest for the origin of stresses that cause trans-
port leads in § 3 to consideration of various instabilities that might produce
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turbulence in disks. I first describe each mechanism in its simplest form
and then consider how it may or may not apply to disks. Although some other
interesting contenders remain, such as baroclinic instabilities and instabilities
driven by structures in disks, there are two mechanisms, namely, gravitational
and magnetorotational instabilities, that are considered most likely to produce
strong transport of mass and angular momentum. The rest of this chapter
focuses on what is currently known about gas-phase gravitational instabilities
(GIs) in protoplanetary disks. Section 4 presents areas of agreement about how
GIs behave under idealized conditions, when the disk physics is kept relatively
simple, such as isothermal or polytropic equations of state and simple cooling
prescriptions. Efforts to include more realistic radiative physics, as presented
in § 5, have not produced consensus results at the time of writing. Because
of its importance for the question of giant-planet formation, § 5 describes this
contentious area in some detail and lays out paths to a resolution. Section 5
ends with a smorgasbord of special topics that tie GIs to other aspects of
disk evolution, and I permit myself to indulge in some pet speculations about
scenarios that may integrate a range of phenomena. Section 6 offers some
concluding remarks.

2. Hydrodynamic Theory of Gas Disks

A chapter on the hydrodynamics of disks must begin with the partial dif-
ferential equations of hydrodynamics:

v 1 1
1 — +v.-Vv=— —-VP-VOd+ — V.1,
at P P
ap
2 — 4+ V.pv=0,
ar TP
de
3 P §+V~Ve =—PV.-v+D,+I"'—A—V_-F,
and
4 Vi®, =4nGp.

Egs. (1)—(4) are the inertial frame momentum equation (or equation of
motion), the mass continuity equation, the internal energy equation as derived
from the first law of thermodynamics, and Poisson’s equation for disk self-
gravity. The variables are defined as follows; p is the gas mass density, v the
gas bulk velocity, P the gas pressure, @ the total gravitational potential, 7, the
viscous stress tensor, e the specific internal energy, D, the viscous dissipation
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function, I' the local heating rate per unit volume (volumetric heating), A the
cooling rate per unit volume (volumetric cooling), F the net energy flux due to
thermal transport mechanisms like radiation and conduction, and @, the con-
tribution to the gravitational potential from the disk itself. The full gravitational
potential can be a sum over various components,

5 ¢:¢s+¢d+¢ext7

where &; = —GM;/r is the gravitational potential of the central star referenced
to infinity, with the radial coordinate r centered on the star, and @,y is a
possible contribution from an external potential, e.g., a binary companion or
massive objects embedded in the disk. In the latter case, an indirect potential
can be added to cast the equations into the accelerated reference frame of the
star (e.g., R. P. Nelson et al., 2000b).

The two viscous terms involve shear and divergence in the flow in all
directions. They can be found written out fully in cylindrical, spherical, and
Cartesian coordinates in Appendix B of Tassoul (1978). In this chapter I will
mainly consider the shear terms in a nearly axisymmetric Keplerian disk, and
I will typically write the fluid equations in cylindrical coordinates (& —, ¢—, 2)
centered on the star. Hereafter, the terms radial, azimuthal, and vertical will
be used to refer to the @ —, ¢—, and z-directions, respectively. The important
viscous term in (1) for our purposes is

982
6 ngb:%w:kbw%:
and the heating rate due to viscous friction is the stress multiplied by the rate
of strain, or

7 Dv=tw¢<wm>=u<wm>2.

ow ow
In (6) and (7), u = pv is the dynamic shear viscosity, v is the kinematic shear
viscosity, and §2 = vy /w is the angular rotation rate of the fluid about the
z-axis. Egs. (6) and (7) characterize the force and energy dissipation due to the
rotational shear in a nearly Keplerian disk with viscosity v.

Egs. (1)-(7) must be supplemented by gas characteristic equations, such as
the ideal gas equation of state,

8 P = pkT /mgg:s,

where T is the gas temperature and mg is the mean molecular weight of the
gas. The appropriate heating and cooling rates in (3) and the flow of energy by
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radiation must then be specified, plus an addition relation for e(p, T). For the
latter, it is sufficient to use

9 P =(y—1)pe

for the special case of an ideal gas with a constant value of y = the ratio of spe-
cific heats and no phase changes. Thermal convection can either be separately
modeled in F or be allowed to develop naturally in dynamic calculations from
solution of the above equations (e.g., Boley et al., 2007a). Inclusion of mag-
netic forces and the additional equations required to describe the magnetic
field for ideal and nonideal magnetohydrodynamics (MHD) are discussed in
the chapters by Balbus and by Konigl and Salmeron.

2.1. The Basics of a Circumstellar Gas Disk

In standard accretion-disk theory, it is common to think about circumstel-
lar gas disks as quasi-equilibrium axisymmetric states in pure rotation that
evolve because of friction and dissipation of energy. The timescale for this
evolution t,, is long compared with the dynamic timescale t;,, on which the
disk changes because of force imbalance. For now, let us set @, = 0. Pure
rotation means thatv = vyip = @ 2ig = (2w @ /tr01)iy, Where iy is the unit vec-
tor in the ¢-direction; axisymmetry means that all ¢-derivatives are zero. The
slow evolution involves additional flow, primarily radial, with vy /vy ~ tayn/tev.
Equilibrium, satisfied to order tg,, /tey, is found by setting the left-hand side of
(1) to zero. In the w-direction, this gives a balance of pressure-gradient, centri-
fugal, and gravitational forces when

10 LR g GMm 0%,
p dw r3 dw

In the z-direction, pressure-gradient forces balance the vertical components
of gravity, i.e.,

1 9P GMyz 9dy
n — -t
p 0z r3 0z

It is easy to show that in the special case where P = P(p) only, (10) and (11)
imply 9§2/0z = 0; in other words, “rotation is constant on cylinders” (the
Poincaré-Wavre theorem; see chapter 4 of Tassoul, 1978).

DISKS AS THIN. Suppose that the pressure-gradient force in (10) is negligible
compared with the other terms. Because P ~ pc?, this implies by dimensional
analysis of the first two terms in (10) that the gas sound speed ¢; << @w 2. If
the disk mass My << M, then (10) gives the rotation law for a Keplerian disk,
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12 2(w) = 2k (@) = (GM;/a?) /2.

When M, is not negligible, 2 = (GM,, /= 3)!/? is a fairly good approximation,
where My, is the mass of the star plus disk inside the cylindrical radius @ .
When disk self-gravity is negligible in the z-direction, dimensional analysis
of (11) tells us that ¢, ~ £2 H, where the disk vertical half-thickness H can be
defined by

o0
13 b)) =/ pdz = 2p0H

—00

and po is the midplane density. Note that H is determined by the vertical
distribution of the bulk of the disk mass. The bulk of the mass is there-
fore vertically compact because ¢; << @ §2 means that H/@w << 1. The
extreme flaring observed in some Class 2 disks traces a hot disk atmo-
sphere that contains relatively little mass (see the chapter by Calvet and
D’Alessio). An interesting consequence of disk thinness is that the thermal
internal energy of the disk gas is much smaller than the rotational kinetic
energy of the disk. In fact, e/vé ~ (¢s/m R)? ~ (H/w)* If H/w < 0.1, then
¢/vy < 0.01.

When disks are thin (H/@ << 1), the viscous disk evolution equation can
be derived from the time-dependent versions of egs. (1) and (2) by the fol-
lowing simplifications. Ignore all ¢ derivatives by axisymmetry, assume that
vy = @ 2 with high accuracy because of the conditions tg),/tey << 1 and
H/w << 1, andintegrate over the z-direction. As shown in Pringle (1981) and
Hartmann (2009), the result is a viscous diffusion equation for disk surface
density,

) 39

0
14 — = wl/? — (wl/sz) .
Jt wiw ow

If v were known as a function of X, say, this equation alone could be solved for
X (w,t). For constant v, there is an analytic solution for a §-function mass ring
spreading radially outward and inward with time (Lynden-Bell and Pringle,
1974; Pringle, 1981). Asymptotically, all the mass accretes to the central star,
while the disk angular momentum is carried away to infinity by a vanishingly
small amount of the mass.

In an «-disk (Shakura and Sunyaev, 1973), it is assumed that the viscosity
can be written as v = acy H, where « is a dimensionless parameter that spec-
ifies the strength of an effective “turbulent” viscosity and ¢ is the midplane
sound speed. Dimensionally, eq. (14) tells us that the viscous evolution time
for a disk is t,, ~ w? /v & (w/H)?(t;er/27t), OF
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If the disk is in a steady state, then there is a constant mass inflow rate far

from the boundaries given by M =3nvX,or
16

. S Lif o N (Ho\* o V2 M \"? z
M~ 1077 Mg yr (—) - (—) — —= .
0.01 0.05 5AU Mg 300 g cm—2
M is sustained by viscous torques that transport angular momentum outward.
As discussed in § 3.3, outward transport of angular momentum in a Keplerian

disk releases energy. In a steady-state disk, the energy dissipated by viscous
friction must be radiated away and is given by

+oo a2 \?
17 / Dydz=vXY (w —) .
oo do

Far from a disk boundary in a Keplerian disk, (14) and (17) give the energy
radiated per unit disk area as 3GM;M/4m @ 3. Half of it is radiated upward
and half downward.

The « prescription for v brings thermal physics into the problem through
cso. If we use quantities integrated over the vertical direction, as in thin-
disk modeling (e.g., Gammie, 2001), (9) becomes P = (y, — 1)i{, where
P = ffooo Pdz, U = ffooo pedz, and y; is the two-dimensional analog of the
three-dimensional y. The relation between y, and y is not straightforward.
Using a plane-parallel sheet approximation, one can show that

18 2= 0@y =1)/(v+1)

when the star dominates the vertical gravity (second term on the left-hand side
of [11]) and

19 v2=3-2/y

when disk self-gravity (third term) dominates (Gammie, 2001). For the special
case of an isothermal gas, y» =y =1, eq. (9) is invalid, and we may use c;
instead of ¢4 in the definition of & without ambiguity.

Fig. 5.1 illustrates the evolution of a simple solar nebula with &« = 0.01 and
an assumed T () to fix ¢y. An initial ring of material with 0.1 Mg at 10 AU
evolves into a disk in only 10* yr and is depleted by over a factor of 10 in
10° yr. Even in this simplistic case, the disk is only truly a steady-state disk
over a restricted range of radii for a moderate interval of time. Nevertheless,
as described in the chapter by Calvet and D’Alessio, steady-state models are
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Fig. 5.1. Evolution of a simple a-disk model around a 1 Mg, star that assumes & = 1072 and
T =300 K (r/AU)~3/4 and starts with a narrow ring of material at 10 AU. Adapted from a figure
in Gammie and Johnson (2005).

the norm for modeling observed disks. The evolution of real disks depends
strongly on how energy transport affects T(zr).

DISKs As THIcK. Considering disks to be thin and integrating over the verti-
cal structure obscure interesting features that can dominate disk appearance
(see the chapter by Calvet and D’Alessio). In fact, writing the «-disk equations
in full r and z, Takeuchi and Lin (2002) find that the drift velocities of gas
responsible for the net transport of mass actually vary with height above the
disk midplane and can even reverse sign. The radial flow tends to be inward at
high disk altitudes and outward in the midplane, with significant implications
for mixing and dust transport (see also Ciesla, 2009). Whether these “channel
flows” become even more complex in three dimensions is not currently known.
Nevertheless, if disks really do evolve slowly because of an effective viscosity,
as envisioned above, then the thin-disk approximation is probably accurate
enough to describe the overall mass transport of the gas, and vertical hydro-
static equilibrium probably remains valid over the bulk of each disk column,
even in the presence of accretion onto the disk surface or wind outflows.
What about dynamic processes? When global disk dynamics are modeled in
a thin-disk approximation, as in A. F. Nelson et al. (2000a) or Gammie (2001),
it is effectively assumed that the vertical structure adjusts to the hydrostatic
equilibrium of eq. (11) instantaneously. How realistic is that? The dynamic
timescale, i.e., the time in which the disk responds to global force imbalances,
is usually considered to be set by consideration of radial equilibrium, and so
tayn 1S the disk rotation period t,. The timescale t, associated with violations
of vertical force balance is the vertical sound crossing time 2H/c;, the time it
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takes a sound wave to propagate from the disk midplane to the surface and
back. Because ¢;/H ~ £2 in a thin disk, we get t; ~ t,,/7. In other words,
the dynamic timescales in the radial and vertical directions are essentially the
same. In this sense, for processes that happen on a dynamic timescale, no disk
isthin, because the vertical structure does not adjust to hydrostatic equilibrium
on a timescale much shorter than t,,;. Dramatic examples of this are the shock
bores described in § 4.3.

The same conclusion can be reached from a different direction by exam-
ining ordered sequences of configurations whose members in one limit are
in fact geometrically thick and have non-Keplerian rotation but whose other
end members are “thin” and nearly Keplerian. Rotating, self-gravitating fluid
configurations have been studied systematically since the late 18th century,
when Maclaurin discovered the equilibrium states for a uniformly rotating
incompressible fluid with an oblate spheroidal surface (see Chandrasekhar,
1969). With proper normalization (constant mass and density), the Maclau-
rin spheroids are a one-parameter family where the parameter can be taken
to be total angular momentum, the eccentricity of the meridional cross sec-
tion (in a plane including the rotation axis), or the ratio of the total rotational
kinetic energy 7 to the absolute value of the total gravitational energy |[W].
It was shown in the 19th century that when 7/|W| > 0.274, and equiva-
lently eccentricity > 0.953 (or zp/@¢y < 0.303, where z, and @y, are the polar
and equatorial radii, respectively), the so-called bar mode, which distorts the
axisymmetric spheroid into an ellipsoid tumbling around the rotation axis,
becomes dynamically unstable and grows exponentially.

What do these 18th- and 19th-century results have to do with disks? Since
the 1960s researchers have been able to construct analogs of the Maclaurin
spheroids for differentially rotating and compressible fluids and have found
that they exhibit a similar dynamic barlike instability at a remarkably simi-
lar value of 7/|W)|, independent of details (see Tassoul, 1978; Durisen and
Tohline, 1985). In compressible fluids, the central part of the barlike mode
is indeed a radially coherent bar, but the eigenfunction breaks into a trailing
spiral in the regions toward the equator that are more strongly rotationally sup-
ported. The analog Maclaurin sequences depend on the assumed distribution
of angular momentum in the equilibrium configuration. Pickett et al. (1996)
considered a series of such analog families where the angular momentum
distribution was itself varied in an ordered way by a single parameter. When
the angular momentum distribution puts more of the angular momentum
into a disklike, nearly Keplerian equatorial region of the configuration, the
character of the barlike instability changes from having a pronounced central
bar to having an extensive region of tightly wrapped spirals. In extreme cases,
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multiple spiral modes can be simultaneously unstable, a behavior that will
sound very familiar when we discuss gravitational instabilities in § 4. This
tells us something about spiral instabilities that is missed in the vertically
integrated treatments common in spiral wave analysis of galactic disks (e.g.,
Binney and Tremaine, 1987) or of gas disks before the 1990s.

The normal modes of rotating stars identified by linearizing eqs. (1)—(4)
for adiabatic perturbations of an ideal gas can be classified as p-, g-, r-, and
f-modes (Tassoul, 1978; Cox, 1980). The principal restoring forces for p-, g-,
and r-modes are the pressure-gradient forces, gravity, and inertial forces due
to rotation, respectively. The f- or fundamental modes, by contrast, do not
have a single dominant restoring force. The low-order nonspherical f-modes
are sometimes considered to be surface distortion modes because the f-mode
eigenfunctions have large relative amplitudes near the surface and charac-
teristically induce oscillations of the star’s surface shape. The bar modes that
become unstable in the Maclaurin spheroids can be identified as the | = |m| =
2 f-modes, where | and m are the poloidal and azimuthal mode numbers in
a standard spherical harmonic expansion. The work of Pickett et al. (1996)
suggests that the spiral waves appearing in gravitationally unstable disks are
f-modes, i.e., they are surface distortions of the disk as much as they are “den-
sity” waves. The Pickett etal. models are isentropic fluids and have temperature
stratification in the vertical direction. Three-dimensional (3D) hydrodynamics
simulations of spiral waves in these models (Pickett et al., 1996, 2000, 2003)
show strong vertical distortion of the disks and enhanced dissipation due to
shocks at high disk altitudes. Analytic studies of external forcing in stratified
disks (Lubow and Ogilvie, 1998) confirm that the disk response predominantly
has the character of an f-mode with mode amplitude concentrated toward the
disk surface. This is in contrast to a disk that is vertically isothermal, where
the modes do not distort the surface and can more properly be called density
waves. The situation for nonlinear waves is even more complex, as discussed
in § 4.3.

So, even when a disk is geometrically thin, i.e., H is significantly < @,
the dynamics of the vertical direction are not simple, and disks changing on
a dynamic timescale should be treated three-dimensionally. This becomes all
the more evident when we learn that disk dynamics are sensitive to the energy
flow in the vertical direction, a central theme of § 5.

2.2. How and Why Do Disks Form?

The fundamental reason that disks exist around young stars is that the typical
specific angular momentum j of molecular cloud cores, about 10?! cm? s~1,
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is orders of magnitude larger than the maximum j for a star in radial force
balance, about 1017 cm? s~! (see Table 1 of Bodenheimer, 1995). On the other
hand, for Jupiter’s and Neptune’s orbits, j ~ 10*° and 3 - 10%° cm? s~!
tively. So a cloud that collapses to form a single star rather than a multiple star

, respec-
is likely to form a circumstellar disk of solar system size.

ILLUSTRATIVE SPECIAL CASE. The collapse of a uniformly rotating, singular
isothermal sphere has been worked out analytically in great detail (Shu, 1977;
Cassen and Moosman, 1981; Cassen and Summers, 1983; Terebey et al., 1984).
Although it is debatable whether this applies in detail to any real case of star
formation, it provides some insight into disk formation.

Define the free-fall time tg for a shell of radius r in a nonrotating spherical
cloud as the time it would take the shell to collapse to the cloud center through
gravity alone. As long as dp/dr < 0, shells will not cross during free fall, and
the collapse of each shell proceeds as if the mass interior to the shell M,
initially were a central point mass. If each fluid element starts from rest, then
its trajectory is a degenerate ellipse with an eccentricity of 1, a semimajor axis
r/2, and a period 2tg. Application of Kepler’s third law then gives

37 1/2
20 tg = ——— ,
¥ (32Gﬁ>

where / is the initial average density inside the shell at the start of collapse.

Consider a sphere of ideal gas with an isothermal sound speed ¢; =
(kT /mgas)'/2. In hydrostatic equilibrium, where only the pressure gradient
supports the sphere against gravity, we deduce from eq. (1) that

dP_ pGM,

dr r2

It is easy to verify the singular isothermal sphere solution

21

Ciz

22 PN =o-c3

by substitution of (22) into (21) together with (8). Because p ~ r~2, / also
~ r~2, which gives tg ~ r. Note that M, also ~ r. The singular isothermal
sphere is unstable, and collapse proceeds inside out because the inner shells
have the shortest ty. Shu (1977) described a similarity solution for the collapse
where an expansion wave moves outward at speed ¢;. Inside the wave front
the cloud is collapsing, while outside it is still hydrostatic. In a similarity
solution, the central accretion rate M has to be some fraction of the constant
M, /tg(r) = 8¢;3/m G. Shu’s solution gives
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Y G’ _ -6 (T 2
23 M =0.975 Y 1.5-107° Mg yr (107) ,
where we assume that mg,s = 2.4 amu, the value appropriate for gas with a
solar composition that has hydrogen in its molecular form.

If the cloud is in slow uniform rotation at angular speed £2p, then along
the cloud’s equator j = @w?22y. At any moment, the maximum j collapsing to
the center jyqx ~ t? as the expansion wave moves outward. In a truly singular
cloud, there is always enough low-j matter, for reasonable parameters, to form
a low-mass star initially, but once juqx becomes large enough to put gas into
orbit at the star’s equator, a disk will form and grow rapidly in outer radius ;.
Without angular momentum transport, r; ~ jmaxz/GM ~ t3, where M = Mt
is the total collapsed mass. The actual growth rate of the disk radius and the
fate of its accreted mass depend on the competition between accretion onto
the disk and accretion through it due to transport.

As illustrated in Fig. 5.2, once the bulk of the infalling material has high j,
what happens next depends on how the timescale for accretion onto the disk
t;n & My/M compares with t,, () from eq. (15) (Cassen, 1994). As shown on
the left-hand side of Fig. 5.2, when t;,, > t, at all @, the disk will empty out
onto the star as fast as mass arrives, and the radius of the disk will expand
even faster than t3 because of outward transport of angular momentum by
viscosity. On the other hand, if t;, < t,, everywhere, the disk accumulates
mass and grows as ry ~ t* (Pickett et al., 1997). Suppose that the transport is
characterized by an «-viscosity. Because t,, in (15) is a function of @, if the
collapse proceeds long enough and « is constant, the outer regions of any disk
should eventually accumulate mass faster than «-viscosity can accommodate.
This results in the onset of GIs (Laughlin and Bodenheimer, 1994; see § 4.2).
Whether the disk anywhere enters such an accumulation phase depends on

z z
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Fig. 5.2. Left panel: Mass empties out onto the star through the disk, and the disk outer
radius expands rapidly because of outward angular momentum transport. Right panel: Mass
accumulates in place, and the disk radius expands only as the angular momentum of the
infalling material increases. In both panels, the size of the central star is exaggerated. Adapted
from Cassen and Summers (1983).
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whatever process terminates infall, for instance, the finite size of the initial
cloud determined by the star-forming environment.

“REALISTIC” cOLLAPSE? Although the collapse of a singular isothermal
sphere is just a toy mathematical problem, it already illustrates the effect on
disk formation of several parameters: the initial cloud conditions through ¢;
and £2, the cloud’s environment through whatever process terminates accre-
tion, and internal disk transport mechanisms through o (see, e.g., Dullemond
et al., 2006; Visser et al., 2009). Uncertainties magnify once the broad set of
initial collapse conditions advocated by various authors is considered. For an
“isolated” cloud, disk formation will be affected by the velocity, density, and
temperature structure of the initial cloud and the relative importance of mag-
netic fields, all of which can affect how mass arrives when and where carrying
how much angular momentum. Even if we keep everything the same as in the
previous section but allow the initial cloud to have a central region of roughly
constant density, the picture changes considerably. For reasonable values of
£2¢, the first mass to arrive near the center of the collapse typically has too
large aj to form a star directly. Then the so-called first-equilibrium core, which
forms when the collapsing molecular gas becomes opaque enough to behave
adiabatically rather than isothermally, will be rapidly rotating. Bate (1998) and
Machida et al. (2007) illustrate how this additional complexity affects the col-
lapse for nonmagnetic and magnetic cases, respectively. As described in the
chapter by Konigl and Salmeron, disk collapse and accretion for low-mass
stars may in fact be completely regulated by magnetic fields, except perhaps
in dead zones (see § 4.2), and then disk masses need never become very large.
For high-enough magnetic flux in the initial cloud, a rotationally supported
disk may not even form (Hennebelle and Fromang, 2008). On the other hand,
using sheetlike collapses induced by magnetic channeling at the earliest stages
of cloud collapse, Vorobyov and Basu (2005, 2006) find that GIs may occur in
repetitive outbursts and dominate accretion onto the star.

There is no consensus at present about how stars “really” form, except
that at some stage formation involves gravitational collapse of cores in envi-
ronments where many stars are forming at once (see articles in Reipurth
et al., 2007). How messy this can be for disks around solar-type stars is illus-
trated by decaying turbulence simulations of star-forming regions (e.g., Bate
and Bonnell, 2005), where mass accretes onto multiple interacting systems
of protostars along sheets and filaments (see Plate 6). Disks that form can
be truncated by collisions and tidal interactions. Accretion may stop when
stars drift out of, are ejected from, or use up reservoirs of dense gas, and
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accretion can resume when subsystems merge or reenter dense regions. Even
for the relatively quiescent virial equilibrium initial conditions assumed by
Krumbholz et al. (2007a) for their three-dimensional (3D) radiative hydrody-
namics collapse simulation of a 100 Mg molecular cloud core, they find that
a large (100s AU), massive (My ~ M;) disk forms. This disk is also fed asym-
metrically by streams and mergers, experiences bursts of Gls, and fragments
into stellar-mass companions.

It should be clear from these few examples that theoretically, there is no
well-accepted, canonical set of initial conditions for disks. In fact, it is very
likely that disk formation is a chaotic and highly diverse process in nature.
The remaining discussion takes the presence of a disk around a star as a
starting point.

2.3. What Causes Disks to Evolve?

As detailed in the chapter by Calvet and D’Alessio, we have ample evidence
that disks exist around young stars of low and intermediate masses for times
~ few Myr, corresponding to o ~ 1073 to 1072 in eq. (15), and that they are
actively accreting matter onto their central stars. Accretion of the disk onto
the star requires some process that lowers the j of fluid elements and allows
them to drift to orbits of smaller @ . For the simple thin-disk theory of § 2.1 to
be valid, there must be a physical basis for the a-viscosity that transports the
angular momentum.

EVOLUTION DUE TO TURBULENCE. Under the assumptions leading to eq.
(14), ter >> tyor, and the disk evolves diffusively while remaining in an axisym-
metric equilibrium. In a protoplanetary disk, molecular viscosity v,q, ~ ¢sl,
where [ is the gas particle mean free path. For typical parameters, vy, ~ 10*to
10° cm?/s, yielding t, >> Hubble time. Real disks evolve much more quickly,
with an effective v that appears to be a significant fraction (o« ~ 1073 to 1072)
of ¢;H. This suggests a turbulent process where the gas churns with perturbed
velocities on the order of a fraction of ¢; on scales on the order of a fraction of H.
Consider small fluctuations §f about the instantaneous axisymmetric equi-
librium in a fluid quantity f. We can put f + 8f into egs. (1) and (2), cancel
terms of order f, integrate over z under the usual thin-disk assumption, and
retain only the lowest-order terms necessary to describe the secular evolution
due to transport of angular momentum. Allowing for finite radial pressure
support in the zero-order equilibrium state, Balbus (2003) shows that
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where the prime denotes a derivative with respect to @ and W4 is the verti-
cally integrated @ ,¢p-component of the specific (per unit mass) stress tensor.
Note that generally,

1
25 Ww¢ = — E rwq;dz.

For viscous (or Navier-Stokes) stresses, in the special case where v is inde-
pendent of z,

982
2 Whs = v —,
@ dw
and we recover eq. (14) for a strictly Keplerian disk. Thus, to within a factor
of order unity, we can define an effective . that relates any Wy to an

equivalent a-viscosity by
27 Ueff = Warg /2.
Eq. (27) effectively normalizes the torque-producing nonaxisymmetric stresses

(Wag) to the gas pressure in the disk (~ c2).

THE BIG THREE SOURCES OF STRESS. There are three major contributions
to Wy generally considered in disks, those due to fluctuations in the velocity,
the gravitational field (g), and the magnetic field (B), as given, respectively, by

28 Wg = </ 8vw8v¢dz>,

88w 089
29 wN, — ,
o9 </ anGo
and

8By B
30 Wg¢=</Tp¢dz>.

They are referred to as the hydrodynamic (or Reynolds) stress, the gravitational
(or Newton) stress, and the magnetic (or Maxwell) stress, respectively. Even
though, in some cases, the fluctuating quantities may have no zero-order
counterpart, I do not suppress the § to emphasize in principle that I am talking
about fluctuating first-order quantities. The derivation of eq. (29) can be found
in Lynden-Bell and Kalnajs (1972).

Net transport of mass and angular momentum will occur when, over some
suitable spatial and temporal average, these stresses are nonvanishing. For
application to eq. (24), the spatial average must include integration over all
¢. Net torques result from correlations in the @- and ¢-components of the
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fluctuating vector fields. For example, in (28), if the sign of §v, tends to
correlate with the sign of §v4, which is proportional to §j, then the turbulence
causes a net outward flux of angular momentum. Obviously, a macroscopic
ordered B-field with nonzero B, By will also induce torques and disk evolution,
as discussed in the chapter by Konigl and Salmeron.

To compute disk evolution over long times like an a-disk using eq. (24), one
would need to be able to compute Wz from local zero-order disk properties
without recourse to a detailed simulation of the fluctuations. This implies
that one should not do @ averages in (28) to (30) over more than a few scale
heights, which in turn requires that the correlated fluctuations leading to a
significant net W4 should be characterized by radial wavelengths less than a
few H. I will refer to a process that satisfies this condition as being structurally
local.

So far, I have emphasized mass and angular momentum transport (egs.
[14] and [24]). In the evolution of an a-viscosity disk, there is energy dissipated
locally at a rate given by eq. (17). To recover a valid «-disk evolutionary model
from a turbulent process, the local dissipation of energy needs to agree with
(17) when (26) and (27) are used. Balbus and Papaloizou (1999) argue that such
a self-consistent local a-disk picture is possible for turbulent hydrodynamic
and magnetic stresses but is probably not possible, except perhaps near the
corotation radius of a spiral wave (see {§ 3.2 and 4.1), for gravitational stresses.
The problem is that self-gravitating waves can transport energy globally rather
than just dissipating it locally. The validity of an «-disk picture requires self-
consistency of local energy dissipation, and I will refer to this condition as
being dissipativelylocal. An important consideration in the case of any transport
mechanism in a disk is whether and in what sense these locality conditions
are satisfied.

3. The Wonderland of Instabilities

3.1. Classic Results

Until the late 1990s, most researchers looked to Reynolds stresses as the way to
justify use of «-disk models. Turbulence generally occurs when perturbations
arising from instability at some driving scale length cause a nonlinear cascade
of energy down to the scale on which it is dissipated by molecular viscosity (see
Fig. 5.3). This produces fluctuations with spatial and temporal correlations on
all scales in between and leads to nonzero Reynolds stresses. So the search
for real a-like behavior in disks became a search for instability mechanisms
that lead to turbulence, followed by an analysis of the resulting fluctuations
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Fig. 5.3. A Komolgorov energy spectrum for steady-state turbulence versus wave number k
of the turbulent motions. If energy is injected at large scales (small k), presumably by an
instability, a self-similar region of intermediate k, labeled the inertial range, carries energy
down to small-enough scales for molecular viscosity to dissipate the energy.

to determine the magnitude and sign of WX - Even decades before a-disk
models were proposed, consideration of classic hydrodynamic instabilities led
some researchers to conclude that Keplerian disks must be turbulent (von
Weizsicker, 1948). In this section I review some classic ideas for sources of
turbulence. Although some controversy has continued to the present day, mod-
ern results generally show that many of the “obvious” sources of turbulence
probably do not work or, at least, may not provide the large positive values of
o implied by the observed timescale for disk evolution.

HYDRODYNAMIC PROCESSES. On small scales, where curvature can be
ignored, a Keplerian disk superficially resembles a planar shearing flow; i.e.,
dvy/dy # 0 in local Cartesian coordinates where y is analogous to @ and vy
to vg. A simple energy argument helps explain why a planar shearing flow
should be unstable. Consider an incompressible fluid with a linear shear, i.e.,
where v, (y) = vo +V/(y — yo) with v = constant. Now mix the fluid elements
while conserving linear momentum so that the new vy (y) = constant = vg
over y = yo £ €. The fractional change in specific kinetic energy of the flow
is —(1/3)(Av/vp)?, where Av = €V’ is the difference in velocity over a change
in y of €. In other words, there is “free” energy in the shear. If there is some
process maintaining the shear, then an instability could generate and sustain
turbulence that feeds on this energy. A finite molecular viscosity can stabilize
a shear flow, but only up to a certain point. Typically, in nature, v can keep a
shear flow laminar only for a Reynolds number = Re < Re,; = about a few
-102 to 10*, depending on the geometry of the flow, where Re = v'L?/v and
L is the size of the shearing region. Applying this to a Keplerian disk around
a1Mg star at 1 AU using v,,e, = 10° cm?/s, we get Re = 5-10'* >> 10*.
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But disks are in fact a rotating flow. Shear is then defined as nonuni-
form rotation, d$2/dw # 0. If we let q = dlogs2/dlogwr, a Keplerian disk
(eq.[12]) has g = —1.5. Let us reexamine our energy argument. If we conserve
angular rather than linear momentum as we exchange mass elements, then
kinetic energy is liberated if and only if g < —2; in other words, dj/dw =
d(@?2)/dw < 0. It can in fact be proved rigorously (see Tassoul, 1978) that
for axisymmetric perturbations in an inviscid fluid where the j for the fluid ele-
ments will be strictly conserved, the fluid is stable if and only if dj/de > 0, the
so-called Rayleigh criterion. The instability for dj/dw < 0 is linear and grows
on a dynamic timescale ~ t,,;. So, even at infinite Re, a Keplerian disk is lin-
early stable to axisymmetric perturbations, but what about nonaxisymmetric
instabilities and nonlinear perturbations?

Consider Taylor-Couette flow, the flow of an incompressible fluid between
two fixed cylindrical surfaces with radii @1 < @ forced to rotate at angular
speeds £21 and £2;, respectively. Laboratory experiments and analyses available
at the time «-disk models were proposed in the 1970s indicated that Taylor-
Couette flows that satisfy the Rayleigh stability criterion are in fact linearly
stable for all accessible Re, as illustrated using a historic diagram by Taylor
in Fig. 5.4. However, it was also known that nonlinear, nonaxisymmetric
perturbations could produce turbulence in flows with q marginally greater
than —2. These incursions of nonlinear instability into the Rayleigh stable
region are deeper as Re increases, leading some to argue that real Keplerian
disks must be unstable in this nonlinear sense (see Richard and Zahn, 1999).

There is at least one other nonlinear effect of possible interest for disk
transport, namely, the growth of large stable vortices. Vorticity is defined as

Rayleigh
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Fig. 5.4. Stability diagram for Taylor-Couette flow. The two axes represent the angular rotation
speeds of the outer (vertical) and inner (horizontal) cylinders normalized to the molecular
viscosity of the fluid. Effective Reynolds numbers increase away from the origin. The unstable
region is above the curve traced by dots and open circles. The Rayleigh criterion for axisym-
metric stability is the dashed curve. The approximate £2,/27 for Keplerian rotation is shown
by the arrow. Adapted from Brenner and Stone (2000), who based their figure on an original
by Taylor from 1923.



DISK HYDRODYNAMICS | 167

V x v. For a Keplerian disk, the vorticity of the mean flow is §2i,/2, and, for
uniform rotation, it is just £2i, where i, is the unit vector in the z-direction.
Baroclinic instabilities, as well as other instabilities associated with structures
in the disk, can produce localized vorticity perturbations. In shallow shearing
flows, like Jupiter’s atmosphere (Marcus, 1993), a large vortex, like the Great
Red Spot, can grow at the expense of smaller vortices. This phenomenon is
referred to as negative eddy viscosity because the effect of smaller vortices in
this case is to enhance rather than dissipate the energy in the large vortex.
An asymmetric vortex with correlated velocity fluctuations can produce a net
Reynolds stress.

THERMODYNAMIC PROCESSES. Many of these results carry over to compress-
ible fluids as long as motions are substantially subsonic and the fluid remains
isentropic, so that no net work is done or entropy generated when fluid ele-
ments are exchanged. Entropy gradients, however, add a new dimension. Let
s’ be the specific entropy gradient in the y-direction, and let g be the magnitude
of the gravitational field in the negative y-direction. If s’ > 0, the fluid has a
negative buoyancy that will stabilize a linear shear v when the Richardson
number

/

1
Ri = & > about -,
Cp(v')? 4

where Cp is the specific heat at constant pressure. Ri is a ratio that effectively

31

measures the relative importance of the energies associated with the negative
buoyancy and with the velocity shear. If we apply this naively to the radial
direction in a disk, |Ri| ~ 1072 for a typical radial temperature distribution
T (). Such a low Ri seems insufficient in itself to stabilize Keplerian shear.
Now consider a plane-parallel case where v/ = 0. When s < 0, positive
buoyancy of the fluid elements will cause a Rayleigh-Taylor instability that
overturns the fluid. Basically, because an upward-displaced fluid element has
lower entropy than its surroundings, it has lower density and experiences a net
upward gravitational force, like a hot-air balloon. The fluid stabilizes only if the
elements become rearranged so that ' > 0. If a thermal energy flux is being
driven through the fluid in the positive y-direction and if the temperature
gradient required for thermal conduction to carry this flux sustains s’ < 0,
then the instability leads to thermal convection, where the fluid turns over
continuously and the advective fluid motions carry part of the thermal flux.
To test whether a region in which there is thermal energy flux in the +y-
direction is convective or not, compute the s’ necessary for conduction to
carry all the flux. Call this s, ; because “conduction” in a real disk is due
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to radiation. Then the Schwarzschild criterion for the occurrence of thermal
convection is s’r wa < 0.S0 far, in this discussion, itis assumed that the stratified
fluid is in hydrostatic equilibrium in the y-direction. If the same arguments
about heat flow are applied instead to the vertical or z-direction, then there
will be turnover on scales comparable to H when the Schwarzschild criterion
for convective instability is satisfied in that direction. As shown in Lin and
Papaloizou (1980) and Ruden and Pollack (1991), this can indeed occur for
reasonable disk parameters in the absence of strong heating of the upper
disk surface by external irradiation. Irradiation, if strong enough, imposes a
positive s'_,. The convective motions introduce v, and 8vy fluctuations that
may become correlated to produce Reynolds stresses.

Another classic instability in a rotating fluid that may lead to angular
momentum transport in a disk is baroclinic instability. A baroclinic fluid is
one in which surfaces of constant entropy and surfaces of constant effec-
tive potential (gravity plus rotation) are not the same. The Hoiland criterion
states that an axisymmetric rotating fluid configuration will be unstable when
j decreases outward along a surface of constant s. This is basically just the
Rayleigh criterion applied along a constant-s surface. Baroclinic instabilities
cause r-modes to grow, and, in the Earth’s atmosphere, they generate large-
scale Rossby waves and contribute to the development of cyclonic storms (see
references in Petersen et al., 2007a, 2007b). Effects of heating and cooling will
almost inevitably make disks baroclinic to some degree.

3.2. Applications to Disks

HYDRODYNAMIC INSTABILITIES. The study of “purely” hydrodynamic effects
hasrequired highly refined techniques because itis difficult to achieve effective
values of Re much greater than 10° in either laboratory experiments or numeri-
cal codes. On the laboratory side, the most exquisite Taylor-Couette experiment
to date has been reported by Ji et al. (2006). A serious difficulty with classic
Taylor-Couette experiments for applications to disks is the rotation of the end
caps on the cylinder. Ji et al. approximate Keplerian shear by breaking the end
caps into radially inner and outer pieces that can be rotated independently of
the vertical cylindrical walls. They also directly measure Reynolds stresses in
so-called B-viscosity units where the effective v = BAvAw. Here Av is the
velocity difference between the cylindrical walls, and Aw is the radial gap
between the cylinders. They find that for Re ~ 10°, 8 < 10~ and is indistin-
guishable from zero. This is definitely at odds with Richard and Zahn (1999),
who argued from earlier Taylor-Couette experiments that 8 would be at least
on the order of 107°. Ji et al. assert that « in disk geometry should be similar
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in magnitude to the B of Taylor-Couette geometry. The critical Reynolds num-
ber Re,;; at which nonlinear nonaxisymmetric instabilities set in to produce
a nonzero effective o thus appears to be > 10° for Keplerian shear. Well-
accepted scaling arguments suggest that for Re >> Re;;, @ & 1/Re. So, even
if nonlinear instabilities cause Keplerian disks to become turbulent at very
high Re, the as are unlikely to be large enough to cause disk evolution at the
observed rate, which seems to require o ~ 1073 to 10~ 2.

Two numerical studies (Hawley et al., 1999; Lesur and Longaretti, 2005)
support these conclusions. In both cases, shearing box techniques are used
to simulate a local piece of a rotating flow in cylindrical coordinates. Only
a limited range in azimuth is modeled by assuming periodic boundary con-
ditions in ¢. The radially inner and outer boundary conditions at @ and
w) = w1+ Aw are also assumed to be periodic, but, to account for shear,
fluid quantities at ¢ for @ = w7 are setequal to those at ¢ + A2t for w = wy,
where A2 = Aw 2" and 2’ is the assumed rotational shear. Shearing boxes
can be constructed in both 2D (z-integrated) and 3D. Such simulations are
perforce local and generally will miss instabilities with radial scales > Aw.
Both Hawley et al. and Lesur and Longaretti use more than one hydrodynam-
ics code at several resolutions to increase confidence in their results. Hawley et
al. employ two grid-based codes, while Lesur and Longaretti include one code
based on spectral methods, i.e., where the numerical calculation is discretized
in wave number space, not real space. The Re for simulations in these articles
approaches 10°.

Hawley et al. vary the g of the shear and test nonlinear stability by impos-
ing nonlinear initial fluctuations. Near the Rayleigh stability limit, g = -2,
a rotating flow behaves like a linear shearing flow. To understand how this
can be, let us consider the epicyclic frequency «, the frequency at which a
fluid element perturbed from pure rotation will oscillate about its unperturbed
position in an elliptical epicycle because of Coriolis forces. In a Keplerian
flow, these oscillations are retrograde, i.e., opposite the sense of rotation of
the mean flow. As shown in many references (e.g., Binney and Tremaine,
1987), k% = dj?/r3dr = 2(2+ q)$22, and hence x = 0 for g = —2. Note also
that k2 < 0 when q < —2, which is just a manifestation of the instability that
sets in when the Rayleigh stability criterion is violated. In other words, for
g < —2, instead of oscillating, fluid elements deviate exponentially from their
equilibrium positions after a small perturbation.

For Re ~ 10°, Hawley et al. find that all linear perturbations damp for
g > —1.99, while initial velocity noise of a few percent amplitude grows for
g < —1.95 and damps for ¢ = —1.94. The first result confirms the expectation
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that the flow is linearly stable for g > —2, and the second suggests nonlin-
ear instability for g slightly greater than —2. Tests with the Keplerian value
g = —1.5 show damping of nonlinear perturbations for all codes and resolu-
tions. They conclude that Re;; for Keplerian shear, if it exists, is probably
>> 10°. Lesur and Longaretti verify the a &~ 1/Re,; scaling for accessible
values of Re,;; and then show that even the most optimistic extrapolation to
q = —1.5 yields « < 3-107°. A conservative interpretation of these numeri-
cal and laboratory experiments is that even if Keplerian shear is nonlinearly
unstable and produces turbulence, the resulting « is so low that the timescale
in eq. (15) will be much longer than the observed lifetimes of protoplanetary
disks. Simple shear flow instability does not seem viable as an evolutionary
mechanism for disks. Recent efforts to treat this problem analytically have
been inconclusive (Rincon et al., 2007).

An important exception has been known since the mid-1980s (Papaloizou
and Pringle, 1984, 1985; Goldreich et al., 1986). Define the corotation radius
(CR) @cr of a wave as the place where the wave’s azimuthal pattern speed $2pq
is the same as the local gas angular rotation rate 2. A global, purely hydrody-
namic instability is possible in an orbiting fluid flow when nonaxisymmetric
waves on opposite sides of their common @cg are able to communicate with
one another. The reason is succinctly described in Balbus (2003). On either
side of their common CR, waves have different signs of energy perturbation.
If communication by some global effect can move energy from the negative to
the positive energy wave, then the wave amplitudes will grow. Edges are one
way to introduce the needed communication by wave reflection. For the special
case of a narrow torus with a power law £2(r), cross talk between waves through
distortions of the edges of the torus leads to instability for g < —+/3 ~ —1.732.
Although this is an interesting phenomenon, the unstable g-values are consid-
erably more negative than for a Keplerian shear (¢ = —1.5). A related idea is
that inwardly propagating waves stimulated by forcing distortions at an outer
edge can carry negative angular momentum inward (Vishniac and Diamond,
1989).

CONVECTIVE INSTABILITIES. The current assessment regarding convection
as a source of useful Reynolds stress is even less encouraging than that for
hydrodynamic instabilities. Local simulations similar to those discussed above
(Cabot, 1996; Stone and Balbus, 1996) find that convective instability in the
z-direction results in small negative values of &« ~ —few - 107*to —1075; i.e.,
thermal convection in a rotating disk leads to very weak inward transport
of angular momentum, contrary to the modestly strong outward transport
required to sustain the mass inflow observed in real disks. Stone and Balbus



DISK HYDRODYNAMICS [/ 171

show that this conclusion is independent of shear; convection behaves the
same way in a uniformly rotating disk. Balbus (2000) explains this in terms
of the retrograde character of the perturbed epicyclic motions of fluid ele-
ments in disks with g > —2. If we imagine inner and outer perturbed fluid
elements interacting at @ near the ends of epicyclic excursions in an ener-
getically plausible way, i.e., where their total kinetic energy decreases because
of the interaction, then the angular momentum exchange must go in the
direction of equalizing the js of the fluid elements. The fluid that moves back
inward will have a higher j than it did before. Balbus argument breaks down
when the perturbations are so strong that the epicyclic approximation becomes
invalid or when wave transport becomes important. With negative Reynolds
stress, transport of mass by convective turbulence cannot sustain itself through
release of heat, because net release of heat by turbulent dissipation requires
outward angular momentum transport. So, in the absence of strong irradia-
tion, convection can be sustained by a dissipative release of heat in the disk
interior due to other mechanisms (as in Klahr et al., 1999), but it cannot, by
itself, produce self-consistent e-disk behavior.

BAROCLINIC INSTABILITIES, VORTICES, AND FINITE STRUCTURES. If large-
scale vortices can grow by negative eddy viscosity in shallow shearing flows
(§ 3.1), one might expect them to occur in thin, nearly Keplerian disks. In
2D simulations (e.g., the shearing-box computations of Johnson and Gam-
mie, 2005), when nearly Keplerian disks are perturbed initially by introducing
small-scale, random vorticity fluctuations V x év, large and long-lived vortices
organize themselves within a few to 10s t,o;. The vortices tend to be elongated,
with the long axis oriented along the azimuthal (¢) direction. All of them are
retrograde (anticyclonic) and grow through merger of the small negative vor-
ticity perturbations initially imposed. Although, in principle, the vorticity of a
fluid element is conserved in the absence of entropy variations or dissipation
(see chapter 3 of Tassoul, 1978), the initially prograde, cyclonic vorticity pertur-
bations become sheared out rapidly in physical space and lose their coherence.
Anticyclones are preferred in Keplerian disks because the epicyclic motions of
perturbed fluid elements are also retrograde, so that a collective macroscopic
nonlinear structure can be readily constructed from nonlinear oscillations of
fluid elements. Another equivalent but perhaps simpler way to understand
this is to note that a retrograde vortex “rolls” with the shear, while a prograde
vortex rolls counter to the shear (Adams and Watkins, 1995).

Anticyclones in Keplerian disks are analogs of high-pressure systems in
the Earth’s atmosphere. Compared with the ambient flow, negative vorticity
causes fluid elements to move around the star somewhat more slowly than
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the mean flow in the radially outer part of the vortex and somewhat more
rapidly in the radially inner part. As a result, a perturbed pressure gradient
in the vortex, with a maximum at the center, is necessary to maintain the
overall steady-state equilibrium of the flow. The central pressure maximum
has interesting consequences for planetesimal formation (see § 5.4).

Large-scale vortices may actually form in disks as the result of r-modes pro-
duced by baroclinic instabilities or through instabilities generated by narrow
axisymmetric structures in an equilibrium disk, such as edges (Papaloizou
and Pringle, 1985), vortensity extrema (Papaloizou and Lin, 1989), and other
local extrema in physical properties (Lovelace et al., 1999; Li et al., 2000, 2001).
Here vortensity is the ratio of the disk vorticity to surface density. Lovelace et al.
(1999) eftectively combine a number of these instabilities in 2D into the occur-
rence of a radial extremum in a single disk variable £(w) = (22 /k?)s*/72.
Through the incorporation of s, extrema in £ effectively include some baro-
clinic instabilities. Linear analyses and 2D hydrodynamics simulations by Li
et al. illustrate growth of r-modes due to narrow jumps and bumps in X (@)
and P(w) for equilibrium disks. Large-scale and long-lived anticyclonic vor-
tices are the nonlinear outcome. This is sometimes referred to as Rossby wave
instability (RWI). Fig. 5.5 illustrates an unstable r-mode and the resultant
nonlinear vortices that can occur.

The problem with instabilities that result from extrema as a path to an
effective « is that they require significant preexisting radial nonuniformity in
adisk (for examples of ways to produce such structures, see Durisen etal., 2005;

Fig. 5.5. Vortex formation due to narrow radial structure. Both these disks have bumps in their
otherwise smooth radial entropy distributions at radii near @ = 1. The left panel, from Li et al.
(2000), shows the linearly unstable r-mode that results from the bump. The gray scale in this
plot represents the surface-density perturbation, with black being maximum. The right panel
from Li et al. (2001), is the nonlinear development of such an unstable mode. The units in
these plots are arbitrary. The pressure gray scale on the right goes with the right plot. The
velocity vectors show perturbed velocities relative to the mean flow. Notice that the vortices
are anticyclonic and have a pressure maximum at their centers.
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Kretke and Lin, 2007; Lyra et al., 2008, 2009). Whether baroclinic instabilities
due to more gradual, smooth entropy gradients in disks can produce vortices
remains somewhat controversial, with different studies producing results that
seem discrepant. For example, a 3D hydrodynamics simulation by Klahr and
Bodenheimer (2003) of a disk with radiative cooling shows production of a
very large-scale vortex, while Keplerian disks with radial entropy gradients are
found to be stable regardless of the value of Ri (see eq. [31]) in 2D shearing-box
simulations by Johnson and Gammie (2006). Perhaps the best work on this
topicat the time of writing is the study by Petersen etal. (2007a,b), who consider
baroclinic instabilities in 2D simulations that include cooling and thermal con-
ductivity in a vertically integrated approximation. To allow integration over
hundreds of orbit periods, these authors use an anelastic approximation. In
effect, compressibility is ignored except insofar as it affects the buoyancy of
fluid elements. This preserves the essential physics of the baroclinic instabil-
ities without requiring that a code resolve and follow sound waves. For X ~
@ ~3/2, large-scale vortices are readily produced and sustained in simulations
where the radial temperature gradient is steeper than T(z) ~ @ /2 and the
cooling time t,, is < about 10 t,o;. All else being equal, higher Re and higher
thermal conductivity are both conducive to sustaining the baroclinic condi-

tions that produce vortices. For the ¥ (=) chosen, T ~ & ~1/2

corresponds to
Ri = 0. So the simulations suggest that fast-cooling disks with negative values
of Riare susceptible to sustained baroclinic instabilities and vortex production.

Vortices are of interest for angular momentum transport because nonlinear
effects, such as shock waves at the leading and trailing edges of a vortex, can
cause their elongated shapes to be asymmetrical and not exactly aligned along
the ¢-direction, as in the right panel of Fig. 5.5. The correlated 8v,; and vy
in the distorted vortical flow may then lead to net radial transfer of angular
momentum. Although the transport is due to a macroscopic structure, not
turbulence, this still results in a net Reynolds stress with an associated effective
o (Petersen et al., 2007b). Li et al. (2001) report effective as for their vortices of
~ 10~* to 102 for some choices of parameters, while Petersen et al. find the
Reynolds stresses to be highly time variable, with average values of uncertain
magnitude and sign. This is perhaps not surprising because the anelastic
approximation would interfere with shock formation.

Most of the work on vortices discussed so far has been 2D, but, as with
other aspects of disk physics (e.g., §§ 2.1 and 4.3), the behavior of vortices
can be strongly influenced by the 3D structure of a stratified disk, even if it
is geometrically thin. As pointed out by Barranco and Marcus (2005), there
is a fundamental difference between a 2D and a 3D picture. In 2D, vorticity
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Fig. 5.6. Anatomy of a 3D vortex with symmetry about the midplane. The left panel illustrates
lines of constant vorticity, which must be divergence free. A vortex that is anticyclonic in its
center must have a cyclonic halo. The right panel shows the perturbed forces about the axisym-
metric disk equilibrium necessary to sustain the vortex. Adapted from figures in Barranco and
Marcus (2005).

perturbations are quantized to be either positive or negative. In 3D, vorticity in
an inviscid flow is divergence free, like a magnetic field (see chapter 3 of Tas-
soul, 1978), and lines of constant vorticity are closed loops. Any 3D vortex with
a retrograde core necessarily has an outer prograde halo. Fig. 5.6 illustrates
the structure of a 3D vortex centered on the midplane with an anticyclonic
core. The center of the vortex has to have an excess pressure, as indicated by
the “H” for “high pressure,” to counteract the Coriolis force. When Barranco
and Marcus simulate thin, vertically stratified disks, midplane vortices are not
long lived but disappear within a few rotation periods, to be replaced by weaker
vortices that are centered several scale heights above the midplane.

Obviously, the occurrence and nature of baroclinic instabilities and large-
scale vortices in real disks deserve a great deal of further study, and it is
difficult at the present time to assess whether and how they may contribute to
angular momentum transport. The 2D results of Petersen et al. underscore
the complexity of the problem, because the thermal physics is also critically
important. Simulations with radiative transport and high intrinsic Re followed
over many orbits in full 3D seem required.

3.3. The Two Big Instabilities

TAPPING THE ENERGY IN KEPLERIAN SHEAR. Nature tends to increase the
entropy in a system by turning reservoirs of ordered energy into heat. A Kep-
lerian shear (9 = —1.5) is sustained in a disk by the gravitational field of the
central star. The hydrodynamic and convective instabilities we have consid-
ered so far involve only local fluid stresses that are unable to tap the “free”
energy in the shear because noncontiguous fluid elements do not act on each
other directly as they shear apart. In these cases, angular momentum is not
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Fig. 5.7. Coupling of fluid elements in a shearing flow. The arrows indicate the outwardly
decreasing €2 with the star toward the bottom. The three panels are sequential from left
to right. The circles are two fluid elements that interact because of some perturbing force
represented by the spring. As the shear causes the fluid elements to separate in ¢, the tension
in the spring produces a negative torque on the inner fluid element and a positive torque on
the outer fluid element. As a result, the fluid elements drift even farther apart radially, which
accentuates the effects of the shear. Adapted from Gammie and Johnson (2005).

transported by the linear instabilities themselves but only by the turbulence
or by large-scale structures, like vortices, that result from nonlinear develop-
ment of the instabilities. Conservation of angular momentum constrains the
effect of the linear instability. On the other hand, if there is a physical force
that links two fluid elements together like a rubber band or spring along the
line between them as they move apart with the shearing flow (see Fig. 5.7),
then the angular momenta of the fluid elements are no longer conserved. The
energy in the flow can then be tapped directly, and the linear instability itself
can feed on the energy released.

Consider, as we have before, two unit-mass fluid elements at radii @ and
@, with @) > w7 in a purely Keplerian disk (eq. [12]). The total energy per
gram of the two fluid elements is then

12 5 11
32 E=- (2 + 2 )-om(—=—+—).

2\ @2 w2 T W
Exchange a small amount of angular momentum §j from 1 to 2 and move the
fluid elements to the new radii corresponding to their altered values of j. Then

(see Hartmann, 2009; pp. 130-131), the change in the total mechanical energy
AE of the fluid elements is

e 3/2
33 AE:—% [(m> —1]
w? w1

Energy is released when angular momentum is moved outward (§j > 0). In
addition to being the source of heat in a steady-state accretion disk (§ 2.1), this
energy can spur the further growth of an instability and sustain turbulence
and large-scale disturbances in the disk.
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GRAVITATIONAL AND MAGNETOROTATIONAL INSTABILITIES. There are two
known mechanisms that can act to exchange angular momentum outward
between fluid elements shearing apart in a Keplerian flow: a magnetic-field
line threading both elements and the gravitational interaction between the
elements. The so-called magnetorotational instability (MRI) occurs in a gas
disk with g < 0 and a weak magnetic field if the gas is a sufficiently good
conductor. The MRI is described in detail in the chapter by Balbus. The focus
of the remainder of this chapter is gas-phase gravitational instabilities (GIs),
which become effective when disk self-gravity is important and couples fluid
elements through long-range gravitational interactions. Both MRIs and GlIs
have been demonstrated to occur in disks, and both have the potential to pro-
duce interesting values of effective ¢, although the situation with MRIs has
proved to be somewhat more complicated than originally expected (see, e.g.,
Fromang et al., 2007).

4. Gravitational Instabilities: Idealized Conditions

4.1. Basics

LINEAR REGIME: GENERAL. Consider a razor-thin disk, i.e., one that is geo-
metrically very thin and where hydrostatic equilibrium (eq. [11]) is assumed in
the vertical direction so that the disk can be described by vertically integrated
quantities. One can then study the stability of the disk by linearizing the hydro-
dynamic equations (egs. [1] and [2]) plus Poisson’s equation (eq. [4]) about the
zero-order equilibrium described by eq. (10). Assume that the equation of
state has the form P ~ X¥2 with corresponding 2D adiabatic sound speed
¢s = o/¥2P/X. Restrict the analysis to a local region and to perturbations in
physical variable f of the form

34 5f :ﬁei(mqb—wt-kkw)y

where k is the radial wave number. Because fi can be complex, which intro-
duces a w-dependent phase shift in ¢, such perturbations can represent
coherent m-armed spiral waves propagating in the ¢-direction with pattern
speed 2,4 = w/m and pattern period Py = 271/82p4. The frequency  rep-
resents the frequency of oscillation of the fluid elements in the wave, and £2,;
is the angular speed with which the entire pattern rotates about the disk in an
inertial frame.

For spiral waves in a disk, there are usually three radii where the motions
associated with the disturbance resonate with fluid motions. One is the corota-
tion radius @cr defined by £2 = £2,4;, where fluid elements in the zero-order
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flow comove with the pattern. The others are the inner and outer Lindblad
resonances, defined by the plus and minus signs, respectively, in

35 2 = 2pat /M.

At the Lindblad resonances, freely oscillating fluid elements execute exactly
one epicyclic motion between the arrival of spiral arms, and so free oscilla-
tions of the fluid resonate with the oscillations associated with the wave. In
the linear regime, this leads to divergence in the amplitude of a spiral wave
with pattern period £2,;. As a result, the Lindblad resonances represent places
where interactions between the disk and the wave can significantly alter the
angular momentum of the fluid (see Goldreich and Tremaine, 1979). No Lind-
blad resonances exist for m = 0, and they also do not exist for m = 1in astrictly
Keplerian disk where k = £2. Generally, for m > 2, the existence of Lindblad
resonances depends in detail on £2 (') and on the radial extent of a disk, and
they always exist in nearly Keplerian disks if wcr is far from any disk boundary.

As derived, for example, in Toomre (1981) and in chapter 6 of Binney and
Tremaine (1987), a Wentzel-Kramers-Brillouin (WKB) approximation applied
to the linearized equations yields the following dispersion relation for the
waves represented by eq. (34):

36 (M2 — w)? = k? =21 GX|k| + ket

LINEAR REGIME: AXISYMMETRIC WAVES. Analysis of the dispersion rela-
tion (36) for the special case of axisymmetric or ringlike perturbations (m = 0)
is instructive (Toomre, 1964). The left-hand side becomes simply w?. When
w? > 0, the perturbations are stable axisymmetric waves, but when ®* <0,
the waves are unstable and grow exponentially. The first term on the right-
hand-side represents epicyclic oscillations of perturbed fluid elements and is
due mostly to orbit motion in the central potential of the star. Because it is
positive, it is a stabilizing term independent of k and so is most effective rel-
ative to the other two terms on the right-hand side as k — 0. Another way of
saying the same thing is that the rotation of the disk stabilizes long-wavelength
waves. The last term on the right-hand side, which represents sound waves, is
also positive and dominates as k — oo. In other words, short-wavelength dis-
turbances are stabilized by gas pressure. The middle term on the right-hand
side is due to the self-gravity of the disk itself and has a purely destabiliz-
ing influence. Because it is linear in k, it is clear, qualitatively, that it will be
most effective relative to the other two terms at intermediate wave numbers
provided 27 G X' is large enough.
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If we replace k by 27 /A in eq. (36), where A is the radial wavelength, and
set m = 0, then one can show that the unstable intermediate wavelengths fall
in the range bounded by

2TiGY

37 e =" [1+(1-0)Y2.

Here Q is the Toomre stability parameter defined by

Csk tﬁf,zz 2g,(star)

38 = ,
Q TGXY tobrot gz(self)

where tg . is the timescale for gravitational collapse in the z-direction for
a plane-parallel sheet with surface density X, g,(star) = GM;H /w3 is the
vertical component of gravity due to the starat z = H, and g, (self) = 27 G X' is
the z-component of gravity due to the gas disk itself at its surface. Notice in (37)
that instability occurs when Q < 1, i.e., when a disk is sufficiently cool (low c;)
or massive (high X') or, equivalently, when the disk z-collapse time due to self-
gravity is less than the harmonic mean of the timescales associated with the
stabilizing pressure and rotation. Q < 1 is usually referred to as the Toomre
criterion for the instability of ring modes in disks. Notice that for Q < 2, disk
self-gravity dominates, and so, as one might expect, disk self-gravity leads to
axisymmetric instability once it exceeds the gravity of the central star in the
z-direction by a sufficient amount.

The most unstable m = 0 mode, i.e., the one that grows first as Q drops
across the stability boundary at Q = 1, is

21?GY _ 2nH

K2 Q
the A in the middle of the range given in (37). For fixed « and X, the fastest-
growing mode at a given value of Q is

39 Amost =

’

40 Ar = Q% Amost
and has growth rate
" K(1/Q* =12 ~ 2.

The upshot of all this analysis can be summarized as follows: for a disk that
is sufficiently cool (low ¢;) and/or massive (high X), as determined by Q < 1,
gravitational instabilities with characteristic wavelengths of order A5 Will
grow exponentially on a dynamic timescale from small amplitude noise.

LINEAR REGIME: NONAXISYMMETRIC WAVES. Unfortunately, the local anal-
ysis leading to eq. (36) does not offer a great deal of insight into the occurrence
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Time increases to the left

Trailing Leading
Disturbance Disturbance

Fig. 5.8. The parallelograms represent a leading density disturbance that is being sheared from
leading to trailing by the differential rotation of the disk near corotation (CR) at five different
times increasing to the left. The ellipse in the central image shows the direction of epicyclic
motion of the fluid. The arrow indicates the radial outward direction. Adapted from Figure
6-18 in Binney and Tremaine (1987).

of instabilities with m # 0. A large body of 2D and 3D numerical simula-
tions, including those referenced in this chapter and dating back at least
to Papaloizou and Savonije (1991), has shown that nonaxisymmetric spiral
waves become unstable for Q < about 1.5 to 1.7. The instability is again linear
and dynamic, which means that small perturbations grow exponentially on a
timescale ~ t,,; (e.g., Laughlin et al., 1998; A. F. Nelson et al., 1998; Pickett
et al., 1998). The precise Q-limit for instability depends on the structure of
the disk. Simulations show that the growing multiarmed spirals have a pre-
dominantly trailing pattern. If a disk cools (decreasing the 2D or 3D ¢;) and/or
increases its mass (increasing X) from stable to unstable conditions (lower
Q), then the nonaxisymmetric GIs will occur first. Being dynamic, the Gls
will dominate further evolution unless the cooling or accretion of mass occurs
on an even shorter timescale.

As confirmed by simulations (Durisen et al., 2008; Cossins et al., 2009), the
most unstable m-armed spiral has a radial wave number well characterized by
k = 2mwbm /A post, where b is a factor of order unity. As shown in Binney and
Tremaine (1987), the pitch angle i of the spiral, i.e., the angle between the
azimuthal direction and a tangent to the spiral arm, is given by
_ bQw
N =

. ko
42 coti = |—
m

For typical disk parameters, the unstable spiral modes in the linear regime are
expected to be moderately tight, i & 5° t0 20°, and this seems to apply as well to
the nonlinear regime even in strong bursts of GIs (Boley and Durisen, 2008).

The mechanism for instability is most likely swing amplification. As shown
in Fig. 5.8, consider a disturbance near its own CR and suppose that it has
a leading spiral character. Differential rotation will shear out the disturbance
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from leading to trailing. In a nearly Keplerian disk, where « = 2, the fluid
elements in the shearing disturbance, following retrograde epicyclic motions,
will move with the disturbance as it shears. If self-gravity in the disk is strong
enough, gravity has time to collapse the disturbance on itself while it shears.
This will cause a strong pulse of amplification provided

Tw

43 X = < about 3,
MAmost
or
44 m > about 5 L(B g
H/w )\ 15

(see Binney and Tremaine, 1987). If X is too large, the wave moves away from
the region of effective amplification before it can amplify. Eq. (43) suggests
that strong growth is favored when modes are global (large Anost), and eq. (44)
suggests that for thin disks, the initially growing modes of low order are likely
to have four or five arms, as seen in many simulations (e.g., Mejia et al., 2005;
Durisen et al., 2008). Thicker disks are likely to be dominated by modes with
smaller numbers of arms (see, e.g., Lodato and Rice, 2005).

In gas disk simulations where nonaxisymmetric GIs occur and where X
has been measured, X is typically ~ few or less over some region of the disk
(e.g., Pickettetal., 1998; Mayer et al., 2004), and in cases where pattern periods
and wave amplitudes have been measured, the dominant growing spiral waves
usually straddle their CR with power in the wave concentrated between the
Lindblad resonances (e.g., Mejia et al., 2005; Boley et al., 2006, 2007a; Cossins
et al., 2009). These behaviors are consistent with swing amplification. Typi-
cally, when Q < 1.5, the instability results in simultaneous growth of multiple
spiral waves with different ms (e.g., A. F. Nelson etal., 1998; Pickettetal., 1998).
Sustained growth through swing is usually attributed to a feedback mechanism
that returns leading spiral waves to the CR in phase with the growing wave, but
the feedback loop in 3D gas disk simulations has not been rigorously traced.

Another mechanism for growth of spiral waves in a self-gravitating disk is
SLING (stimulation by the long-range interaction of Newtonian gravity; Adams
et al., 1989; Shu et al., 1990), where spiral disturbances that displace the star
from the center of mass (COM) of the star/disk system grow through a feed-
back loop involving reflections from the distorted edge of the disk. One-armed
spirals (m = 1) are especially susceptible to SLING because their propaga-
tion through the disk is not hindered by Lindblad resonances in a Keplerian
disk. A similar phenomenon has been seen in simulations of rapidly rotating
polytropic stars, where a one-armed spiral in the Keplerian equatorial regions
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can slosh to the opposite side of the COM from the more slowly rotating core
(Pickett et al., 1997). The growth rate for SLING is dynamic, but because it
involves reflection from the outer boundary, the e-folding time is typically a
few times tyo for the outer disk edge. In an extended disk, this is much longer
than the growth times of m > 1 waves by swing, which are ~ t,,; for their
CRs. Also, Shu et al. estimate that SLING instability requires M/ M; > about
1/3. Such large disk masses may occur during the early embedded phase of
disk accretion, but even then, if Q < 1.5, multiarmed GIs should still grow
by swing much more quickly than by SLING. To date, although one-armed
spirals do appear in some simulations (e.g., Laughlin and Rozyczka, 1996),
sustained SLING amplification does not appear to play an important role in
disk simulations.

NONLINEAR REGIME. Once Gls initiate, there are several key questions about
their nonlinear outcome: What mechanisms can limit the nonlinear growth?
What happens to a disk when limiting mechanisms fail and under what con-
ditions do they fail? Three processes turn out to be critical to the nonlinear
dynamics: thermal physics, mode coupling, and fragmentation. This subsec-
tion introduces these basic ideas as a prelude to the extended discussions of
§§ 4.2 and 4.4.

Thermal Physics. A suggestion made by several authors (e.g., Paczynski, 1978;
Lin and Pringle, 1987) and foreshadowed with remarkable prescience by Gol-
dreich and Lynden-Bell (1965) is that the amplitude of GIs will self-limit at a
point where heating by the instability is balanced by radiative cooling. Heating
of the gas due to GIs occurs for several reasons. The gravitational torques in
the trailing spirals induce outward transport of angular momentum, and this
releases gravitational energy because of net inward transport of mass into the
central potential well, as discussed in § 3.3. Larson (1984) and Boss (1984)
were among the first to propose that GI torques may operate in this way as a
transport mechanism for young stellar disks. How this works is easy to discern
(e.g., Durisen et al., 1986) for the polytropic equilibrium states that resemble
rapidly rotating stars (see § 2.1), because these objects produce a single, well-
defined, global spiral mode when they become dynamically unstable. Fluid
elements outside the CR of the wave gain angular momentum and expand
outward, while those inside the CR lose angular momentum and contract.
Detailed analysis of disk simulations demonstrates that this special role of CR
generalizes to the dominant spiral modes in Gl-active disks (e.g., Mejia et al.,
2005; Boley et al., 2006, 2007a).
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Another source of gas heating occurs as the spiral waves steepen into shocks
at nonlinear amplitudes. As discussed in § 4.3, the Mach number M is the
ratio, measured in the shock frame, of the normal component of the gas
velocity |u1| to the sound speed. For spiral waves with pitch angle i propagating

azimuthally with pattern speed £2,4,
sin i

45 M%w|.§2—9pat| c
S

These shocks produce entropy generation in relatively thin shock fronts. Ulti-
mately, thislocalized heating also comes from tapping the energy in the central
potential through net inward transport, although some additional energy
comes from compression of the gas into the thin, partially self-gravitating
structures. Eq. (45) is only approximate because it assumes that the gas is flow-
ing along the ¢-direction as it enters the shocks. In the nonlinear regime for a
well-established wave, the preshock streamlines are not purely azimuthal.
Notice that the strength of the shock depends on location relative to the CR of
the wave.

Heating by GIs tends to increase ¢; and hence Q. If the disk heats indefi-
nitely, the instability will shut off once Q becomes too large, butif the disk cools
radiatively, heating and cooling can reach a balance at nonlinear wave ampli-
tude. The result can be sustained GI activity at a relatively constant but unstable
value of Q (Pringle, 1981). Although their simulations were rather primitive by
contemporary standards, Tomley et al. (1991, 1994) first convincingly demon-
strated that thermal physics can control GI amplitudes by a balance of heating
and cooling, and, as described below, this has been confirmed by many subse-
quent studies (e.g., Pickett et al., 1998, 2000, 2003; Gammie, 2001; Boss, 2002a;
Rice et al., 2003; Mejia et al., 2005; Boley et al., 2006, 2007a; Stamatellos and
Whitworth, 2008; Cossins et al., 2009).

Mode Coupling. Using second- and third-order governing equations, which are
basically just high-order members of the equation sets obtained by expanding
in small perturbations about the disk equilibrium state, Laughlin et al. (1997,
1998) showed that two-armed GI spiral waves in disks spawn structures with
different numbers of arms when they become nonlinear. This is easy to see
from the elementary trigonometric identity cos? 2¢ = (1 — cos 4¢)/2. In the
second-order equations, cos 2¢ terms will multiply each other and hence pro-
duce driving terms for m = 0 and m = 4 disturbances. The m = 0 terms
correspond to reorganization of the basic axisymmetric structure through
transport by torques, while the m = 4 terms represent the development of
power in four-armed structures as the two-armed mode becomes nonlinear.
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At first, m = 4 is not in itself a distinct mode but a harmonic of the m = 2
mode that grows in phase with it (Imamura et al. 2000). Nevertheless, inde-
pendent m = 4 modes can be forced or stimulated by this driving term, and
independent unstable modes may be triggered. Similarly, Laughlin and Kor-
chagin (1996) showed that the nonlinear interaction of independent m = 2
and m = 3 modes can give rise to an m = 1 wave.

In fully nonlinear hydrodynamic simulations of low-Q disks, multiple
modes can become unstable initially in the linear regime (e.g., A. F. Nelson
et al., 1998; Pickett et al., 1998), and even if the initial growth is dominated
by one mode, numerous modes usually appear in the nonlinear regime. The
result is that if a disk achieves a quasi-steady balance of heating and cool-
ing, what has been called the asymptotic state, then there tends to be power
at all m-values resolved by a given numerical method (e.g., Mejia et al., 2005;
Boley et al., 2006). Gammie (2001) refers to this state as gravitoturbulence,
but it is still unclear what relationship it may have to traditional notions of
turbulence. Despite mode coupling, the asymptotic amplitude of GIs and
the resultant torques and net quasi-steady mass transport increase as the
cooling time t,, decreases (e.g., Mejia et al., 2005; Cai et al., 2006, 2008).
Mode coupling makes the asymptotic state complicated, but it is thermal
physics that determines the limiting nonlinear amplitude. Although mode
coupling is an important phenomenon that deserves further study, it does not
seem to play a primary controlling role and is not further elaborated in this
chapter.

Fragmentation. When the stresses induced by GIs become too large, or, equiv-
alently, when t,, becomes short enough (Gammie, 2001; Rice et al., 2003,
2005), the spiral arms become extremely thin and fragment gravitationally
into dense self-gravitating clumps, which may be either transient or perma-
nent. This behavior is alluded to in Tomley et al. (1991), but, as shown in
Plate 7, was first convincingly demonstrated by Boss (2000) and by Mayer et al.
(2002) for isothermal disks, where t.,,; effectively — 0. It is the phenomenon
of fragmentation that led to the revival by Boss (1997) of the disk instability
(DI) theory for gas-giant planet formation (see § 5.2). The conditions under
which fragmentation may occur in real disks are a topic of ongoing debate.
There are two aspects to this problem, numerical and physical; when is frag-
mentation induced or suppressed by purely numerical effects (see Nelson,
2006; Durisen et al., 2007; for recent discussions), and under what conditions
does fragmentation really occur as a physical process in disks? An in-depth
discussion of numerical issues is beyond the scope of this chapter, and I
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here emphasize fragmentation results that are thought to be independent of
numerics.

ISSUES. Among the key questions about GIs in disks are the following:

* When and where do we expect GIs to occur in protoplanetary disks?
» How do GIs affect the structure of the disk?
» What controls their behavior in the nonlinear regime, particularly steady
mass transport versus fragmentation?
What can we learn from simple treatments of the equation of state
(EOS)?
What can we learn from simple cooling laws?
» What happens when GIs occur in disks with realistic treatments of
radiative cooling?
* What, if anything, do GIs have to do with planet formation and other
disk phenomena?

The sections and subsections that follow discuss what is currently known
about these issues. Although there is growing consensus about generic con-
ditions for mass transport and fragmentation due to Gls, applications to real
disks and to planet formation remain controversial.

4.2. Occurrence of Gls

Examination of eq. (38) in terms of typical parameters provides insight into
when GIs might occur in protoplanetary disks. I will assume that we can
replace ¢, by co when required without loss of accuracy. For a Keplerian disk,
where k = 2 = Qg, instability of nonaxisymmetric modes is expected when

o (H/@\ (5AUN? (M (3-10° gcm™?
«esen(G5) (57) () ()

Notice that 7 ¥w? ~ My, and so Gls will occur under two conditions: if

M,/ M; is large or if the disk is cold and thin in a region of significant surface-
density enhancement. Rewriting Q reveals a third interesting possibility. If
we again set k = 2 = Qk,

T1/2

T 0 (p3-2r))2
w
w32 ’

47 Q~
where we have assumed T ~ w? and ¥ ~ w'. Eq. (47) tells us that any disk
with p — 3 — 2r < 0 extending to large-enough radii will have GIs in the outer
disk. We now examine each of the three cases in more detail.
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LARGE DISK MAss. A Hayashi et al. (1985) minimum-mass solar nebula
(MMSN) has a total My of about 0.01 Mg, which is typical of what is cited
for T Tauri stars (see the chapter by Calvet and D’Alessio). The surface den-
sity of 3-10% g cm™2 at 5 AU used in eq. (46) is about 20 times that of the
Hayashi et al. MMSN but is only about twice as large as the more recently
proposed compact nice MMSN (Desch, 2007). So, for @ < a few 10s of AUs, a
protoplanetary disk is unlikely to be globally unstable to GIs unless M;/M; >
about 0.1 Mg, a disk mass at the upper bound of T Tauri values. Many recent
numerical studies of GIs in protoplanetary disks have concentrated on cases
where M;/M; ~ 0.1 because these would seem to be the highest relative disk
masses one might expect in disks that are forming planets. On the other hand,
disksin embedded (Class 1) systems, which are still in the early cloud-accretion
phase, can have masses comparable to those of their central stars (e.g., Osorio
et al., 2003). This makes sense because early accretion rates from the collaps-
ing interstellar cloud are likely to be high. As discussed in § 2.2, if t;,, < te,
then mass accretes into the disk faster than «-viscosity can transfer it onto the
star. The steady increase of X' should inevitably lead to GIs. Plugging @ =5
AU into eq. (15) gives about 10° yr, and so GIs should occur at these radii for
typical parameters if M > about 10~> Mg yr—'.

Laughlin and Bodenheimer (1994) were the first to demonstrate, using
2D and 3D simulations, that GIs would occur in a circumstellar disk around a
young solar-type star for the particular case of a collapsing singular isothermal
cloud. With M ~ few -10~* M, yr~! in their simulations, GIs erupt almost as
soon as the disk forms, as shown in Fig. 5.9. Because these authors assumed
isothermal disk behavior in the GI-active region (see {§ 4.4 and the discussion
near eq. [69]), the GIs in their disks become extremely strong and transport
mass on a dynamic timescale. This work was extended to massive star forma-
tion by Yorke and Bodenheimer (1999). A somewhat more realistic treatment
by Rice and Armitage (2009), which accounts for the effect of radiative cooling
on the strength of GIs, also leads to a scenario where GIs can dominate disk
evolution. Assuming instead a magnetically dominated cloud-collapse model,
Vorobyov and Basu (2006, 2008) nevertheless confirm early onset of GIs and
suggest that GIs may control the entire accretion history of the disk. Simula-
tions show that disks with masses comparable to those of their central stars can
be Gl unstable and that gravitational instability of global modes results both for
low- and high-mass central stars (e.g., Lodato and Rice, 2005; Krumholz et al.,
2007a; Stamatellos and Whitworth, 2009). Recently, Cai et al. (2008) simulated
a massive circumstellar disk based closely on the disk parameters deduced
observationally by Osorio et al. (2003) for the disks in the Class 1 L1551 IRS5
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Fig. 5.9. Surface overdensity gray scales illustrate the eruption and maintenance of global Gls
in a disk accreting from a rotating singular isothermal sphere. The time markers are in units of
477 years, and the outer radius of the disk is 230 AU. This is a low-resolution (25,000 particles)
3D SPH simulation. Adapted from Laughlin and Bodenheimer (1994).

multiple system. Even with strong irradiation from the surrounding infalling
envelope, the disk is dynamically unstable to a global two-armed mode.

Despite these simulation results, it is important to remember that the initial
conditions for star formation are still far from being well understood. They
probably depend on the star-formation environment and vary considerably
from case to case. With different but plausible assumptions, it is possible to
imagine disk formation where, even in the earliest phases, t;, is always and
everywhere > t,, (Dullemond et al., 2006).

DEAD zONES. The MRI can occur in disks only where the gas is ionized
enough to couple to a weak magnetic field (see the chapter by Balbus). Ther-
mal ionization of gas-phase alkali metals occurs in LTE for T > about 1,000
K. When dust is included, however, recombination on the dust grains is very
efficient, so thermal ionization may not actually occur until T exceeds the
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temperature at which all the dust is completely sublimated, or about 1,700
K (Desch, 1999; Sano et al., 2000). Temperatures this high occur only in the
innermost regions of disks (< few - 0.1 AU) and in very low-density irradiated
regions high in the disk atmosphere (see the chapter by Calvet and D’Alessio).
Elsewhere, disk gas must be ionized by other means, such as ultraviolet (UV)
rays, X-rays, or energetic particles due to activity of the central star, cosmic
rays, or nearby stars. It typically takes a column density of about 100 g cm ™2
to attenuate these sources of ionizing radiation (see the chapters by Clarke
and by Calvet and D’Alessio). Column densities in the disk from a few tenths
out to about 10 AU may be high enough that the bulk of the gas disk mass is
not ionized. For these radii, the MRI can occur only in layers with a surface
density of about 100 g cm~2 at the top and bottom surfaces of the disk. Gam-
mie (1996) suggested that this results in layered accretion with mass transport
concentrated in the ionized layers, and he referred to the region between the
ionized layers as the dead zone. A key issue (see the chapters by Balbus and by
Konigl and Salmeron) is how much turbulence the ionized layers can induce
in the neutral layers. Even if turbulent MHD torques and hence mass accretion
are not entirely quenched in the dead zone (e.g., Oishi et al., 2007), leading
to what has been dubbed an undead zone, they may be considerably reduced,
resulting in both inefficient heating and a buildup of mass, both of which are
conducive to episodic outbursts of GIs (e.g., Armitage et al., 2001).

OUTER DIsKs. Disk observations and associated modeling discussed in the
chapter by Calvet and D’Alessio suggest that the effective temperature of the

—3/4 12 where the former corre-

thermal radiation from disks Ty ~ @ tow
sponds to a geometrically flat disk dominated by viscous dissipation and the
latter to a flared disk dominated by stellar irradation. How this translates to a
midplane T (=) depends on optical depth and on the relative contributions of
internal heating by turbulent viscosity and external irradiation. Let us suppose
that T(w) has a similar range of power laws p = —3/4 to —1/2. Then, for a
Keplerian disk, eqgs. (46) and (47) imply that any large-enough disk (~ 100 AU
or more) will be GI unstable in its outer regions if X falls off less steeply than
@ ~//* for p = —1/2 or less steeply than o ~13/8 for p = —3/4. This possibility
has been pointed out by many researchers over the years, and at least some
disks may satisfy these conditions, especially during the early accretion phase.

4.3. Spiral Shock Bores
GIs infect a disk with large-amplitude, prograde spiral waves that have a pre-
dominantly trailing character. Fluid elements outside the CR of the wave have
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slower angular speed and are overtaken by the wave, while those inside the
CR overtake the wave and enter the dense arms from behind. Because c; is
typically much less than the disk orbital speed @ §2, shocks are a natural con-
sequence as the waves steepen in the nonlinear regime. As mentionedin § 2.1,
it is common for researchers to think of these spirals as density waves, where
the main effects are compression and heating of the gas. This is a partial truth
that can be terribly misleading but has become set in people’s minds because
so much excellent work on spiral waves before the 1990s was done using
the vertically integrated thin-disk approximation and/or using an isothermal
EOS. As first emphasized by Pickett etal. (1998, 2000, 2003), the surfaces of GI-
active disks develop strong spiral surface corrugations in 3D simulations. They
demonstrated the phenomenon but did not precisely identify the underlying
mechanism. Following up insights from MHD studies of galactic gas disks
by Martos and Cox (1998), Boley and Durisen (2006) used analytic arguments
combined with simulations to show that spiral shock waves in vertically strat-
ified disks are also hydraulic jumps, and they introduced the term spiral shock
bore to capture both the shock and jump characteristics. Vertical jumps behind
shocks are intrinsic to the dynamics of strong spiral waves in realistic disks, and
they produce complex flows and large disk-surface distortions, which may have
direct bearing on the observational and physical consequences of GIs. Hence-
forth, itis hoped that readers of this chapter will think of a strong spiral wave in
a thermally stratified gas disk as something more than simply a density wave.

sHock WAVES. To understand how spiral shocks are also hydraulic jumps,
it helps to review the simple picture of a steady plane-parallel shock. A shock
is effectively a nonlinear sound wave in which dissipative mechanisms con-
vert some of the kinetic energy of the preshock flow into thermal energy. Let
subscripts 1 and 2 refer to preshock (upstream) and postshock (downstream)
gas properties, respectively. I will ignore the details of how energy changes
form and assume that it happens in a thin region represented as an abrupt dis-
continuity. Pre- and postshock quantities can be related by using constraints
imposed by conservation laws. Let u be the component of the fluid velocity per-
pendicular to the shock front in the shock reference frame. For a steady, plane-
parallel flow, if we ignore gravity and assume that viscosity acts only in the
thin shock front, egs. (1) and (2) express momentum and mass conservation
across the shock, respectively, and yield the shock jump conditions

43 P1+ p1ur? = P + pour?

and
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49 P1U1 = P2U2

Any velocity component parallel to the shock front is conserved across the
shock.

To determine postshock quantities from preshock quantities requires a
third jump condition specifying what happens to the energy in the gas. A
glance at eq. (3) indicates how tricky the energy budget of the gas can be.
There are three simple limiting cases for the third jump condition that are
instructive. It we assume that the gas is ideal with a constant y and no phase
changes across the shock,

50 % w+ (#) % = % u? + (#) % (adiabatic),
51 Pip177 = Pypy™7  (isentropic),

and

52 P pfl = Pzpz’l (isothermal).

In these simple cases, we refer to the shocks as adiabatic, isentropic, or iso-
thermal when the specific energy [eq. [50]), specific entropy [eq. [51]), or tem-
perature [eq. [52]), respectively, is the same on both sides of the shock. The
latter two cases imply a loss of energy in the shock, while the first case involves
an increase in the specific entropy of the gas. The isothermal limit is the most
extreme because the internal energy per gram does not change through the
shock even though the bulk kinetic energy is substantially diminished.

The jump conditions for an adiabatic shock yield the following results of
interest to us:
53 o _po_y=l (L) 1

w e y+1 \y+1) M?

and

o P,  2yM*  y-—1
Pr y+1  y+1’

where the Mach number M is defined as |u1]/cq. Egs. (53) and (54) illustrate
that the postshock pressure jump increases as M?, while pa/p1 = ui/uy —

(y +1)/y — 1) as M — oo. For an isothermal shock, eq. (53) is replaced by
55 2 _ M2

P1
where y becomes unity if the Mach number is defined in terms of the isother-
mal sound speed ¢; rather than the adiabatic sound speed c;. In other words,

the compression across a strong, i.e., high-M, isothermal shock can be very
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large. This is one of the reasons that spiral waves in isothermal evolutions may
validly be characterized as density waves.

SPIRAL SHOCK WAVES IN DISKS ARE ALSO HYDRAULIC Jumps. Considerthe
flow of water in a shallow channel on the surface of the Earth. Hydraulic jumps
occur in such flows at subsonic speeds when there is an abrupt decrease in
the flow speed. Because water is nearly incompressible, conservation of mass,
momentum, and energy then requires that the bulk kinetic energy of the pre-
jump flow be converted across the jump into a gravitational potential energy
and also, under some conditions, disordered turbulent motion. The result is
that the vertical height h of the flow increases.

Even though the gas in a protoplanetary disk is compressible, the formation
of a shock wave produces a similar phenomenon. Suppose that the disk is in
vertical hydrostatic equilibrium in the preshock region. For an adiabatic shock
in the strong shock limit (M — ©0), eqgs. (53) and (54) tell us that the vertical
pressure-gradient force per gram will increase by the factor

1 dp, ( 1 dP1>1 2y (y — 1)M?
56 el = -
p2 dz \p1 dz (v +1)2

as the gas moves through a thin spiral shock front. On the other hand, if the
disk is not self-gravitating, the ratio of the vertical gravitational field is unity
between the pre- and postshock regions because it is then determined entirely
by the central force field of the star. When gas self-gravity is included, egs. (10)
and (11) of Boley and Durisen (2006) show that the postshock gravitational
field increases only by a factor of order unity through the shock even as M —
o0o. The ratio of the pressure-gradient jump to the jump in gravitational field
is called the jump factor J by Boley and Durisen. Clearly, passing through
a strong adiabatic shock disrupts vertical hydrostatic equilibrium. Because
J > 1, material expands upward at the sound speed on a timescale of order
H/cs~ 271 = t,1/2m. In the limit of a strong adiabatic shock where the disk
is non-self-gravitating, J is just the right-hand side of eq. (56).

We would, of course, like to know how high the gas will jump behind
the shock. In a classic hydraulic jump at the Earth’s surface, where g, =
constant, this is determined by the Froude number, defined by |u1]/ \/ngl .
Then, in a nondissipative jump, hy/h = (1/44 2F%)~1/2 —1/2 (Massey,
1970); in other words, for a strong jump, hp/hi ~ F. Using an approxi-
mate energy argument, Boley and Durisen show that for a strong adiabatic
shock in a non-self-gravitating disk, hy/hy ~ ﬂ ~ M. In other words, to
within a factor of order unity, the Froude number is the same as the Mach
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number. This illustrates mathematically the intimate relationship between
adiabatic spiral shocks and hydraulic jumps in a stratified disk. For more
details concerning the general case of shocks with any M or y in partially
self-gravitating disks, see Boley and Durisen. Even if the g, due to disk self-
gravity is comparable to the g, due to the central star (Q ~ 2 in eq. [38)]),
shocks are accompanied by jumps for all M > about 2.5 when y =7/5 or
higher.

By contrast, for an isothermal shock, the right-hand side of eq. (56) is
unity. Then, if disk self-gravity is negligible, ] = 1, and the disk height does
not change. Moreover, if disk self-gravity is not negligible, | < 1, and the disk
will actually compress vertically behind the shock. This is the second reason
that spiral waves in isothermally evolved disks can properly be called density
waves; strong compression of the gas is the main effect of the shock.

ANATOMY OF A SHOCK BORE IN A DIsK. The morphology of the flow in
shock bores is made rather complex by the rotational shear. Let us focus on a
region inside the CR of a spiral wave, where the gas catches up to the spiral
arm and the shock front lies along the inner edge of the arm. As the gas jumps
in the postshock region, it expands upward. Because the preshock disk has
a smaller height, the jumping gas also expands horizontally and moves out
over the preshock gas. At the same time, the component of the gas motion
tangential to the shock is unchanged. For a trailing spiral, this leads to stream-
ing of the gas along the spiral arm in the postshock region. The jumping gas
does the same thing. After reaching a height characterized by /], the gas falls
back onto the disk. The result inside the CR of the spiral pattern is a breaking
wave that curls over and crashes down onto the preshock gas at a radius that
is approximately one or two disk scale heights interior to the radius at which
it jumped, as illustrated in Fig. 5.10.

4.4. Simple Equations of State

METHODOLOGY. A proper treatment of how nonlinear GIs affect disk evo-
lution requires a numerical approach, and a variety of techniques have been
employed. Some researchers solve 2D vertically integrated hydrodynamics
equations, either globally (e.g., the vertically isentropic simulations of A. F.
Nelson et al., 2000a) or locally (e.g., the shearing-box simulations of Gammie,
2001). These do not capture the real complexities of the vertical direction (see §§
2.1 and 4.3) but allow high-resolution simulations at low computational cost.
Most contemporary work on Gls is now fully 3D, and a wide variety of 3D
techniques have been brought to bear. They fall into three general categories:
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Fig. 5.10. Aslice in the @ ,z-plane of a shock bore. The solid lines are density contours, and the
arrows indicate the direction and magnitude of the fluid velocity. The code uses artificial bulk
viscosity (AV) to mediate shocks, and the gray scale regions, indicating strong AV dissipation,
mark the locations of strong shocks. The vertical gray region at 2.5 AU is the intersection of
this plane by a trailing spiral shock with a CR at 5 AU. The wave is moving into the paper. Gas
jumping behind the shock at @ > 2.5 AU is curling over the shock front and crashing back
down onto the disk between 1.8 and 2.2 AU in the form of a large breaking wave. Adapted
from Boley and Durisen (2006).

fixed-grid (FG) calculations using finite-difference equations (e.g., Boss, 1997,
2000; Pickettetal., 1998, 2000, 2003), smoothed-particle hydrodynamics (SPH)
(e.g., Mayer et al., 2002; Rice et al., 2003), and, only recently, adaptive mesh
refinement (AMR) schemes using Riemann solvers (e.g., Krumholz et al.,
2007a; see also Plate 8). The focus of this chapter is physical processes, not
techniques. Except for the important but still controversial issues of radiative
cooling, locality of Gls, and longevity of clumps in fragmenting disks, this
chapter emphasizes consensus results that are independent of method. More
discussion of the nature and relative merits of different approaches can be
found in Durisen et al. (2007).

ISOTHERMAL, ISENTROPIC, AND ADIABATIC. Toward the end of the 1990s
and early in the 21st century, papers appeared by various authors describ-
ing simulations of GIs using no explicit cooling and simple assumptions
about the EOS. The terminology in these papers often differed or was unclear,
and to avoid further confusion, Durisen et al. (2007) suggested the following
standardized terminology:

An isothermal disk simulation is one where the temperature of the gas is
held constant spatially at the fixed-grid cells (Eulerian) of FG calculations or
held constant for the moving fluid elements (Lagrangian) of SPH calculations.
This does not mean that the initial disk structure is itself isothermal; usually
it is not, and usually it does not make much difference in the results whether
the isothermality is Eulerian or Lagrangian.
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An isentropic simulation holds the specific entropy s of the gas fixed instead
of the temperature. Again, the initial structure of the disk itself need not
also be isentropic; in general, it is not, but this varies from study to study. The
isentropic condition can again be enforced in either an Eulerian or Lagrangian
manner. Sometimes, isentropic evolution is achieved by adopting a polytropic
EOS, where

57 P = Kp'tV"r = Kp?,

for constant K and polytropic index n. The second equality corresponds to
isentropic behaviors for an ideal gas with ratio of specific heats y where log K
is proportional to s. GIs lead to compression and shocks in the nonlinear
regime, and so both isothermal and isentropic simulations result in net energy
loss by the disk because, according to egs. (51) and (52), all or part of the work
done by compression PV -v or heating by viscous dissipation in the shock
fronts is not conserved but simply disappears (Pickett et al., 1998, 2000).

An adiabatic calculation is one where no thermal energy is lost as the fluid
evolves. Then s increases as fluid elements go through shock fronts, as a
consequence of eq. (50). To model this in numerical calculations requires
the inclusion of artificial viscosity or other shock-capturing techniques. Then,
unless cooling is introduced, GIs shock-heat the gas, raise Q, and shut them-
selves off (Pickett et al., 2000; Boss, 2002a, 2003). An adiabatic calculation can
employ eq. (9) with a fixed y or a more realistic EOS that accounts for excitation
of H, and other compositional changes (Boss, 2001; Boley et al., 2007b).

Global 3D FG calculations using simple EOSs by Pickett et al. (1998, 2000,
2003) and Boss (2002a) demonstrate that as the EOS allows more energy to be
lost in strong compressions, the resultant GIs have higher amplitude; in other
words, the thermal physics of the disk controls the amplitude and nonlinear
behavior of GIs. This is perhaps the most important consensus conclusion to
emerge from work near the turn of the millennium.

THE ISOTHERMAL LIMIT. Investigations of simple EOSs without radiative
cooling have been largely superseded by those that include cooling and will not
be discussed further here except for the isothermal case. Because all thermal
energy produced by compressional heating or friction is, in effect, radiated
away immediately by a fluid element, the effective cooling time is essentially
zero. As an extreme limiting case without complicated gas physics or radia-
tive transport, isothermal simulations, although unrealistic, can be used to
explore the most severe effects possible from GIs, such as fragmentation of a
disk into compact bound pieces. They also test the relative performance of dif-
ferent types of simulation codes. It is in the context of isothermal simulations
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(see Plate 7) that dense clumps persisting for multiple orbits were first reli-
ably demonstrated in fragmenting disks (Boss, 2000; Mayer et al., 2002). An
important consensus result is that with sufficient resolution in any reason-
able hydrodynamics code, an isothermally evolved disk with low-enough Q
will fragment into dense protoplanet-like clumps. For isothermal disks, frag-
mentation seems to set in when Q; < about 1.4, where Q; is Q evaluated
using the midplane ¢; in place of ¢; (Johnson and Gammie, 2003; Mayer
et al., 2004; Durisen et al., 2008). The state of the art in isothermal calcu-
lations is the so-called Wengen collaboration, where a large number of codes
are used to evolve the same low-Q disk up to the point of clump formation.
As shown in Plate 8, with sufficient resolution, codes of all types can agree
about fragmentation for the same initial conditions in an isothermally evolved
disk.

As a specific example of the continued utility of isothermal disk simula-
tions beyond code testing, it is possible to understand analytically why clump
formation in low-Q isothermal calculations occurs at corotation of the fastest-
growing mode (Durisen et al., 2008). The dense isothermal sheet behind the
spiral shock front is more likely to collapse because of self-gravity where it is
least compressed because the pressure-gradient force in a thin sheet increases
faster with isothermal compression than gravity does. As a result, a spiral wave
is mostlikely to fragment where the preshock speeds for gas entering the shock
are relatively low, namely, in the vicinity of the mode’s CR. This insight into the
process of fragmentation can be gleaned because the isothermal case permits
a highly simplified treatment of the postshock gas.

LONGEVITY OF FRAGMENTS. Even for the simplest assumptions about disk
physics, one area that lack consensus at present is whether the clumps that
form in a fragmenting disk become permanent bound objects. The Wengen
collaboration has shown that the detailed behavior of clumps in isothermal
disks is tricky to resolve properly even with AMR schemes. How one refines or
derefines a grid can affect the apparent growth of a clump. Many authors try to
isolate clumps in their simulations and compute their total thermal and gravita-
tional energies. Usually, by this measure, clumps are bound, i.e., have negative
total energies. Actually, however, possibly significant surface-energy terms
are usually ignored. The environment of a fragmenting disk is violent, and
clumps are subject to collisions, mergers, external pressure, shear stresses,
and tidal stresses. Moreover, many schemes introduce explicit artificial shear
and/or bulk viscosity to mediate shocks (FG schemes) and/or to enforce
fluidlike behavior (SPH), and all numerical schemes have some additional
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level of uncontrolled friction introduced by truncation error. Although too
high an artificial viscosity can prevent clump formation altogether (Mayer
et al., 2004), a moderate amount of artificial viscosity can prolong clump life-
times once slumps form because the violent environment of a fragmenting
disk is calmed by the damping of velocity differences (Pickett and Durisen,
2007). Consequently, a very cautious scientist might say that the formation
of permanent bound gas-giant protoplanets by disk fragmentation has not yet
been reliably demonstrated. Efforts beyond the current Wengen collaboration
(Plate 8) will be necessary to resolve this thorny question.

4.5. Idealized Cooling Laws

In order to characterize how thermal physics affects the amplitude and behav-
ior of GIs, one needs to introduce quantitative control of disk energy loss.
An approach similar to that in the classic experiments by Tomley et al. (1991,
1994) is to include explicit volumetric cooling in eq. (3), where

58 A = pefteool-

In other words, over the time interval t,,;, every parcel of gas loses an amount
of energy, presumably through radiation, equal to its internal energy. In this
approximation, cooling is treated as a local energy loss, not as transport.
Different choices for how t,,, varies spatially or temporally yield different
insights.

CONSTANT t;o01§2. The first published studies using eq. (58) assumed that
to001§2 1S constant over the disk. In effect, .y, is then a fixed multiple of the
local t,o;. This would be exactly the case in a steady-state accretion disk with a
constant «, but it may not be appropriate for a globally evolving disk with realis-
tic opacities and self-adjusting radiative cooling. A signature study by Gammie
(2001) used local 2D (thin-disk) shearing-box simulations. If the disk reaches
an asymptotic state where heating in the disk is balanced locally by cooling,
Gammie showed analytically that one expects (see also Pringle, 1981) that

4 -1
59 o= 9 [VZ(VZ - l)tcoolQ] )

where « is a composite of contributions from the Reynolds and Newton
stresses (egs. [28] and [29]) and y;, is the effective 2D y for a vertically integrated
thin disk (see § 2.1). The derivation of eq. (59) is straightforward. As long as
there is no wave transport of energy (Balbus and Papaloizou, 1999), the heating
ofthe diskis due entirely to alocal dissipative term analogous to eq. (7), namely,
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where rgd) and 'L'g¢ are defined by egs. (25), (28), and (29). Eq. (59) is then
derived by setting eq. (60) equal to eq. (58) after integrating over z.

Gammie found ags consistent with (59), with the Reynolds and New-
ton stresses contributing about equally, once his simulations relaxed to a
quasi-steady asymptotic state of sustained GIs at a roughly constant Q. In his
simulations, this state is achieved within a few dynamic times. He also found
that for sufficiently small t,,;§2, the disk no longer reaches an asymptotic state
but instead fragments into dense pieces. Specifically,

61 toool§2 < (£82)¢ = disk fragmentation.

For y; =2, (t£2).4 ~ 3. Note that (££2).; = 3 in (61) is roughly equivalent
t0 trool < trot/2. Although eq. (61) is commonly referred to as the Gammie
criterion for disk fragmentation, the idea that fragmentation might set in when
the cooling time is comparable to the dynamic time was anticipated by others
(e.g., Shlosman and Begelman, 1989) and demonstrated, albeit crudely, by the
Tomley et al. (1991, 1994) numerical experiments.

Global 3D SPH simulations by Rice et al. (2003) and by Lodato and Rice
(2004, 2005) using t.,0;§2 = constant with a y = 5/3 EOS generally confirm
these results. Lodato and Rice insert y for y; in eq. (59), which is correct only
when the vertical gravitational field is somewhere between dominance by the
star (y, = 1.5) and dominance by disk self-gravity (y, = 1.8), as determined
by egs. (18) and (19), respectively. This gravitational-field condition occurs for
Q = 2, as shown by eq. (38), so their substitution of y for y, ends up being a
decent approximation in a Gl-active disk with y = 5/3. They find that the as
they measure in their simulations agree to within several 10s of percent with
eq. (59). Curiously, however, unlike Gammie, they report that the Reynolds
stresses tend to be small and that « is dominated by the gravitational stresses.
By bracketing the t,,,£2 for fragmenting and nonfragmenting cases, Rice et al.
(2003) find that for y = 5/3, (££2); is between 3 and 5, with a tendency for
more massive disks to have a higher (t£2).

Cossins et al. (2009) present a detailed analysis of GI structure in disks
where y = 5/3 with constant values of t.,, /ot from 4 to 10. Their as are
also in good agreement with Gammie’s formula, eq. (59). They find that the
number of arms in the waves are consistent with WKB estimates, that the
density amplitudes go inversely as the square root of t,,/tr: in a manner
consistent with shock heating, and that the waves extend about corotation so
that the Mach number of the flow is of order unity.
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CONSTANT tg0. It is by no means obvious that a real Gl-active disk will have
t.0ol§2 = constant even in the asymptotic state. Another limiting case that
makes sense to consider is t., = constant applied to the entire disk, usually
chosen to be some multiple or fraction of the outer rotation period (orp) of
the disk. For modest disk masses, M;/M; < 0.25, the whole disk in t.,,$2 =
constant SPH simulations tends to erupt smoothly into nearly asymptotic GI
activity. By contrast, as shown in Plate 9, for nonfragmenting t,,, = constant
global simulations with a grid-based FD code, an initially marginally unstable
disk with low-amplitude random-density noise goes through several phases of
evolution (Pickett et al., 2003; Mejia et al., 2005): first an axisymmetric cooling
that lasts several orps, a strong burst of Gls in one or two discrete global modes
that produces a significant rearrangement of the disk surface density in one or
two orps, a transition lasting several orps where heating temporarily washes out
some of the nonaxisymmetry, and finally a quasi-steady, long-lived asymptotic
state of sustained GI activity with a nearly constant unstable Q ~ 1.5 over a
large part of the disk and with an overall balance of heating and cooling.

The t,0; = 2 orp simulation in Mejia et al. has an initial 40 AU disk with
My =0.07 Mg, M; = 0.5 Mg, and ¥ ~ @2 and covers almost 24 orps
(6,000 yrs). About half this time is spent in the asymptotic phase. The burst
in this simulation is a dramatic event with ordered global spiral patterns that
produce prodigious mass inflow rates of about 10™> Mg yr~! in the 10 to 30
AU region of the disk. This corresponds to e, ~ 0.1 to 0.2 near the peak of
the burst, about an order of magnitude higher than predicted by local energy
balance in eq. (59). Wave transport of energy must be extremely large. The
presence of only a few discrete global modes and an a, inconsistent with local
thermal balance means that bursts are nonlocal in both the structural and dis-
sipative senses (see § 2.3). The occurrence of bursts depends on a disk’s initial
conditions, environment, and competition with other transport mechanisms.

By measuring M in the asymptotic phase of the t.,, = 2 orp simulation
and using the steady-state o-disk result M = 37v X to estimate o, Mejia
et al. report values at least several times larger than given by eq. (59). In
work currently under way by my own IU Hydro Group (Michael et al., private
communication), we are performing experiments to determine how numerical
resolution affects the measured value of ay. The aggs are now computed
properly by using egs. (27) and (29). Apparently, 128 azimuthal zones, as used
by Mejia et al., are too few, and low resolution tends to overestimate o by a
factor of about 2. The value of oy, averaged over radius and over many outer
rotations, converges for 256 and 512 azimuthal zones at a value of about 0.024,
close to but slightly lower than the value given by (59) when the self-gravitating
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disk y,(y) relation (18) is used. As shown by eq. (38), with Q ~ 1.5 in the
asymptotic state, y, should be between the values given by (18) and (19). So
the measured converged value of the spatially and temporally averaged o is
roughly consistent with Gammie’s simple formula within the uncertainties
of the y,(y) relation. However, even in the asymptotic state, local balance of
heating and cooling is probably violated because there are significant radial
and temporal variations in o, over shorter times and over length scales com-
parable to the wavelengths of low-order spirals. The IU Hydro Group also
finds, like Lodato and Rice, that o is almost entirely due to the gravitational
stresses. The Reynolds stress, though more difficult to measure, seems rela-
tively small in the region of the simulation where most of the asymptotic-phase
mass transport happens.

By varying the value of t., in their simulations, Mejia et al. find that
M ~ tc_o<1>l in nonfragmenting disks, as expected from eq. (59), and that the
Gammie criterion for fragmentation with (££2). &~ 3 to 5 is valid in their
y = 5/3 simulations. The latter is confirmed by restarting the evolution of a
nonfragmenting disk in the asymptotic phase with an abruptly lowered #,,;,
noting the radii at which fragments form, and computing the t,,£2 for these
regions.

LOCAL VERSUS GLOBAL BEHAVIOR. Thew-disk picture describedin {§2.1and
2.3 is intrinsically local, in the sense that only local properties are needed to
compute an effective viscosity and evolve a disk in a smooth manner. Balbus
and Papaloizou (1999) argued that the Newton stresses due to GIs are likely
to violate both the structural and dissipative locality conditions necessary to
treat GI disk evolution with confidence using an «-disk description. The global
simulations discussed above give mixed results on this issue.

In t,,,£2 = constant simulations, the cooling time is by assumption deter-
mined locally. In fact, this cooling prescription is a necessary, though not
sufficient, condition for a steady-state accretion disk. Perhaps it is then not so
surprising that with this constraint, the Lodato and Rice (2004) and Cossins
etal. (2009) global disk simulations behave in a manner consistent with Gam-
mie’s local simulations when My/M; is not too large, namely, there is no
burst, GIs erupt uniformly everywhere, oy agrees with eq. (59), the radial
surface-density distribution remains smooth, and the spiral waves tend to be
tightly wrapped and confined near their corotation radii. For M/ M; > 0.5,
however, Lodato and Rice (2005) find that disks can behave in an eruptive
manner with more open, larger-scale, lower-order spirals that come and go.
Their M;/M; = 0.5 disk experiences an initial burst, as in the the lower-mass
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toool = 2 orp Mejia et al. disk, with an o that exceeds eq. (59) by a factor of up
to 5. The latter behavior is both structurally and dissipatively nonlocal.

For t.,, = constant simulations, it is implicitly assumed that the physics
imposes a globally applicable cooling time. Now, the Gls initiate with a global
burst even for relatively modest disk mass, and these bursts are structurally and
dissipatively nonlocal. Although one could argue that the bursting behavior
is just a transient introduced by unrealistic starting conditions in the simula-
tions, Mejia et al. present strong evidence that even in the asymptotic phase,
global modes, particularly m = 2, dominate the mass and angular momen-
tum transport. Fourier analysis of p in the azimuthal direction shows not only
strong power in m = 2 but coherent patterns that extend between the Lindblad
resonances (LRs) for a small number of discrete modes. Two of these domi-
nant two-armed spirals have their CR roughly aligned with a sign change in the
time-averaged M, as expected for angular momentum transport dominated by
a single trailing spiral (see § 4.1). Moreover, the several discrete m = 2 modes
present tend to have alignments between the CRs and LRs of other modes,
and the CRs and LRs of strong modes often align with enhancements in the
azimuthally averaged ¥ (). Note, from eq. (35), that m = 2 modes have a
long reach between their LRs. Altogether, this implies that GI transport is at
least structurally nonlocal in the asymptotic state.

Nevertheless, for ., = constant, it is true that there is considerable power
present at all resolved m-values in the asymptotic state. Strong, discrete modes
with three on four spiral arms are identified in Fourier analyses. For m > 5,
there is power almost everywhere in very many modes with relatively localized
reach. Coherent power tends to be concentrated between the LRs for any m or
2pat. The high-order behavior is what Gammie calls gravitoturbulence, but its
relationship to ordinary hydrodynamic turbulence is unclear at present. The
break point between local and global modes can be quantified roughly as the
m-value at which the distance Aw g between the LRs is only a few times H. For
H/w ~ 0.1, one gets Awr = 2H for m = 7, the point where the amplitude
spectrum does begin a significant drop-off (see Figure 12 of Boley et al., 2006).
In simulations with real radiative cooling, Cai et al. (2008) decompose WX é
into contributions by different m. Typically, as shown in Fig. 5.11, for mildly
irradiated disks, m = 2 contributes 50% or more of the net torque that goes
into the gravitational af.

Dissipative locality has not yet been as rigorously tested. In the t,,,$2 =
constant simulations with low disk mass, Lodato and Rice (2004) compare
local cooling with local energy dissipation (see their Figure 6). There is general
agreement in the trends of these two quantities with @, but the deviations
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Fig. 5.11. Gravitational torques due to Gls in the Mejia et al. (2005) disk from Plate 9 for
the case of realistic radiative cooling and mild external irradiation in the asymptotic phase.
Fourier analysis is used to separate contributions from different numbers of arms. The curves
show first m = 1 torques, then m = 1+ 2, and so on. Note that about half of the internal
gravitational stress is contributed by two-armed spirals and that the structural features in the
total torque profile are imposed mostly by m = 2. Adapted from Cai et al. (2008).

can be as large as a factor of two. In our own convergence testing, although
e — €q. (59) to within 10s of percent for t;y, = 2 orp, this is only with heavy
spatial and temporal averaging. The asymptotic-phase stresses show large
fluctuations, as already demonstrated in Mejia et al. through analysis of the
mass transport. More refined analyses are certainly warranted. Even if waves
carry only 10s of percent of the energy over the radial distances spanned by the
Awpg for m = 2, that could have an impact on disk appearance. Another hint
that purely local treatment of GIs misrepresents the physics is that although
Reynolds and Newton stresses contribute equally to a,f in Gammie’s local
simulations, both #,,,£2 and t,, = constant global simulations show that
o is dominated by the gravitational stresses in the regions of active mass
transport. Despite these concerns, eq. (59) is probably a useful estimate of
the effective transport in a nonfragmenting GI-active disk for the purpose of
long-term disk evolution, as in Rice and Armitage (2009).

ADDITIONAL EFFECTS. ¥, X(r), twol(t), and My. In a more refined set of
te001§2 = constant global SPH simulations designed to examine the fragmen-
tation criterion, Rice et al. (2005) find that (¢£2). &~ 6 to 7 for y =5/3 and
~ 12 to 13 for y = 7/5. These two values of y are of particular interest in
disks, because y = 5/3 corresponds either to atomic or ionized hydrogen or
to molecular hydrogen so cold that the rotation states are not excited, while
y = 7/5 corresponds to molecular hydrogen with excited rotation states. In
real disks, the former value is expected in the inner and outer disks, while the
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latter value is more appropriate for intermediate radii. Exactly how to treat the
rotation states of molecular hydrogen is a tricky issue. A detailed discussion
goes beyond the scope of this chapter, but the reader is referred to Boley et al.
(2007b) for more details. According to the Rice et al. results, as the gas EOS
“softens” (y — 1), a disk becomes more susceptible to fragmentation; i.e.,
fragmentation sets in at larger t.,,;§2. Grid-based FD global simulations with
te0ol = constant confirm this result to within 10s of percent (Michael et al., pri-
vate communication). By relating (££2) to o using eq. (59) with y, set equal
to y, Rice et al. find that for both y values, «,;; &~ 0.06 for fragmentation. They
conclude that there is a maximum gravitational stress that a disk can sustain
without fragmenting. In ., = constant simulations, this does not seem to be
true during bursts.

Unpublished work by my own group (Michael et al., private communi-
cation) examines how much the Mejia et al. (2005) results are affected by
varying the initial ¥(w) ~ @', by changing the initial perturbation, and by
relaxing the condition that the star remains fixed at the center of the inertial
frame. One interesting feature is that as the exponent r decreases from —1/2
to —3/2, the bursts get weaker, but the asymptotic r in the outer part of the
disk after the burst is always roughly —5/2. It can be shown analytically (see
Boley and Durisen, 2008) that this is the expected ¥ (w) for a radially and
vertically isentropic Keplerian disk with roughly constant Q and y = 5/3. It
makes sense that Q would settle into a constant unstable value in the asymp-
totic state, but it is not clear why the disk would tend to be isentropic unless
waves transport energy. This is probably worth further study. My group also
finds that when the initial random perturbation is nonlinear (> 5% cell-to-cell
perturbations in the initial equilibrium density distribution), GIs erupt more
smoothly, without a burst. Bursts are thus sensitive to initial conditions and
are not a necessary consequence of t,,,; = constant.

Clarke et al. (2007) show that (t£2), depends on how quickly the unstable
cooling condition is achieved. If t.,;$2 decreases from a stable value more
slowly than the dynamic time, fragmentation does not set in until a (££2).,;
is reached that is about half the value quoted above by Rice et al.. However,
this lower value of (t£2),,;; does not seem to decrease further when the cooling
time is decreased even more slowly. Clarke et al. again argue for a maximum
gravitational stress in a nonfragmenting disk, but with a value increased to
Qrip & 0.12. Whether the latter claim applies to bursts remains to be tested. The
interesting implication is that the propensity of a disk to fragment depends not
just on its instantaneous thermodynamic state but also on its thermodynamic
history, even in simulations with highly simplified thermal physics. Again,
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the message is clear: Disk thermal physics controls the strength and behavior
of GIs.

Although some simulations have included growth in disk mass (M, > 0)
(e.g., Mayer et al., 2004; Boley, 2009), little has been done to model infall
onto Gl-active disks with any detail over significant lengths of time. When
M, is large during the early accretion phase, it probably has an impact on
whether a disk will fragment (Boley, 2009; Clarke, 2009; Rafikov, 2009). So
far, it is unknown whether strong nonaxisymmetry in the inflow can affect the

fragmentation criterion.

4.6. Conclusions
The following list summarizes both consensus results and remaining unset-
tled questions from studies with simplified EOSs and cooling laws.

+ Thermal physics
Thermal physics controls the nonlinear behavior of GIs.
Heating mechanisms tend to damp GIs, while cooling mechanisms
tend to destabilize the disk and increase GI amplitudes.
For large t,,,;, disks achieve an asymptotic state where heating by GIs
balances cooling at a roughly constant unstable value of Q.
When t,,,; becomes small enough compared with t,.;, disks fragment
into dense clumps.
* Local versus global
GIs are always dominated by low-order, usually two-armed global
waves when M, > about 0.5 M.
For lower-mass disks, there is no clear consensus, but results to date
suggest the following:
GIs act more locally when t,,,£2, i.€., t;01/trot, iS cOnstant.
GIs are always dominated by low-order global modes when
ool = CONstant.
+ Mass and angular momentum transport
In cases where GIs are local, o, seems well described by a simple
analytic formula related to the local £, £2.
In cases where Gls are global, oy can be much larger during bursts.
During the asymptotic phase, it fluctuates but agrees roughly with
the simple analytic formula in an average sense.
» Fragmentation
Fragmentation occurs in isothermally evolved disks when Q is low
enough (< about 1.4).
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Fragmentation occurs in disks with other EOSs when t,,,£2 is small
enough, with more compressible EOSs exhibiting fragmentation at
higher values of t,,,£2.

There may be a maximum gravitational stress o ~ 0.06 to 0.12
sustainable by nonfragmenting disks in the asymptotic phase.

It remains unclear whether clumps formed by fragmentation are
always bound and permanent.

It is not known how infall onto the disk might affect the fragmenta-

tion criterion.

5. Gravitational Instabilities: Realistic Applications

Of course, what we want to know is what real disks will do. In reality, proto-
planetary disks cool radiatively, which makes the story of their behavior more
intricate (see the chapter by Calvet and D’Alessio), and as a result, there is
no consensus at the time of writing. Probably the most important unsettled
question is whether a real disk can fragment directly into planet-sized pieces
in the few to 40 AU region, where most gas-giant exoplanets are expected to
form (but see § 5.4). In the spirit of emphasizing fundamentals, this section
will lay out general principles and techniques but will not present too much
detail about the disparate numerical results (see Durisen et al., 2007). Devel-
opments will undoubtedly be fast paced in the coming decade, and much that
I could report in this chapter may soon become obsolete.

5.1. Radiative Cooling

A full understanding of why radiative cooling is difficult requires beginning
at a basic level. Although this subsection may be somewhat redundant with
other chapters, I here emphasize principles that underlie models for radiative
cooling in dynamic codes.

THE RADIATIVE TRANSFER EQUATION. Theradiative transfer equation, which
describes how the specific intensity I, changes along a ray through an emitting
and absorbing medium, is given by

dl,

62 =1,— Sy,
d‘L’U v v

where I, is the radiant energy per unit time per unit area per unit solid angle
flowing in the x-direction per unit frequency interval, dr, = —«, pdx, and «, is
the mass-absorption coefficient, the cross section per unit mass for absorption
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of radiation at frequency v (Chandrasekhar, 1960; Mihalas and Weibel Mihalas,
1984). For simplicity, I do not make a distinction here between true absorption
and scattering. As indicated by the minus sign in the dt, relation, the optical
depth 7, is conventionally measured in a direction opposite to the direction
which the photons are flowing, as if one is looking into the medium backward
along the ray. Consequently, the first term on the right-hand side of (62),
although positive, represents the absorption of radiation as it moves along dx.
The second term on the right-hand side, although negative, contains the source
function S, and represents radiation added to the beam by emission along dx.
The exact nature of S, depends on the application, but when the emission
is dominated by processes in local thermodynamic equilibrium (LTE) at the
local gas temperature, S, = B, (T), where T is the local gas temperature and
B, is the Planck function. So far, all radiative treatments of GIs in disks have
assumed LTE. This is likely to be fine for deep layers of the disk but can be
inappropriate for the upper disk atmosphere (see the chapters by Calvet and
D’Alessio and by Clarke).

Eq. (62) is deceptively simple in appearance. It has to be solved at each
frequency everywhere in space for every direction through the emitting and
absorbing medium, and, in general, all directions, positions, and frequencies
are coupled through the absorption and reradiation of energy. In a hydrody-
namics calculation, time dependence is added, and the transfer of radiation
can affect the dynamics through radiation and gas-pressure forces. Moreover,
as one looks into a source of radiation along a ray, the medium can go from
optically thin (7, << 1) to optically thick (r, >> 1). Energy transport is non-
local in optically thin regions. This condition necessarily pertains somewhere,
because at the edge of any radiation source there has to be an optically thin
region where the photon mean free path (= 1/«, p) is as large as the system. In
the outer parts of this region, photons are well approximated as free streaming
away from the source. Nevertheless, emission and absorption of light may still
control the local gas T, and regions can be optically thin at some frequencies
and not others. By its nature, radiative transfer is poorly treated as a simple
diffusion problem, but let us first examine this limiting case.

THE DIFFUSION LIMIT. Ignore the frequency dependence for simplicity, i.e.,
adopt a gray opacity approximation, and define radiation energy density
€rad = ¢! [, Idw, radiative flux in direction z by F = [, Icos fdw, and
the radiation pressure across the surface perpendicular to direction z as
Ppg=ct]/ p Icos?dw. Here 6 is the polar angle measured from direction
z, o represents the solid angle, and c is the speed of light. For LTE and high
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optical depths, it is usually the case that, locally, P,g = €,44/3 = aT*/3, where
a is the radiation constant. Recognizing that the position vector x implicit in
eq. (62) can be at an angle 6 to direction z, we can multiply (62) by cos 6 and
integrate over all directions to get

AP, 4acT? dT

63 F..u=c = —_—,
rad dz, 3kp  dz

where F,,; is the flux in direction z and 7, = [, kpdz is the optical depth
measured downward along the z-direction. In 3D, this can be done in all
directions to obtain a heat-conduction equation

64 Frag = _’CdeT:

where K,,g = 4acT?/3kp is the radiative conductivity. When F,,; is inserted
for F in the energy eq. (3), V - F,,; when positive represents net radiative cool-
ing. An implicit assumption of such an approach is that the photon mean free
path is small everywhere, but this breaks down in optically thin regions. If
we assume LTE and the limit of high 7, at all v, eqgs. (63) and (64) are valid
in a nongray case provided one replaces « by the Rosseland mean opacity kg

given by
o0 1 dB,
o 1 _Joow
- oo dB,
KR Joo G v

PLANE-PARALLEL ATMOSPHERE. A particularly simple solution of (62) can be
obtained for a gray, LTE, plane-parallel atmosphere that is in radiative equi-
librium, i.e., where radiative absorption and emission are in a steady state
with a constant and steady upward flux of radiation o Te} carried through the
atmosphere. Here o is the Stefan-Boltzmann constant and T,f is the effec-
tive temperature. If one makes the Eddington approximation (€59 = Pry4/3
everywhere) and assumes no incoming radiation at t, = 0, then

3
66 T4 = . Tjﬂ (12 +2/3),

and the mean intensity | = 1/4x [, Idw is just the frequency-integrated
Planck intensity B(T) = acT*/4rm. At 1, = 2/3, the actual gas temperature
T = T, In applications to stars, T & 2/3 is taken to define the photosphere,
the “surface” layer of a star from which most of the light escapes. How-
ever, it should also be noticed that T/T,r — (0.5)//* ~ 0.841 as z — oc.
An Eddignton gray atmosphere that is also in hydrostatic equilibrium in a
constant vertical gravitational field thus tends to a uniform temperature and
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hence an exponential mass-density drop-off as z — oo. For disks, a useful
generalization of this result is to add a downward influx of radiation at t, = 0
of aTiA;r, where T;,, is the effective irradiation temperature (Cai et al., 2008).

Then eq. (66) becomes

wr’

3
67 T* = n T;‘ﬁ (2 +2/3)+ T

Thus in radiative equilibrium, a disk irradiated from above will, of course, be
hotter everywhere. This also allows solutions where T:ﬁ < 0, 1i.e., the net heat
flow is downward into the high-t, region.

DISK OPACITY. All simulations of Gls in disks with radiative cooling use
a gray or monochromatic approximation, where the opacity is treated as a
frequency-weighted average. In optically thick regions, where diffusion is a
good approximation, «p is the sensible choice. However, much of the volume
of even a massive protoplanetary disk can be optically thin (Cai et al., 2006).
For t << 1, the first term on the right-hand side of (62) can be ignored. In
LTE, with S, = B,(T), the frequency-weighted opacity that makes sense to
characterize emission and hence energy loss is then the Planck mean opacity
Kkp, given by

_ jboo kyB,dv

68 Kp =
P fooo B,dv

Even when «, varies smoothly with v, the difference between (65) and (68) can
be a factor of two or more.

As discussed in the chapter by Calvet and D’Alessio, the continuous opacity
in disks outside the radially innermost regions is dominated by the dust. For
@ > about 1 AU, line opacity and emissivity tend to be important only in the
upper layers of disks heated by starlight or energetic events and possibly in
thin layers produced by strong shocks. The vertically outermost disk layers,
which can be photodissociation or photoionization regions with unequal gas
and dust temperatures, have so far not been modeled in GI simulations. For
GIs, the interesting process is the cooling by transport of radiation at near to
far-infrared and millimeter wavelengths in the bulk of the gas mass close to
the midplane. There dust is dominant.

Numerical simulations of disks typically adopt either the Pollack etal. (1994)
or the D’Alessio et al. (1998, 2001) opacities. Pollack et al. opacities assume
that the dust grains are spherical and have sizes appropriate for the interstel-
lar medium. The dust material is divided into water ice, organics, troilite,
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and silicates with evaporation edges near 150 K, 400 K, 700 K, and 1,200 K,
respectively. As these thresholds are crossed from below, «r and «p tend to
drop by factors of up to about 2, and by orders of magnitude in the case of sili-
cates. The dust in D’Alessio et al. opacities is similar except that the grain size
distribution can be varied. If a is the grain radius, then the fraction of grains
in interval da between some minimum a,,;,, and maximum a,,, radius is
assumed to be a power law, a8da. In D’Alessio et al., a,,;, is usually set to
0.005 microns, while ap,, and g can be varied, with g = —3.5 being similar
to the choice implicit in Pollack et al. opacities over most of the range of sizes
they consider. The values of kg and «p are independent of p and tend to be ~
several cm? gm™~! over 100 K to 1,000 K for @y, = 1 micron and decrease to
~1or2cm? gm~! orless as amgy is increased to 1 mm. Both mean opacities
— 0as T — 0. See Figure 16 of Boley et al. (2006) for examples of « (T).

Given the dependence of radiative cooling on the dust opacity, which in
turn depends on the composition, size, and spatial distributions of dust, an
important message is that the disk dynamics is coupled to the evolution of
solids (see the chapter by Henning and Meeus) just by the opacity alone. Disk
metallicity and the growth and settling of dust are major considerations for
the behavior and consequences of GIs in disks.

DISK RADIATIVE COOLING TIMES. When one is considering a new physical
process, it is useful to estimate the associated timescales. First, the light travel
time across a solar-system-sized disk is of order a fraction of a day and is
the time on which photons can leave optically thin regions. Somewhat more
interesting is the photon-diffusion time in the z-direction for high optical
depths. The mean free path of a photon is about 1/xp, and so, for t, >> 1,
the time it takes a photon to randomly walk vertically over a scale height is

69 t HT < 00ayr (22 ( @ )(T)
= — ~004yr | —— ) (—=) (=)
phot = 7 " 70.05 ) \5au0/ 107

The shortness of this timescale caused some researchers (e.g., Laughlin and
Bodenheimer, 1994) to claim that disks cool in a time << t,, and so evolve
isothermally. As we now know, this would also cause them to fragment for
Q < about 1.4. However, the photon-diffusion time for the Sun (~ 10* yr) is
much smaller than its heat-diffusion timescale (~ few-107 yr) because photons
degrade in energy as they diffuse, and anyhow the energy-loss rate has to be
compared with the thermal energy reservoir. So t,,.; is not the cooling time.
Realistic estimates for the vertical radiative cooling time can be obtained
most easily in the optically thick and thin limiting cases. For 7, >> 1, as
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an estimate, we apply the radiative equilibrium result eq. (66) with T as the
midplane temperature T,y and 7, = 72(z = 0) = 74. Then UT:l'c[r represents
the flux leaving the top of a vertical column. So, for a y = 5/3 ideal gas,

Ze(Tpid) _ 9% (twia +2/3)

70 teool (thick) ~ T = 3
20 Teﬁ 16mggs0 Tmid

)

where I have approximated the internal energy in a unit area column as
2 ¢(T;4) and the 2 in the denominator accounts for the disk having two radia-
tive surfaces. Eq. (70) suffices as an estimate, but the reader should consult
Hubeny (1990) for a proper treatment of a plane-parallel slab of finite thickness.
For 1y & kX /2 >> 2/3, we get

2 2 KR 75 K 3
71 topo(thick) ~ 10° ’
cool( 1C ) yr (3 .103 g cm—z) (1 cm? gm_1> < Tmid >

where I have chosen mg;; to be 2.4 amu.

For 1,y << 1, the second term on the right-hand side of eq. (62) tells us
thatin LTE, the energy-loss rate per unit mass by emission integrated over all
frequencies and directions is 4xp B(T), and the cooling time of a fluid element
is just

me(T) 0.1cm? gm1\ /10 K\?
~ 200 yr :
4xpo T4 Kp T

where parameters appropriate for @ ~ 100 AU are used, a region that is likely

72 teool (thin) ~

to be optically thin.
In general, radiant energy can be flowing in any direction. Given F,;, alocal
radiative heating or cooling time for any fluid element can be computed via

pe(T)

73 teool (local) = Fo
ra

’

where a negative value of ¢, implies net heating by radiative transport. By
integrating the numerator and the denominator over z before the division, this
can be turned into a columnwise t,,; (column) that measures the timescale for
net radiative losses (or gains) in a unit column of the disk. Net heating of a
volume element or even a whole column by radiation is possible because of
strong radiative shocks and irradiation.

RAFIKOV'S CRITIQUE OF PLANET FORMATION BY DISK INSTABILITY. The
disk instability theory for gas-giant planet formation (Boss, 1997) relies on
GIs to fragment disks into bound gas-giant protoplanets. To test this idea, the
parameters chosen for eq. (71) are roughly compatible with those in eq. (46)



DISK HYDRODYNAMICS [ 209

for a marginally unstable disk with H/@ = 0.05 around a 1 Mg star at 5
AU. The corresponding 7, is about 1,500. At 5 AU, t,,; = 12 yr, and so
tool (thick) €2 = 5 - 10*. Having derived results similar to (46) and (71), Rafikov
(2005) offered the following critique of DI: In the region where one would like
to form gas-giant planets, say a few to 40 AU, itis not possible for a disk simulta-
neously to be cool enough to have gas-phase GIs (46) and to cool fast enough to
fragment (61). Matzner and Levin (2005), who include irradiation (see below),
present similar arguments, and Rafikov (2007) also finds that the inclusion of
energy transport by convection does not substantively change the result.

One can try to minimize t,,(thick) by decreasing disk metallicity (and
hence dust content) or by allowing dust to grow and settle to the midplane.
No matter how this is done, the most efficient radiative cooling occurs when
Tmid ~ 2/3. Lowering the opacity further makes cooling optically thin and
therefore less efficient again. This can be seen in (71) and (72) because
teoor (thick) ~ & for 7,5 >> 2/3, while t,o(thin) ~ 1/k for 7,y << 2/3. Keep-
ing all other parameters the same and letting 7,y — 2/3 in eq. (70) give
teool (Shortest) & 100 yr at 5 AU or t,y(shortest)§2 ~ 50, still far from the
values of 6 to 12 required for fragmentation (Rice et al., 2005). Boss (2005)
critiqued Rafikov’s original analysis for using Q,;; ~ 1 as the GI stability limit.
Here I have adopted a more generous value Q. ~ 1.7 in eq. (46) and obtain
essentially the same result. Even if factors of order unity in the analysis or
the assumed parameters soften the conclusion, Rafikov’s argument sounds a
loud cautionary note about expecting real disks to fragment near 5 AU. He
also points out that t,, in (70) increases as T,,;4 decreases. Therefore, if a disk
cools to the threshold of instability, it becomes less likely to fragment because
too0l INCTEASES.

On the other hand, when applied to @ ~ 100 AU, eq. (72) tells us that
teool (thin) ~ tr. Therefore, as pointed out by Rafikov and others, marginally
unstable massive disks may very well fragment if they extend to large-enough
radii (see § 4.2).

IRRADIATION. Disk radiative cooling is complicated by the possibility of exter-
nal radiation shining onto the disk from its central star, an infalling envelope,
or neighboring stars (see the chapter by Calvet and D’Alessio for a more com-
plete discussion). Matzner and Levin (2005) argued analytically that irradiation
plays arole in suppressing fragmentation by Gls in the early stages of disk evo-
lution around solar-type stars. A simple estimate is instructive. Solving eq. (38)
for the temperature and using eq. (46) to represent the marginal instability
limit for nonaxisymmetric modes, one gets that
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Qcrit @ \3 (Mg 2 g
74 T > Ty ~75K o . A—
= et < 17 (5 AU) M, ) \3.10% gm cm 2

will stabilize a disk. In a constant-Q disk hovering near instability, T,
-3/2

decreases outward only if X (e) falls off more steeply than @

External irradiation affects GIs in the optically thick part of the disk near
the midplane through a flux of infrared radiation coming down onto the disk
from above. For irradiation by an infalling envelope, the incoming radiation is
already at mid- to far-infrared wavelengths. For irradiation caused by the cen-
tral star or nearby stars, shorter-wavelength optical radiation is absorbed by and
heats the uppermost layers of the disk atmosphere. This superheated region
reradiates some of its energy downward toward the midplane in the infrared.
Leto Ti‘:r represent the downward-irradiating IR flux. Then irradiation is likely
to stabilize the disk at @ if Tj,, > T, because the disk temperature should
be at least Tj,, in the absence of other heating. In fact, values of Tj,, similar to
eq. (74) can be achieved by stellar and envelope irradiation. For a uniformly
flared disk dominated by stellar irradiation, we expect T;,, ~ @ ~/2. Envelope
irradiation may be due to reprocessing of starlight at large distances from the
disk and so could be more uniform with @, as assumed in Cai et al. (2008).
What part of a real disk can be kept stable by irradiation then depends on
XY (). Real disks could behave in complicated ways if parts of the disk are
shaded by a raised inner rim or by time-dependent spiral ridges due to shock
bores. The interaction of irradiation with GIs is only beginning to be explored
in simulations (e.g., Cai et al., 2008; Stamatellos and Whitworth, 2008).

SPECIAL ISSUES FOR GI-ACTIVE DISKS. Even without irradiation, there are
aspects of disks that make treatment of radiative cooling challenging. Several
of these harken back to issues raised in {§ 2.1 and 4.3. Although disks are
usually geometrically thin (H/w < 0.1), they are not dynamically thin (t, ~
trot). The disk vertical and horizontal structure is strongly variable once GIs
erupt, with shocks atall altitudes plus breaking waves and some forms of shock
dissipation that are concentrated in the upper layers (Pickett et al., 2000; Boley
and Durisen, 2006). Geometric thinness implies that the vertical temperature
gradients are, on average, largest in the z-direction and that heat will mostly
diffuse or be radiated vertically. As a result, some radiative cooling schemes
implicitly assume that all energy is lost in the z-direction (A. F. Nelson et al.,
2000a; Johnson and Gammie, 2003). Nevertheless, strong spiral shocks do
produce large horizontal temperature gradients, and energy diffusion in the
w - and ¢-directions can also be important for modeling energy loss, atleast at
the 10s of percentlevel (Boley et al., 2007a). Dynamic variability also means that
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deviations from radiative equilibrium could be pandemic in both optically thick
and thin regions. Furthermore, a substantial fraction of the net cooling can
come from the optically thin region above the disk photosphere and from the
radially outermost regions where 7,y < 2/3 (Caietal., 2006). Nonequilibrium
processes probably should be treated in these regions, and the cooling scheme
needs to be able to handle both 7,,;; > 2/3and 7,,,;; < 2/3. This can taxa code’s
ability to step in time because the heating and cooling times in low-7 regions
of low density are sometimes rather short.

Despite all these difficulties, the thermal physics, including energy trans-
port, should be dealt with as carefully as the dynamics. As we have seen, one
of the fundamental insights now generally accepted is that the rate of energy
loss by the disk controls the amplitude and behavior of GIs. For H/@ ~ 0.05
to 0.1, the internal energy of the disk is 1% or less of the rotational or gravita-
tional energy of the disk (see § 2.1). All the energy liberated by GIs that escapes
the disk must go through this internal energy reservoir. This is similar to the
case of a main-sequence star, where energy from the very large nuclear reser-
voir is first dumped into a relatively small internal energy reservoir before
being radiated; it is the thermal transport of energy that controls the rate of
evolution of the star and regulates the release of nuclear energy. In a disk,
radiative losses from a mostly flat rather than spherical surface regulate the
rate at which the dynamic GI process can release gravitational energy. Just as
for a star, the transport of energy through the disk’s small thermal reservoir
has to be computed accurately.

TWO- AND THREE-DIMENSIONAL TREATMENTS FOR DISK SIMULATIONS.
This section reviews the principal techniques used so far to model realistic
radiative cooling in disk simulations. The presentation emphasizes the phi-
losophy of each method and is given in rough chronological order according
to the first major paper that adopted it. I try to give enough detail for the reader
to judge the relative merits of the schemes, but the original papers need to be
consulted by anyone who intends to implement them.

Several GI simulation efforts approximate realistic radiative cooling by
assuming or fitting a 1D radiative equilibrium solution in z, either the one
in eq. (66) or the Hubeny variant, to estimate loss of energy by the disk in
the vertical direction (A. F. Nelson et al., 2000a; Johnson and Gammie, 2003;
Mejia et al., 2003; Stamatellos and Whitworth, 2008). The hydrodynamics in
the first two papers is 2D and deals only with vertically integrated quanti-
ties. The vertical direction is assumed to be hydrostatic and isentropic over
z. From 1,y and T,,;4, an effective flux GT‘%r from the top of each column
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is computed and used to cool the column. The last two papers employ 3D
hydrodynamics, so the z-structure is resolved and dynamic. In their Case 2,
Mejia et al. again estimate o Te} from t,,;4 and T,,;4 and distribute the heatloss
over the column. The scheme in Stamatellos & Whitworth is somewhat harder
to characterize. Each SPH particle in their simulation is cooled by using an
approach similar to (66) applied by estimating, in an average sense, how far
the particle is from the photosphere. All these approaches treat the radiative
physics as a local cooling process, without explicit transport of energy. They
are “realistic” in that they estimate the cooling by assuming radiative equilib-
rium with t calculated from a realistic kg, either from Pollack et al. (1994) or
D’Alessio et al. (1998, 2001).

Boss (2001, 2002a, 2002b) makes an important step forward by including
3D diffusive transport (eq. [64]) with the Pollack et al. kg in his grid-based
FD code. Energy is now actually transported and can move in all directions.
Because his grid is in spherical coordinates, he measures the optical depth
7, inward along spherical coordinate radial spokes to determine a disk photo-
sphere (1, = 7). Diffusion is done only for 7, > .. Boss does not estimate or
fit radiative fluxes at the photosphere but instead enforces a constant temper-
ature in low-t, regions. He finds little difference between using 7. = 1 or 10.
Mayer et al. (2007b) use an SPH version of 3D diffusion developed by Cleary
and Monaghan (1999). To locate the radiative surface of the disk, they look for
edge particles with no neighbors within some cone angle of the vertical and/or
cylindrically radial directions. Edge particles in z are allowed to radiate like a
blackbody at their own temperature over a hemisphere with a radius equal to
the particle’s smoothing length. There is no separate treatment of optically
thin regions. The Boss and Mayer et al. schemes are similar in the following
ways: 3D diffusion in optically thick regions, no explicit radiative treatment
of optically thin regions, and boundary conditions (BCs) that are not easily
characterized in terms of classic radiative transfer.

Asargued in the preceding section, the z-direction may not be in radiative or
hydrostatic equilibrium in a GI-active disk. Also, much of the disk volume can
be optically thin, and shocks or external radiation fields can cause significant
heating in optically thin regions. In an effort to deal with all these issues, Mejia
(2004) and Cai (2006) develop a hybrid scheme with the following features:
full 3D diffusion in optically thick regions (r, > 2/3), explicit treatment of
optically thin regions to allow for nonequilibrium conditions, and coupling of
the optically thin atmosphere for 7, < 2/3 to the optically thick region when
Tmid > 2/3. A fluxlimiter (Bodenheimer et al., 1990) is applied to the diffusion
calculation so that the flux cannot exceed the physical limit where all photons
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are streaming in one direction. This is done to prevent excessive transport in
the horizontal directions (w and ¢) if cells that are vertically optically thick
become horizontally optically thin. However, even this limiter can fail under
extreme conditions with large horizontal gradients (Cai et al., 2008). When
Tmid < 2/3, usually in the outer disk, direct cooling to space is assumed at the
rate 4kcpo T* used in eq. (72). This produces a radial temperature discontinuity
of 10s of percent near where 7,,,;y =~ 2/3.

A key aspect of the Cai/Mejia scheme is that the BC for the diffusion prob-
lem is determined by using eq. (67) to set the flux at the upper face of the cell
in which the cell-centered 7, first becomes > 2/3 as one goes into the disk
along a vertical column. Specifically, the 7, and T of this cell are used in (67)
to calculate O'Téﬁ for the upper cell face. An additional term o T4, is added
to (67) to account for energy radiated down onto the disk by the atmosphere,
and some of the upward-moving radiative flux is assumed to be absorbed by
the atmosphere. The cell-to-cell coupling in the atmosphere is not perfect and
results in a temperature drop of 10s of percent across the photosphere (Boley
et al., 2006). Nevertheless, the scheme computes the correct flux out of the
optically thick region in tests against an analytic solution based on Hubeny’s
work.

A simple modification to the Cai/Mejia scheme (Zhu et al., 2009; Cai et al.,
2010) improves the high- and low-7 coupling, eliminates the vertical temper-
ature drop at the photosphere, and reduces the radial jump near 7,y ~ 2/3.
For 7, < 2/3, the radiative cooling (or heating when negative) is taken to be

75 A=4KP(O'T4—7TJ),

where the mean radiation field ] is the one that would obtain in radiative equi-
librium by setting ] (tz) = B(Tj;) and using Tj;(t2) as the temperature expected
from eq. (67) after the photospheric fitting described above. This accounts for
the possibility that the atmosphere is slightly out of radiative equilibrium but
also allows it to relax accurately to equilibrium when conditions warrant. Cal-
culating A relative to radiative equilibrium makes ¢, (local) longer and more
manageable numerically in low-t, regions. This scheme works best when the
optically thin layers are close to radiative equilibrium but can produce numer-
ical difficulties when it is implemented in a time-explicit form for situations
where optically thin regions are far from radiative equilibrium.

Boley (2007) and Boley et al. (2007a) introduce a hybrid scheme thatemploys
true radiative transfer in the vertical direction. Flux-limited diffusion is still
used to calculate the @ and ¢ contributions to V-F,,; in optically thick
regions, but the discrete-ordinate method (Chandrasekhar, 1960; Mihalas and
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Weibel Mihalas, 1984) is employed in the z-direction as if each vertical col-
umn were a plane-parallel atmosphere. No vertical BC is now needed, except
an incoming intensity at the top of the grid, because the vertical direction is
a complete, though approximate, monochromatic radiative transfer calcula-
tion using either xg or a weighted average of kg and kp depending on t,,;,.
The current version of this code, called CHYMERA, uses only one upward
and one downward ray to compute the vertical radiative flux at horizontal cell
faces. The vertical fluxes at the top and bottom cell faces are then used to
determine the z-derivative part of V - F,;. Results for a GI-active disk in the
asymptotic phase agree reasonably well with the Cai/Mejia scheme, but there
are no artificial discontinuities in T'(z) at the photosphere, and the scheme is
more numerically stable in some respects (Boley et al., 2007a). A different kind
of hybrid scheme for SPH has recently been developed by Forgan et al. (2009)
that efficiently handles optically thin emission without recourse to cumber-
some photospheric fitting. It uses the SPH diffusion approximation in high-t
regions, as in Mayer et al. (2007b), but blended with the Stamatellos et al.
(2007b) cooling scheme to treat regions with 7 < about unity.

All the radiative cooling and transport schemes for disks described above
assume a particular limiting case of radiative hydrodynamics. As discussed in
Krumbholz et al. (2007b), when t >> 1 and rv/c > 1, one enters the dynamic
diffusion regime where the radiation field has significant energy content and
exerts significant forces. These effects have to be included in the hydrody-
namics equations. Fortunately, for protoplanetary disks orbiting a 1 Mg star,
v/c < 10~* for @ > 1 AU, while optical depths are typically < 10*. A particu-
larly impressive application of disk radiative hydrodynamics is the simulation
of a massive rotating molecular cloud core by Krumholz et al. (2007a) in the
v/c > 1 limit with full 3D flux-limited diffusion and a high-order adaptive
mesh-refinement scheme.

The time steps that can be taken in explicit radiative hydrodynamics calcula-
tions, regardless of scheme, cannot be longer than some fraction of ¢, (local).
In explicit codes, one has to limit the allowed cooling (or heating) to keep the
step sizes large enough to be useful, but these limitations on heating and
cooling rates can be monitored to be sure that they do not affect significant
regions of the disk. In the experience of the IU Hydro Group, overly short
shock heating or radiative cooling timescales most commonly arise in low-
density optically thin regions that do not contain much of the disk mass or
energy content. Performance of radiative schemes for disks can be substan-
tially improved by using implicit or semi-implicit approaches (e.g., Forgan
et al., 2009).
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5.2. Simulations of GIs with Radiative Cooling

GI fragmentation of spatially large disks (> 100 AU) with M,/ M; substantially
> 0.1 has been argued analytically or found in simulations by several groups
(e.g., Vorobyov and Basu, 2005, 2006; Kratter and Matzner, 2006; Krumholz
etal., 2007a; Stamatellos et al., 2007a; Boley, 2009; Clarke, 2009; Rafikov, 2009;
Stamatellos and Whitworth, 2009; Boley et al., 2010). In these cases, the frag-
ments can have gas-giant, brown-dwarf, or even stellar masses. At the time
this chapter is being written, computational results on fragmentation in outer
disks are somewhat sparse but are not generally considered controversial (see,
however, Boss, 2006b), because the discussions attendant on egs. (47) and (72)
make fragmentation plausible in large, massive disks. Current disagreements
in applications to outer disks focus more on the masses and ultimate fate of
the fragments as they migrate and as infall onto these massive young disks
continues.

The more serious debate about the DI planet-formation mechanism con-
cerns whether GIs can produce gas-giant protoplanets in the traditional
planet-forming region (a few to 10s AU), where most known exoplanets are
believed to have formed. Here DI envisions fragmentation of disks around
young solar-type stars with more modest masses M;/M; ~ 0.1 and spatial
extents. The importance of this debate is that DI is currently the only serious
alternative to formation of gas giants by core accretion plus gas capture in this
region (see Durisen et al., 2007; Lissauer and Stevenson, 2007). The rest of
the discussion in this subsection will be confined to simulations with realistic
radiative cooling that test DI for protoplanetary disks with the sizes and masses
appropriate for gas-giant planet formation inside 10s of AU around stars of
roughly solar mass or below.

THE CONTROVERSY. The situation at the time of writing is as follows. On
the one hand, simulations by A. F. Nelson et al. (2000a), Mejia et al. (2003),
Boley et al. (2006, 2007a), Cai et al. (2006, 2008, 2010), Boley and Durisen
(2008), Stamatellos and Whitworth (2008), and Forgan et al. (2009) support
the analytic arguments of Rafikov (2005, 2007), namely, that with realistic
radiative cooling, the cooling times (eq. [71]) in GI-unstable disks (eq. [46]) are
too long for fragmentation to occur, and disks do not fragment. On the other
hand, in a long series of influential papers, Boss finds that protoplanetary
disks do fragment readily into dense clumps. Boss’s position is supported,
but for more restrictive conditions, by simulations in Mayer et al. (2007D),
where fragmentation occurs when disks are somewhat more massive than the
Boss disks (> 0.12 M) and have higher mean molecular weight (> 2.4 amu).
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Examples of both fragmenting and nonfragmenting radiatively cooled disks
are shown in Plate 10.

The disagreements extend to how disk behavior varies with physical con-
ditions. Simulations in Boss (2002b) indicate that variations in metallicity,
which are assumed to cause proportionate changes in the dust opacity, make
little difference in the occurrence of fragmentation even over the broad range
of 0.1 to 10 times solar metallicity values, representing a factor of 100 in
dust opacity and radiative cooling times. On the other hand, simulations by
Cai et al. (2006) indicate that variations in metallicity do matter. Although
GIs do not produce fragmentation in any of their simulations, the GIs
become stronger in amplitude because of shorter cooling times as metallic-
ity decreases even over the narrow range of 0.25 to 2 times the solar value.
Cai et al. (2006) also find that increasing amq, weakens GIs for w > 10
AU at fixed metallicity because the opacity gets larger with g,y at these
radii.

On the assumption that the nonfragmenting results are correct, it is worth
mentioning that in the asymptotic phase of nonfragmenting disks (Boley etal.,
2006, 2007a; Cai et al., 2008), global gravitational torques are dominated by
low-order modes, especially m = 2 (see Fig. 5.11), with spatially and tempo-
rally averaged o ~ 1072, roughly consistent with eq. (59), but with large
fluctuations on the dynamic timescale. Radial density concentrations corre-
late with the CRs and LRs of large-scale modes. It would be difficult to model
these disks as simple «-disks, at least structurally.

Boss (2002a) asserts that his use of a boundary temperature mimics irra-
diation. In his simulations, rather high boundary temperatures (> 150 K) are
required to suppress fragmentation, whereas Boley et al. (2006) find that even
nonirradiated disks do not fragment, and Cai et al. (2008) see GIs weakened
(Tir ~ 151025 K) or suppressed (T;,, =~ 50K, in rough agreement with eq. [74])
by modest amounts of irradiation. T;,, = 25 K applied to a disk extending from
about 2 to 50 AU corresponds to intercepting about 2% of a solar luminos-
ity, an amount typical for an irradiated T Tauri disk (see the chapter by Calvet
and D’Alessio). Weakening and suppression of GIs by irradiation are also sup-
ported by analytic arguments (Matzner and Levin, 2005) and other simulations
(Stamatellos and Whitworth, 2008).

POSSIBLE RESOLUTIONS. I am optimistic that by the time this chapter
becomes readily available, the controversy will be resolved. Nevertheless, I
think that it is instructive to discuss possible causes for the disagreement and
to predict how a resolution will be reached.
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The Usual Suspects. One obstacle at present is that only a few of the disks in the
various works use the same initial conditions. Adopted disks vary in inner and
outer radii, M/ M;, X (w), Q (), and initial perturbations. The local 2D work
of Johnson & Gammie (2003) raises a caution in this regard by showing that
one cannot formulate a useful generalization of the Gammie fragmentation
condition (61) by using the radiative t,, of the initial state. One has to use
a spatially averaged t,,,(column) after the GIs have reached an asymptotic
behavior to recover something resembling (61). This probably does not obviate
the Rafikov (2005) argument, because he finds that the typical t,,,;$2 for the
disks of interestis quite large, butit does mean that Gammie’s criterion alone is
notreliable when applied to a specific disk with arbitrary initial conditions. This
problem is compounded by the fact that most initial disks used by researchers
are not close to radiative equilibrium and perforce have a strong initial radiative
transient. The only practical recourse is to run simulations and see whether
the disks fragment. Boss does not calculate cooling times explicitly, but he
infers short cooling times because he sees fragmentation. Researchers who
track cooling times (e.g., Boley et al., 2006, 2007a; Boley and Durisen, 2008)
find that t,,,(column) increases with time and is large enough to be consistent
with the lack of fragmentation.

The EOSs in the various simulations can also be different, ranging from use
ofaconstanty = 5/3 (e.g., Boleyetal., 2006, 2007a) or a constant y = 7/5 (e.g.,
Mayer et al., 2007b) to an EOS that includes some treatment of the rotation
states of H; (e.g., most Boss radiative hydrodynamics simulations; Boley and
Durisen, 2008; Stamatellos and Whitworth, 2008). The EOS for H, can be
somewhat controversial itself. Compare, for instance, Boley et al. (2007b) and
Boss (2007D). A related issue is whether artificial viscosity is used to mediate
shocks. Boss usually does not include artificial viscosity, which means that his
shocks are not constrained to conserve energy.

Boss (2004a) and Mayer et al. (2007b) actually agree with Rafikov (2005)
that radiative cooling alone cannot cause fragmentation. They attribute the
fast cooling in their simulations, as required for the fragmentation they see, to
convection associated with shock heating. Boley et al. (2006, 2007a) examine
their own simulations for vertical entropy inversions and thermal convective
flows in the optically thick regions and find none. In addition, Boley et al.
(2007a) set up toy problems where convection should occur in disks according
to the analyses of Lin and Papaloizou (1980) and Ruden and Pollack (1991).
Their code produces convection in these toy problems when expected, but, as
argued analytically by Rafikov (2007), the convection carries no more than a
few 10s of percent of the vertical flux in the optically thick region. To produce



218 / RICHARD H. DURISEN

fragmentation in the disks at issue here, convection would have to reduce the
cooling times by one or more orders of magnitude, not just 10s of percent.
Boley et al. (2007a) suggest that the vertical upwellings associated with spiral
shocks reported by Boss and Mayer et al. are not convection but shock bores
(§4.3). Shock bores by themselves should not produce much enhanced cooling,
and in fact they do not do so in the bursting dead-zone models of Boley and
Durisen (2008).

In early work by the IU Hydro Group (Pickett et al., 2003), the gravitational
force holding dense clumps together was underestimated in the azimuthal
direction because of an inadequate number of azimuthal grid cells L (typically
only 128) and possibly also because of a limited number of terms in computing
the boundary potential for use in the Poisson solver. Boss (2007b) pointed to
these as major concerns. Recently, as part of the Wengen Project, the 1U
boundary-potential solver has been tested against other solvers and found to
be fully adequate. However, it is true that a larger Ly, at least 512, is needed
to get good agreement with SPH and AMR schemes on fragment formation.
Boley et al. (2006, 2007a) performed long radiative runs with Ly = 128 but
reran stretches at 512 to verify, as strongly suggested by the 128 results, that the
disks do not fragment. The more recent Boley and Durisen (2008) simulations
are very telling in this regard. The disks in these simulations are chosen to
be unrealistically massive and small (0.17 Mg, from 2 to 10 AU) to bias them
as much as possible to having strong GIs in the Jupiter-formation region.
Some of these calculations have extremely high resolution in all directions,
up to 512 x 1,024 x 128 above the midplane in (@, ¢, z). Some simulations
include large reductions in opacity, by factors up to 10*, to mimic extreme dust
growth and settling. At this level of opacity reduction, t ~ 1, which provides
the most efficient radiative cooling possible. Even with these extreme physical
conditions and very high numerical resolution, no fragmentation and no fast
cooling due to convection occur.

In my opinion, the most likely culprit for the disagreement is treatment of
the radiative boundary conditions (BCs). Consider again the analogy to stellar
evolution mentioned in § 5.1. The pace of evolution of a star is controlled
by how quickly it can lose energy through transport. Under some conditions,
particularly for cool stars, the surface BCs must be treated carefully to compute
accurate luminosities (Kippenhahn and Weigert, 1990). These are obtained
for stellar evolution by fitting stellar atmosphere-like calculations with various
levels of sophistication, sometimes as simple as eq. (66), to the photospheric
layers of the star. Naturally, I am biased toward results from my own IU Hydro
Group, where we apply this same approach to disks. Philosophically, one
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could also argue that radiative heat diffusion in the optically thick disk interior
requires a boundary condition on the flux of energy, as in the Cai/Mejia analog
to a stellar-evolution scheme, not on the temperature, as in the Boss scheme.
The Mayer et al. edge algorithm for defining which SPH particles are part
of the photosphere is difficult to characterize physically and requires testing
against known results. Because the Boley et al. (2007a) scheme actually solves
the gray radiative transfer equation in the z-direction, it can be argued to be
the most sophisticated radiative cooling scheme so far applied to the problem.
The code has been demonstrated to produce fragmentation when conditions
are artificially contrived to cause it (Boley and Durisen, 2008). It should detect
fragmentation under realistic conditions if fragmentation is really going to
occur.

Pathsto Glory? As we have seen, most of the simulations performed by differ-
ent groups make different physical assumptions and use different initial disks.
Resolution of the controversy will, in part, require that groups with different
schemes compute as close to the same problem as possible. Only a little of this
has been done so far. Notably, Stamatellos and Whitworth (2008) and Forgan
et al. (2009) do a reasonably accurate job of matching the initial conditions
and opacities of Boley et al. (2006, 2007a) and obtain similar results, namely,
no fragmentation, even though they employ very different radiative cooling
and hydrodynamics techniques. A collaboration has been under way for some
time between the IU Hydro Group and Boss to make similar comparisons. In
fact, no fragmentation occurs when the IU Cai/Mejia code (Cai et al., 2010) is
used to simulate one of the same fragmenting y = 5/3 disks reported in Boss
(2007b). Unfortunately, the reason for this difference is still unclear. More
simulation groups using different numerical treatments of radiative transport
and hydrodynamics need to collaborate on such code comparisons and isolate
the reasons for different outcomes.

Research groups with 3D radiative hydrodynamics codes are coming on
line quickly, and some are beginning to direct efforts toward aspects of the
DI problem. It is hoped that this will clarify the situation by a growing weight
of numerical evidence on one side or the other. Along these lines, it is of
critical importance that all researchers applying radiative cooling schemes to
disks verify their algorithms against disk-specific analytic results. Because
most energy is lost vertically, Boley et al. (2007a) propose three tests based
on toy plane-parallel slab models with distributed internal heat sources using
a modified version of the radiative disk solution of Hubeny (1990): a static
test where the slab is relaxed to a hydrostatic radiative equilibrium, a dynamic
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test where it undergoes a self-similar quasi-static vertical contraction, and a
convection test in which thermal convection is modeled for simple opacity
laws. In addition to inspiring confidence in codes that perform well, the tests
are also useful for defining code limitations. Modifications can be devised
by other researchers that may be more suitable for their own schemes (e.g.,
Stamatellos and Whitworth, 2008), but testing of radiative routines on disklike

problems is necessary.

5.3. Conclusions about Gls in Radiatively Cooled Disks
A list of consensus results, like that in § 4.6, is not yet possible, but here are
some important points a reader should take away:

+ Radiative transport
Radiative cooling adds considerable complexity to GI simulations,
and a variety of approaches have been adopted.
Both optically thick and thin regions should be treated. Transitions
between them and the radiative BCs must be properly handled.
Radiative cooling couples gas dynamics to the evolution and fate of
the dust.

» Fragmentation controversy
Simulation results disagree about whether GIs can fragment pro-
toplanetary disks into gas-giant protoplanets in the critical planet-
forming region (a few to 40 AU) around solar-type stars.
Researchers agree that radiative cooling times in unstable disks are
too long to result in fragmentation; those who see fragmentation
attribute the required fast cooling to convection.
Massive disks that extend to large radii probably can and do fragment.

* Resolution of the controversy
More rigorous testing of radiative cooling routines against analytic
problems is required.
Groups with a variety of radiation hydrodynamics schemes should
use the same input physics and initial disk conditions, compare
results, and isolate the reasons for significant differences.
The treatment of radiative BCs is probably the main concern, but
differences in EOS, resolution, disk properties, and artificial viscosity
may also play a role.

* Other results
Irradiation tends to weaken or suppress Gls.
Simulation results disagree on how much difference metallicity
makes in the strength and consequences of GIs.
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Mass and angular momentum transport in nonfragmenting disks
is at least structurally global and is dominated by low-order modes;
spatially and temporally averaged a5 s are ~ 1072 in the asymptotic
phase, roughly consistent with eq. (59).

5.4. Special Effects and Planet Formation

I include this section to highlight directions where work on disk gas dynamics
may have significant implications beyond mass transport and fragmentation.
Until there is general agreement about the effects of radiative physics, all work
on these topics should be considered tentative, and so they are not discussed
in great depth. I mention them mainly to entice future young researchers and
to point the reader toward a few formative papers.

SPECIAL EFFECTS

Mixing. The shock bores, associated with GI spirals can rapidly mix disk
constituents, spreading abundance or isotopic anomalies and entrained dust
(Boley et al., 2005; Boley and Durisen, 2006). For this particular application,
whether a disk fragments is irrelevant, and, in fact, mixing is nicely inves-
tigated in nonfragmenting simulations by Boss (2004b, 2007a). He adds a
“color” equation to his 3D hydrodynamics code that resembles eq. (2) but,
instead, evolves a fictitious “color density” representing some unspecified dif-
ference in composition. When color is painted at the vertical surface of his
disks, the color mixes to the midplane within a few dynamic times and then
also mixes radially over regions spanned by strong spiral arms. Boss attributes
the mixing to convection, but Boley and Durisen (2006) interpret the mixing
as due to the shock bores associated with the spiral arms, as in Fig. 5.10.
By tracing fluid elements in shock bores, Boley and Durisen confirm mix-
ing to the midplane and mixing radially over several vertical scale heights
on a dynamic timescale. Unfortunately, it is difficult to separate oscillations
and stirring from true mixing at present, but there is a possibility that over
many dynamic timescales, asymptotic-phase GIs can mix material over large
distances. This may be relevant for understanding the presence of refractory
materials in comet dust (Brownlee et al., 2006).

GIs and MRIs Combined. Simulations of MRIs and GIs are difficult enough
when they are done separately, butit will ultimately be important and necessary
to consider disks in which both are occurring. Fromang et al. (2004) and
Fromang (2005) have performed global 3D MHD simulations of massive disks
with simple EOSs. Even these early efforts show interesting results. Not only
can MRI turbulence and GIs coexist, but they tend to interact on dynamic
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timescales with trade-offs of amplitude. The presence of MRI turbulence also
has a stabilizing influence on Gl-induced fragmentation. The interplay of
separate MRI- and Gl-active regions could lead to outburst phenomena in
disks like FU Orionis (e.g., Armitage et al., 2001; Zhu et al., 2007, 2009).
Current modeling in 2D (Zhu et al., 2009) suggests that FU Ori outbursts may
be a cascade of instabilities where GIs trigger MRIs that then trigger a thermal
instability (Bell and Lin, 1994) that finally produces rapid accretion onto the
star. The 2D modeling does not treat GIs directly and requires assumptions
about the nature of a GI/MRI boundary. However, it has been shown that GI
outbursts in a dead zone can transport mass inward on timescales consistent
with FU Ori events and thereby trigger the cascade (Boley and Durisen, 2008).
When infall onto the disk M is large enough, a Gl-active disk can become
hot enough in the inner few AU to sustain MRI without requiring an outburst
(Rice and Armitage, 2009).

Visible Consequences of GIs. Given the disagreements about the effects of radia-
tive cooling, not too much detailed work has been done on predictions about
the appearance of Gl-active disks. Boley et al. (2006) find that the spectral
energy distribution (SED) produced by the main Gl-active part of their disk
is reasonably consistent with what would be expected from a T Tauri disk
with Ty ~ @ ~*°. However, their simulation does not cover a large range of
disk radii and does not include mechanisms of grain growth or destruction,
which A. F. Nelson et al. (2000a) show can strongly affect the SED. During
the burst phase, the SED of the Boley et al. simulation does exhibit some FU
Ori-like characteristics, but it is not a true FU Ori outburst because they do
not model the disk inside 2.3 AU, where the outburst is concentrated (Zhu
et al., 2007). GIs may be indirectly related to FU Ori and disk eruptions by
creating dense clumps in the outer disk that are accreted by the inner disk in
repeated outbursts (Vorobyov and Basu, 2005, 2006; Boley, 2009) or by episodic
triggering of MRI in a dead zone (Armitage et al., 2001) that leads to thermal
instability in the innermost disk, as discussed in Zhu et al. (2007, 2009) and
Boley and Durisen (2008). As better interferometric methods and the Atacama
Large Millimeter Array (ALMA) become available, one can, of course, look for
the structural signature of GIs. Maps of surface flux, effective temperature,
specific intensity, and brightness temperature for face-on GI-active disks have
been computed from simulations in various papers, e.g., Figure 3 of Mejia
et al. (2003), Figure 8 of Mejia et al. (2005), and Figures 11 and 12 of Boley
and Durisen (2008). In all these cases, the appearance of the disk tends to
be dominated by global two- or three-arm spiral patterns. A possibility that
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has not been thoroughly explored is that the corrugated surface of a GI-active
disk could lead to dynamic timescale variability, especially when the disk is
viewed more nearly edge on (Pickett et al., 2003). One possible consequence
in the case of extremely large disks around massive stars is that masers might
preferentially occur on lines of sight along the spiral arcs (Durisen et al., 2001).

PLANET FORMATION.

Effects of Binary Companions and Stellar Encounters. Obviously, a stellar
or brown-dwarf companion or intruder can tidally perturb a disk that is
marginally GI unstable. The enhanced amplitude of the spiral waves due to
tidal forces can have two countervailing effects. They could either induce frag-
mentation when it would not have otherwise occurred or lead to stronger
heating of the disk, which suppresses fragmentation that might have other-
wise occurred. Because planets are found in binary systems, it is important
to understand whether these might be more or less favorable environments
for the DI theory. There have been several studies (e.g., A. F. Nelson, 2000;
Boss, 2006a; Lodato et al., 2007; Mayer et al., 2007a). In all cases, the disks are
of modest mass (M;/M; ~ 0.1) and ~ 10 to 10s of AU in size around solar-
type stars, and the perturbers are binary companions in eccentric orbits or
parabolic interlopers. Just as with the problem of fragmentation in an isolated
disk, there is no general agreement about the direction of the effects. Given
my biases, I suspect that the simulations by Nelson (2000) and Lodato et al.
(2007) give the correct answer, namely, that fragmentation tends to be strongly
suppressed by the heating associated with shocks caused by tidal disturbances.
However, this problem needs to be revisited with better radiative codes, and a
wider range of parameter space needs to be explored. For instance, even with
good radiative cooling schemes, disk behavior may be sensitive to assump-
tions about opacity and irradiation. Also, few results have been reported on
how binary companions affect GIs as a transport mechanism.

Interaction of GIs with Solids. A particularly exciting area for future research
will be the interaction of GIs with solid material. As discussed in more detail
in the chapters by Calvet and D’Alessio and by Henning and Meeus, dust in
disks is likely to grow and settle to the midplane on fairly short timescales, and
the rocky subdisk may itself become susceptible to its own instabilities (e.g.,
Johansen et al., 2007); this could lead to planetesimal production. Gas-phase
GIs could also play some role in growing large bodies. While the smallest dust
particles remain entrained with the gas, are stirred by turbulence, and may be
mixed over large distances by shock bores, particles of millimeter sizes and
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larger experience secular drifts relative to the gas. In particular, particles tend
to drift opposite to the direction of a pressure gradient, with the largest drift
speeds ~ 100s m s~ ! attained for particles with radii of about 1 meter. These
drift speeds are large compared with orbit speeds of 30 km s~! at 1 AU and can
result in rapid loss of solids into the star if the pressure drops monotonically
outward. Above about 100s meter sizes, the drift speeds for particles due to
gas drag become small again. GIs can produce axisymmetric concentrations
of mass (Haghighipour and Boss, 2003) and pressure ridges along dense spi-
ral waves where particles of roughly meter size may accumulate rapidly, on
timescales not much longer than the dynamic time on which the GIs them-
selves act (Rice et al., 2004), as shown in Plate 11. It is even possible that if
there is enough mass present in particles of the optimal size, concentration
in spiral arms may lead to gravitational instability of the concentrated solids
themselves (Rice et al., 2006). The result could be enhanced rates of planetes-
imal production, which, in turn, could accelerate the accretion of the solid
cores required by the core-accretion theory for forming gas-giant planets.

Hybrid Planet-Formation Theories. The discussion of the previous paragraph
suggests that core accretion of gas-giant planet formation may not occur in a
laminar disk. A variety of dynamic structures could be present that enhance the
rate of planetesimal and planetary embryo production and core growth. These
include rings at the boundaries between GI-active and inactive regions (Pickett
and Lim, 2004; Durisen et al., 2005), the spiral arms discussed above, and
pressure maxima at the centers of vortices produced by baroclinic and other
instabilities (Adams and Watkins, 1995; Klahr and Henning, 1997). These are
exciting possibilities worthy of further study. I point especially to Klahr and
Bodenheimer (2006), where gas-giant formation by core accretion is computed
for the environment of a large-scale vortex in a disk. Similar effects might occur
at the snow line (Kretke and Lin, 2007) or at the edge of a dead zone (Lyra
et al., 2008, 2009). I refer to these as hybrid theories because they incorporate
elements of standard core accretion but invoke additional disk dynamics to
facilitate and accelerate the process.

Formation of Gas Giants at Large Distances. The emphasis in the earlier part
of this section is on the region inside about 40 AU, but, as discussed in
§ 4.2, GIs can occur at large disk radii if massive disks are spatially extended.
Beyond about 50 AU, Rafikov’s (2005) arguments against fragmentation no
longer apply, and in fact fragmentation is expected if Q becomes low enough.
Simulations of large disks around A-type and solar-type stars with realistic
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treatments of radiative cooling show that the resulting bound objects tend to
have the masses of gas giants and brown dwarfs (Stamatellos and Whitworth,
2009; Boley, 2009; Boley et al., 2010). The recent detection of super-Jupiters
orbiting their stars at large radial distances (many 10s to 100s of AUs) is diffi-
cult to understand in terms of core accretion plus gas capture because of the
long formation times required at those distances and because of the difficulty
of migrating or scattering planets so far outward (Dodson-Robinson et al.,
2009). This raises the interesting possibility, worthy of further investigation,
that planet formation is actually a bimodal process, with formation by core
accretion effective in inner disks (< about 50 AU) and formation by DI in
outer disks (> about 100 AU) (Boley, 2009; Clarke, 2009; Rafikov, 2009). The
major uncertainty now is the fate of these distant gas-giant protoplanets. How
many migrate toward the star before they contract to small size and get tidally
disrupted (Boley et al., 2010)? What consequences would that have for disk
evolution and planet formation? How many will survive as true planets with
continued rapid mass inflow onto the disk (Kratter et al., 2010)? Krumholz
et al. (2007a) have also shown that spatially extended massive disks formed
during massive star formation can fragment into stellar-mass clumps.

A Unified Theory? As discussed in Boss and Durisen (2005) and Boley and
Durisen (2008), which borrow ideas from papers like Gammie (1996), Wood
(1996), Armitage et al. (2001), and Vorobyov and Basu (2005), it is at least
conceivable that several young-star and early solar system phenomena are
intimately connected, namely GIs, planetesimal production, gas-giant planet
formation, thermal processing of solids by shocks, and FU Ori outbursts. To
test aspects of this idea, Boley and Durisen (2008) bias their simulations of
bursting dead zones at 4 to 5 AU heavily in favor of producing the strongest
possible GIs. Although some thermal processing of solids, such as annealing
of silicates, would occur in their simulations, it proves difficult, if not impos-
sible, to get shocks strong enough to make chondrules (see the chapter by
Henning and Meeus). The main problem is that the pitch angle of the spiral
arms (eq. [42]) never becomes larger than about 10° even in the nonlinear
regime, so that the Mach numbers of the spiral shocks in eq. (45) remain rela-
tively low (see also Cossins et al., 2009). The more successful result reported in
Boss and Durisen was dependent on GIs producing Jupiter-mass fragments
accompanied by transient high-pitch angle wakes. Boley and Durisen note that
outbursts centered closer to 1 AU (Zhu et al., 2007, 2009) can work in prin-
ciple, and this may be a fruitful area for further study. Another criticism of
connecting GI bursts with chondrule formation is that GIs require a relatively
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massive disk, most likely early in disk evolution, while chondrules apparently
formed 1 or 2 million years after the Solar Nebula first took shape. The con-
nection between GI bursts and planet formation is also unclear. Boss would
argue that Jupiter formed in a GI burst, but Boley and Durisen see no evi-
dence of disk fragmentation even under extreme assumptions. If GI bursts
are related to planet formation, it may be through a phase of rapid planetesi-
mal and embryo production induced by the Gls, as discussed in the previous
paragraph, or through bursts of planet formation by DI in an outer disk fol-
lowed by rapid inward migration (e.g., Vorobyov and Basu, 2006; Boley, 2009;
Boley et al., 2010). Whether the notion of a unified theory has any real merit

remains to be seen.

6. Conclusion

The intricate uncertainties surrounding some issues raised in this chapter
might at first seem discouraging. Kant’s philosophical project, to derive the
formation of planetary systems from first principles, seems to become more
elusive the more deeply we delve into it. In reality, however, the complexity
that emerges from a modest number of physical ingredients is one of the
wondrous features of the universe in which we live. Isolating important pro-
cesses from unimportant processes in real complex systems is challenging
enough in the laboratory. Astronomers and planetary scientists are brash
enough to try to understand complex phenomena that are as remote in
time as our solar system’s origin and as remote in space as the young cir-
cumstellar disks in star-forming regions. Observations tell us that planetary
systems are not only common but also exhibit a wild diversity of architec-
tures. So, while the processes of formation must be robust enough to be
widespread, they must also be highly nonlinear and chaotic in nature. Com-
plexity is no surprise, given the variety of effects that can strongly influence
the outcome of disk evolution—initial protostellar cloud conditions, strength
of magnetic fields, interactions among protostars, irradiation, tidal distur-
bances, self-gravity, radiative cooling, and the production of turbulence and
global structure through the nonlinear development of various instabilities, to
name a few. Moreover, gas dynamics is coupled to the growth and migration
of solids through opacity, ionization equilibrium, and multifluid behavior. All
this complexity means that we have more work to do, which is not in itself
a bad thing. It is very likely that Kant would have been fascinated by what
we now know, and that Laplace, if he lived today, would have written several
chapters of this book himself.
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6 STEVEN A. BALBUS

MAGNETOHYDRODYNAMICS OF
PROTOSTELLAR DISKS

1. Introduction

Magnetic fields are at the heart of the dynamic behavior of protostellar disks;
they are governed by magnetohydrodynamics (MHD). The combination of a
weak (subthermal) magnetic field and Keplerian rotation is unstable to the
magnetorotational instability (MRI) if the degree of ionization in the disk is
sufficiently high. The MRI leads to a breakdown of laminar flow into tur-
bulence and produces a significant outward angular momentum flux via the
greatly enhanced transport.

Along with this transport, there is also a significant loss of mechanical
energy via dissipation. If the turbulent energy is dissipated locally, standard «
modeling should give a reasonable, if somewhat crude, estimate of the gross
scalings of the disk temperature and density. Away from the central star, how-
ever, the ionization fraction of protostellar disks is small, and they are gener-
ally not in a regime of near-perfect conductivity. Nonideal MHD effects are
important, and these cannot be reduced to a single, simple « parameter. Once
nonideal MHD figures in the investigation, the multifluid character of the disk
gas must be addressed. In the literature, this is often done without sufficient
care. In this chapter, I have devoted significant space to a detailed presenta-
tion of the fundamental MHD equations appropriate for protostellar disks. I
hope that it affords the reader some helpful guidance through the labyrinthine
passages of nonideal MHD.

In protostellar disks on scales of 1 to 10 AU, of the various complications
to ideal MHD, Ohmic dissipation processes and Hall electromotive forces
are the most important to understand. The presence of dust, of course, is
also critical because small interstellar-scale grains absorb free charges that
are needed for good magnetic coupling. On the scales of interest there is
likely to be a region near the disk midplane that is magnetically decoupled,
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a so-called dead zone. The growth and settling of the grains as time evolves
reduce their efficiency to absorb charge. With ionization provided by coro-
nal X-rays from the central star (and possibly also cosmic rays), protostellar
disks may be sufficiently magnetized throughout most of their lives to be MRI
active, especially away from the disk midplane. The devil, as always, is in the
details.

An understanding of the MHD of protostellar disks is crucial for the
theoretical development of these objects. There is no getting around the fact
that the subject is decidedly inelegant. In principle, we are interested only
in solving the equation F = ma, but the range of topics that bears on this
problem is truly daunting. Molecular chemistry, dust-grain physicochemistry,
photoionization physics, aerosol theory, and non-ideal MHD are all key players
in this game. If the results of the theorists’ efforts had been little or no progress,
there would have been no shortage of excuses. (“More work is needed.”) Butin
fact there has been substantial progress in understanding important issues,
more perhaps than some practitioners may realize. A sort of consensus is
beginning to take shape about the gross properties of protostellar disks that
are dictated by the demands of MHD physics. In this review, I will try to put
forward as strong a case as I can for what I somewhat boldly regard as the
canonical protostellar disk model, but at the same time I will try not to gloss
over what are genuine uncertainties or difficulties.

Protostellar disks are a class of accretion disks, and one area where there
certainly has been a great deal of progress in recent years is in the development
of accretion-disk theory. The realization that a combination of differential rota-
tion and a weak magnetic field is profoundly unstable and produces turbulence
has given the subject a foundation on which to build (Balbus & Hawley 1991,
1998). Indeed, the primary reason for studying MHD processes in protostellar
disks in detail is that once these systems are no longer self-gravitating, mag-
netic fields profoundly influence their dynamic behavior. It is not possible to
understand angular momentum transport in low-mass (T Tauri) disks without
focusing on magnetic fields.

Magnetic fields provide a conduit for free energy to flow from the differen-
tial rotation to the disk itself, producing fluctuations, turbulent heating, and
quite possibly the directly observed outflows. Most important, we shall see
that MHD turbulence produces well-correlated fluctuations of the radial and
azimuthal components of the magnetic field and fluctuating gas velocity. It
is precisely these correlations that result in a substantial outward transport of
angular momentum, allowing the disk gas to spiral inward and accrete onto
the central star.
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It may also be possible in principle for winds to remove angular momentum
from the disk without completely disrupting it (see Kénigl and Salmenon, this
volume). The difficulty that needs to be overcome for this mechanism is that
the outflow must occur over the whole face of the disk, not just from the
innermost regions where jets are launched: material near the inner disk edge
has already lost almost all its angular momentum. Instead, the outer disk
material, torqued by the magnetic field, must continuously slip relative to
the field, or else the field tends to become very centrally concentrated (Lubow,
Papaloizou, & Pringle 1994). How this might work without generating internal
disk turbulence that itself transports angular momentum remains to be fully
understood.

This understanding that magnetic fields play a crucial role as the source
of disk turbulence developed more than 30 years after the basic instability
(now known as the magnetorotational instability or MRI) first appeared in
the literature (Velikhov 1959). But even if the importance of the instabil-
ity had been grasped immediately, without the computational power that
became available only after 1990, it is doubtful that the impact would
have been the same. There is no substitute for being able to visualize on
one’s desktop the development of a linear instability into full-fledged MHD
turbulence.

The MRI depends on the presence of electrical currents to do its job, and this
means that the disk gas must be at least partially ionized. “Partially ionized” in
practice could mean even a minute electron fraction. Tiny traces of electrons
can magnetize the disk, an effect we will quantify in § 8. It is because even a
wisp of a magnetic field and the merest trace of electrons take on such dynamic
significance that protostellar disk dynamics depends so heavily on protostellar
disk chemistry.

Young protostellar disks need sodium, potassium, and other trace “vita-
mins” to make them vigorous and active because these alkalis are important
in regulating the delicate ionization balance in the gas. It is ultimately the
ionization level that determines the resistivity that determines whether the
magnetic field is well coupled to the gas or not. This is not an issue in accretion
disks around compact objects, for which even a small fraction of the turbu-
lent energy dissipated is enough to ensure that the gas is thermally ionized.
Protostellar disks, on the other hand, are big (so the free energy of differential
rotation is small), dusty (so grains absorb free electrons), and cold (so thermal
ionization is unimportant except near the star). The overarching question of
protostellar MHD research is to understand under what conditions the abun-
dance of free electrons drops below the level needed to ensure good magnetic
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coupling. The magnetic coupling leads in turn to instability, turbulence, and
enhanced transport, the essence of disk dynamics. Much of this review will be
devoted directly to the question of disk-ionization balance. For readers wish-
ing additional astronomical background material, the text of Lee Hartmann
(2008) is an excellent choice. Balbus & Hawley (2000) and Stone et al. (2000)
are earlier reviews of MHD transport processes in protostellar disks. More
general disk reviews include Pringle (1981; a classic review but before-MRI),
Papaloizou & Lin (1995), Lin & Papaloizou (1996), Balbus & Hawley (1998),
and Balbus (2003). In addition, the Protostars and Planets series published by
the University of Arizona Press contains a useful historical record of the devel-
opment of the subject of protostellar disks; the latest volume is Protostars and
Planets V (Reipurth, Jewitt, & Keil 2007).

2. On the Need for MHD

The modern view of protostellar disks is heavily influenced by accretion-disk
formalism. Lin & Papaloizou (1980) is the first pioneering study to bring
accretion-disk formalism to bear on the study of protostellar disks, although
it is now thought that MHD turbulence, rather than convective turbulence, is
the key to protostellar disk dynamics. To understand the central role of a mag-
netic field in our understanding of protostellar disks, it is of interest to review
where we stand with respect to our knowledge of the onset of turbulence in
rotating flows.

The principal problem for classical disk theory (Shakura & Sunyaev 1973)
was to discover the origin of the very large stresses that were needed to trans-
port angular momentum, a process then (and still often now) referred to as
anomalous viscosity. The approach of Shakura & Sunyaev was to make a virtue
of necessity, arguing that the small microscopic viscosity implied a very large
Reynolds number (Re),! and a large Reynolds number meant that shear tur-
bulence was present. This conclusion was sustained by the belief that the
laboratory experiments showing a nonlinear breakdown of Cartesian shear
layers at values of Re in excess of ~ 10° would naturally carry over to Keple-
rian disks, where its value was considerably higher. The fact that the inertial
force associated with the Coriolis effect (not present in planar flow) was well
in excess of the destabilizing shear does not seem to have been viewed as
troublesome to proponents of this view.

1. The Reynolds number Re is the characteristic flow velocity V times a characteristic
length L divided by the kinematic viscosity v: Re = VL/v.
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The classical laboratory method for investigating the stability of rotating
flows is a Couette apparatus. In this device, the space between two coaxial
cylindersis filled with aliquid, almost always ordinary water. The two cylinders
rotate at different angular velocities, let us say §2;,, and £2,,:. The gap between
the cylinders is of order 1 centimeter, and a stable rotation profile will be
attained in a matter of minutes by viscous diffusion, even if Re is very large.
(An unstable rotation profile will, of course, never be found as such; the flow
will remain permanently disturbed.) By choosing £2;,, and §2,,; appropriately,
a section of a Keplerian disk can be accurately mimicked, and the effects of
Coriolis forces can be studied.

According to the classic text of Landau & Lifschitz (1959), a Couette rotation
profile that is found in the laboratory to be stable “does not actually mean, how-
ever, that the flow actually remains steady no matter how large [Re] becomes.”
The monograph by Zel’dovich, Ruzmaikin, & Sokoloff (1983) is even more
explicit on the question, unambiguously stating that laboratory experiments
had already shown that Keplerian rotation profiles were nonlinearly unstable
at sufficiently large Re.

These are stunning claims. At the time these statements were written, there
was certainly no credible laboratory evidence that Keplerian rotation profiles
were nonlinearly unstable. The first explicit claim that Keplerian flow was
unstable based on laboratory evidence seems to be the unpublished result of
Richard (2001). However, a later experiment by Ji et al. (2006) suggests that the
earlier finding of instability was probably due to spurious effects arising from
the interaction between the flow and the end caps of the experiments (Ekman
layers).>2 When care is taken to minimize this interaction, Keplerian flow is
found to be linearly and nonlinearly stable at values of Reup to 2 x 10°. Serious
students of disk theory would do well to develop a deep skepticism of “large
Re means disks are turbulent” arguments, which sadly are still promulgated
in contemporary textbooks.

Why is the Coriolis force so harmful to the maintenance of turbulence?
Moffatt, Kida, & Ohkitani (1994) have referred to stretched vortices as the
“sinews of turbulence.” Turbulence is maintained in shear flows by vortices
that are ensnared along the axis of strain, coupling the free energy of the shear
directly to the internal vortex motion. Two neighboring fluid elements in a
vortex are rapidly pulled apart as its circulation rises. This is possible only

2. Ekman layers are narrow fluid layers between a solid boundary and a rotating flow.
When the bulk of the flow is not at rest in the frame of the boundary, the fluid rotation changes
rapidly in the Ekman layer and can produce a secondary circulation pattern invading the entire
flow.
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Local Shear Flow

Fig. 6.1. The stabilization mechanism in a rotating disk versus Cartesian shear flow. In shear
flow, displacements are unbounded, as indicated by path A. In a disk, epicyclic motions keeps
the displacement tightly bound. See text for further details.

if Coriolis forces are absent. Despite the presence of shear, Coriolis forces
induce epicyclic, oscillatory motions that do not allow anything resembling
continuous vortex stretching. Without this, turbulence cannot be maintained.
This argument breaks down if the strain rate much exceeds the formal epicyclic
oscillation period, even if the latter is quite well defined. Such flows, in fact, are
found to be nonlinearly unstable in numerical simulations. But for Keplerian
flow, the epicyclic frequency is just the local §2 of the disk, and it exerts a
strongly stabilizing influence.

Fig. 6.1 illustrates this point. Locally, Cartesian shear flow and Keplerian
differential rotation appear to be similar, but perturbed fluid elements behave
very differently in the two systems. Viewed from a frame moving with the
undisturbed flow, a displaced fluid element in shear flow approximately fol-
lows an unbounded parabolic trajectory A, while a displaced fluid element in
a Keplerian disk approximately follows a bound epicycle B. A small perturb-
ing vortex would be stretched continuously in shear flow, tapping into the
free energy source needed to maintain turbulence. By contrast, the embed-
ded vortex would merely oscillate in a disk. It is this difference, due entirely
to the presence of the rotational Coriolis force, that is ultimately responsible
for the hydrodynamic stability of Keplerian disks, whereas shear flow can be
nonlinearly unstable.

The title of the Ji et al. (2006) article is “Hydrodynamic Turbulence Can-
not Transport Angular Momentum Effectively in Astrophysical Disks,” and
that seems as good a one-sentence summary of the topic as any; their experi-
ment is probably the final word on nonlinear Keplerian hydrodynamic shear
instability. It is gratifying, therefore, that all the difficulties encountered by
Coriolis stabilization vanish when magnetic fields are taken into account. This
is due to the fact that the magnetic field introduces new modes of response
(shear waves) that are much less prone to Coriolis stabilization. One of these
waves, the so-called ‘slow mode,” turns into a local instability when differential
rotation is present with a weak magnetic field. This is the magnetorotational
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instability. To understand this process in more detail, it is best to begin with
the fundamentals of MHD.

3. Fundamentals

In this section, I present a detailed derivation of the fundamental MHD equa-
tions. The discussion will be more technical here than in most of the rest of
the chapter, but it is very important to see how the basic governing equations
of the subject arise, and much of this material is not easy to find outside
specialized treatments. I hope that the reader will have the patience to read
carefully through this section.

A protostellar disk is a gas of neutral particles (predominantly H, mol-
ecules), electrons, ions (the most important of which are generally K* and
Na™), and dust grains. We defer to § 8 a discussion of the complications due to
the presence of dust grains and consider here the gas dynamic equations for
mixtures of neutrals, ions, and atoms.

Each species (denoted by subscript s) is separately conserved and obeys the
mass-conservation equation

1 %—I—V-(psvs)zo,
where p; is the mass density for species s and v is the velocity. The flow quan-
tities for the dominant neutral species will henceforth be presented without
subscripts.

The dynamic equation for the neutral particles is

av

2 Por +p(v.V)v=—-VP—pV® —p 1 —Ppe
where P is the pressure of the neutrals, @ is the gravitational potential, and
Par (Ppe) is the momentum exchange rate between the neutrals and the ions
(electrons).

Let us examine these last two important terms in more detail. The term
Py takes the form

3 Par = Mni(V — vi)vgg,

where n is the number density of neutrals, and j,; is the reduced mass of an
ion and neutral particle,

4 MUnl =

mr and m, being the ion and neutral mass, respectively. The term vy is the
collision frequency of a neutral with a population of ions,

5 Vpl = Np{OnIWni).
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In eq. (5), ns is the number density of ions, oy, is the effective cross section
for neutral-ion collisions, and wy; is the relative velocity between a neutral
particle and an ion. The angle brackets represent an average over a Maxwellian
distribution function for the relative velocity. (The mass appearing in this
Maxwellian will of course be the reduced mass p,,.) For neutral-ion scattering,
we may take the cross section oy, to be approximately geometric, which means
that the quantity in angle brackets will be proportional to i, Il/ ?_The order of
the subscripts has no particular significance for the cross section oy, the
reduced mass ung, or the relative velocity wy,. But vy, differs from vy,: the
former is proportional to the neutral density n, not the ion density ny.
Putting these definitions together gives

6 Ppr = W1l {OniWal)(V — V).

In accordance with Newton’s third law, this is symmetric with respect to the
interchange n <> I, except for a change in sign, p,; = —p,,- All these con-
siderations hold, of course, for electron-neutral scattering as well. Explicitly,
we have

7 Pre = Mielne{OneWne) (V — Ve) X NHeMie(OneWne) (V — Ve).

The gas will be locally neutral, so that n, = Zn;, where Z is the number of
ionizations per ion particle. In a weakly ionized gas, Z = 1. The reduced mass
Ine may safely be set equal to the electron mass m,. We will use the following
expressions for the collision rates (Draine, Roberge, & Dalgarno 1983):3

8 (Opwar) = 1.9 x 1072 cm3 571

and
9 (OneWne) = 1071 (128kT /97 m,)'/? = 8.3 x 10710TY2 cm3 s~ 1.

The electron-neutral collision rate is essentially the ion geometric cross sec-

tion times an electron thermal velocity. (The peculiar factor (128/97)'/2

comes
from the way the electron velocity is projected, when averaged over the elec-
tron Maxwellian distribution function, along the direction of the mean ion
flow.) But the ion-neutral collision rate is temperature independent, much
more beholden to long-range induced dipole interactions, and significantly
enhanced relative to a geometric cross-section assumption. Even if the ion-
neutral rate were determined only by a geometric cross section, |p,,;| would
exceed |p .| by a factor of order (m,/n1)'/2. In fact, the dipole enhancement

of the ion-neutral cross section makes this factor even larger.

3. A recent calculation of H-H™ scattering by Glassgold, Krsti¢, & Schultz (2005) may
imply a slightly higher value for the neutral-ion collision rate.
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In the astrophysical literature, it is common to write the ion-neutral
momentum coupling in the form

10 Pm = ppry(vi—V),
where y is the so-called drag coefficient,
OnIW
1 y = ( nl nI) )
mr + my,

and we will use this notation from here on. Numerically, y = 3 x 103 cm?

s~1 g~ for astrophysical mixtures (Draine, Roberge, & Dalgarno 1983).
The dynamic equations for the ions and electrons are

av v
12 p171+,01V1-VV[:—VPI—p1V¢+ZenI <E+TIXB)—pIH

Jat
and
Ve Ve
13 ,Oeﬁ‘i‘pe"e'v"e:_Vpe_peV®_ene(E+7XB>_Peﬂ’

respectively. Throughout this chapter, e will denote the positive charge of a
proton, 4.803 x 10710 esu. Fora weakly ionized gas, the Lorentz force and col-
lisional terms dominate in each of the latter two equations. Comparison of the
magnetic and inertial forces, for example, shows that the latter are smaller than
the former by the ratio of the proton or electron gyroperiod to a macroscopic
flow-crossing time. Thus, to an excellent degree of approximation,

14 Zeny (E+ "L xB) - pj, =0,
c

and
Ve

15 —en (E—l——xB)—peH:O.
c

The sum of these two equations gives

/
16 EXB=PIn+penY
where charge neutrality n, = Zn; has been used, and I have introduced the
current density

17 J =eng(vi—ve).

The equation for the neutrals becomes

v
18 pa—i-,o(V-V)V:—VP—pV(D—i-le.
c
Because of collisional coupling, the neutrals are subject to the magnetic
Lorentz force just as though they were a gas of charged particles. It is not
the magnetic force per se that changes in a neutral gas. As we shall presently

see, it is the inductive properties of the gas.
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Let us return to the force-balance equation for the electrons:
14
19 —en, (E+—E><B>—peﬂ =0.
c

After division by —en,, this may be expanded to

1 M)
20 E+ - [v+(ve—vi)+ (vi—V)] xB-{—% [(ve—vi)+(vi—Vv)] =0,
where I have introduced the collision frequency of an electron in a population
of neutrals:

21 Ven = M{0neWpe).

I have written the electron velocity v in terms of the dominant neutral velocity
v and the key physical velocity differences of our problem. It has already been
noted thatin eq. (16), p,,, is small compared with p ,,, provided that the velocity
difference |ve — v| is not much larger than |v; — v|. In fact, when used in (20),
the p,, term in eq. (16) may quite generally be dropped:

22 / xB >~ pp.
c
It may also be shown that the final term in eq. (20),
MeVen
—((vi—v),

which would then be proportional to J x B, becomes small compared with the
third term, 1
E(Ve —vi)xB,

also proportional to J x B. Both of these rather technical claims are justified in
detail in appendix A. (In both cases, the incurred error is of order (m,/ji1,)/2.)
These simplifications allow us to write the electron force-balance equation as
JxB ]  (JxB)xB

€NeC  Ocond " cyppr
where the electrical conductivity has been defined as

€21,

23 E+Z><B— 0,
C

24 Ocond = .
MeVen

The associated resistivity 7 is (e.g., Jackson 1975)

2

25 n= ,
47 O cond

which has units of cm? s~1. Numerically (e.g., Blaes & Balbus 1994; Balbus &
Terquem 2001),

26 n =234 (£> TY2 em? s~ 1.

Ne
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Eq. (23) is a general form of Ohm’s law for a moving, multiple-fluid system.
Next, we make use of two of Maxwell’s equations. The first is Faraday’s
induction law:

27 VXE = ———.
c ot

We substitute F from eq. (23) to obtain an equation for the self-induction of
the magnetized fluid,

JB B B)x B
28 —:VX[VXB—IX +UX )% — Cl].
ENe cyppr Ocond

ot

It remains to relate the current density J to the magnetic field B. This is
accomplished by the second Maxwell equation,

29 ] vxB+ L 2E
c ot

The final term in eq. (29) is the displacement current, and it may be ignored.
Indeed, since we have not, and will not, use the ‘Gauss’s law’ equation

30 V- E = 4me(Znr — ne),

we must not include the displacement current. In Appendix B, I show that
departures from charge neutrality in V - E and the displacement current are
both small terms that contribute at the same order: v2/c2. These must both be
self-consistently neglected in nonrelativistic MHD. (The final Maxwell equa-
tion V - B = 0 adds nothing new. Itis automatically satisfied by eq. [27] as long
as the initial magnetic field satisfies this divergence-free condition.) These
considerations imply that

31 £ vxB
/= 41 x

for use in eq. (28).
To summarize, the fundamental equations of a weakly ionized fluid are
mass conservation of the dominant neutrals (eq. [1]),

ap
32 —+V. =0,
o TV (oY)

the equation of motion (eq. [18] with [31]),
3 O oV .Vv=—VP—pVo+ - (VxB)xB
_ . = — — —_— X X
poy HeV-VY o 4n( )% B,
and the induction equation (eq. [28] with [25] and [31]),

c(VxB) x B
——  +[(Vx B)x B]
4men, 47ry,0p

0B
34 ¥=Vx|:va— —anB].
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It is only natural that the reader should be a little taken aback by the sight
of eq. (34). Be assured that it is rarely, if ever, needed in full generality: almost
always one or more terms on the right side of the equation may be discarded.
When only the induction term v x B is important, we refer to this regime as
ideal MHD. The three remaining terms on the right are the nonideal MHD
terms.

To get a better feel for the relative importance of the nonideal MHD terms
in eq. (28), we denote the terms on the right side of the equation, moving from
left to right, as I (induction), H (Hall), A (ambipolar diffusion), and O (ohmic
resistivity). Then the scaling of the I, A, and O terms relative to the Hall term
His

35 —_

where the ion cyclotron frequency w.; = eB/mc, and similarly for the electron
frequency we, with m, replacing m;.

We will always be in a regime in which the presence of the induction term
is not in question, i.e., the relative ion-electron drift velocity v; — v, is always
comparable to or in fact much less than v. More interesting is the relative
importance of the nonideal terms. The explicit dependence of A/H and O/H
in terms of the fluid properties of a cosmic gas is given in Balbus & Terquem
(2001):

A 9 x 1012 cm—3 12 T 1/2 VA
36 — =7 4
H n 103 K cs
and
(0] n 12 /o
37 —_—=— — .
H 8 x 107 cm—3 VA

Here n is the total number density of all particles, T is the kinetic temperature,
v4 is the so-called Alfvén velocity,

B
38 VA = —,
A J4rp
and cs is the isothermal speed of sound,
2 kT
39 ¢k =0.429—,
My

where k is the Boltzmann constant and m,, is the mass of the proton. The co-
efficient 0.429 corresponds to a mean mass per particle of 2.33m,, appro-
priate for a molecular cosmic-abundance gas.
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Fig. 6.2. Parameter space for nonideal MHD. The curves correspond to the case va/cs= 0.1.
From Kunz & Balbus 2004.

As reassurance that the fully general nonideal MHD induction equation
is not needed for our purposes, note that egs. (36) and (37) imply that for all
three nonideal MHD terms to be comparable, T ~ 108 K. Obviously this is
not an issue for protostellar disks. In Fig. 6.2, I plot the domains of relative
dominance of the nonideal MHD terms in the nT plane. Protostellar disks
are dominated by the resistive and Hall nonideal MHD terms, except in the
innermost regions, where ohmic dissipation is largest, and the outermost
regions, where ambipolar diffusion becomes important (Wardle 1999).

Our emphasis on the relative ordering of the nonideal terms in the induc-
tion equation should not obscure the fact that ideal MHD is often an excellent
approximation, even when the ionization fraction « 1. For example, the ratio
of the ideal inductive term to the ohmic loss term is given by the Lundquist

number
val
40 L=-2",
n
where L is a characteristic gradient-length scale. To orient ourselves, let us set

L = 0.1R, where R is the radial location in the disk. Then L is given by
L >~ 2.5(ne/n)(va/cs)Rem,

where R, is the radius in centimeters. In other words, the critical ionization
fraction at which L. = 1 is about

(Me/M)erir = 0.4(cs/va) RS} ~ 10713 (cs/10v4)

at R =1 AU. The actual nebular ionization fraction at this location may be
above or below this during the course of the solar system’s evolution, but the
point worth noting here is that R, is a large number for a protostellar disk,
whatever the ionization source. Ionization fractions far, far below unity can
render an astrophysical gas a near-perfect electrical conductor. It therefore
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makes a great deal of sense to begin by examining the behavior of an ideal
MHD fluid.

4, |Ideal MHD

The fundamental equations of ideal (single-fluid) MHD are mass conservation
(e-g- [1]),

ap
M L v (ov) =0,
o TV (oY)
the dynamic equation of motion,
0 v Lo (p+ 2 _vor(E.)vs
—_— Ve V=—— — ) — — s
Jt ( ) P 8w 4

where @ is the (central) gravitational potential function, and our newly
simplified induction equation

JB
43 — = Vx(vxB)

Jt
We shall work in a standard cylindrical coordinate system (R, ¢, z), where R
is the radius, ¢ is the azimuthal angle, and z the vertical coordinate. In these

coordinates, the three components of the equation of motion are

PR ENIN PR S T
Jat R p OR 8
& B B
_ﬁ—i_m. R_47r,oR’

45 [8—+V-V} (Rv¢)=—1a<P+Bz>+B-V(RB¢),

ot p 0P 8w 4mp
and
46 |:8+V-Vi|v2:—la(P+Bz>—a(p+B-VBZ,

ot p 0z 87 0z  4mp
and the three components of the induction equation are
47 [%-}-V-V]BR:—BRV-V-FB-VVR,
48 [a——kv-V]&:—B—V-V%-B-V(Vi),

ot R R R

and
49 [%+V°Vj|Bz=—BZV-V+B-VVz.

For many problems of interest, an important simplification can be made to
these equations. The essence of rotational dynamics is local. Imagine going
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to a location Ry in the disk. The Keplerian angular velocity £2 at R = Ry is
£29. We hold £2 fixed but allow Ry to become arbitrarily large. Thus vg(Ro) is
unbounded, but vy /Ry = £29 is finite.

Next, we introduce local coordinates (x, «, z) defined by

50 R=Ryp+x, x < Ry,
and
51 a=¢— 2t KL,

and z is unchanged. We will formally introduce a new coordinate ¢’ = t. This
is desirable because we wish to take a time derivative at constant x, y, z, not

at constant R, ¢, z. In fact,
52 2 = 9 + .Qoi.
ot ot da
Partial derivatives with respect to R and ¢ become partial derivatives with

respect to x and «, respectively. The Lagrangian derivative

d
53 — .V
T
becomes
0
54 @‘i‘(V—RQoe,ﬁ)'V

(The V operator now formally involves x and « derivatives.) This transforma-
tion suggests that we introduce a new azimuthal velocity,

55 Wy = Vg — RS2,

and for notational consistency we will use w, and w, for the radial and vertical
velocities, although they are identical to vg and v,.

In the local approximation, we assume that the magnitude w is much
smaller than the (formally infinite) rotation velocity, and that w, the Alfvén

1/2

speed v, and the thermal velocity (P/p)'/* are comparable in magnitude. In

the limit Ry — oo, the radial equation becomes

9 , .. 19 B?
56 o7 WV [ wr— 220w = R(Q5 — ) = — o | P+ o—
p 0x

at’ 8
+ B VB
anp R,
where the Keplerian angular velocity at R satisfies
0P
57 RQE = —.
dR
Expanding to first order in R, I obtain one obtains
a2}
58 R(2% - 2%) = —x—X =328
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The final form of the equation is

59 0 +w-V 20 322 1o P+B2 + B VB
—+w-V]w, —-20w, = X——— — — ,
Jt x ¥ p 0x 8w 4mp *

where we have dropped the subscript 0 and the prime’. The vector components
x,y, and z refer to the quasi-Cartesian system dx = dR, dy = Rdw, and dz as
before. (See Fig. 6.2.) When non-Keplerian disks are considered, 3§22 should
—d$2?
be replaced by 71 %
The transformed azimuthal (y) equation is

60 0 +w-V|w, +22 19 P+ B’ + B .vs
J— W . w. Wy — —— — J— —_ s
ot Y * p Ay 87 ) ' 4np Y

and the z equation is
9 a® 19 B? B
61 —+w-V|lw,=———-—-—(P4+—)+-—-VB..
8 4o

The mass-conservation and induction equations, like the z equation of motion,
show no change of form in these corotating coordinates:

ap

62 —+V. =0,
o TV (ow)
0B
63 — = Vx(wxB).
ot

To summarize, we have transformed our general equations into a coordinate
frame rotating at the Keplerian angular velocity $2x(Ro), restricting the spa-
tial domain to a small neighborhood around a particular fluid element. The
rotational dynamics appears in the form of a Coriolis force, —22 xw, and a
centrifugal force that cancels the main gravitational force, leaving the residual
tidal term 3£22x. These simplified local equations, which are the magnetized
version of what is known as the Hill system, retain a rich dynamic content.
This includes the full development of MHD turbulence.

4.1. Magnetorotational Instability

Let us apply egs. (56)—(63) to the study of the paths of fluid elements departing
from the origin x = y = z = 0. These Lagrangian displacements are in the xy
orbital plane and depend only on z. I will ignore vertical stratification here,
so that the equilibrium is z independent. Thus we may assume a spatial
dependence of ¢** for the perturbed fluid elements.

Let us assume a very simple equilibrium magnetic field: a constant vertical
component B and no components in the orbital xy plane. If the displacement
vector of an element of fluid in the xy plane is &, then the perturbed magnetic
field at a given location is
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64 8B = Vx(ExB).

This result, which is true quite generally, is lengthy to prove by a direct assault
but can be intuited rather easily. The left side of the exact eq. (63) may be
written § B/§t, the change in B at a fixed location divided by the change in
time. In the equilibrium state this is zero. Imagine perturbing this pure state
by giving each fluid an additional finite velocity U, but letting it act only for
an infinitesimal time &t. Then

65 8B =Vx(witxB)+Vx(UétxB) =0+ Vx(§xB),

where § = Ut is the displacement of the fluid relative to its equilibrium path.
This result is perhaps clearer in integral form. If we integrate over a surface
A and use Stokes’s theorem, we obtain

66 /SB-dA:/(ExB)-dsz/(dst)-B,

where ds is a vector line element on the curve bounding A. This states that
whatever explicit change in magnetic flux there is through A as the surface is
displaced by &, it is precisely compensated by the gain (or loss) of magnetic
flux through the side of the cylinder (elemental area ds x &) swept out by A.
This is just a roundabout way of saying that the magnetic flux through A is
conserved when it is moving with the fluid itself.

For the problem at hand,

67 3B =Vx(ExB)=ikx(§xB)=i(k-B)&,

since k - £ = 0. The magnetic term in egs. (56) and (60) is

68 ——B-VéB =
4rp

1 —(IZ.B)ZSE—(I(’VA)Za
We have introduced the so-called Alfvén velocity

B
Vamp’

whose physical interpretation I discuss below. For the moment, note that the

69 VA=

magnetic force is like tension or a spring: itis always restoring and proportional
to the displacement.
In egs. (56) and (60), the derivative

is just the time derivative following a fluid element, so we will write
Dw/Dt =&, and of course w = £. Finally, we will allow for the possibil-
ity of non-Keplerian rotation. The equations of motion for the fluid element
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displacements & and &, are then

. , do? 2
70 Sx—ZQS),:—[dlnR—{—(kvA) ]éx
and
7 E +208, = — ()%,

These are a simple set of coupled linear equations with time-dependent
solutions of the form e“f. Without loss of generality, we take @ > 0. In the
absence of rotation, the equations decouple completely, and one finds that

72 w = |kva].

These are waves that travel along the magnetic-field lines with group and phase
velocity vy4, exactly like waves on a string. These so-called Alfvén waves are
thus simple, nondispersive, incompressible disturbances.

On the other hand, in the absence of rotation, we find that
ds2? _ 2
dlnR

73 w? =42° +

)

where k2 is known as the epicyclic frequency. In most astrophysical applica-
tions, £2 decreases radially outward, and x < 4£22. The fluid dispacements
for this mode execute ellipses with a major-to-minor-axis ratio of 262 /«. The
major axis lies along the azimuthal direction. The sense of the rotation around
the ellipse is retrograde, opposite to the sense of 2. These paths are known
as epicycles. Epicyclic motion corresponds to the first-order departure from
circular orbits for simple planetary motion.

The full dispersion relation resulting from eqs. (70) and (71) is more
complicated than one might have expected:

2
74 o* — (k% + 2(kva) Jo? + (kva)? [(kvA)z + d%] =0.

This is clearly not just a matter of adding Alfvénic and epicylic motion in
quadrature; something new is going on. The dispersion relation is a simple
quadratic equation in w?, and it is straightforward to show that this quantity
must be real. Stability may then be investigated by passing through the point
w? — 0. Therefore, marginal instability corresponds to

d?
7 kva)? =
’ A+ T =%
and instability is present when
d0?
76 0.

dlnR<



MAGNETOHYDRODYNAMICS OF PROTOSTELLAR DISKS / 255

Of course, this condition is nearly universally satisfied for any type of astro-
physical disk. This is the simplest manifestation of the magnetorotational
instability, or MRI.

4.2. Physical Interpretation

The equations of motion (70) and (71) have a very simple mechanical analog:
they are exactly the equations of two point masses in orbit around a central
body, bound together by a spring of frequency kva (Balbus & Hawley 1992).
This mechanical analogy immediately offers a physical explanation of the MRI
(see Fig. 6.3). Two masses are connected by a spring, an inner mass m; and an
outer mass m,. The mass m; orbits faster than the outer mass m,, causing the
spring to stretch. The spring pulls backward on m; and forward on m,. The
negative torque on m; causes it to lose angular momentum and sink, while
the positive torque on m, causes it to gain angular momentum and rise. Thus,
even though the spring nominally supplies an attractive force, in a rotating
frame this drives the masses apart. The continued stretching of the spring
just makes matters worse, and the process runs away. The mass with the
higher angular momentum obtains yet more, and the mass with less angular
momentum loses what little it has. Itis the same old story in a dynamic context:
the rich get richer and the poor get poorer.

In a protostellar disk, it is the magnetic tension force that plays the role of
the spring, and the two masses are any two fluid elements tethered by the field
line. The linear phase of the instability is the exponentially growing separation
of the displaced fluid elements, which is followed by the nonlinear mixing of
gas parcels from different regions of the disk. The mixing seems to lead to

(¢}

Fig. 6.3. The magnetorotational instability. Magnetic fields in a disk bind fluid elements pre-
cisely as though they were masses in orbit connected by a spring. The inner element m; orbits
faster than the outer element m,, and the spring causes a net transfer of angular momentum
from m; to m,. This transfer is unstable, as described in the text. The inner mass continues
to sink, whereas the outer mass rises farther outward. Figure courtesy of H. Ji et al. (2006).
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something resembling a classical turbulent cascade, although the details of
this process, with different viscous and resistive dissipation scales, remain to
be fully understood.

Notice that angular momentum transport is not something that happens
as a consequence of the nonlinear development of the MRI; it is the essence
of the MRI even in its linear phase. The very act of transporting angular
momentum from the inner to the outer fluid elements via a magnetic couple
is a spontaneously unstable process.

4.3. General Adiabatic Disturbances
If §2 is a function only of cylindrical radius R, then for general magnetic-
field geometries, local incompressible WKB disturbances with space-time

dependence
77 8X ~ exp (ikrR + ik;z — iwt),

where §X is the Eulerian perturbation of any flow quantity, satisfy the following
set of linearized dynamic equations:

78 krdvg +ky8v, = 0,
. kr B-VB k-B
79 —1wdVR — 2826vy +1— | P+ —1——38Br =0,
P 4 4mp
80 by + v — i X B s — o
—iwdvy + —8vr —i =0,
VST QR T g PR
and
. ks B-VB k-B
81 —iwév, +i— | 6P+ —1 6B, =0.
0 4 4rp
The linearized induction equations are
82 —iwéBg — l(]( . B)8VR =0,
83 iwé B 6B ag2 i(k - B)§ 0
—i — —— —i(k- B)dvy =0,
@0 B¢ RimRr ( ovs
and
84 —iwdB; —i(k - B)dv, = 0.

Finally, the entropy equation is

) dln Pp~7”
85 iwy o + v, amre T _ 0,
P 0z
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where y is the adiabatic index (not to be confused with the collision rate).
We have ignored background radial gradients in the entropy and pressure but
have retained their vertical gradients, in accordance with the assumption of a
thin disk.

This set of linearized equations leads to the dispersion relation (Balbus &
Hawley 1991)

k? ~4 2 kr 2 2| ~2 2 2
86 S )@ |k +| =) N |o"—427°(k-va)” =0.
k2 k,
Here
87 &’ = —(k-va)?, K =k+k,
and
1 0PdlnPp~7
38 sz_iinip_
yp 0z 0z

N is known as the Brunt-Viisild frequency. Itis the natural frequency at which
a vertically displaced fluid element would oscillate in the disk because of buoy-
ancy forces. In general, there is also a contribution due to radial gradients as
well (Balbus & Hawley 1991), but this usually may be ignored in a rotationally
supported (supersonic orbital speed) disk. Without any magnetic field, the
dispersion relation becomes

89 w? = (ko /k)4c? + (kr/k)>N2.

Since the displacement of the fluid element is incompressible, the wave num-
ber ratio k,/k is a measure of the radial displacement, whereas kr/k is a
measure of the vertical displacement. There is no instability in this case, only
a wavelike response due to the restoring Coriolis and buoyant forces.

Notice that because N vanishes in the disk plane by symmetry, it affects
only the behavior of disturbances at least one scale height or so above z = 0.
Moreover, the actual value of N is likely to be determined by radiative diffusion
processes in the vertical direction. The radiation requires a source, which in
disks is the turbulence we are trying to explain in the first place. (In protostellar
disks, external heating of the upper layers is also a source of departure from
adiabatic behavior.)

The other limit of interest is kg = 0, which returns us to the dispersion
relation of the previous section. (The expression kva should, of course, be
replaced by k - v 4.) This is fortunate because it can be shown (Balbus & Hawley
1992) that the most rapidly growing modes are displacements in the plane
of the disk with kg = 0. Since it is the differential rotation that ultimately
destabilizes, it is very sensible that these displacements, which most effectively
sample the differential rotation, are the most unstable. For a Keplerian rotation
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profile, it may be directly computed from the dispersion relation that the wave
number of maximum growth is given by

90 k-va=(V15/4)2,

or 0.97£2. By comparison, the largest unstable wavelength (i.e., smallest un-
stable wave number) has a value of 1.73§2 for k - v4. The maximum growth
rate is

91 | = (3/4)82.
This is a very large growth rate, with amplitudes growing at a rate of

exp (37/2) ~ 111 per orbit.

4.4. Angular Momentum Transport
The azimuthal equation of motion (45) may be written as

AoRy) L v IR +(P+ B 0
. VVp — PV AV, — ] e =0V,
9t PVVp — PV AVAY 8 (3

where v44 is the azimuthal component of the Alfvén velocity. This is an equa-
tion for angular momentum conservation, with angular momentum density
pRvg and an azimuthally averaged flux of

93 Fj = (R(pvvg — pvavag)).

In protostellar disks, we are interested in the radial transport of angular
momentum,

94 F]R = Rp(VRV¢ — VARVA¢).

It is most instructive to begin with the simple case of linear instability in
a uniform, vertical magnetic field. What is the lowest-order flux that results
from these exponentially growing modes? In equilibrium, vg and the Alfvén
velocities vanish. The linear perturbation of the radial velocity at a given spatial
location (a so-called Eulerian perturbation) will be denoted by §vg. Let the radial
displacement &g of a fluid element from its equilibrium location be given by

95 £Er = ae”’ cos (kz),

where y and k correspond to the maximum growth rate and its associated
wave number, and a is a slowly varying amplitude. Then

96 Svg = ér = yér.

The azimuthal velocity vy consists of an unperturbed Keplerian velocity RS2
plus alinear perturbation 8vg. The product of §vg and §2 contributes zero when
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a height integration is performed because of the cosine factor, so we must
consider the direct product v x 8vy to obtain the lowest-order contribution.
In calculating 8vg, note that

as2

dlnR’
The subtraction is needed to eliminate the change in velocity a displaced fluid

97 Svp = Ep — ER——

element would make even if there were no physical change in the rotation
velocity at the new radial location: the actual change in velocity 8vy is due to
the change in é¢ the displaced fluid element makes in excess of £rd$2 /d In R.
Eq. (70) then gives

. a2 yi+k2
8 8 = _— =
> Ve =8 ~ERGT R ( 20 SR

and therefore the velocity contribution to the angular momentum flux is
99 (Svrdvy) = —(y 2+ k25 (ER).

Not surprisingly, it is positive (outward).

To calculate the magnetic-field correlation, we use eq. (67) to go between
magnetic-field fluctuations and displacements. Then, using (71), we find
that

100 &y = 2wy &
¢ = )/ +k2 2 SR

from which it follows, among other things, that £, and 8v4 have opposite signs.
Hence
o1 (6BrOBy)  22Kviy

dmp oyl kv
Therefore,

8BRSB y Y2 +k2v2)% + 4922k
102 (vrdvy —— o= L ( ZA) — Al (gD,
P 282 yi+kivy

If we use the dispersion relation (74) to simplify this a bit, the expression for
the radial angular momentum flux is

v 8RN o 2
103 Fjr = —_—a :
TR = PR 50 |:V2+k2"fx k” | (&r)

Finally, integrating over height and defining the effective surface density
X by

104 /p<g§> dz = Xa’e?' )2,
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the angular momentum flux for the most rapidly growing mode is found
to be

3RE 2 2 oyt
105 F]R:T.Qaey.

This result bears some commentary. First, the radial flux is always positive
for any unstable mode, not just the most rapidly growing one. This, as we shall
see, is a direct consequence of energy conservation: energy is extracted from
the differential rotation to the fluctuations only if the radial angular momen-
tum flux is positive. Next, note that there is an outward angular momentum
flux only to the extent that there is a correlation in the velocity fluctuations. This
is also true in turbulent flows, and everything that we have done in this sec-
tion holds in much the same way if the fluctuations are turbulent, as opposed
to wavelike. The important physical point is that an instability that leads to
turbulence need not lead to enhanced angular momentum transport. Only
turbulence with strongly correlated velocity fields does this. Strong correla-
tions, in turn, are necessary to extract energy from differential rotation. This is
indeed the free energy source of shear-driven turbulence, but it need not be the
free energy source of other forms of turbulence.

This point was made in Stone & Balbus (1996), in which the angular
momentum transport resulting from convective instability was studied. The
angular momentum was tiny in magnitude and inwardly directed: it had the
“wrong” sign. Disk instabilities based on adverse thermal gradients do not, in
general, lead to systematically large outward transfers of angular momentum.
In angular momentum transport, not all turbulences are equivalent.

4.5. Diffusion of a Scalar

A classic problem in protostellar disk theory is to understand how dust particles
are mixed with the gas. The fact that the MRI leads to vigorous radial angular
momentum transport suggests that other quantities may be transported as
well. In this section, we will give an argument that shows that the radial
diffusion of angular momentum is indeed closely related to the radial transport
of a conserved scalar quantity, say, Q. Assume that Q is a fluid-element label
and satisfies an equation of the form

d
106 (&-FVV)Q:O
Then
107 ngV-(vQ)—QV-v:O.

ot
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Because of mass conservation, this implies that

d Dln
108 8—? YV (vQ)+0 p 0,
where
109 2 = 9 + v
bt \ot "
Simplifying the equation for Q, we obtain
110 ('OQ)—{—V (pvQ) =0,

which looks very much like the angular momentum conservation eq. (92). In
a similar way, there will be a turbulent Q-flux given by

m Fo = p(dv3Q).

Since Q is conserved as we follow a fluid element, the so-called Lagrangian
perturbation AQ, defined by

112 AQ =06Q+E-VQ,

must vanish because AQ is constructed to be the change in Q following a
fluid element as it is displaced by a small distance &, and such changes must
vanish since by definition Q is does not change along fluid-element paths.
Hence the expression for the ith component of Fg is

113 Foi = —p(8v:&)8;Q.
This defines the diffusion tensor Dy,
114 Djj = (dvi§)).

In a height-integrated calculation, it is the RR component of D that is of
importance. In the linear regime §vg = y &g, so

115 Drr = y (£3).

In this case, eq. (103) gives a relationship between the flux of angular momen-
tum and the diffusion coefficient of a passive scalar,

oR 8921621}124 )
116 Flr= "= | ——4 —«? | Dgg.
R=20 [y2+k2vg i

For the fastest-growing linear mode, this gives Fjr = 22Dgp.

There is a sense in which the linear theory might find its way into nonlinear
turbulent diffusion. In simulations, the MRI appears to stretch field lines
locally and exponentiate velocity growth over a limited duration of time, before
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one fluid element becomes mixed with another and the process starts anew.
If this picture is reasonably accurate, then Fjr ~ £2Dgrg may well be valid in
turbulent flow. (It is also, of course, what we might expect on the basis of
simple dimensional analysis alone.) The important astrophysical point is that
if protostellar disks are MHD turbulent, they ought to be well mixed.

5. Energetics of MHD Turbulence

5.1. Hydrodynamic Considerations
The quantity

17 (pvve — pvavag)

plays two conceptually different roles in the theory of accretion disks. We have
seen that it is intimately linked to the direct transport of angular momentum,
and in this section we shall study in detail how it extracts free energy from the
large-scale differential rotation.

Let us begin with the relatively simple case of an adiabatic nonmagnetized
gas. The azimuthal velocity is decomposed into a time-steady large rotational
component RS2 plus a fluctuating component ug:

118 v¢:R.Q+u¢.

I will assume neither that ug is small compared with R{2 nor that the mean
value of ug vanishes, although in practice both might well be the case. We will
write ug and u, for the radial and vertical velocity components, respectively,
and v for the full velocity vector. Once again, we think of these as fluctuations,
but our treatment will in fact be exact.

The adiabatic radial equation of motion is

119 0 a——l—v-V uR—B(R.Q—l—ud))z:———p—.
ot R

Multiplying by ug and regrouping, one obtains

9 u}22 uRu;> oP 0P,f
120 p 5+V-V 5 —2p2upur — p =—url| —=+p ,

R

where
R
121 Dy =D —/ 5822 (s) ds.

Exactly the same manipulations with the ¢ and z equations produce

122 i +v-V u‘%’ + < + uRué i
—+v. — UpUR—— = —Up——r
Pl 2 | TPMER G TPTR *Rogp




MAGNETOHYDRODYNAMICS OF PROTOSTELLAR DISKS / 263

and

3 u? AP 0Py
123 — .V 2| = _ _
p[at+v ](2) ”Z(az+p 0z )

where we have assumed that @ is independent of ¢. Adding the three dynamic

equations and using mass conservation lead to

e L (1, + V- (pulv/2) + 412 VP Vo
— | =pu (puv URUp——— = —U - —pu- ,
at \ 27 P PURNS TIn R P off
where u? = ufzz—l— ué + ug Yet another use of mass conservation and a re-

grouping of the pressure term give us

J (1 1
125 m <5,ou2 + pt;Deﬂ> +V. (v(i,ou2 +pPef) + Pu)
ase

= PV'H—pMRM(I)m.

We have already at hand the main structure of our energy equation. The left
side is in conservation form with a well-defined energy density and energy
flux, with the fluctuations isolated. (Notice that the azimuthal average of the
energy equation, which we ultimately will be working with, has no rotational
terms in the energy-flux divergence.) Sources of energy fluctuations are work
done by pressure (which may cause heating or cooling) and the all-important
R¢ stress coupling to the differential rotation.

5.2. The Effects of Magnetic Fields
When magnetic fields are included, everything proceeds as before, except that
the right side of eq. (124) contains the terms

126 —u-VPtot—pu-V@err—i-w.
4
The final magnetic term in expression (126) may be written in an index nota-
tion as
127 Y Bi%iB; Bj,
4

where i, ], and k take the values x, y, and z, and repeated indices are summed
over. The term 9; denotes the partial derivative with respect to the ith spatial
variable.

To make further progress, we need the induction equation:

ot

Take the dot product of this with B and write the last term in component form:

0
128 <—+v~V>B=—BV~v+(B-V)v.

3 B? 5
129 5+V—V 7=—B V~V+BjBia,‘Vj.
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Now

130 B;B;d;v; = 0;(B;Bvj) — v;0;(BjB;) = V - (v- BB) — RQ2[B- VBl
ujBiaiBj,

where we have used 9;B; = 0. Note that with the last term, we make contact

with the energy equation terms (126). The subscript ¢ in the penultimate term
denotes a vector component:

2
131 RR[B-VBls = 2[B-V(RBs)] = V- (R2BBy) — B¢BRdall =
Therefore, the right side of eq. (129) becomes
) a2
132 —B°V.v+ V. [(u- B)B]+B¢BRd1 — u;B;9;B;.

Combining this result with the left side of eq. (129), after some cancellation
of terms, gives an expression for u; B;9; B;:

133 B;0;B a+98 B2+V B’ B)B
—u;B;0;B; = - u— —(u-
I ot A 2 ( )
B2 d.(z

+ = V u-— B¢BR

Armed with this result, we return to (120) and make a substitution for the final
term. The resulting energy equation can be simplified to

d (1 B? 1,
134 m Zpu +pq§eﬁf—i— +V. ipu +pPyr |+ Pu

a2
dlnR’

The pressure term on the right side of eq. (134) can be eliminated by using

(BB g (o ro B 2 py
e = « U — p(URUp — VARV
4 p RS2 o P(URUG — VARVAG)

the thermal energy equation

3p d P
135 +v.-V|)|—=—-PV.-u—pL,
2 \ot o

(since V- v = V - u). We have introduced the radiative energy loss term per
unit volume p£. Carrying through the elimination of the pressure term and
averaging over ¢ lead to the total energy equation:

e iv.p—- - —— —pL (¢ d

= URUG — VARV averaged),

ot P(urUg ARA¢)d1R P ( ged)
where £ is the energy density in fluctuations,

137 g= 1 24 0,7+ B + 3P
= —0U —_— —_—,
2P TR T e T
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and F is the corresponding flux,

138 f:u(lpu2+pd>eﬁr>+5—Pu+7BX(uXB).
2 2 4

We have completely ignored dissipation effects (viscosity and resistivity).
What effect would these have on our final eq. (136)? The answer is essentially
none. Although it is true that new dissipation terms would appear on the right
side of eq. (134), they would also appear with the opposite sign in eq. (135).
They would completely cancel on the right side of the final eq. (136): dissipa-
tion is not a loss of energy but a conversion of mechanical or magnetic-field
energy into heat. Additional small energy-flux terms would appear (within the
divergence operator) in connection with viscosity and resistivity, but these are
generally negligible compared with the dynamic terms. The essential physical
point is that total energy is conserved in the presence of dissipation even if
mechanical energy is lost. Only radiative processes can remove energy from
the disk.

We interpret eq. (136) as saying that energy is exchanged with the differ-
ential rotation at a volumetric rate —Tgyd$2/dIn R, where

139 TR¢ = ,o(uRu¢ — VARVA¢)

is the dominant component of the stress tensor. The energy made available
from the differential rotation may in principle remain in velocity fluctuations
in the form of waves, but in a thin, cool disk it is more likely that this energy
will be locally dissipated and subsequently radiated. This is because if the
energy flux varies radially over a scale of order R itself, then the Tgy4 source
term on the right will be larger than any term on the left (by an amount of
order u/(R$2)). The stress can be counterbalanced only by the radiative loss
term;

140 —TR¢d.Q/dlnR= pL.

Therefore, although —Trgd$2/dIn R is itself a nondissipative source term, in
these so-called local models, it works out to be the rate at which energy is
dissipated (and ultimately lost by radiation) as well. Bear in mind that the
identification of the stress term with dissipation follows from a reasonable
assumption about the behavior of thin disks: local dissipation of the fluctu-
ations. Dissipation is in no way a fundamental property of the left side of
eq. (140), which under different conditions could just as well be an energy
source or reserve for purely adiabatic waves. There are many papers in which
this point is misunderstood; caveat lector.
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6. Resistive and Hall Terms

6.1. Local Dispersion Relation
Extensive regions in real protostellar disks are in a regime far from ideal
MHD, in which ohmic decay and Hall electromotive forces are important
(e.g., Fig. 6.2). It is important to understand how the MRI behaves under
these conditions.

The fastest-growing modes, as usual, correspond to axial wave numbers
k = ke,. Fortunately, these are also the simplest to treat analytically, and we
will limit my discussion to this class of disturbance.

The linearly perturbed Hall term in the induction equation is to leading
order in a WKB expansion

141 —V><|:61><Bi|:V><|:

ene

x (ikx3B )] ,
4men,
since 6] = (c/4w)(ik x 8 B). Taking the curl and simplifying allows us to write
the right side as

c
142

o (k - B)(k x 8 B).

(In a fully ionized disk, the presence of n, in the denominator renders these
terms negligibly small.) For our particular problem, k is axial and B lies in
the disk plane, and expression (142) reduces to
ck?B
4men,

143

(6Breg — 6ByeR).

Including the effects of resistivity, the linearized induction egs. (82-83)

become
ck’B
144 —i k*)sB 2 5By —i(k-B)Svg =0
(— i+ nk?) R+47rene o — U )8vr
and
a2 ck*B
145 —i k*)6By — 8B [ —— 2 ) —i(k-B)Svg =0,
(= iw+nk)3By R(dlnR 4nene) 4 )ove

and the zequation is not needed (itis trivially satisfied). The linearized dynamic
and energy equations from § 4.3 remain unchanged.

The Hall electromotive force terms introduce a phase shift in the induction
that leads to a circularly polarized component of what would otherwise be an
Alfvén or slow mode. When an instability is present because of differential
rotation, this phase shift can either destabilize or stabilize depending on the
sign of B,.
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To see this more quantitatively, we must study the dispersion relation that
follows from our linearized set of equations. To this end, we define a Hall
parameter vy that has the dimensions of a velocity (Balbus & Terquem 2001),
2B,c
2wen,

146 v =
Notice that if we take the sense of rotation to be positive, vlzq can have either
sign depending on whether B, is positive or negative. With ¢ = —iw, the
dispersion relation is

147 ot 4+ 20k + Co0% + 2nkP (K + kv )o 4+ Co = 0,

where the constants C; and C are given by

kv2, ([ d0?
2 2.2 214 H 2.2
148 Cr =« +2kvA+nk+492 <dlnR+kVH>
and
2,2 2
Ky as
149 Co = k2 (fo 4 491;1) <m kA +k2qu> ikt

6.2. Stability
A sufficient condition for instability is that Cy < 0. Compared with the purely
ohmic requirement

150 k2vk kzvfl+di{22 +i2n’k* <0,
dlnR
2

the Hall condition Cop < 0 is much more easily satisfied, since v{; can change
sign. Perhaps most striking is the possibility that the intuitive result that large
wave numbers are stabilized can be lost when v, < 0, and that all wave num-
bers can be unstable, even in the presence of finite resistivity (see Fig. 6.4).
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Fig. 6.4. Range of unstable wave numbers for a representative disk in the Hall-Ohm regime.
The black diamond corresponds to the MRI without the Hall effect. The resistivity is chosen
to be k2n? /v = 0.35. From Balbus & Terquem (2001).
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This may be shown straightforwardly from the definition of Cp; the reader
may wish to consult Balbus & Terquem (2001) for explicit details. In addi-
tion to requiring counteraligned magnetic and rotation axes, this state also
demands a magnitude ratio of v} to v that lies between about 2 and 4 (for
a Keplerian disk). When the field is aligned with the rotation axis, the range
of unstable wave numbers is more restricted than that found for the ideal-
MHD MRL

6.3. Numerical Simulations of the Hall-Ohm MRI

What does the preceding section imply for the MHD transport properties of
protostellar disks? The first local simulations of the nonlinear development
of the MRI in the presence of ohmic resistivity are those of Fleming, Stone,
& Hawley (2000). These authors found the important result that the nonlin-
ear turbulent state is easier to maintain when a mean vertical magnetic field
is present. This is sometimes misunderstood as a requirement that a disk
must have a global vertical magnetic field to maintain MRI turbulence, but
in fact all that the very local calculations of Fleming et al. (2000) really tell
us is that on this scale, working with a precisely zero mean field is probably
too restrictive an approximation for a real disk. This study found a differ-
ence of two orders of magnitude in the critical magnetic Reynolds number
(defined here as the product of the isothermal sound speed times the box
size divided by the resistivity) needed to sustain turbulence, depending on
whether a vertical field was present or not; the vertical field runs were easier
to sustain. It is now understood that very high-resolution grids are needed for
the local study of the MRI in a shearing box with zero mean field, so these
early results should not be used quantitatively. With this precaution under-
stood, it is interesting to note that for the vertical field runs, the Fleming
etal. finding seems to be not very different from the L = 1 criterion discussed
earlier.

This nature of the nonlinear behavior of a Hall fluid was examined in
a numerical investigation by Sano & Stone (2002a, 2002b). These authors
carried out an extensive study of the local properties of Hall-MRI turbulence
in the shearing-box formalism. The results are somewhat surprising.

In linear theory, counteraligned magnetic and rotation axes produce a
very broad wave-number spectrum of instability and should be more unsta-
ble than the aligned case. What Sano and Stone found, however, was just
the opposite: the aligned case showed greater levels of field coherence and
higher rms fluctuations than the counteraligned case. The reason for this is
interesting and illustrative of the hazards of extrapolating directly from linear
theory.
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In the case of counteraligned axes, the extended wave-number spectrum
of linear MRI instability results, in its nonlinear resolution, in a highly effi-
cient turbulent cascade to smaller and smaller scales. In a finite-difference
numerical simulation, this cascade terminates at the grid scale, where energy
is ultimately lost. By contrast, the aligned case shows instability only at longer
wavelengths (small wave numbers). At larger wave numbers, the response of
the fluid is wavelike, and this is likely to make a local small-scale turbulent
cascade considerably less efficient. The result is a less lossy system and greater
large-scale field coherence.

Finally, when simulations were done with half the field aligned with the
rotation axis and half counteraligned, the Hall effect tended to wash out, and
the results were similar to resistive MHD turbulence without the additional
electromotive forces. The criterion for the onset of turbulence depended only
on the relative strength of the resistivity, as measured by the dimension-
less number v7 /72. This Lundquist number must be greater than unity, or
MRI-induced turbulence is not maintained, whether Hall electromotive forces
are present or not, according to Sano & Stone. The presence of the Hall terms
in the induction equation does, however, promote a slightly elevated rms level
when turbulence can be maintained.

The Hall numerical studies are fascinating and suggestive, but caution is
necessary before taking the final leap from simulation to real disks. Note, for
example, the role played by the numerical grid scale losses in our discussion
of the nonlinear resolution of the counteraligned case. Nature works without
a grid, however, and it is not clear what scale ultimately intervenes at high
wave numbers in Hall protostellar disks. Moreover, it is now understood that
there are important resolution questions for local shearing-box simulations
with no mean field that have only recently been brought to light (Fromang
et al. 2007; Lesur & Longaretti 2007). The important pioneering studies of
Sano & Stone (2002a, 2002b) merit a thoroughgoing follow-up on the much
larger numerical grids that are currently available to numericists.

7. Alpha Models of Protostellar Disks

7.1. Basic Principles

We are now in a position to assemble a basic “o« model” (Shakura & Sunyaev
1973) of a protostellar disk. An important assumption in such models is that
angular momentum and mechanical energy are transported radially through
the disk. We therefore work with height- and azimuthally integrated quantities.
Under these conditions, Balbus & Papaloizou (1999) have shown how the
fundamental equations of MHD lead directly to the « formalism.
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The velocities consist of a mean part plus a fluctuation of zero mean.
For the azimuthal velocity v®, the mean will be taken to be the Keplerian
velocity
2 _ GM

R

where M is the central mass and G is the Newtonian constant. For the radial

151 (RR2)

’

velocity vg, the mean motion corresponds to the very slow inward accre-
tion drift, v,. The azimuthal fluctuation velocity ug is much less than RS2,
whereas the radial fluctuation velocity ug is much larger than the inward drift.
These claims will shortly be quantified. The magnetic-field Alfvén velocities
are assumed to be of the same order as the u velocities, namely, less than or
of order of the isothermal thermal sound speed cg. To summarize,

152 V) K U,va,cs K RS2.

Under steady-state conditions, the local disk-accretion rate has a time-
averaged value of

153 = 2w R{pvy + 8p Sug).
The height-integrated form of this is —M, the mass-accretion rate:
154 / wdz =—M,
defined so that M is a positive constant. A useful average of v, is the drift
velocity defined by
M

155 V=T oRY

where X is the disk surface density.
In steady state, the height-integrated average radial angular momentum
flux is proportional to 1/R. In other words,

156 ~MR*Q2 421 X RWgy = C/R,

where Wge is defined by

157 /(puRu¢ — ,OVARVA¢) dz = EWR(];,

and C is a constant to be determined. Traditionally, this has been done by
asserting that Wgy is proportional to the radial gradient of £2, and at some
point before the surface of the star is reached this must vanish. The constant
C is then determined at this point (Pringle 1981).
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This approach now seems dated and especially inappropriate for a proto-
stellar disk in which the magnetic interactions between the disk and the star
may become quite complex at small radii. Instead, let us note that at small R,
C/Rmust be very small if ¥ W4 does not blow up, which seems quite reason-
able. If C/R is very small at the inner edge of the disk, it is clearly negligible
in the body of the disk, and we shall set C = 0 with the understanding that
this solution should not be taken to the stellar surface. Then (156) reduces to

158 vy = —Wgy/RS2,

which shows thatv; (and v,, which is of the same order) is very small compared
with the u velocities. Alternatively,

159 X Wry = MR2/27.
This is a particularly useful result because Wgg4 appears in the energy-balance
eq. (140):

sw. 42 _ 42
RdInR =~ dInR

In the last equality, we have equated the radiated energy per unit surface of the

160 Tre dz=/p.cdz=20T;l}.

disk to twice the blackbody emissivity; the factor of 2 represents two radiating
surfaces. Here o is the Stefan-Boltzmann constant, and T is the effective
blackbody surface temperature. Combining (159) and (160) then gives

+ _ 3GMM
df ~ 8omR3’

relating the potentially observable disk surface temperature to the central mass,

161

accretion rate, and radial location. The unknown turbulent-stress parameter
Wrg has conveniently vanished.

Eq. (161) is in a restricted sense “exact.” It is based on the assumption
of time-steady conditions and thermal radiation, but it is independent of the
explicit nature of the turbulence as long as it is local. If these conditions are
all met, eq. (161) is a simple matter of energy conservation. To go beyond this
result, something has to be said directly about Wgy. In « disk theory, that
condition is

2
162 WR¢ = ocg,

where « is assumed to be constant but otherwise unknown. In contrast to the
simple and plausible assumption that turbulence is locally dissipated, this “«
assumption” is far from obvious and in a strict mathematical sense almost
certainly wrong.
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The original justification for this form of the stress tensor was based on
the notion of hydrodynamic turbulence and the idea that the velocity fluctu-
ations would be restricted to some fraction of the sound speed (fluctuations
in excess would cause shocks). Shakura & Sunyaev (1973) consider magnetic
stresses, however, and argue that they fit within the & formalism as well since
Alfvén velocities in excess of cs are also dynamically unlikely.

The real problem with prescription (162) is that turbulence is just too com-
plicated. Not only are long-term averages very hard to define (a problem even
for a result like eq. [161]), but it is also entirely possible that & could vary in a
complex nonsystematic way by an order of magnitude or more from one part
of the disk to another. The primary justification for (161) is that many scaling
results are very insensitive to &. On dimensional grounds cg is is certainly an
important local characteristic velocity, but it is not yet clear under what con-
ditions a “background” magnetic field might also be providing a mean Alfvén
velocity that limits or guides the turbulence.

Continuing with our « model, to link the surface temperature Toy with
the midplane temperature T (used in quantities like cg), we need to intro-
duce explicit vertical structure into the problem. The hydrostatic-equilibrium
equation is
163 _9p _ GMpz _ pz2°.

0z R3
This may be solved in conjunction with a detailed energy equation, but it

seems best for illustrative purposes to note that this equation serves to provide
a decent and very simple estimate of the disk half-thickness, H = cs/S2.
The energy equation for simple vertical radiative diffusion defines the local
radiative energy flux F, as

164 B 40 dT*
V73 dr

The optical depth 7 is given by

165 dt = —pkdz,

where « is the opacity of the disk (units: cross-sectional area per unit mass).
In the simplest possible model, F, is a constant given by GT:ﬁf, and the
temperature at the midplane T is then

37T
166 T = Teﬁ,

where 7 is the optical depth from the outer disk surface to the midplane. (In
this simplest of all possible models, we set T = x H, where « is evaluated at
the midplane temperature.)
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The surface temperature of a disk with a mass-accretion rate of 10~8 M, per
year around a 1M, star is 85 RZ?J]S K, where Ray is the radius in astronomical
units. The midplane temperature T is a factor ~t'/* larger, typically a factor
of 5 or so larger. At what value of T would we expect the ionization fraction to
reach the critical value of 10~'® we found earlier, corresponding to a Lundquist
number of unity? Put in somewhat different terms, is our model of self-
sustaining MHD turbulence self-consistent?

To answer this, we need to address the physics of thermal ionization. In the
low-ionization regime in which we are working, thermal electrons are supplied
by trace alkali elements, notably potassium, with an ionization potential of only
4.341 eV. Even this modest value corresponds to an effective temperature of
50,375 K, well above the range of 10% to 10°K we expect, and potassium will
barely be ionized.

The equation governing the ionization fraction x is the Saha equation.*
In this barely ionized regime, it may be written (Stone et al. 2000) as

2.4 x 10"
167 x* =as (X) T3/ exp (—50,375/T),
n

where a is the abundance of potassium ( 1077), n is the ratio of the dominant
H; molecules, and s is a ratio of statistical weights, expected to be near unity.
We may rewrite this equation as

50,3
168 T=-— 75,
InX
where
169 X = x2T32(n/2.4 x 10%as).

When x = 10713 and the final density factor is anything between 0.01 and
1 (0.1Mg of gas spread out over a region of 10 AU yields a density of about
5 x 10'3 per cc), values for T are close to 10° K, which we will adopt as a
working number.

Therefore, a surface temperature of about 200 K is required to attain a
midplane temperature of 10° K and thereby ensure a critical level of ionization.
This is the key issue for MHD theories of protostellar disks: beyond 0.2 — 0.3
AU, or ~ 3 x 10!2 cm, the heat generated by the dissipation associated with
local turbulence is insufficient to keep the disk magnetically well coupled.
Where and how do protostellar disks maintain good magnetic coupling?

4. The discussion presented here presumes that the ionization reaction rates are suf-
ficiently rapid to keep up with the dynamic timescales of any turbulence present. At
low-ionization fractions this breaks down, and a single temperature may not be enough
to characterize the jonization state (Pneuman & Mitchell 1965).
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8. lonization Models of Protostellar Disks

8.1. Layered Accretion

The results of the previous section suggest that dissipative heating from MHD
turbulence self-consistently generates enough heat to maintain the minimum
thermal levels of requisite ionization only within a few 0.1 AU. Nonthermal
sources of ionization are therefore of great interest to protostellar disk theo-
rists. The principal ionizing agents that have been studied are cosmic rays,
X-rays, and radioactivity.

Gammie (1996) argued that the low-density extended vertical layers of a
protostellar disk would be exposed to an ionizing flux of interstellar cosmic
rays. Just as in models of molecular cloud ionization, cosmic rays would main-
tain a minimal level of ionization in the upper disk layers. The range of the
low-energy galactic cosmic rays is about 100 g/cm?. This is much less than
the disk column density at ~ 1 AU in generic solar nebula models but can
easily exceed the disk column at larger distances. If the level of ionization
is high enough—and the Alfvén velocity v4 is small enough—the gas within
the range of the cosmic rays will be MRI active. (The Alfvén velocity cannot
be too large if disturbances are not to be stabilized by magnetic tension.) If
these criteria are met, Gammie argued that turbulent accretion would proceed
in the outer layers of protostellar disks, but that the midplane regions would
remain laminar—in effect, a “dead zone.” This is the basis of the concept of
layered accretion, which has become an important idea in protostellar disk
modeling (Sano et al. 2000).

Gammie’s original construction was based on the assumptions that the
accretion occurs in a layer of fixed columns, and that « is constant. Taken
together, these assumptions preclude a steady solution; the mass flux rate
is not independent of position. Instead, matter is deposited from the outer
regions into the disk’s inner regions, where it builds up. At some point in
this scenario the disk becomes gravitationally unstable, and it was speculated
that an accretion outburst might occur, which was tentatively identified with
FU Orionis behavior. On the other hand, there is no compelling argument
(beyond mathematical convenience) to prevent the o parameter from adjust-
ing with position if this allows a relaxation to a time-steady solution. The
overarching layered-accretion picture would, however, remain intact with this
modification.

Young Stellar Objects (YSOs) are almost universally X-ray sources. Glass-
gold, Feigelson, & Montmerle (2000) noted that X-rays are potentially a far
more powerful ionization source, even they are if attenuated, than galactic
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cosmic rays. These authors were thus the first to draw the link between X-ray
observations and MRI activity of accretion disks. In the Glassgold et al. for-
mulation, X-rays from a locally extended corona centered on the YSO irradiate
the disk and, depending on the chosen parameters, could provide the req-
uisite ionization levels to lessen the extent of the dead zone or eliminate it
altogether.

Whether the dead zone persists in the presence of X-ray irradiation depends,
among other things, on the model adopted for the disk structure. Generally, the
so-called minimum-mass solar nebula model (Weidenschilling 1977) is used.
This is a reconstruction of the surface-density distribution of the Sun’s proto-
stellar disk based on current planetary masses and compositions and results
in an R~%/? radial distribution. Fromang, Terquem, & Balbus (2002) sug-
gested that ionization fractions should be calculated self-consistently within
the framework of accretion-disk theory, which in general leads to a more
shallow dependence of surface density on radius. If were introduce accretion
parameters whose values are free (« and the mass-accretion rate M), the range
of parameter space increases, and the presence and extent of a dead zone
become yet more model dependent.

The ionization fraction of a protostellar disk is a chemical problem and in
principle can involve a very complex, uncertain, molecular reaction network.
Ilgner & Nelson (2004a) investigated the consequences for the dead zone of a
considerably richer chemical network. Although the quantitative details were
sensitive to the chemistry, the qualitative structure was not. A dead zone is
likely to be present in any plausible chemical network that has been studied up
to the present, but there are conditions in which its extent can be very small or
possibly even zero. Ilgner & Nelson (2004b), for example, made the interesting
comment that flaring activity by the central star can have a significant effect
on the extent of the dead zone.

8.2. Activity in the Dead Zone

Just because the dead zone is unable to host the MRI does not mean that it is
well and truly dead. Fleming & Stone (2003) carried out numerical simulations
in which the magnetically active upper layers of the disk coupled dynamically to
the magnetically inert dead zone, resulting in a small but significant Reynolds
stress, even though the Maxwell stress was zero. More recently, Turner &
Sano (2008) suggested that the high resistivity characteristic of the dead zone
is also a means for a magnetic field to diffuse into this region from the active
layers. Moreover, these authors point out, an active MRI region is not an
absolute prerequisite for accretion: direct magnetic torques on much larger
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scales would also serve, and since they do not dissipate energy in a turbulent
cascade, they are much less costly to maintain.

Terquem (2008) constructed global models of protostellar disks based on
the « prescription. The presence of a dead zone was surprisingly nondisrup-
tive, provided that o was not too small. Steady solutions were found for values
of @ in the dead zone as small as 1073 times the active zone value. In these
models, the dead zone was thicker and more massive than its surroundings,
but because of the relatively weak « scalings, by less than an order of magni-
tude. These results, taken as a whole, suggest that an embedded dead zone in
a protostellar disk is not necessarily disruptive to the accretion process.

8.3. Dust
In all of the discussions, I have been very negligent by not mentioning the
effects of small dust grains (e.g., Sano et al. 2000). Let us see crudely why this
is so.

Consider a mass M of protostellar disk gas, of which 1072 M is in the form
of spherical dust grains of radius r;. If the dust grains have a density of 3 gm
cm™3, there are a total of

Ny = (1072 /4)(M/1})

grains in a volume V. The grains present a geometric cross section of o5 =
mr? (we ignore here the enhancement due to the induced charge [Draine
& Sutin 1987]), and the electrons have an average radial velocity of some
ve = 1.6(kT/m,)/2. The total dust recombination rate per unit volume is

170 (Ng/V)neogve,

where n, is the number density of electrons. This should be compared with a
typical dielectronic recombination rate of 8 = 8.7 x 107¢ cm? s~1(Glassgold,
Lucas, & Omont 1986; Gammie 1996). If x is the ionization fraction, then the
ratio of dielectronic recombination to dust recombination is

ne.fV N ( x ) 7]

171 =
Nyoyve 10-13

T
where ry is in cm and T is in K. For small dust grains (~ 10~>cm), this
ratio is « 1, and dust recombination is overwhelmingly important. But the
relative importance of the grains diminishes as they grow in size, especially
in the cooler portions of the disk. Sano et al. (2000) concluded that in their
model (based on cosmic-ray ionization) a typical protostellar disk would be
MRI stable inside about 20 AU if small grains were present, except for the
innermost regions, which would be thermally ionized.
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The detailed effects of dust grains have been considered by many authors; a
very good review and list of references is given in the recent paper of Salmeron
& Wardle (2008). These authors have considered the vertical structure of the
magnetic coupling in a minimum-mass solar nebula model, including the
effects of Hall electromotive forces and ambipolar diffusion. They employed
a sophisticated chemical network (Nishi, Nakano, & Umebayashi 1991) and
small dust grains ranging in radius from 0.1 to 3 microns. At the fiducial
locations of 5 and 10 AU, Salmeron & Wardle found good magnetic coupling
over an impressive range of magnetic-field strengths provided for the 3 micron
grains, a considerable improvement from the naive estimate above. For the
0.1 micron grains, the magnetic coupling dropped sharply (as did MRI growth
rates) and was restricted to higher elevations above the disk plane.

9. Summary

Protostellar disks are gaseous systems dynamically dominated by Keplerian
rotation. These disks are accreting onto the central protostar, so there must be
a source of enhanced angular momentum transport present. In the early stages
of the disk’s life, this enhanced transport may well be due to self-gravity, with
density waves largely responsible for moving angular momentum outward.
Once the disk becomes observable, its mass is below the minimum needed
to sustain self-gravitational spiral wave transport. The only established mech-
anism able to sustain high levels of angular momentum transport is MHD
turbulence produced by the magnetorotational instability, or MRI.

The dynamic effects of magnetic fields on protostellar disks depend cru-
cially on the degree of ionization, and more specifically on the electron fraction,
thatis present. This means that there is a direct link between the gross dynamic
behavior of a protostellar disk and its detailed chemical profile. In principle,
the full multifluid nature of the disk gas—neutrals, ions, electrons, and dust
grains—must be grappled with at some level to elicit and understand the disk
structure. Fortunately, only a very small ionization level is needed to couple
the charged and neutral components, leaving (in essence), a single magne-
tized fluid. An electron fraction of 10713 is a typical fiducial number for the
threshold of magnetic coupling at 1 AU in the T Tauri phase of the Solar
Nebula: roughly one electron per cubic millimeter of disk gas. Unfortunately,
however, on scales of 10s of AUs, near the dense midplane the ionization of
protostellar disks may not rise even to this minimal level of ionization. At the
boundary between good and poor magnetic coupling, the MHD processes are
complex, not well understood, and the domain of ongoing inquiry.
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In regions of the disk where the magnetic coupling is sufficient, the com-
bination of a weak (subthermal) magnetic field and Keplerian rotation leads to
the MRI. In ideal MHD, the magnetic field behaves as though it were frozen
into the conducting gas, and the presence of differential rotation produces
an azimuthal magnetic field from a radial magnetic field. But this is not all
that happens. If one tries to simulate this simple process on a computer, the
laminar flow breaks down into a turbulent mess, even if the field is very weak.

The reason for this is another classical property of magnetic fields, that the
force exerted by the lines of force on the background gaseous fluid is the sum of
a pressurelike term and a tensionlike term. It is the latter tensionlike term that
is important for an understanding of the MRI. When two nearby fluid elements
are moved apart, even if only because of a random perturbation, the magnetic
tension force acts precisely like a spring coupling the two masses. The fluid
element on the inside rotates faster than the element on the outside and tries
to speed it up. The outer element, in acquiring angular momentum from the
inner element, finds itself too well endowed and spirals outward toward a
higher orbit, where its excess angular momentum can be accommodated. On
the other hand, the inner element, having lost angular momentum, finds itself
ata deficit and must drop to a lower angular momentum orbit. This separation
stretches the field lines that couple the elements, the magnetic tension goes up,
and the process runs away. This is the MRI. Notice that angular momentum
transport is at the very core of the linear instability, rather than the result of
some sort of nonlinear mixing process.

But the MRI does, in fact, lead to rapid turbulent mixing of the disk gas as
outwardly moving and inwardly moving fluid elements encounter one another
and dissipate their energy. If this happens locally, then the ingredients for
a classical @ model of accretion are present. To the extent that many disk
features are insensitive to, or independent of, the precise rms level of the
disk fluctuations, these models can be of some practical utility. The classical
formula relating the disk emissivity to the radius R is the most important
instance of this.

In real protostellar disks, the level of ionization present is such that there
are significant departures from the behavior of an ideal (perfectly conducting)
MHD gas. In principle, the gas can become completely decoupled from the
magnetic field and go over to a hydrodynamic system. Less dramatically, the
current-bearing electrons can acquire a velocity significantly different from
the dominant neutrals, since the former need to maintain a current density
and magnetic field even as charged species become rarer and rarer. When
this happens, the field lines are no longer frozen into the motion of the bulk
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of the (neutral) disk gas; they are frozen into the electrons, and the distinc-
tion becomes important. In the so-called Hall regime, the ions and neutrals
move together distinctly from the electrons, and the ion motion relative to
the electron-following field lines induces an additional electromotive force in
the gas, beyond the self-induction responsible for simple field-line freezing.
Hall MHD is likely to be important in protostellar disks on scales of 1 AU to
10s of AUs.

Dust grains are an ever-present complication for MHD disk modeling. Typ-
ically, solids make up about 1% of the mass of interstellar gas. An interstellar
population of small grains (radius ~ 10~> cm) with a total mass fraction of
a 1% would present an enormous collecting area of would-be gas-phase elec-
trons. Putting charges on the grains effectively removes them because of the
low mobility of the grains. Determining the disposition of the dust grains is
thus a necessity for constructing MHD disk models. As the disk evolves, so
too do the dust grains. They grow in size as they agglomerate, and they tend
to settle toward the midplane if they are not stirred by turbulence or some
other dynamic process. Larger dust grains are much less efficient in removing
gas-phase electrons than are smaller grains, where “larger” means growth in
radius of an order of magnitude or more.

Where does all this leave us? Clearly, we are a long way from framing
a picture of protostellar disk evolution at the level of, say, classical stellar
evolution. But for all the gaping uncertainties, a useful zeroth-order MHD-
based picture of a protostellar disk in its T Tauri phase can be cobbled together.

Inside about 0.3 AU, a protostellar disk will be thermally ionized by direct
exposure to the central source and self-consistently by the dissipation of MHD
turbulence. We may expect vigorous MRI-induced MHD turbulence in this
zone.

On scales of AUs, thermal ionization is no longer adequate to maintain
the requisite levels of ionization to ensure MHD coupling, at least not near
the high-density midplane. Depending on the X-ray luminosity of the central
star, the spectrum of dust grains, and the abundance of gas-phase potassium
and sodium (electron donors), there could be good coupling at low-density,
higher-elevation disk altitudes. The dead zone at lower altitudes need not
be devoid of all transport; density waves from an adjacent active layer or large-
scale magnetic torques would each contribute their own stresses. It is even
possible that some degree of coupling could be maintained down to the disk
midplane, although this depends strongly on modeling assumptions. It seems
likely, however, that on a scale of 1 AU to 10s of AUs, the level of MHD
turbulence will be far less than in the disk’s innermost regions.
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Finally, on scales larger than 10s of AUs, the falling density lengthens
recombination times and suggests a return to good MHD coupling. The typical
size of a disk is many 100s of AUs, so the dead zone is small when viewed
globally and may not have much of an impact in the overall accretion process
(Terquem 2008). Perhaps, however, itis nota coincidence that the MHD “quiet
zone” coincides with the region of planet formation in the Solar Nebula and
(more speculatively) in other protostellar disks.

Appendix A

Begin with eq. (16):

172 éxB=Pm+peﬂy

where the right side of this equation is

173 g (OntWar) (VI — V) 4 netMe(OneWne) [(Ve — V1) + (Vi — V)]

In what follows, we will often need an estimate of the ratio of the ion and
electron collision rates. Following the discussion in § 3, we will assume that

12
174 {(Oniwnr) _ ( Me ) ,

(OneWne) ELIn

where e < 1isinserted because the electron-neutral cross section is geometric,
while the ion-neutral collision cross section is larger than geometric.

In (173), the first (v — v) term dominates the last by a factor of order
(1t1n/€me) /2. Hence

17 s _ gy
5 Pln_zx _Pen_EX + . (OneWne)J -

With the help of eq. (10), this implies that

JxB + €M,
Cypp1 MnI
A

176 Vi—V = Z(vi—Ve).

The final term has been marked with an “A” for future reference.
Recall eq. (20):
1
177 E—l—;[v—l—(ve—w)—i—(vl—v)] xB

MeVen
+

[(Ve —vi)+(vi— V)] =0.

In substituting eq. (176) for v; — v in (177), we may always drop the A term,
since it is small compared with v — v;.
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Proceeding with the above substitution leads to

vV x B MeVen M, X B)xB
178 E+—><B—] [1— ””e]+(/2 B _ T =0,
c eNneC YopPI cyppI Ocond
——
B

where 0,44 is defined in eq. (24). The B term in this equation may now clearly
be dropped: it is of order Z(emepuny)'/? /my. This leads to

J xB n (J x B)xB J
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which is precisely eq. (23) in the text.
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Appendix B

To estimate the order of departures from charge neutrality or the displacement
currents, we will assume that the V operator is ~ 1/L, where L is a charac-
teristic length scale of the flow, and 9/9t is ~ v/L, where v is a characteristic
velocity (say, the largest of the neutral, ion, or electron velocities).

For the electric field, I take E ~ vB/c, since we are interested only in prob-
lems where the inductive terms are comparable to, or larger than, the resistive
damping. Then

180 V.E ~ E/L~vB/Lc ~ 4nv]/c* ~ 4men? /c2.

Hence the divergence of E is of order v?/c? times the electron charge density
(at most, since we assumed v; — v, ~ v in the above). It may thus be ignored.

For the displacement current, the demonstration is almost a matter of direct
inspection. If we take the curl of eq. (29) and use eq. (27), then on the right
side of (29) the first term is ~B/L?, while the second, displacement, term is
~v2B/c?. Tt may thus be ignored.
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Plate 1. HST images of silhouette disks against the background of ionized emission from the
Orion Nebula Cluster. Left: Orion 183-405; the disk radius is 264 AU. Right: Orion 114-426;
the disk radius is 1,012 AU. Image credit NASA and McCaughrean and O'Dell (1996).
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Plate 2. SED of BP Tau, including STIS UV spectra, compared with the predictions from
the accretion-shock model. The different contributors to the emission are shown: preshock
emission (cyan); photosphere heated by the shock (green); total emission from the accre-
tion column, i.e., the sum of the emission from the preshock and the heated photosphere
(magenta); photosphere (red); and photosphere plus accretion shock (black). From [103].
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Plate 3. Artist is representation of the inner disk of a CTTS. The disk has a sharp transition at
the dust- destruction radius, represented by a wall in the figure. Inside it, the dust-free disk is
truncated at the magnetospheric radius, inside which matter falls onto the star along magnetic
field lines. Artist: Luis Belerique.
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Plate 4. Sample spectra and integrated emission maps of the j = 3 — 2 transition of HCO™,
DCO™, HCN, and DCN. Observations from the Submillimeter Array and figure published
by Qi et al. (2008).
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Plate 5. Predicted temperature structure for a typical T Tauri disk model by D’Alessio et al.
(2001). Assumed parameters are 0.5 Mg, M = 3 x 10~8 Mg /yr, and & = 0.01.



Plate 6. A density color scale of two snapshots from an isothermal smoothed-particle hydro-
dynamics (SPH) simulation for the collapse of an initially turbulent 50 Mg cloud core. The
frames zero in on a single large disk being fed by a stream. The frames are about 5,000 AU
on a side, and the region illustrated contains a few M of brown dwarfs, stars, and gas. The
time stamp 5in the upper right is in units of the initial free-fall time of the original cloud core.
Adapted from Bate and Bonnell (2005).

Plate 7. Two classic illustrations of the fragmentation of disks when they are evolved isother-
mally. The left panel, adapted from Boss (2000), shows density contours with a dense fragment
near 12 o’clock at (x, y) = (—0.05, 0.45). This disk has M,/M; ~ 0.09, an initial minimum Q ~
1.3, and inner and outer radii of 4 and 20 AU. The right panel, a density color scale adapted
from Mayer et al. (2002), is for a disk with M;/M; = 0.1, an initial minimum Q ~ 1.4, and
initial inner and outer radii of 4 and 20 AU. In both cases, M; = 1 Mg, and the fragments have
masses of 1 to 5 Jupiter masses.
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Plate 8. Equatorial plane density color scale after one disk orbit for high-resolution isothermal
simulations based on the same highly unstable initial conditions with three different codes:
the SPH code GASOLINE (left panel), the AMR Cartesian code FLASH (middle panel), and
the cylindrical FG code of the Indiana University (IU) Hydro Group. All three codes produce
similar dense structure. Adapted from results of the Wengen test (Gawryszczak et al., private
communication) with images courtesy of A. C. Boley.
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Plate 9. Logarithmic color scales of midplane density at four times that illustrate the four
phases of a t,o, = 2 orp simulation. The parameters of the initial model are described in the
text. A similar image from 23.5 orp looks essentially the same as the 18 orp image shown. The
asymptotic phase is quasi-steady. Adapted from Mejia et al (2005).
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Plate 10. Equatorial plane strucutres for four simulations of roughly similar protoplanetary
disks with realistic radiative cooling using different numerical schemes. The top left panel,
adapted from Boss (2001), and the top right panel, adapted from Mayer et al. (2007b), develop
very dense clumps. The bottom left panel, adapted from Boley et al. (2007a), and the bottom
right panels adapted from Whitworth (2008), use the same initial disk as in Mejfa et al (2005)
and exhibit no fragmentation.



Plate 11. Color scales of particle surface density relative to gas density in Gl-active disks. The
left panel, adapted from Rice et al. (2004), illustrates the rapid concentration of particles of 1
meter radius into Gl spirals. The right panel, adapted from Rice et al. (2006), where the self-
gravity of the particles is included, shows that when particles of 50 cm radius are concentrated
in Gl spirals, they can become subject to Gls themselves, as shown by the dense knots of
particles.

Plate 12. Snapshot of flow, with density color scale and flow vectors, based on simulations of
the photoevaporation of a disk with a cleared inner hole ([7]).
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THE EFFECTS OF LARGE-SCALE MAGNETIC
FIELDS ON DISK FORMATION AND
EVOLUTION

1. Introduction

In Chapter 6 it was shown that a sufficiently highly conducting Keplerian disk
that is threaded by a weak magnetic field will be subject to the magnetorota-
tional instability (MRI) and may evolve into a turbulent state in which the field
is strongly amplified and has a small-scale, disordered configuration. This tur-
bulence has been proposed as the origin of the effective viscosity that enables
matter to accrete by transferring angular momentum radially out along the disk
plane. In this chapter we focus on an alternative mode of angular momentum
transport that can play an important role in protostellar disks, namely, vertical
transport through the disk surfaces effected by the stresses of a large-scale,
ordered magnetic field that threads the disk.

The possible existence of a comparatively strong, “open” magnetic field
over much of the extent of at least some circumstellar disks around low-
and intermediate-mass protostars is indicated by far-infrared (IR) and sub-
millimeter polarization measurements, which have discovered an ordered,
hourglass-shaped field morphology on subparsec scales in several molecular
clouds (e.g., Schleuning 1998; Girart et al. 2006; Kirby 2009). The polarized
radiation is attributed to thermal emission by spinning dust grains whose short
axes are aligned along the magnetic field (e.g., Lazarian 2007). The detected
hourglass morphology arises naturally in molecular cloud cores in which a
large-scale magnetic field provides dynamic support against the core’s self-
gravity (see § 2.1). In this picture the field is interstellar in origin and is part of
the Galactic magnetic-field distribution. As discussed in § 3, the inward grav-
itational force can become dominant, and the core then undergoes dynamic
collapse to form a central protostar and a circumstellar disk. The magnetic field
is dragged in by the infalling matter and could in principle lead to a large-scale
“open” field configuration in the disk.

283
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An ordered magnetic field that threads a disk can exert a magnetic torque
that removes angular momentum from the interior gas. This angular momen-
tum can be carried away along the field lines either by torsional Alfvén waves
in a process known as magnetic braking (see § 2.2) or through a rotating out-
flow in what is known as a centrifugally driven wind (CDW; see { 4.3). These
mechanisms could supplement or even entirely supplant the radial transport
along the disk plane invoked in traditional disk models: by turbulent stresses,
as in the MRI scenario mentioned above, or through gravitational torques in a
self-gravitating disk, as described in chapter 5. In the case of radial transport,
the angular momentum removed from the bulk of the matter is deposited
into a small amount of gas at the outer edge of the disk. In the case of vertical
transport, this angular momentum is deposited into a small fraction of the disk
mass (the tenuous surface layers of the disk) that is removed as a CDW or else
(when magnetic braking operates) into the ambient medium through which
the torsional Alfvén waves propagate. The introduction of this new transport
channel has profound implications for the structure and properties of disks in
which it is a major contributor to the angular momentum budget and poten-
tially also for the strong connection that has been found between accretion
and outflow phenomena in young stellar objects. This is discussed in § 4,
where we also consider how to determine which of the two possible angular
momentum transport modes (radial or vertical) operates at any given location
in a magnetically threaded disk and whether these two modes can coexist.

Of course, large-scale, ordered magnetic fields can also be produced in situ
by a dynamo process; we consider this alternative possibility for the origin of
the disk field in § 4.2. In the case of the Sun, high-resolution observations
made at extreme ultraviolet and soft X-ray wavelengths and transformed into
spectacular false-color images have revealed a complex web of organized struc-
tures thatappear as loops and prominences near the stellar surface but simplify
to a more uniform distribution farther out (e.g., Balogh et al. 1995). There is
growing evidence that Sun-like stars are already magnetically active in the pro-
tostellar phase and, in fact, generate fields that are 1,000 times stronger than
that of the present-day Sun. The dynamic interaction between such a field and
a surrounding accretion disk through which mass is being fed to the nascent
star could have important evolutionary and observational consequences. We
consider these in § 5. We conclude with a summary and a discussion of future
research directions in § 6.
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2. Magnetohydrodynamics of Magnetically Threaded Disks

Before we get into the specifics of the various topics outlined in § 1, we present
a general discussion of the dynamic properties of ordered magnetic fields in
relation to protostellar disks and of the main methods that have been applied
to their study.

2.1. Magnetic Forces
The magnetic force per unit volume on a magnetized fluid element is given by

Jx B (32) B-VB
1 =-V|—)+ ,

c 8 47

where J is the current density, B is the magnetic-field vector, and c is the speed
of light, and we substituted

c
2 =—VxB
J 4

(neglecting the displacement current in Ampere’s law on the assumption that
all speeds are « c¢) and used a vector identity to obtain the two terms on the
right-hand side of eq. (1). As was already noted in chapter 6, the first term
represents the magnetic pressure force and the second one the force due to
magnetic tension. To build intuition, it is useful to consider the magnetic-field
lines. Because of the solenoidal (i.e., absence of monopoles) condition on the
magnetic field,

3 V-B=0,

the flux ¥ of “open” field lines through the disk (the integral [ B-dS, where
d.S is a disk surface-area element) is conserved. This is a noteworthy result: it
says that even if the disk is resistive in its interior, the flux of magnetic-field
lines that thread it (also referred to as the poloidal flux) will not be destroyed
(although poloidal flux could be added to, or removed from, the disk through its
outer and inner boundaries). In the magnetohydrodynamics (MHD) picture,
the field lines can be thought of as rubber bands that exert tension of magnitude
B? /47 directed along the field and pressure of magnitude B%/8w normal to
their local direction (e.g., Parker 1979).

The nonmagnetic forces acting on a cloud core or a disk are the force of
gravity (mostly self-gravity in the case of a core and central-mass gravity in
the case of a nearly Keplerian disk), —oV® (where g is the mass density and
@ is the gravitational potential), and the thermal pressure force —V P. There
may be an additional force, associated with the momentum flux of MHD
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waves, in a turbulent system. Such turbulence could give rise to an effective
viscosity, but, as is generally the case in astrophysical systems, the effects
of microphysical shear viscosity would remain negligible (e.g., Frank et al.
2002). Protostellar disks typically have sufficiently low temperatures that the
dominant forces in the disk plane are gravity and magnetic tension, whereas in
the vertical direction the thermal pressure force is always important, balancing
the downward force of gravity or of the magnetic pressure gradient.

These notions can be illustrated by considering the equilibrium configu-
rations of cloud cores (e.g., Mouschovias 1976). Within the interstellar gas
that ultimately ends up in the core, the magnetic-field lines are initially nearly
parallel to each other, and the field is well coupled to the matter (with the
magnetic flux being, in the jargon of MHD, “frozen” into the matter). Since a
magnetic field exerts no force parallel to itself, matter can slide relatively eas-
ily along the field to form a flattened mass distribution. The oblate structure
predicted by this scenario is consistent with the observed shapes of starless
cores in the Orion giant molecular cloud (e.g., Tassis 2007).! It is convenient
to describe this configuration with the help of a cylindrical coordinate system
{r, ¢, z} centered on the forming star, with the z-axis aligned with the ini-
tial magnetic-field direction. A vertical hydrostatic equilibrium in which the
(upward) thermal (and possibly turbulent) pressure force balances the (down-
ward) gravitational force is established on a dynamic (free-fall) timescale and
is by and large maintained throughout the subsequent evolution of the core,
as verified by numerical simulations (e.g., Fiedler & Mouschovias 1993; Galli
& Shu 1993), including cases of filamentary clouds that are initially elongated
in the field direction (e.g., Nakamura et al. 1995; Tomisaka 1996). Self-gravity
acting in the radial direction tends to pull the field lines inward. The hourglass
shape revealed by the polarization measurements is produced because these
field lines remain anchored in the cloud envelope. This results in magnetic
tension that is associated mainly with the term (B,/47)dB,/dz in eq. (1) and
is in complete analogy with the force exerted by a stretched rubber band. The
field morphologies revealed by the polarization measurements are interpreted
as arising from the approximate balance between this force and radial gravity.
This interpretation is supported by H I and OH Zeeman measurements of the
line-of-sight field amplitude and by estimates of the plane-of-sky field strength
using the measured dispersion in the field orientation (the Chandrasekhar-
Fermi method), both of which typically imply roughly virialized cores (with

1. Note, however, that many cores do not exhibit a clear oblate structure and that, in
fact, many of the cores in Taurus are apparently prolate and may have formed from the
fragmentation of the filamentary clouds in which they are embedded (e.g., Di Francesco
et al. 2007).
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ordered and turbulent magnetic fields contributing approximately equally to
the overall support of the cloud against self-gravity; e.g., Ward-Thompson
et al. 2007).

In applying these ideas to the disks that form from the gravitational collapse
of cores, one should bear in mind the following two points. First, the flux
threading the disk is sufficiently strongly concentrated that the bending of the
field lines between the midplane (where B, = By, = 0 by reflection symmetry)
and the disk surface can be large enough to make B, s (where the subscript “s”
denotes the surface) comparable to B, (which, in turn, changes little between
the midplane and the surface if the disk is thin). Consequently, magnetic
squeezing by the z-gradient of the magnetic pressure associated with the B,
(and possibly also By) field components can become comparable to, or even
exceed, the downward force of gravity. This is indeed a key property of the
wind-driving disk models discussed in § 4.4. Second, the density scale height
h in the disk typically satisfies h <« r, implying a rapid decrease of the density
with z even as the magnetic-field amplitude changes little for z < r. Therefore,
magnetic forces generally dominate all other forces on scales < r above the disk
surface, and the field there assumes a so-called force-free field configuration
(J x B = 0). According to eq. (1), in this case the magnetic tension force has
to balance the magnetic pressure force, which points outward (as B2 increases
toward the center). This implies that the field lines in this region assume
a vaselike, “concave-in” morphology (i.e., bending toward the vertical axis),
in contradistinction to the hourglass-like, “convex-out” shape that they have
inside the disk. This behavior accounts for the initial collimation of disk-driven
MHD winds (see § 4.3).

2.2. Magnetic Braking

Plucked rubber bands (or strings) carry waves whose phase velocity is the
square root of the ratio of the tension to the mass density. Using again the anal-
ogy to magnetic-field lines, one immediately obtains the phase speed of Alfvén
waves, Vo = B,/ /47 o (taking the background field to pointin the Z direction).
When the transverse magnetic field of the wave points in the azimuthal direc-
tion, the corresponding (torsional) Alfvén wave carries angular momentum.
A rotating molecular cloud core or disk will twist the magnetic “rubber bands”
that thread it. The degree of twisting fixes the pitch |Bg s/B;| of the field lines
and is determined, in turn, by the “load” on the other end of the band (i.e.,
by the inertia of the external matter to which the field lines are coupled). This
twisting represents a transfer of angular momentum from the core or disk to
the external medium (subscript “ext”). One can thus determine By s by equat-
ing the torque per unit area (normal to Z) exerted on each of the two surfaces
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of the flattened core or disk, ¥B; By s/4m, to minus the rate per unit area of
angular momentum carried by the waves from each surface and deposited

in the (initially nonrotating) ambient medium, —Qex2

St §2BVaext, Where 2p is

the angular velocity of the field line (which is conserved along the field under
ideal-MHD conditions; see § 4.3). Poloidal flux conservation along the field
makes it possible to relate the radius r and the field B, in the core or disk to
the corresponding quantities in the external medium, B,rdr = B, exttextd7ext,
where the ambient field (assumed to be uniform on large scales) can be
expressed in terms of the poloidal flux ¥ by B, ext = W/ r2,,. One then obtains
(cf. Basu & Mouschovias 1994)
v VB¢

4 By, =— — ,
¢ 72 Vpext

where vpy = r§2p. The general meaning of vy is discussed in § 2.4; unless
Ohm diffusivity dominates in the core/disk, it can be identified with the mid-
plane angular velocity of the particles into which the field lines are frozen (see
eq. [65]).

2.3. Centrifugal Wind Driving

Asnotedin § 2.1, the dynamics just above the disk surface is magnetically dom-
inated, i.e., the magnetic energy density there is larger than the thermal, grav-
itational, and kinetic energy densities of the gas. The comparatively large elec-
trical conductivity in this region implies that the poloidal (r, z) gas velocity is
parallel to the poloidal magnetic field (see § 4.3), and the bulk particle motions
can be approximated as those of beads along rotating, rigid, massless wires
(Henriksen & Rayburn 1971). This mechanical analogy is useful for deriving
the criterion for the centrifugal launching of disk winds (Blandford & Payne
1982). We neglect thermal effects in this derivation and, correspondingly,
regard the disk as being infinitely thin. Since the field geometry varies only on
a scale ~ r in the force-free zone, very close to the disk surface the field lines
can be regarded as being nearly straight. If we consider thus a straight wire that
intersects a Keplerian disk at a distance o from the center and makes an angle
0 to the disk normal, the balance of gravitational and centrifugal forces along
the wire implies that in equilibrium, the effective potential @ (y) satisfies

0Pesr y+sinéf
dy  (1+2ysin6 +y2)3/2

—ysin?6 —sinf =0,

where the dimensionless variable y = s/rp measures the distance s along the
wire. The equilibrium is unstable when 32®.g/dy* < 0 (corresponding to a
local maximum of @.¢r) , which aty = 0 occurs for 6 > 30°. Hence centrifugal
driving sets in if
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This wind-launching criterion plays a key role in wind-driving disk models. It

is worth noting that in contrast to typical stellar winds, in which the outflowing
gas must “climb out” of basically the entire gravitational potential well at the
stellar surface, in the case of outflows from a rotationally supported, infinitely
thin disk the depth of the (gravitational plus centrifugal) potential well is lower
by a factor of 2 on account of the rotation, and gas can in principle escape
to infinity without any added thermal push if there is a sufficiently strongly
inclined, rigid channel (the magnetic-field lines). Real disks, however, are not
completely cold and therefore have a finite thickness. When this is taken into
account, the effective potential attains a maximum at some height above the
disk surface, and thermal pressure forces are required to lift gas from the
disk up to that point (e.g., Ogilvie 1997). This and some other properties of
CDWs are considered in § 4.3.

2.4. Nonideal MHD

Unlike the approach of classical electrodynamics, in which it is common to
consider the magnetic field as being generated by current flows according
to the Biot-Savart law, in MHD practice it is often more illuminating to focus
on the magnetic field and to regard the current density as a subordinate quan-
tity that is determined, through eq. (2), by how the field is shaped by its
interaction with matter (e.g., Parker 2007). The current, in turn, helps deter-
mine the neutral-fluid-frame (denoted by a prime) electric field E” according
to Ohm’s law,

7 ]:G‘E/:GoE/H-l—O‘HBXE/J_—FO’pE/ ,

where the conductivity has been expressed as a tensor to take account of the
inherent anisotropy that an ordered magnetic field induces in the motions of
charged particles. Here the subscripts || and L denote vector components that
are, respectively, parallel and perpendicular to the unit vector B, whereas o0,
on, and op are, respectively, the Ohm, Hall, and Pedersen conductivity terms.

Under ideal- MHD conditions, the conductivity is effectively infinite, and
the comoving electric field vanishes. This is an adequate approximation for
describing the dynamics of a disk wind or of the medium surrounding the
core/disk. However, within the core or disk the degree of ionization is gen-
erally low, so finite conductivity effects must be taken into account in the
dynamic modeling. When the conductivity is low, each charged particle species
(denoted by a subscript “j”) develops a drift velocity vq j = vj — v with respect to
the neutral-fluid velocity (which we approximate by the average fluid velocity
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v, as appropriate for a weakly ionized medium). The drift velocities can be
calculated from the equations of motion of these species, each of which is well
approximated by a steady-state balance between the Lorentz force and the drag
force F nj exerted by collisions with the neutrals,

8 Zje <E/ c — X B) = _Fn]' = m;YjQVvd;,

where Z; is the (signed) particle charge in units of the electronic chargeee, y; =
<ov>j /(mj+m), and <ov>; is the rate coefficient for collisional momen-
tum transfer between particles of mass m; and neutrals (of mass m and mass
density o). This collisional interaction in turn exerts a force Fj, = —Fpj on
the neutrals. The degree of coupling between a given charged species and the
magnetic field is measured by the Hall parameter, defined as the ratio of the
particle’s gyrofrequency to its collision frequency vj, = yjo with the neutrals:

|ZileB 1
mic ye
In this expression, B = |B|sgn{B.} is the signed magnetic-field amplitude,

9 i =

with the sign introduced to keep the dependence of the Hall conductivity on
the magnetic-field polarity (see eq. [13]). When || > 1, the coupling is good,
and the collision term can be neglected in comparison with the magnetic term;
in this case the Lorentz force is approximately 0, corresponding to the near
vanishing of the electric field in the charged particle’s frame. On the other
hand, when |gj| < 1, the coupling is poor; in this case the magnetic term in
eq. (8) can be neglected.
By summing eq. (8) over the particle species, one obtains

10 Zn ]XB

This shows explicitly thatina weakly ionized medium, the Lorentz force (which
acts only on the charged particles) is transmitted to the bulk of the matter
only through a collisional drag, which involves a relative motion between the
charged and neutral components. Therefore, if magnetic forces are important
in such a medium, its structure is inherently not static. This is exemplified by
the behavior of a magnetically supported molecular cloud core (e.g., Shu et al.
1987). The magnetic field that threads the core is anchored in the comparatively
well-ionized cloud envelope, but in the core’s interior the degree of ionization
is low, and the magnetic tension force is transmitted to the predominantly
neutral gas through ion—neutral drag. Since the ions (taken in what follows
to constitute a single species denoted by the subscript “i”) are well coupled
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to the magnetic field and thus remain nearly fixed in space, the associated
ambipolar diffusion drift entails an inward motion of the neutral particles
toward the center of mass. If the evolution lasts longer than the ambipolar
diffusion time (~ (R/va)?yi0i, which can be inferred from eqs. [14] and [18]),
the central concentration will become large enough to cause the core to become
gravitationally unstable, and dynamic collapse will ensue.

If one expresses the current density in terms of the charged particles’ drifts,

n J = Zeani Vd,j
j

(where the charged particles have number densities #; and satisfy charge
neutrality, } ; njZj = 0), and uses eq. (8), one can solve for the conductivity
tensor components in eq. (7):

ec

12 o0 = 7 > _mlZlfy
j

ec — 1l Zjl
13 oy = — 7

B 1+,
and

ec i1 Z;| B;
14 op = & il 1|€1

Bo 145

(e.g., Cowling 1976; Wardle & Ng 1999). Note that oy (and correspondingly
the Hall term in Ohm’s law) depends on an odd power of the magnetic-field
amplitude and can therefore have either a positive or a negative sign (reflecting
the magnetic-field polarity). This leads to qualitative differences in the behavior
of the disk solutions in the Hall regime for positive and negative values of B,.

The conductivity tensor formalism is useful for constructing realistic disk
models in which the relative magnitudes of the different conductivities can
change as a function of height even at a single radial location as a result
of the variation in the density and in the dominant ionization mechanism
as one moves between the disk surface and the midplane (see § 4.4). It is
nevertheless instructive to relate this formalism to the classical diffusivity
regimes considered in chapter 6. This is best done by solving for the fluid-frame
electric field,

15 CE' = 1oV x B+nu(V x B) x B+na(V x B),,
where the Ohm, Hall, and ambipolar diffusivities are given, respectively, by

c2

16 = ,
o 4 oo
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Fig. 7.1. Magnetic diffusivity regimes in the log ny — log B plane for T = 280 K.

2

C OoH
17 nH = —_—,
dmo| o
and
62 op
18 na = — —1no,
4o o)

with 0| = (04 +05)'/? (e.g., Mitchner & Kruger 1973; Nakano et al. 2002).
The three distinct regimes are delineated by

19 oo ~ op > |oy| (Ohm),
oo > oyl > op (Hall),

00 > op > |oH]| (ambipolar) .

When ions and electrons (subscript “e”) are the only charged species, one
has ng = Beno and na = Bi Be no, with the respective Hall parameters
given numerically by i = qBe ~ 0.46 (B/n13) (e.g., Draine et al. 1983, where
g~ 13x 1073 T21/2’ ns = nH/(IO13 cm’3), B is measured in Gauss, Tp =
T/(10? K), and the mean ion mass is m; = 30 my). In this case the three clas-
sical regimes correspond, respectively, to the Hall parameter ranges |8i| <
|Bel < 1 (Ohm), |Bi] € 1 < |Be| (Hall), and 1 « |Bi| < |Be| (ambipolar).
Fig. 7.1 shows the regions of ambipolar, Hall, and Ohm dominance in
the log nyy — log B plane for a weakly ionized gas.? Molecular cloud cores and
the outer regions (= 10 AU) of protostellar disks typically correspond to the
ambipolar regime, as do the disk surface regions at smaller radii; disk mid-
planes on scales ~ 1-10 AU are often dominated by Hall diffusivity, whereas

2. For a complementary figure in the log nig — log T plane, see Fig. 6.2 of chapter 6.
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Ohm diffusivity may characterize the midplanes of disks on smaller scales. In
the innermost (< 0.1 AU) regions of the disk, where the temperature increases
above ~ 10° K and the gas becomes collisionally ionized (e.g., Gammie 1996;
Li1996a), anomalous Ohm diffusivity (the enhanced drag between positive and
negative charge carriers due to scattering off electromagnetic waves generated
by current-driven plasma instabilities) might play a role. Note that the precise
extent of the different regimes depends on the radial profile of the disk column
density, since this profile determines the degree of penetration of the ionizing
radiation or cosmic rays (see § 4.4). For a given mass-accretion rate, the column
density depends on the nature of the angular momentum transport mecha-
nism. In particular, transport by a large-scale, ordered magnetic field is gener-
ally more efficient than transport by a small-scale, disordered field,’ resulting
in higher inflow speeds and correspondingly lower column densities and
higher degrees of ionization in CDW-mediated accretion than in MRI-based
turbulent disks.
The behavior of the electric field is governed by Faraday’s law,
20 B =—cVxXE,
ot

where E = E' — v x B/c is the lab-frame electric field. In view of eq. (15),
when the resistive term in the expression for E’ can be neglected and the only
charge carriers are ions and electrons, one can express the ambipolar and Hall
contributions to ¢E as (v — v;) x B and (vi — ve) x B, respectively (see Konigl
1989 and chapter 6), yielding dB/dt = V x (ve X B), which indicates that in
this case the field lines are frozen into the electrons (the particle species with
the highest mobility | Zj|e/m;). It is also seen that the ideal- MHD limit E =
—v x B/c is approached when the ion-neutral and ion-electron drift speeds
are small in comparison with the bulk speed. It further follows that in the
ambipolar regime, the ions and electrons drift together, relative to the neutrals
(i-e., [vi— ve| < |vi—v]), so the field is effectively frozen also into the ions,
whereas in the Hall regime the ions and neutrals essentially move together,
and the electrons drift relative to them (|vi — ve| > |vi — v|). More generally,
one can define an effective velocity v p for the poloidal flux surfaces that applies
also in the Ohm regime, when these surfaces are no longer frozen into any
particle species (although, as noted in § 2.1, they continue to maintain their
identity). If we focus on the midplane, where B = B,, this is done through the
relation cE = —vp X B (cf. Umebayashi & Nakano 1986). As we just observed,

3. This can be seen by representing the r¢ turbulent stress component as o P (where the
constant « is typically < 1; cf. Balbus & Papaloizou 1999), so the ratio of the torques exerted
by the ordered field and by the turbulent stress is ( — B, By, s /47 (P))(r/a H) (where () denotes
vertical averaging over the disk half-thickness H), which is typically > 1.
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in the absence of Ohm diffusivity (and still when only ion and electron charges
are considered) this relation is satisfied if one substitutes v. for the velocity,
which verifies that vp = ve in this case. However, in the Ohm regime the
azimuthal field-line velocity

21 VBp,0 = —CEryo/Bo

can differ from that of the most mobile charged-particle component, and
similarly for the radial flux-surface velocity

22 VBr,0 = CE¢y0/Bo ,

where the subscript 0 denotes the midplane.

A departure from ideal MHD may lead to energy dissipation at a rate (per
unit volume) J - E’. As can be inferred from egs. (7) and (15), both the Ohm
and ambipolar terms in Ohm’s law contribute to Joule heating, but not the Hall
term. It may perhaps seem puzzling that energy is dissipated in the ambipolar
regime even though the field lines remain frozen to the charged particles, but
one can directly associate the heating in this case with the ion-neutral colli-
sional drag: J - E' = nivq4; - Fin (assuming Z; > 1; see eqs. [8] and [11]). Joule
dissipation would be the main internal heating mechanism in disk regions
where angular momentum transport is dominated by a large-scale, ordered
field. Ambipolar heating, in particular, could also play an important role in
the thermal structure of disk-driven winds (see § 4.3).

Just as we arrived at a combination of physical variables that measures the
degree of coupling between a charged particle and the magnetic field (namely,
the Hall parameter; eq. [9]), we will find it useful to identify an analogous
measure for the neutrals. It turns out that an appropriate parameter combina-
tion of this type for Keplerian disks, which plays a similar role in MRI-based
systems (where the neutrals couple to a small-scale, disorderd field) and in
wind-driving disks (where the coupling is to a large-scale, ordered field), is the
Elsasser number

2

v
23 A=A
2xnL
where
24 CZ
= 47TUL

is the “perpendicular” magnetic diffusivity and §2x is the Keplerian angular
velocity. This parameter is 31 and «1 for strong and weak neutral-field
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coupling, respectively.* The Elsasser number is used in planetary dynamo
theory to measure the ratio of Lorentz to Coriolis forces. Since both the
MRI mechanism and the field-mediated vertical angular momentum trans-
port involve magnetic coupling to Keplerian rotation, it is not surprising that
this parameter also arises in the disk context. In the three main conductivity
regimes it reduces to

%él’(i =7  (ambipolar),
25 A = ﬂi T (Hall),

Pe ;T (Ohm),

where we again assume, for simplicity, that the only charged particles are ions
and electrons. The ambipolar limit has a clear physical meaning: it represents
the ratio T of the Keplerian rotation time to the neutral-ion momentum-
exchange time. This parameter has emerged as the natural measure of the
field-matter coupling in the wind-driving disk models of Wardle & Konigl
(1993; see § 4.4), as well as in studies of the linear (e.g., Blaes & Balbus 1994)
and nonlinear (e.g., Mac Low et al. 1995; Brandenburg et al. 1995; Hawley
& Stone 1998) evolution of the MRI in such disks. Indeed, since the ions
are well coupled to the field in this limit (|5;] > 1), the neutrals will be well
coupled to the field if their momentum exchange with the charged particles
(which is dominated by their interaction with the comparatively massive ions)
occurs on a timescale that is short in comparison with the dynamic time
2¢! (corresponding to T > 1). In the Hall regime, A is equal to this ratio
of timescales multiplied by |Bi|. This product has figured prominently in the
classification of wind-driving disk solutions (Konigl et al. 2010), as well as in
linear studies of disk MRI in this regime (e.g., Wardle 1999; Balbus & Terquem
2001). In this case, too, it has a clear physical meaning. In contradistinction
to the ambipolar regime, the ions are not well coupled to the field in the Hall
limit (|Bi] < 1). In order for the neutrals to be well coupled to the field, it
is, therefore, not sufficient for them to be well coupled to the ions (7" > 1);
rather, the product | 8|7 mustbe > 1in this case. In the Ohm regime, even the
electrons are not well coupled to the field (| 8e| < 1), so now the product B¢ 57
has to exceed 1 to ensure an adequate coupling of the neutrals to the field. The
condition A = 1 in fact characterizes both the linear (e.g., Jin 1996) and the
nonlinear (e.g., Sano & Stone 2002) behavior of the MRI in this regime, and

4. The parameter A is distinct from the Lundquist number S = vaL/no and from the
magnetic Reynolds number Rey = VL/no (where V and L are characteristic speed and length
scale, respectively), which have been used in similar contexts in the literature. It was first
introduced into the protostellar disk literature in this form (but using a different symbol) by
Wardle (1999).



296 / ARIEH KONIGL AND RAQUEL SALMERON

the Elsasser number is again a natural parameter for classifying viable wind-
driving disk solutions in this case (with each subregime corresponding to a
distinct lower bound on A; see Kénigl et al. 2010).

2.5. Similarity Solutions

Even the most simplified models of magnetically threaded protostellar disks
lead to systems of nonlinear partial differential equations (PDEs). In some
cases, such as the disk—star interaction considered in § 5, it has proved neces-
sary to carry out full-fledged numerical simulations to get definitive answers
about the expected behavior. However, for other aspects of the problem, such
as disk formation (§ 3) and the wind-driving disk structure (§ 4), it has been
possible to make analytic (or, rather, semianalytic) progress by looking for sim-
ilarity solutions, an approach that converts the PDEs into ordinary differential
equations (ODEs; e.g., Landau & Lifshitz 1987). This type of solution does not
incorporate either inner or outer radial boundaries, so it can be justified only
at radii that are sufficiently far removed from the disk’s actual edges. How-
ever, the basic properties revealed by these solutions have invariably been
confirmed by simulations, and the analytic approach has the advantage of
making the qualitative behavior more transparent and of making it possible
to better investigate the parameter dependence of the solutions and to incor-
porate more physics and dynamic range than is yet possible numerically. The
semianalytic and numerical approaches have thus played complementary roles
in shedding light on these questions.

In the case of the disk-formation problem, the separate dependences on
the spatial scale r and the time ¢ are subsumed into a single dependence on
the dimensionless combination r/Ct by taking advantage of the fact that the
isothermal sound speed C is nearly uniform (on account of efficient cooling by
dust grains) in cloud cores and in the outer regions of circumstellar disks. The
self-similarity of the derived solutions is expressed by the fact that they depend
solely on the ratio r/t and not on the separate values of r and t. In the case of the
stationary, axisymmetric wind-driving disk models, the separate dependences
on the spatial coordinates zand r are subsumed into a single dependence on the
dimensionless combination z/r (or, equivalently, on z(r, r0) /7o, where z(r, ro)
describes the shape of a magnetic-field line that intersects the midplane at rg).
In these radially self-similar models, all physical variables scale as power laws
of the spherical radius R = (22 4 r?)!/2, and the differential equations depend
only on the polar angle § = arc cot (z/r). Further details are given in {§ 3 and 4,

respectively.
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3. Disk Formation and Early Evolution

Rotationally supported circumstellar disks evidently originate in the collapse
of self-gravitating, rotating, molecular cloud cores. Molecular line observa-
tions (e.g., Goodman et al. 1993; Kane & Clemens 1997) have established
that a majority of dense (> 10* cm™3) cloud cores show evidence of rota-
tion, with angular velocities ~ 3x1071°~10"13 s~! that tend to be uniform
on scales of ~0.1pc, and with specific angular momenta in the range
~ 4x10%°-3x10%2 cm? s~!. The cores can transfer angular momentum to the
ambient gas by magnetic braking (§ 2.2), and this mechanism also acts to align
their angular momentum vectors with the local large-scale magnetic field (e.g.,
Machida etal. 2006). This alignment occurs on a dynamic timescale and hence
can be achieved even in cores whose lifetimes are not much longer than that
(as in certain models of the turbulent interstellar medium; e.g., Elmegreen
2000). The dynamic collapse might occur as a result of mass rearrangement
in the core during the ambipolar diffusion time (e.g., Mouschovias et al. 2006;
see § 2.4) or sooner if the core is close to the critical mass for collapse (the
effective Jeans mass) from the start (e.g., Elmegreen 2007). In this section we
consider the core-collapse problem in the context of angular momentum trans-
port by a large-scale, ordered magnetic field; an alternative scenario involving
gravitational torques is discussed in chapter 5.

Once dynamic collapse is initiated and a core goes into a near-free-fall state,
the specific angular momentum is expected to be approximately conserved,
resulting in a progressive increase in the centrifugal force that eventually
halts the collapse and gives rise to a rotationally supported disk on scales
~ 10? AU. These expectations are consistent with the results of molecular-
line interferometric observations of contracting cloud cores (e.g., Ohashi et
al. 1997; Belloche et al. 2002). In this picture, the disk rotation axis should
be aligned with the direction of the large-scale magnetic field that threads the
cloud. Observations have not yet yielded a clear-cut answer to whether this is
indeed the case in reality (e.g., Ménard & Duchéne 2004; Vink et al. 2005),
and it is conceivable that the field in some cases is too weak to align the core’s
rotation axis or even control its contraction, or that additional processes (such
as fragmentation or disk warping) play a role. In what follows, we nevertheless
continue to pursue the implications of the basic magnetically supported cloud
picture.
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3.1. Modeling Framework

Since the gravitational collapse time is much shorter than the local ambipolar
diffusion time in the core, the magnetic-field lines at first move in with the
infalling matter. However, once the central mass begins to grow, ambipolar
diffusion becomes important within the gravitational sphere of influence of the
central mass (Ciolek & Konigl 1998; Contopoulos etal. 1998). When the incom-
ing matter enters this region, it decouples from the field and continues moving
inward. The decoupling front, in turn, moves outward and steepens into an
ambipolar diffusion shock. The existence of this C-type MHD shock was first
predicted by Li & McKee (1996). The transition from a nearly freely falling, col-
lapsing core to a quasi-stationary, rotationally supported disk involves a strong
deceleration in a centrifugal shock. This shock typically occurs at a smaller
radius than the ambipolar diffusion shock and is hydrodynamic, rather than
hydromagnetic, in nature.

On the basis of the arguments presented in § 2.1, it should be a good
approximation to assume that the gas rapidly establishes force equilibrium
along the field and therefore to consider only motions in the radial direction.®
One can obtain semianalytic solutions for this effectively one-dimensional (1D)
time-dependent problem by postulating r — t self-similarity, with a similarity
variable

r
Ct
(see § 2.5). This modeling approach is motivated by the fact that core col-

26 X =

lapse is a multiscale problem, which is expected to assume a self-similar form
away from the outer and inner boundaries and not too close to the onset time
(e.g., Penston 1969; Larson 1969; Hunter 1977; Shu 1977). This has been
verified by numerical and semianalytic treatments of restricted core-collapse
problems—with /without rotation and with /without magnetic fields. Although
the constancy of the isothermal sound speed C that underlies the ansatz (26) is
not strictly maintained throughout the solution domain (in particular, C scales

-1/2

roughlyas r~"/*inlarge portions of the disk that forms around the central star),

this is of little consequence for the results since thermal stresses do not play
a major role in the dynamics of the collapsing core. For a typical sound speed
C=0.19kms™!, x = 1 & {400,4,000} AU at t = {10*, 10°} yr.

5. In reality, mass can also be added to the system from the polar directions. Numerical
simulations of axisymmetric collapse in which new mass is added only through vertical infall
have tended to produce disk-to-star mass ratios ~ 1, much higher than typically observed.
A Dbetter agreement with observations may, however, be obtained when nonaxisymmetric
density perturbations and resultant gravitational torques are included in the calculations
(e.g., Vorobyov & Basu 2007).
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Krasnopolsky & Konigl (2002, hereafter KK02) constructed self-similar
solutions of rotating magnetic molecular cloud cores that are subject to
ambipolar diffusion. These solutions reveal many of the basic features of star
and disk formation in the core-collapse scenario and are discussed in the
remainder of this section. To incorporate ambipolar diffusion into the self-
similarity formulation, it is necessary to assume that the ion density scales
as the square root of the neutral density: o; = Ko'/2. As discussed in KK02,
this should be a good approximation for the core-collapse problem: it applies
on both ends of a density range spanning ~ 8 orders of magnitude, which
corresponds roughly to radial scales ~ 10-10* AU, with K varying by only ~ 1
order of magnitude across this interval.

To allow mass to accumulate at the center in a 1D rotational collapse, an
angular momentum transport mechanism must be present. KK02 assumed
that vertical transport through magnetic braking continues to operate also dur-
ing the collapse phase of the core evolution. To incorporate this mechanism
into the self-similar model, it is necessary to assume that vaex, the Alfvén
speed in the external medium, is a constant.® KKO02 verified that in their
derived solutions, magnetic braking indeed dominates the most likely alter-
native angular momentum transport mechanisms—MRI-induced turbulence
and gravitational torques. However, they also found that angular momentum
transport by a CDW arises naturally (and may dominate) in the Keplerian disk
that forms in their fiducial solution (see § 3.4).

3.2. Basic Equations
The mass- and momentum-conservation relations in their differential form

are given by

do 10 9
27 T + e (rovy) = e (ovz) (mass),
2 2
v, v, ,d0 V5 B,9B, 9 (B
28 o—0 T e — 2L, 2 _2 (5
ot Tovr or  OF or te r +4n 0z  Or\8m
1 ad
R (rB¢)2 —ov, % (radial momentum),
wrs or z
00 ovy 0 B, 9By B, 0
29 —— - — - =7 — (rB
r ot (rv¢) + r ar (W¢) 4 0z + 4mr dOr (r ¢)
d
—Qva - (rvg) (angular momentum),
z

6. A nearly constant value vaext &~ 1 kms~! is, in fact, indicated in molecular clouds in
the density range ~ 10>°~10” cm~3 (e.g., Crutcher 1999).
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and
30 5
3 o (B B\ B 0B
C Za—i =08~ o (87415 + 872) + ﬁ 8: (vertical hydrostatic equilibrium),

where g and g, are, respectively, the radial and vertical components of the
gravitational acceleration. We have not yet dropped the terms that involve the
vertical velocity component (except in the vertical momentum equation, which
we assume takes its hydrostatic form).

We now integrate these equations over the core/disk thickness 2H. We use
the thin-disk approximation (H(r) < r) and assume that the density, radial
velocity, azimuthal velocity, and radial gravity are constant with height, and
that so also is B, (except when it is explicitly differentiated with respect to z, in
which case we substitute dB,/dz = —r~1(3/dr)(rB,) from V - B = 0). We also
assumethat B,(r, 2) = By s(r) [z/H(r)] (and similarly for By) and, after deriving
expressions that are valid to order (H/r)?, further simplify by dropping all
terms O(H/r) except in the combination [B,s — H(dB,/dr)] (see KKO02 for
details). We thus obtain the vertically integrated conservation equations:

31 3“7_,_13(2) 1 My
ar Ty eV =5 mass),
at  ror ' 2nr Or ( )
32
v i) C23x B 9B 2
Bitr vra—rr =gr _EW—F 27122 (Br,s - Ha—rz)—i-{—3 (radial momentum),
a a BB
3 3% +VY3J = 1’22 ;S (angular momentum),
r T
and
>C? T GM*QHZ 1 3B,
34 7:*G22 - _ BZ BZ _B.HP=
2H 2 * 2r3 + 8 ( $s T Brs rs H—

(vertical hydrostatic equilibrium),

where X' =20 H is the surface mass density, | = rvy is the specific angular mo-
mentum of the matter, G is the gravitational constant, and M, is the mass of the
central protostar. In the integrated equations we have implemented the 1D
flow approximation by setting v, = 0, but we retained the term on the right-
hand side of eq. (31) to allow for mass loss through a disk wind (at a rate My,).
Such a wind could carry angular momentum, but we did not include vertical
particle angular momentum transport in eq. (33) since most of a disk wind’s
angular momentum initially resides in the magnetic field (see § 4.3). In any
case, we proceed to solve the equations by assuming at first that no wind
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is present and that the only mechanism of angular momentum transport is
magnetic braking.

The dominant charge carriers in the precollapse core are ions and electrons.
Adopting this composition, we approximate the ion equation of motion in the
ambipolar diffusion limit by

1
35 QvniVa = 7 (VxB)x B,

4n
where vy; is the neutral-ion collision frequency (see egs. [8] and [10]). This
relation yields the components of the drift velocity:

36 vy = D2Dbs
do 2mvp X
and
B 0B
37 Vg = z Brs—H—) .
2mvpi X ar

Magnetic braking is incorporated via eq. (4), in which we identify vp4 with
vig (see § 2.4). Expressing vy in terms of vy and vq 4 (eq. [36]) and imposing
acap (8 < 1) on |Bys/B;l (to account for the possible development of a kink
instability above the disk surface), one gets

38 B in| L% (14 V5 o 5B
=—min| — , .
s 72 Vpext 2727200 Zvaext ‘

The flux-conservation relation 9¥/dt = —2nrvp. B, (obtained from

egs.[20]and [22]), which describes the advection of poloidal flux by the infalling
matter, can be written in this limit as

v
ot
with vy, given by eq. (37). The surface value of B, that appears in the latter

39 = —2nmi,;B; = —2nr (Vr +Vd,r) B,,

equation can be determined in the limit of a potential field (V x B = 0) outside
an infinitely thin disk from an r integral of the midplane value of B,:

40 Brs = /OO dk Ja(kr) /OO dr'r'[Bx(r') — Brer] Jo(kr)
0 0

(e.g., Ciolek & Mouschovias 1993), where Jo and J; are Bessel functions of
order 0 and 1, respectively, and B,r is the uniform ambient field at infinity
(which is henceforth neglected). Although the current-free limit of the force-
free medium outside the core/disk is not exact, because the presence of a By
component, which typically involves a distributed poloidal electric current, is
required for angular momentum transport above and below the core/disk sur-
faces, the magnitude of | By s/B;| (as deduced from eq. [38)) is typically small
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at the start of the collapse (e.g., Basu & Mouschovias 1994). Furthermore, even
after this ratio increases to ~ 1 as matter and field become concentrated near
the center, the magnitude of the enclosed (poloidal) current (I = (¢/2)r|Bgl)

—1/4 in the circum-

increases relatively slowly with decreasing r (scaling as r
stellar disk; see eq. [55]), so overall we expect expression (40) to be a fair
approximation. A similar integral (with X (r) replacing B;) can be written for g,

(Toomre 1963). These integrals can be approximated by their monopole terms

p )
’ 22
and
“ g — _CMInY
2

(cf. Li & Shu 1997), where M(r, t) is the mass enclosed within a radius r at time
t. When B, (r) (or X'(r)) scales as r 4, one still obtains the monopole expression
for B, s (or gr), but with a g-dependent coefficient O(1) (Ciolek & Kénigl 1998).

3.3. Self-Similarity Formulation
The various physical quantities of the problem can be expressed as dimension-
less functions of the similarity variable x (eq. [26]) in the following fashion:

43 H(r,t) = Cth(x), Z(r,t)=(C/2nGt)o(x),

44 ve(r,t) = Cul(x), vp(r,t) = Cw(x),

45 g (rt) = (C/t)g(x), J(r.t) = Ctj(x),

46 M(r,t) = (C’t/G)m(x), Ma(r,t) = (C*/G)rin(x),
and

47 B(r,t) = (C/GY2t) b(x), ¥(r,t) = 21 C3t/GV?)y (x),

where M, is the mass-accretion rate.
The vertical force-balance relation (34) yields a quadratic equation for the
normalized disk half-thickness h,

<am* b db,

48 T _p 22
x3 " dx

>h2+<b§,s+bé,s+oz)h—20:0,

whose solution is

49 h—(}x3 1+ 1+8m* v
T 2, x362 ’

where i, = m, — x°b, s(db,/dx)/o and & = o + (b2, + b3 )/o.
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The initial (t = 0) conditions, which in the self-similar model also repre-
sent the outer asymptotic (r — o0) values, correspond to a collapsing core just
before it forms a central-point mass. On the basis of previous analytic and
numerical work, KK02 adopted

o
50 00— —, by —> —, U= Ug, W—> Wy aSX — 00,

x Moo
with A = 3, oo = 2.9, and us, = —1. From the constituent equations one can

also derive the inner asymptotic behavior (corresponding to r — 0 at a fixed
t) in the Keplerian disk:

51 m=m= m,,
52 ]: m}(/le/Z )
53 —u = (m*/al)xl/2 ,

__(2n/38)(2m,)'/? 32
T [14(27/38)72]1/2

54 =o1x 3%,
55 by = —bys/8 = [m>3/*/(28) Vx4
56 brs = /%" = (4/3)bs,
and
57 h = {2/[1+ (21/38)"Im.} /222

where T = (47 Go)'/? /vy.

The equations are solved as a boundary-value problem using the above
asymptotic relations. A solution is determined by the values of the four
model parameters: 7, § = |Bgs/Bz|, Woo = vp(t = 0)/C, and & = C/vpex. The
scaling parameter m, for the central mass and the mass-accretion rate is
obtained as an eigenvalue of the problem.

3.4. Self-Similar Collapse Solutions

Fig. 7.2 shows a fiducial solution corresponding to the parameter combination
t=1,8=1, w(0) =0.73, and « = 0.8 (which yields m, = 4.7). In this case
the initial rotation is not very fast and the braking is moderate, leading to
the formation of a disk (with outer boundary at the centrifugal shock radius
xc = 1.3 x 1072) within the ambipolar diffusion (AD) region (delimited by the
AD shock radius x; = 0.41 = 30 x). One can distinguish the following main
flow regimes:
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Expanded Fig. 7.2. Behavior of key normalized
102F IC Stce_lf'e | - - - . variables in the fiducial self-similar
E Sh::kr%i%?m Sﬁik 102h/x disk-formation solution as a func-
[ ox v tion of the similarity variable x (see
S ; egs. [43]-[46]).
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1:- i
[ -u
i
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x = r/Ct

* Outer region (x > x,): ideal-MHD infall.

+ AD shock: resolved as a continuous transition (but may in some cases
contain a viscous subshock); KK02 estimated x, ~ V21 loo.

+ Ambipolar diffusion-dominated infall (x. < x < x,): near free fall con-
trolled by the central star’s gravity.

+ Centrifugal shock: its location depends sensitively on the diffusivity
parameter t, which affects the amount of magnetic braking for x < x,;
KKO02 estimated x. ~ (m,w2,/A2)exp{—(2%/2m../ o) /27 =3/2).

* Keplerian disk (x <x.): asymptotic behavior (egs. [51]-[57]) is approached
after a transition zone representing a massive ring (of width ~ 0.1 x. and
mass ~ 8% of the disk mass within x;, which itself is < 5% of m).

The inner asymptotic solution implies that at any given time the disk
satisfies M, (r) = const, X (r) oc r~3/2, Boc r~>/#, and B, s/B, = 4/3.7 If the
derived power-law dependence of B, on r is used in eq. (40), one obtains
B s/B; = 1.428, slightly less than the result found with the monopole approx-
imation (41), but still representing a strong bending of the field lines (by ~55°
from the normal) that is significantly larger than the minimum of 30° required
tolaunch a centrifugally driven wind from a “cold” Keplerian disk (eq. [6]). This
implies that protostellar disks formed in this fashion are likely to drive disk

7. The surface-density scaling is the same as that inferred for the minimum-mass solar
nebula (e.g., Weidenschilling 1977). Note, however, that this scaling is also predicted for a
self-similar Keplerian disk with an « viscosity (Tsuribe 1999), as well as in certain models in
which gravitational torques dominate the angular momentum transport (e.g., Lin & Pringle
1987; Voroboyov & Basu 2007).
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outflows over much of their radial extents, atleast during early times when they
still accumulate mass from the collapsing core. Interestingly, the steady-state,
radially self-similar CDW solution of Blandford & Payne (1982) also yields
a radial magnetic-field scaling oc r—>/#. As discussed by KK02, this suggests
that angular momentum transport by a CDW can be formally incorporated
into the disk-formation solution, which would modify some of the details of
the solution (such as the mass-accretion rate onto the star, which could be
reduced by up to a factor of ~ 3) although not its basic properties. Interpreted
as a wind-driving disk model, the asymptotic solution corresponds to a weakly
coupled disk configuration (using the nomenclature introduced in § 4.4).

Despite being based on a number of simplifying assumptions, the fiducial
solution demonstrates that vertical angular momentum transport along inter-
stellar magnetic-field lines can be sufficiently efficient to allow most of the
mass of a collapsing molecular cloud core to end up (with effectively no angu-
lar momentum) at the center, with the central mass dominating the dynamics
well beyond the outer edge of the disk even while the inflow is still in progress.
The vertical transport is thus seen to resolve the so-called angular momentum
problem in star formation (although the exact value of the protostar’s angular
momentum is determined by processes near the stellar surface that are not
included in this model; see § 5). To the extent that self-similarity is a good
approximation to the situation in such cores, it is conceivable that T Tauri
(Class II) protostellar systems, whose disk masses are typically inferred to be
< 10% of the central mass, have had a similarly low disk-to-star mass ratio also
during their earlier (Class 0 and Class I) evolutionary phases. This possibility
remains to be tested by observations.

The fiducial solution also reveals that the AD shock, even though it is
located well outside the region where the centrifugal force becomes impor-
tant, helps enhance the efficiency of angular momentum transport through
the magnetic-field amplification that it induces. The revitalization of ambipo-
lar diffusion behind the AD shock in turn goes a long way toward resolving
the magnetic-flux problem in star formation (the several-orders-of-magnitude
discrepancy between the empirical upper limit on the magnetic flux of a pro-
tostar and the flux associated with the corresponding mass in the precollapse
core), although it is conceivable that Ohm diffusivity in the innermost regions
of the disk also plays an important role in this process (e.g., Shu et al. 2006;
Tassis & Mouschovias 2007). The details of the flux detachment outside the
Ohm regime can be modified if one takes account of the fact that the flux is
strictly frozen into the electrons but not necessarily into the ions (i.e., if one
also includes the Hall term in Ohm'’s law; see § 2.4). In particular, Tassis &
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Fig. 7.3. Behavior of key normalized variables in representative fast-rotation (left) and strong-
braking (right) solutions of the collapse of a rotating, magnetic, molecular cloud core as a
function of the similarity variable x (see eqgs. [43]-[47]).

Mouschovias (2005) found that a quasi-periodic series of outward-propagating
shocks may develop in this case.

The shocks that form in the collapsing core, and in particular the centrifu-
gal shock (which is the strongest), will process the incoming material and
may have implications for the composition of protoplanetary disks (e.g., the
annealing of silicate dust; see Harker & Desch 2002 and chapter 4). Note in
this connection that the shock velocity vy, relative to the intercepted matter has
roughly the free-fall magnitude o (M/r)!/2, which is constant for any given
value (including, in particular, x.) of the similarity variable. The postshock
temperature (which scales as vsl}iz) will thus not vary with time if the inflow
remains self-similar; the postshock density, on the other hand, will decrease
with time as the shock moves to larger radii.

By modifying the model parameters, one can study the range of possible
behaviors in real systems. Fig. 7.3 shows two limiting cases, which bracket
the fiducial solution (cf. Fig. 7.2).

The fast-rotation case differs from the fiducial solution primarily in having a
large initial-rotation parameter (w(0) = 1.5). It has the following distinguish-
ing features:

* The centrifugal shock is located within the self-gravity-dominated (and
ideal-MHD) region; a back-flowing region is present just behind the
shock.

¢ The central mass is comparatively small (m, = 0.5), giving rise to a non-
Keplerian outer disk region.
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* The ideal- MHD/ambipolar-diffusion transition occurs behind the cen-
trifugal shock and is gradual rather than sharp.

The strong-braking case (r = 0.5,8 = 10, w(0) = 1, and @ = 10, yielding m,, =
5.9) is characterized by large values of the braking parameters § and . It is
distinguished by having the following feature:

+ There is no centrifugal shock (or circumstellar disk); essentially all the
angular momentum is removed well before the inflowing gas reaches
the center, and the x — 0 behavior resembles that of the nonrotating
collapse solution of Contopoulos et al. (1998).

This case may be relevant to the interpretation of slowly rotating young stars
that show no evidence of a circumstellar disk (e.g., Stassun et al. 1999, 2001),
which would seem puzzling if all protostars were born with significant rotation
that could only be reduced as a result of their interaction with a disk (see § 5).
In the strong-braking interpretation, both the slow rotation and the absence
of a disk have the same cause. It is also worth noting in this connection that
the physical conditions that underlie the fiducial solution presented above—
namely, a highly flattened, magnetized core whose braking is controlled by
the inertia of a comparatively low-density ambient gas—may not be generally
applicable. In particular, it has been argued (see Mellon & Li 2009 and ref-
erences therein) that magnetized molecular clouds may retain a significant
amount of mass outside the collapsing core that would dominate the braking
process and could place the core in the strong-braking regime where disk for-
mation would be suppressed. Although there may be ways to alleviate or even
circumvent this problem (e.g., Hennebelle & Ciardi 2009; Duffin & Pudritz
2009), there is obviously a need for additional observational and theoretical
work to clarify the physical conditions that characterize core collapse in real
clouds.

Although the semianalytic self-similarity model described in this section is
useful for identifying important features of disk formation from the collapse of
rotating cores, the intricacies of this process can be studied only numerically.
Newly developed 3D, nonideal- MHD, nested-grid codes (e.g., Machida et al.
2007) are already starting to provide new insights into this problem.

4. Wind-Driving Protostellar Disks

In this section we discuss wind-driving disk models. We begin by highlight-
ing the observational evidence for a close link between outflows and accretion
disks in protostellar systems and the interpretation of this connection in terms
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of a large-scale magnetic field that mediates the accretion and outflow pro-
cesses. We next outline the theory of centrifugally driven winds, describe the
incorporation of CDWs into equilibrium disk models, and conclude by
addressing the stability of such disk/wind configurations.

4.1. The Disk-Wind Connection

We give a brief survey of the observational findings on protostellar outflows
and their connection to accretion disks. Besides the explicit references cited,
the reader may consult some of the many review articles written on this topic
over the years (e.g., Cabrit 2007; Calvet et al. 2000; Dutrey et al. 2007; Konigl
& Pudritz 2000; Millan-Gabet et al. 2007; Najita et al. 2007; Ray et al. 2007;
Watson et al. 2007).

BIPOLAR OUTFLOWS AND JETS. Bipolar molecular outflows and narrow ato-
mic (but sometimes also molecular) jets are ubiquitous phenomena in pro-
tostars, with about 1,000 collimated outflows of all sorts already known (e.g.,
Bally et al. 2007). The bipolar lobes are usually understood to represent ambi-
ent molecular material that has been swept up by the much faster, highly
supersonic jets and winds that emanate from the central star/disk system
(e.g., Arce et al. 2007). Jets associated with low-bolometric-luminosity (Lp, <
10°Lg) protostars have velocities in the range ~ 150-400 km st large (>20)
Mach numbers, and inferred mass outflow rates ~107°-10"7 Mg, yr~!. They
are collimated on scales of a few 10s of AUs and exhibit opening angles as small
as ~ 3-5° on scales of 103—10* AU. High-resolution observations of optically
visible jets from classical T Tauri stars (CTTSs) reveal an onionlike morphol-
ogy, with the regions closer to the axis having higher velocities and excitations
and appearing to be more collimated. Detailed optical/near-IR spectral diag-
nostic techniques have been developed and applied to classical (Herbig-Haro)
protostellar jets, making it possible to directly estimate the neutral densities
in the forbidden-line emission regions. Recent results (Podio et al. 2006) yield
an average mass outflow rate of 5 x 1078 M yr~!, markedly higher than pre-
vious estimates. Outflows have also been detected by optical observations of
intermediate-mass (~2-10 M) Herbig Ae/Be stars and other high-luminosity
sources. The jet speeds and mass outflow rates in these protostars are larger
by a factor ~2-3 and ~10-100, respectively, than in the low-Ly, objects.

THE LINK TO ACCRETION DISKS. Strong correlations are found between the
presence of outflow signatures (P-Cygni line profiles, forbidden-line emis-
sion, thermal radio radiation, well-developed molecular lobes) and accretion
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diagnostics (ultraviolet [UV], IR, and millimeter emission excesses, inverse
P-Cygni line profiles) in T Tauri stars (e.g., Hartigan et al. 1995). Such cor-
relations evidently extend smoothly to protostars with masses of ~ 10 Mg.
A related finding is that the apparent decline in outflow activity with stellar
age follows a trend similar to that exhibited by disk frequency and inferred
mass-accretion rate. In addition, correlations of the type M o leol (with
g ~ 0.6—0.7) have been found in both low-L;, and high-L; protostars for
mass accretion rates as well as for mass outflow rates in ionized jets and in
bipolar molecular lobes. Furthermore, CTTS-like accretion and outflow phe-
nomena have now been detected also in very low-mass stars and brown dwarfs
(e.g., Mohanty et al. 2005).

These findings strongly suggest that outflows are powered by accretion
and that the same basic physical mechanism operates in both low- (down to
nearly the planetary mass limit) and intermediate-mass protostars, and pos-
sibly also in some higher-mass objects (e.g., Shepherd 2005). The accretion
proceeds through circumstellar disks, which can be directly probed by means
of high-spectral- and spatial-resolution (in particular, interferometric) observa-
tions at submillimeter, millimeter, mid-IR, near-IR, and optical wavelengths.
The disks appear to be rotationally supported (for r < 100 AU), and when the
rotation law can be determined, it is usually consistent with being Keplerian
(vy o< r~1/2). Recent data indicate that Mg < M, atleastup to M, ~ 20 M.

Strong evidence for a disk origin for the observed outflows is available
for FU Orionis outbursts in rapidly accreting young protostars (e.g., Hart-
mann & Kenyon 1996). It is inferred that the emission during an outburst
(of typical duration ~ 102 yr) originates in a rotating disk and that the outflow
represents a wind that accelerates from the disk surface (with My / M, ~ 0.1;
M, ~ 10~* Mg yr™1). It has been suggested (Hartmann 1997) that most of the
mass accumulation and ejection in low-mass protostars occurs during recur-
rent outbursts of this type. Interestingly, estimates in CTTSs (e.g., Kurosawa
etal. 2006; Ray et al. 2007) indicate that My, / M, has a similar value (i.e., ~ 0.1)
also during the quiescent phases of these protostars.

4.2. Magnetic Driving of Protostellar Outflows

The most widely accepted explanation of protostellar outflows is that they
tap the rotational kinetic energy of the disk (and/or central object) and are
accelerated centrifugally from the disk (or stellar) surface by the stress of a
large-scale, ordered magnetic field that threads the source. In this subsection
we review the arguments that have led to this picture and list a few alternatives
for the origin of the field.



310 / ARIEH KONIGL AND RAQUEL SALMERON

OUTFLOW DRIVING FORCES. The momentum discharges inferred from
observations of protostellar jets are compatible with the values deduced for
the bipolar molecular outflows but are typically a factor ~ 102—10% higher
than the radiation-pressure thrust Ly /c produced by the stellar luminosity,
ruling out radiative acceleration as a dominant driving mechanism in low- and
intermediate-mass protostars (e.g., Richer et al. 2000). Radiative effects could,
however, be important in driving photoevaporative disk outflows, particularly
in high-Ly,) systems (e.g., Hollenbach et al. 1994; see chapter 8). Disk heating
by aluminous protostar (such as a Herbig Be star) could potentially also induce
a line-driven wind from the inner disk (Drew et al. 1998). Another effect is
radiation pressure on the dusty outer regions of a disk wind, which could act to
decollimate the streamlines even in comparatively low-L,,; systems (see § 4.3
and cf. Konigl & Kartje 1994).

Thermal pressure acceleration is commonly discounted as a dominant
mechanism since the requisite high (effectively virial) temperatures are not
generally observed at the base of the flow. However, it has been suggested
that under suitable conditions, the thermal energy released in shocks at the
boundary layer between the disk and the star could be efficiently converted into
outflow kinetic energy (Torbett 1984; Soker & Regev 2003). Even if this is not
a dominant mechanism, thermal pressure effects are nevertheless important
in the mass loading of hydromagnetic winds (see § 4.3) and could potentially
also play a significant role in the initial acceleration of disk outflows of this
type (e.g., Pesenti et al. 2004).

A general result for protostellar jets can be obtained by combining

1. Mievjer ~ 102 —10% Ly /c,
2. Ljet ~ MjetV]-Zety
3. Vier ~ 1073 ¢, and

4. Lol ~ Lace (~ GMyMa/Ry)

(where R, is the stellar radius), which implies that on average, the jet kinetic
luminosity is related to the released accretion luminosity by Liet ~ 0.1-1 Lyec.®
Such a high ejection efficiency is most naturally understood if the jets are
driven hydromagnetically (see egs. [68] and [70]). This mechanism also pro-
vides a natural explanation of the strong collimation exhibited by protostellar
jets (see § 4.3).

8. Note that in protostars that are beyond the main accretion phase, Ly, can be expected

to exceed Ly (e.g., Tilling et al. 2008), which would increase the inferred value of Liet/ Lacc
in these sources.
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ORIGIN OF LARGE-SCALE DISK MAGNETIC FIELDS. Perhaps the most likely
origin of a large-scale, open magnetic field that can launch a CDW from
a protostellar disk is the interstellar field that supports the natal molecular
cloud core. We have already considered the observational evidence for such
a core-threading field (§ 1), its dynamic effect on the core (§ 2.1), and how it
is advected inward by the inflowing matter during gravitational collapse (§ 3).
However, to complete the argument, it is still necessary to demonstrate that
once a rotationally supported disk is established, magnetic flux that is brought
in to its outer edge remains sufficiently well coupled to the inflowing matter
to be distributed along the disk plane. A potential problem arises, however, in
turbulent disks in which only radial angular momentum transport is present.
In particular, in a disk of characteristic radius R and half-thickness H <« Rin
which angular momentum transport is due to an effective turbulent viscosity
Viurb, inward dragging of magnetic-field lines is possible only if the effective
turbulent magnetic diffusivity 7y, satisfies nur, < (H/R) Viurb,” which may
not occur naturally in such a system (Lubow et al. 1994a).'% The introduction of
vertical angular momentum transport along a large-scale magnetic field offers
a straightforward way out of this potential dilemma by decoupling these two
processes: magnetic diffusivity is determined by the ionization state and com-
position of the disk (or else by the local turbulence, if one is present) and no
longer has the same underlying physical mechanism as the angular momen-
tum transport. The disk-formation models presented in § 3 provide concrete
examples of how open magnetic-field lines can be self-consistently incorpo-
rated into a disk in which they constitute the dominant angular momentum
transport channel (see also Spruit & Uzdensky 2005).

An alternative possibility is that the outflow is driven by the stellar dynamo-
generated field. This could happen either along field lines that have been
effectively severed after they penetrated the disk, as in the X-wind scenario (e.g.,
Shu et al. 2000), or along field lines that are still attached to the star. However,
even in the latter case the outflow is envisioned to result from an interac-
tion between the stellar magnetic field and the disk (see § 5). It has also been

9. This follows from a comparison of the mass inflow speed, ~vy.p,/R, as inferred from
the angular momentum conservation equation, with the field diffusion speed relative to the
gas, ~nNuyb/ H, as inferred from the flux-conservation equation.

10. Recent numerical simulations have indicated that the turbulent 7 is, in fact, of the
order of the turbulent v in disks where the turbulence derives from the magnetorotational
instability (Guan & Gammie 2009; Lesur & Longaretti 2009). Note, however, that efficient
inward advection of magnetic flux may nevertheless be possible in this case on account of
the expected suppression of the instability near the disk surfaces (e.g., Rothstein & Lovelace
2008).
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proposed that a large-scale, open field could be generated by a disk dynamo
(e.g., Tout & Pringle 1996; von Rekowski et al. 2003; Blackman & Tan 2004;
Pudritz et al. 2007; Uzdensky & Goodman 2008). In this connection it is
worth noting that even if the disk dynamo generates small-scale, closed mag-
netic loops, it is conceivable, if we extrapolate from the situation on the Sun,
that some of these loops could be dynamically extended to sufficiently long
distances (in particular, beyond the respective Alfvén surfaces) for them to
become effectively open (Blandford & Payne 1982).

Direct evidence for the presence of magnetic fields in either the outflow
or the disk has been scant, but this may not be surprising in view of the
considerable observational challenges. Among the few actual measurements
are the strong circular polarization that was detected on scales of ~20 AU in
T Tau S (Ray et al. 1997), which was interpreted as a field of at least several
gauss that was advected from the origin by the associated outflow,!! and the
meteoritic evidence that points to the presence in the protosolar nebula of a
~1G field atr ~ 3 AU (Levy & Sonett 1978). In view of the strong indications
for disk-launched outflows in FU Orionis systems, it is also worth mentioning
the Zeeman-signature least-square deconvolution measurement in FU Ori
(Donati et al. 2005), which was interpreted as a ~1 kG field (with |Bs| ~ B,/2)
originating on scales of ~0.05 AU in the associated disk (with the direction of
By being consistent with its origin in shearing of the poloidal field by the disk
differential rotation). Further support for a magnetic disk—outflow connection
has been inferred from measurements of apparent rotations in a number of
protostellar jets, although, as noted in § 4.3, this evidence is still controversial.

4.3. Centrifugally Driven Winds

Our focus here is on the role of CDWs as an angular momentum transport
mechanism. We survey their main characteristics and concentrate on those
aspects that are relevant to the construction of combined disk/wind models,
the topic of the next subsection.

WIND EQUATIONS. The qualitative basis for such outflows was considered in
§ 2.3. In a formal treatment, the winds are analyzed by using the equations
of time-independent, ideal MHD.!? These equations are as follows:

11. Circular polarization on much larger physical scales was detected along the HH
135-136 outflow, where it was similarly interpreted as evidence for a helical magnetic field
(Chrysostomou et al. 2007).

12. The ideal- MHD assumption is justified by the fact that the charged particles’ drift
speeds rapidly become much lower than the bulk speed as the gas accelerates away from the
disk surface; see § 2.4.
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58 V.(ov)=0 (mass conservation [continuity equation]),

ov-Vv =—-VP—oVP

1
59 + e (Vx B)x B (momentum conservation [force equation]),
T

where we take the thermal pressure to be given by the perfect-gas law

. kBT,O

60 P=
Uy

(where T is the temperature, kg is Boltzmann’s constant, u is the molecular
weight, and my is the hydrogen atom mass),
61

Vx(vxB)=0 (induction equation [magnetic-field evolution))

(cf. eq. [20]), and the solenoidal condition (eq. [3]). In general, one also needs
to specify an entropy-conservation equation (balance of heating and cooling).
For simplicity, however, we specialize to isothermal flows (spatially uniform
isothermal sound speed C = /P/p).

GENERIC PROPERTIES. If we concentrate on axisymmetric flows, it is conve-
nient to decompose the magnetic field into poloidal and azimuthal compo-
nents, B = By + By, with B, = (VA x (i)) /r, where the poloidal flux function
A(r, z) can be expressed in terms of the poloidal magnetic flux by A = ¥/2x.
The flux function is constant along B (B- VA = 0) and thus can be used to
label the field lines. The solution of the induction equation is given by

62 vxB=Vy,

which shows that the electric field E = —(v x B)/c is derivable from an elec-
trostatic potential (x). Since 8 x /¢ = 0 because of the axisymmetry, it follows
that v}, || Bp. Equivalently,

63 ovp =kBp,

where kis a flux-surface constant (B- Vk=0, using V- (ov) =0and V- B=0).
Physically, k is the wind mass-load function,

k:%_de

64 = "
B,  dw

’

whose value is determined by the physical conditions near the top of the
disk (more precisely, at the sonic, or slow-magnetosonic, critical surface; see
discussion below). By taking the vector dot product of B, with eq. (62)
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and using eq. (63), one finds that the field-line angular velocity £2p = §2 —
(kBg/or), where §2 is the matter angular velocity, is also a flux-surface constant.
By writing this relation as

or
Tk
we see that 2p can be identified with the angular velocity of the matter

65 B¢ (.Q — .QB),

at the point where By = 0 (the disk midplane, assuming an odd reflection
symmetry).'3

Using the ¢ component of the momentum-conservation eq. (59) and
applying eq. (63) and the field-line constancy of k, one finds that

By
 4nk
is a flux-surface constant as well, representing the conserved total specific

66 I =g

angular momentum (matter plus electromagnetic contributions) along a
poloidal field line (or streamline). In a CDW the magnetic component of
dominates the matter component near the disk surface, 1 11BpBy| > 1y,
whereas at large distances this inequality is reversed. The transfer of angu-

ovp Am

lar momentum from the field to the matter is the essence of the centrifugal
acceleration process. This transfer also embodies the capacity of such a wind
to act as an efficient angular momentum transport mechanism. In fact, as
was already noted in § 2.2, 7B, By s/47 represents the magnetic torque per
unit area that is exerted on each surface of the disk. As was also already dis-
cussed in connection with magnetic braking, the value of By s is determined
by the conditions outside the disk, essentially by the inertia of the matter
that absorbs the transported angular momentum and exerts a back torque
on the disk. In the case of a CDW, By is effectively fixed by the regular-
ity condition at the Alfvén critical surface, which is the largest cylindrical
radius from which information (carried by Alfvén waves) can propagate back
to the disk. This condition yields the value of the Alfvén lever arm ra, which
satisfies

67 l=0pr%.

The rate of angular momentum transport by the wind is thus ~ My 2or2
(where we replaced £2p by the midplane value of §2), whereas the rate at which
angular momentum is advected inward by the accretion disk is ~ M, .Qorg.
Hence wind transport can enable accretion at a rate

13. Egs. (62)—(65) also hold in a nonideal fluid so long as the field remains frozen into
a certain particle species (such as the electrons); in this case v and §2 are replaced by the
velocity and angular velocity, respectively, of that species (e.g., Konigl 1989).
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_ P
68 M, >~ (ra/10)" My .

CDW solutions can have r5 /g ~ 3 for reasonable parameters, indicating that
such outflows could transport the bulk of the disk angular momentum in pro-
tostellar systems if My, =~ 0.1 M,, which is consistent with the observationally
inferred mass outflow rates.

By taking the vector dot product of B}, with eq. (59), one finds that the
specific energy
) r§2 B B¢, BP

1
69 E=-v
2 4 ovp

+w+@,

where w = C? In (0/0a) (With ga = 47k? being the density at the Alfvén sur-
face) is the specific enthalpy, is constant along flux surfaces. This is the
generalized Bernoulli equation, in which the magnetic term arises from
the poloidal component of the Poynting flux ¢ E x B/4w. By using egs. (66)
and (67), one can rewrite this term as £2¢ (£2or — £22r%), and by approximating
E~ V}%,oo/z as r — oo and assuming that (ra /79)? > 1, one can estimate the
value of the asymptotic poloidal speed as

70 Vp,oo X Zl/zﬂorA s

OF Vp 0o /VK A2 217215 /19. This shows that such outflows are capable of attaining
speeds that exceed (by a factor of up to a few) the Keplerian speed vk = r9§2¢
at their base and thus could in principle account for the measured velocities
of protostellar jets.

By combining &, £2p, and ], one can form the field-line constant

12 2
Al HE(S—.QBI=EV —1°Q2R2+ @,

where we omitted w from the explicit expression. Evaluating at ry gives H =
—3v2 = —3(GM,£20)%3, and when this is combined with the form of # at
large distances (7o), one gets

72 FooV (Too) 20 — %(GM*)ZBQSB - % [vf,(roo) +v5,(roo)] ~0.

If one could measure the poloidal and azimuthal speeds at a location ry, in
a protostellar jet and estimate the central mass M,, one would be able to
use eq. (72) (regarded as a cubic in .Qé/ 3) to infer the jet-launching radius
ro = (GM,./222)"/® (Anderson et al. 2003). One could then also use egs. (65)
and (67) to estimate | Bgoo / Bpoo | and ra /1o, respectively, and verify that they are
significantly greater than 1, as required for self-consistency. This has already
been attempted in several instances, where it was claimed that the results are
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consistent with a disk-driven outflow that originates on scales > 1 AU and car-
ries a significant fraction of the disk angular momentum (e.g., Ray et al. 2007;
Coffey et al. 2007; Chrysostomou et al. 2008). However, the interpretation of
the measurements has been controversial (e.g., Soker 2005; Cerqueira et al.
2006), and there have been some conflicting observational results (e.g., Cabrit
et al. 2006), so the issue is not yet fully settled.

CRITICAL POINTS OF THE OUTFLOW. The critical points occur in station-
ary flows at the locations where the fluid velocity equals the speed of a
backward-propagating disturbance. Since the disturbances propagate along
the characteristics of the time-dependent equations, the critical points can be
regarded as relics of the initial conditions in a time-dependent flow (Blandford
& Payne 1982). If one takes the magnetic-field configuration as given and con-
siders the poloidal flow along By, one can derive the locations of the critical
points and the values of the critical speeds (i.e., the values of v}, at the critical
points) by regarding the Bernoulli integral as a function of the spatial coor-
dinate along the field line and of the density (H = H(s, 0), where s is the arc
length of the streamline) and deriving the extrema of H by setting 9H/do = 0
(which yields the critical speeds) and dH/ds = 0 (which, together with the
other relation, yields the locations of the critical points). The critical points
obtained from the generalized Bernoulli eq. (69) correspond to v, becoming
equal to either the slow- or the fast-magnetosonic wave speeds (e.g., Sakurai
1985). In the full wind problem, the shape of the field lines must be deter-
mined as part of the solution by solving also the transfield (or Grad-Shafranov)
equation, which involves the force balance across the flux surfaces. This equa-
tion introduces a critical point corresponding to v, = vap (Okamoto 1975).
However, the critical points of the combined Bernoulli and transfield equa-
tions are in general different from those obtained when these two equations are
solved separately. The modified slow, Alfvén, and fast points occur on surfaces
that correspond to the so-called limiting characteristics (or separatrices; e.g.,
Tsinganos et al. 1996; Bogovalov 1997). The relevance of the modified critical
points was recognized already in the original radially self-similar CDW model
constructed by Blandford & Payne (1982). The modified critical surfaces of the
exact, semianalytic wind solutions obtained in this model are defined by the
locations where the component of the flow velocity that is perpendicular to the
directions of axisymmetry (i.e., ¢) and self-similarity (i.e., the spherical radius
vector R) equals the MHD wave speed in that direction (the 8 direction, using
spherical coordinates {R, 8, ¢}). The significance of the modified fast surface,
which in general is located beyond its classical counterpart, is that the poloidal
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acceleration of the wind continues all the way up to it: initially (roughly until
the flow reaches the Alfvén surface) the acceleration is primarily centrifugal,
but farther out the pressure gradient of the azimuthal field component comes
to dominate.

Example: The Slow-Magnetosonic Critical Surface. The slow-magnetosonic crit-
ical surface is relevant to the determination of the mass flux in a disk-driven
wind. There is some uncertainty about this case since the location of the first
critical point is typically very close to the disk surface (with |z| being « r),
so a priori it is not obvious that ideal MHD is already a good approximation
there. Under nonideal- MHD conditions, all magnetic terms in a disturbance
are formally wiped out by magnetic diffusivity on its backward propagation
from spatial infinity, and one is left with pure sound waves (e.g., Ferreira
& Pelletier 1995). Here we discuss the situation in which the critical point is
encountered when the charged particles’ drift speeds are already small enough
in comparison with the bulk speed to justify employing ideal MHD. In this
case the poloidal flow is parallel to the poloidal magnetic field (see eq. [63]), and
the relevant wave speed is the slow-magnetosonic (sms) one. We consider the
standard (rather than the modified) sms point, and our explicit derivation can
hopefully serve to correct inaccurate statements that have appeared in some
of the previous discussions of this topic in the literature.

In the magnetically dominated region above the disk surface, the shape of
the field lines changes on the scale of the spherical radius R. Anticipating that
the height zgms of the sms pointis « R, we approximate the shape of the field
line just above the point {rs, zs} on the disk surface by a straight line (cf. § 2.3):

73 r=rts+ssinfy, z=2z5+scosbs,

where the angle 05 gives the field-line inclination at the disk surface (sin6; =
B, s/Bps; tan 05 = By s/B;). The Bernoulli integral (in the form of eq. [71]) then
becomes, after substituting @ = —GM,/(r> 4 22)1/2,

2n2 2
74 H(s, 0) = kﬁ-}-&(rs—i—ssinés)2 2 3—2
20? 2 £2p) \ 2B

GM.
- - 3 * 212+C21n<£),
[(rs + ssin O5)% + (25 + s cos O)2]V/ oA

where £2(s, 0) is given by combining

75 2= —
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(obtained from egs. [65]-[67]) and eq. (73). In the hydrostatic approximation
to the disk structure (see § 4.4), £2p = 2 (r5). We expect this equality to hold
approximately also for the exact solution, in which v, # 0, so that, in particular,
2p ~ £2 in the region of interest.

Setting dH /90 = 0 yields the speed of an sms wave propagating along Ep:

Bps
By

76 Vsms = C,

where Bs = (B} + Bj )!/? and we approximated (Bp sms/ Bsms)* by (Bp,s/Bs)?
and assumed o/0a > 1and (£2/2p — 1)? & (ra/r)*(0a/0)? < 1inthe region
between the top of the disk and the sms surface. Setting also dH/dr = 0 and
approximating rsms & 15 then give the height of this point:

Zsms 3 tan? O,

77 >t
Zs 3tan?6, —1

Eq. (77) yields a meaningful result only if tan 65 > 1/+/3, i.e., if the field line is
inclined at an angle > 30° to the z axis. This is the CDW-launching condition
in a Keplerian disk (eq. [6]) that was derived in § 2.3 using the mechanical anal-
ogy to a bead on a rigid wire. The relationship between these two derivations
becomes clear when one notes that in the limit (§2/£2p — 1)> < 1, the second
term on the right-hand side of eq. (74) becomes equal to the centrifugal poten-
tial —£22r2/2, so that the second and third terms (which together dominate
the right-hand side of this equation) are just the effective potential @.¢ used
in eq. (5).* The correspondence of the sms point to the maximum of ®.g was
already noted in § 2.3.

The density at the sms point can be related to the density at the disk surface
by evaluating the energy integral (74) at both zs and zsms. This yields

Osms 11 [2:2k(zs) \* 1
78 —— =exXpy—z — = 3 ,
Qs 2 2 C 3tan®6; — 1

where we assume (vps/ Vsms)2 & 1. The mass flux injected into the wind from
the two sides of the disk is then

1 dM B
E drw = ZQsmsVSms COoS 95 = ZQSmSCé

(e.g., Lovelace et al. 1995).
When 65 approaches (and decreases below) 30°, the field-line curvature

79

needs to be taken into account in the analysis. The height of the sonic point

14. Furthermore, the condition 8#/dr = 0 is equivalent to B}, - V®.g = 0 in this limit
(Campbell 2002), so the latter relation can also be used to obtain the location of the sms point
in this case (e.g., Ogilvie 1997).
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rapidly increases to ~ R, with the potential difference growing to ~ GM,/R:
the launching problem becomes essentially that of a thermally driven spherical
wind (e.g., Levinson 2006).

It has been argued (Spruit 1996) that the field-line inclination increases
systematically with radius along the disk surface and that only in a narrow
radial range are the conditions favorable for driving a wind that both satisfies
the CDW-launching condition and is not overloaded (and hence conceivably
highly unstable; cf. Cao & Spruit 1994). This is an intriguing suggestion, given
the fact that so far there is no observational evidence for an extended wind-
driving region in protostellar disks. However, in principle it may be possible
to launch outflows over a large radial range. In particular, as illustrated by the
similarity solution presented in § 3, if the magnetic flux is advected inward by
the accretion flow, the field-line inclination could be favorable for launching
and need not change strongly along the disk. Furthermore, evidently the mass
loading of stable disk/wind configurations actually decreases as 6; is increased
(see § 4.5).

EXACT WIND SOLUTIONS. As was already noted in § 2.5, the radial self-
similarity approach has been used to construct exact global solutions of CDWs.
The basic character of this model is revealed by the prototypal Blandford &
Payne (1982) solution. The underlying assumption that all quantities scale as
a power law of the spherical radius implies that all the critical surfaces are con-
ical. Furthermore, all the relevant speeds (including fluid, sound, and Alfvén)
must scale like the characteristic speed of the problem (1), i.e., as R"1/2. The
scaling of the magnetic-field amplitude can be inferred from the vertically inte-
grated thin-disk equations presented in § 3.2, in which we now set /9t = 0.
In particular, if the mass outflow from the disk has only a negligible effect on
the accretion rate, then M, = 277|v,|¥ = const by eq. (31), and the angular
momentum conservation eq. (33) in a Keplerian disk can be written as

1.
80 EMavK =12|B,Bys| .

Eq. (80) implies the similarity scaling B oc ¥—>/#, from which we infer by

—3/2 in this case. It then fol-

dimensional arguments (v o« B/,/g) that o oc r
lows that My o Inr (cf. eq. [79]), which is consistent with the underlying
assumption that only a small fraction of the inflowing mass leaves the disk
over each decade in radius. More generally, one can define a mass ejection

index & > 0 by

- - dln M,
~ dinr
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(e.g., Ferreira & Pelletier 1995) and deduce

dnB & 5 dln,Q_‘s 3

82 dinr 2 4 dlnr 2

(e.g., Contopoulos & Lovelace 1994), with & — 0 corresponding to the Bland-
ford & Payne (1982) solution.”® The poloidal electric current scales as I oc
By oc r®=1/* For & > 1/2, the flow is in the current-carrying regime, with
the poloidal current density being antiparallel to the magnetic field. In this
case the current tends to zero as the symmetry axis is approached, so such
solutions should provide a good representation of the conditions near the
axis of a highly collimated flow. Conversely, solutions with & < 1/2 corre-
spond to the return-current regime (in which the poloidal current density
is parallel to the field) and are most suitable at larger cylindrical distances.
The Blandford & Payne (1982) solution is sometimes critiqued for having
a singular behavior on the axis.!® One should bear in mind, however, that
even though the detailed global current distribution (which includes both
current-carrying and return-current regimes) cannot be represented by the
simplified self-similar solution, this flaw is not fundamental. Besides, given
that the disk has a finite inner radius, the issue of the behavior of the flow
at r =0 is, to a certain degree, merely academic. Whereas the value of the
ejection index is arbitrary in pure wind models, it becomes an eigenvalue of
the self-similar solution (fixed by the regularity condition at the sonic, or sms,
critical surface) when one considers a combined disk/wind model (e.g., Li
19964).

Although the magnetic-field lines must bend away from the symmetry
axis within the disk in order to satisfy the wind-launching condition (6) at
the surface, as soon as the magnetically dominated region at the base of
the wind is reached, they start to bend back toward the axis because of the
magnetic tension force (see § 2.1). Further collimation is achieved in current-
carrying jets by the hoop stress of the toroidal magnetic field (the term
—J2Bg/c = —(1/8wr2)d(rBy)?/dr in the radial force equation), the analog of a
z-pinch in laboratory plasma experiments. The asymptotic behavior in general

15. Interestingly, one can also generalize the Blandford & Payne (1982) solution to a class
of semianalytic but non-self-similar solutions, defined by the constancy of a certain function
of the magnetic flux that controls the shape of the Alfvén surface (Pelletier & Pudritz 1992).
The Blandford & Payne solution then separates wind configurations in which the initial
field-line inclination increases progressively with radius from outflows that emerge from a
bounded region and in which the initial field inclination decreases with r and the field lines
converge into a cylindrical sheath.

16. Itis in fact a double singularity, since on the axis itself there is an oppositely directed
line current that exactly compensates for the distributed return current.
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depends on the current distribution: if I — 0asr — oo, then the field lines are
space-filling paraboloids, whereas if this limit for the current is finite, then
the flow is collimated to cylinders (e.g., Heyvaerts & Norman 1989). In prac-
tice, however, self-similar wind solutions typically do not reach the asymptotic
regime but instead self-focus (with streamlines intersecting on the axis) and
terminate at a finite height (e.g., Vlahakis et al. 2000).

The cold self-similar wind solutions are specified by any two of the following
three parameters:

l

A= (normalized specific angular momentum),

VKs Ts

v
83 Kk =4mk BKS (normalized mass/magnetic-flux ratio),

Z,8
B
bys = Br’s (poloidal field inclination at the disk surface),
Z,8

where b, s must satisfy the constraint (6). A viable solution is further character-
izedby A > 1 (typically>> 1) and x < 1 (typically « 1). A two-parameter choice
yields a solution if the corresponding flow crosses the modified Alfvén critical
surface; if the two parameters are « and A, then, for any given value of «, this
can happen only if A exceeds a minimum value that approximately satisfies
K Amin (Amin — 3)/2 = 1.7 In § 4.4 we discuss joining a global wind solution
of this type to a radially localized wind-driving disk solution. In this case the
sonic (or sms) critical-point constraint imposed on the latter solution yields
the value of «, and, in turn, the Alfvén critical-point constraint on the wind
solution fixes one of the disk-model parameters (for example, by providing the
value of By s/B,s = —k (A — 1) from given values of ¥ and br,s).18

OBSERVATIONAL IMPLICATIONS. The exact wind solutions and estimates of
the physical conditions around young stellar objects make it possible to identify
a number of physical characteristics of disk-driven protostellar winds that
could have potentially significant observational implications. Although this
topic is not directly within the scope of this book, we nevertheless briefly
describe some of these properties here inasmuch as it may not always be

17. This expression differs slightly from the one that appeared in Blandford & Payne
1982).
( 18). Although self-similar CDW solutions in which the wind also passes through the
fast-magnetosonic critical surface have been obtained, the implications of this additional
constraint for a global disk/wind model remain unclear. Ferreira & Casse (2004), for instance,
suggested that in order to cross this surface, the outflow must experience significant heating
after it leaves the disk and that the added constraint is related to this requirement.
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feasible in practice to distinguish between the observational signatures of a
disk and a wind. Furthermore, invoking a disk-driven wind may sometimes
provide a straightforward explanation of a disk observation that may otherwise
seem puzzling. Besides the references explicitly listed at the end of the chapter,
the reader may also consult the review articles by Konigl & Ruden (1993) and
Konigl & Pudritz (2000) on this subject.

Centrifugal driving is found to be an efficient acceleration mechanism that
leads to a rapid increase in the poloidal speed, and a correspondingly strong
decrease in the wind density, above the disk surface (see Fig. 7.4).!° This leads
to a strong stratification, which, in fact, is most pronounced in the z direction
even in the R-self-similar wind models (Safier 1993b). The strong momentum
flux in the wind also implies that an outflow originating from beyond the
dust-sublimation radius could readily uplift dust from the disk (Safier 1993a).
This may lead to viewing angle-dependent obscuration and shielding of the
central continuum, whose effect would be distinct from that of molecular cloud
gas undergoing gravitational collapse.?? The stratified dust distribution could
intercept a large portion of the central-continuum radiation and reprocess it to
the infrared, which could be relevant to the interpretation of the IR spectra of
low- and intermediate-mass star/disk systems (e.g., Konigl 1996; Tambovtseva
& Grinin 2008). Furthermore, scattering by the uplifted dust could contribute
to the observed polarization pattern in these objects.?!

Although, as we already noted, ideal MHD should be an excellent approxi-
mation for modeling the dynamics of the flow (except perhaps right above the
disk surface, where the nonideal formalism employed within the disk might
still be relevant for determining the first critical point of the wind), the esti-
mated degree of ionization at the base of a protostellar disk wind is typically
low enough that energy dissipation induced by ion-neutral drag (ambipo-
lar diffusion) could play an important role in the wind thermodynamics.
This is because the volumetric heating rate scales as |(V x B) x B|?/yi0i0
1/vi0i (see § 2.4), where the distributions of B and ¢ are regarded as being
fixed by the flow dynamics, whereas adiabatic cooling, the most important

19. The model wind presented in Fig. 7.4 exhibits a comparatively weak collimation.
The degree of collimation depends on the model parameters and is particularly sensitive
to the mass loading of the outflow (e.g., Pudritz et al. 2007). Protostellar jets are inferred
to correspond to more highly collimated disk winds, in which the enhanced mass loading
might be attributed to the presence of a disk corona (e.g., Dougados et al. 2004).

20. In an application to active galactic nuclei, this effect was invoked by Kénigl & Kartje
(1994) to account for the obscuring/absorbing “molecular torus” identified in the centers of
Seyfert galaxies.

21. For an application of this model to the polarization properties of Seyfert galaxies, see
Kartje (1995).
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Fig. 7.4. Structure of a Blandford-Payne—type self-similar CDW from a protostellar disk (model
Cin Safier 1993a). Top: Meridional projections of the streamlines (labeled by the value in AUs
of the radius where they intersect the disk). Bottom: Contours of vp o /vi1 (solid lines), where
Vp,co is the asymptotic poloidal speed and v is the Keplerian speed at 1 AU, and of log(o/01)
(dashed lines), where o1 is the density at the base of the wind at 1 AU. The heavy line on the
left indicates the streamline that originates at 0.1 AU.

temperature-lowering mechanism, remains relatively inefficient in a colli-
mated disk outflow. Under these circumstances, the temperature might rise
rapidly (Safier 1993a), although its precise terminal level depends on the rele-
vant value of the collisional drag coefficient y; (Shang et al. 2002). This heating
mechanism could contribute to the observed forbidden-line emission (Safier
1993b; Cabrit et al. 1999; Garcia et al. 2001a, 200lb) and thermal radio emis-
sion (Martin 1996) from CTTSs, although in both of these applications an
additional source of heating might be needed, possibly associated with dissi-
pation of weak shocks and turbulence (e.g., O’Brien et al. 2003; Shang et al.
2004).

On large scales, centrifugally driven outflows assume the structure of a
collimated jet (most noticeable in the density contours) and a surrounding
wide-angle wind (Shu et al. 1995; Li 1996b). This bears directly on the general
morphology of protostellar sources, and in particular on the shapes of the
wind/jet-driven outflow lobes that form in the surrounding molecular gas.

4.4. Equilibrium Disk Wind Models
In contrast with the wind zone, where the dynamics is well described by an
effectively infinite conductivity, the accretion disk in protostellar systems must
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be modeled using nonideal MHD. The structure of the accretion flow thus
depends critically on the properties of the conductivity tensor at each point,
which are in turn determined by the spatial distribution of the degree of ion-
ization (see egs. [12]-[14]). We therefore start this subsection by reviewing the
physical processes that affect disk ionization (see also chapter 3), which allow
us to choose the relevant physical parameters for our models. In reality, the
accretion flow itself has an influence on the ionization structure—through its
effect on the disk column density (see § 2.4) or on the distribution of dust
grains (see § 6), for example—which a truly self-consistent model must take
into account. So far, only simpler models have been constructed, in which
this influence is not fully accounted for and a variety of approximations are
employed. We discuss these models next, describing the basic properties of
the derived equilibrium solutions and distinguishing between strongly coupled
and weakly coupled disk configurations.

DISK IONIZATION STRUCTURE. The dependence of the degree of field-matter
coupling on the abundances of the ionized species in the disk (ions, electrons,
and charged dust grains) is a direct outcome of the fact that this coupling
is effected by the collisions of these particles with the much more abundant
neutrals. The degree of ionization is given by the ratio of the sum of the
positively (or, equivalently, negatively) charged particle densities to the neutral-
particle density. It is calculated by balancing the ionization and recombination
processes operating in the disk.

Interstellar (and possibly also protostellar) cosmic rays, as well as X-ray and
far-UV radiation produced by a magnetically active protostar (e.g., Glassgold
et al. 2000, 2005), are the main potential ionizing agents in protostellar envi-
ronments. However, it is unclear how effective cosmic-ray ionization really is,
since the low-energy particles most relevant for this purpose may be deflected
by magnetized disk or stellar outflows or by magnetic mirroring near the disk
surface, and they might also be scattered by magnetic turbulence within the
disk. If present, they may dominate the midplane ionization even in the inner
disk (r < 1 AU), where the surface density is larger than the X-ray attenuation
length. But if cosmic rays are excluded from this region and ionized particles
are not transported there by other means (e.g., Turner et al. 2007), the gas
near the midplane might be ionized only at the low rate of decay of radioac-
tive elements such as *°K. On the other hand, free electrons are rapidly lost
through recombination processes that occur both in the gas phase (where
electrons recombine with molecular and metal ions via dissociative and radia-
tive mechanisms, respectively) and on grain surfaces, and through sticking
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to dust particles (e.g., Oppenheimer & Dalgarno 1974; Nishi et al. 1991). The
ionization equilibrium is, however, very sensitive to the abundance of metal
atoms because they rapidly remove charges from molecular ions but then
recombine much more slowly with electrons (e.g., Sano et al. 2000; Fromang
et al. 2002).

Dust grains can also significantly affect the degree of field-matter cou-
pling if they are mixed with the gas. They do so in two ways. First, they
reduce the ionization fraction by absorbing charges from the gas and by
providing additional recombination pathways for ions and electrons. Sec-
ond, in high-density regions the grains themselves can become an important
charged species (e.g., Nishi et al. 1991), leading to a reduction in the mag-
netic coupling because grains have much smaller Hall parameters than the
much less massive electrons and ions. We note in this connection that
if dust grains settle to the midplane, the ionization fraction may become
sufficiently large to provide adequate magnetic coupling even in the inner
(< 1AU) disk regions (Wardle 2007). This conclusion could, however, be
mitigated in the presence of turbulence, which might leave a residual pop-
ulation of small dust grains (carrying a significant fraction of the total grain
charge) suspended in the disk (e.g., Nomura & Nakagawa 2006; Natta et al.
2007).

EXACT DISK SOLUTIONS. To gain physical insight into the distinguishing
properties of wind-driving disks, we consider a simplified model originally
formulated by Wardle & Konigl (1993). In this model, the entire angular
momentum of the accreted matter is assumed to be transported by a CDW.
The disk is taken to be geometrically thin, vertically isothermal, stellar grav-
ity dominated, and threaded by an open magnetic field (possessing an odd
reflection symmetry about the midplane). Under the thin-disk approxima-
tion, the vertical magnetic-field component is taken to be uniform with height
in the disk solution. The disk gas is assumed to be in the ambipolar diffu-
sivity regime, with ions and electrons being the dominant charge carriers.
In the original model, the ion density was taken to be constant with height
(which could be a reasonable approximation in the outer regions of certain
real systems). The main simplifications involve considering only a radially
localized (Ar « r) disk region and (in accord with the thin-disk approxi-
mation) retaining the z derivatives but neglecting all r derivatives except
those of vy (which scales as r~/2) and B, (which appears in V - B = 0). The
neglect of the radial derivatives in the mass-conservation equation (eq. [58])
implies that the vertical mass flux ov; is taken to be uniform with height in



326 / ARIEH KONIGL AND RAQUEL SALMERON

the disk solution.?? This solution is extended through the first critical point
(which is the thermal sonic point if the flow is still diffusive and the sms
point if it is already in the ideal-MHD regime; see { 4.3) and then matched
onto a global Blandford & Payne (1982) ideal-MHD wind solution. These
simplifications do not compromise the physical essence of the results. In
particular, the qualitative characteristics remain unchanged when the radi-
ally localized disk solution is generalized to a global configuration in which
both the disk and the wind are described by a single self-similar model that
includes both z and r derivatives (e.g., Li 1996a). Furthermore, solutions
with similar properties are obtained when the disk is in the Hall or Ohm
diffusivity regimes (e.g., Salmeron et al. 2011) and when the full conduc-
tivity tensor is used in conjunction with a realistic ionization profile (see
Fig. 7.5).

In general, an equilibrium disk solution is specified by the following

parameters:

1. The parameter ag = vao/C, the midplane ratio of the Alfvén speed (based
on the large-scale magnetic field) to the sound speed. This parameter
measures the magnetic-field strength.?3

2. The parameter C/vg, which in a thin isothermal disk is equal to ht/r,
the ratio of the tidal (i.e., reflecting the vertical gravitational compression)
density scale height to the disk radius. Although this parameter, which
measures the geometric thinness of the disk, does not appear explicitly
in the normalized structure equations, it nevertheless serves to constrain
physically viable solutions (see eq. [84]).

3. The midplane ratios of the conductivity tensor components: [op /o Jo (or
[o1/01]0) and [0 /oolo- They characterize the conductivity regime of
the gas (see § 2.4). When there are only two charged species (ions and
electrons), one can equivalently specify the midplane Hall parameters Sijo
and Beo. In the inner disk regions the conductivity tensor components

22. This approximation has been critiqued (e.g., Ferreira 1997) for not allowing v, to
assume negative values within the disk, as it must do in cases (expected to be typical) in
which the disk thickness decreases as the protostar is approached. This issue can be fully
addressed only in the context of a global disk/wind model. However, it can be expected
that any error introduced by this approximation will be minimized if the upward mass flux
remains small enough for v, to have only a weak effect on the behavior of the other variables
within the disk. Under the assumption that |v,| is of the same order of magnitude as |vy — v/,
one can readily show that the condition for this to hold is that v, /C remain « 1 everywhere
within the disk. This can be checked a posteriori for each derived solution.

23. Note that g is related to the midplane plasma beta parameter By through ag =
(2/vBo)"/?, where y denotes the adiabatic index of the fluid.



THE EFFECTS OF LARGE-SCALE MAGNETIC FIELDS [ 327

= — == BB,
[}
‘*‘g - - - -10By/B,
§ — 2plpo
8 AI50
1 1 I 1
T T T T
A /V/
- r ///
o F T ] ,// z
- /./
)
! L L L
1 1.5 2 25
z/ht

Fig. 7.5. Vertical structure of a radially localized wind-driving disk solution at 1 AU around

a Sun-like protostar. The disk is assumed to have a column density of ¥ = 600gcm~2,

and its model parameters are ap = 0.75, C/vgx = 0.1, € = 0.1, and eg = 0. The parameters
of the matched radially self-similar CDW are k = 2.6 x 1075, A = 4.4 x 10%, and b, s = 1.6.
(Left) Top: Ambipolar, Hall, and Ohm diffusivities. Bottom: lonization rates by cosmic rays
(cr), X-rays (xr), and radioactivity (rad), and electron fraction n./ny. (Right) Top: Radial
and azimuthal magnetic-field components, mass density, and Elsasser number. Bottom:
Velocity components. The mass-accretion rate for this model is 7 x 107 Mg, yr™!, which
is consistent with the inferred values for the early (Class 0/Class I) protostellar accretion
phase.

typically vary with height, reflecting the ionization structure of the disk
(see Fig. 7.5).

4. The midplane Elsasser number Ag (see eqgs. [23] and [25]), which mea-
sures the degree of coupling between the neutrals and the magnetic
field.

5. The parameter € = —v,/C, the normalized inward radial speed at the
midplane. Although the value of € could in principle be negative (as, in
fact, it is in certain viscous disk models; e.g., Takeuchi & Lin 2002), it is
expected to remain > 0 when a large-scale magnetic field dominates the
angular momentum transport.

6. The parameter eg = —vp,/C, the normalized radial drift speed of
the poloidal magnetic-field lines (see eq. [22]). This parameter van-
ishes in a strictly steady-state solution but is nonzero if, as expected,
the magnetic-field lines drift radially on the long accretion timescale
r/|ve|. It is incorporated into the model through the z component
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of eq. (20) (i.e., one sets 9B,/dt #0 but keeps 9B,/9t =0 and
3By /0t = 0).2

We already remarked in § 4.3 on how the wind solution, through the Alfvén-
surface regularity condition, can be used to constrain the disk solution when
the two are matched. In particular, if the disk solution is used to fix the wind
parameters « (through the sonic/sms critical-point constraint) and b, s, the
wind solution yields By /B, which in turn can be used to obtain the value of
the disk parameter €. Previous combined disk/wind models treated ep as a free
parameter and typically setit equal to zero.?> Under this approach, b, s was fully
determined by the conditions inside the disk. However, as we noted in § 3.2
(see also Ogilvie & Livio 2001), by ¢ is in fact also determined by the conditions
outside the disk and can be directly related to the distribution of B, along the
disk if the force-free field above the surface can be adequately approximated
as being also current free (see eq. [40]). In a more general treatment of the
disk/wind problem, this constraint can be used to fix the value of €p (see
Teitler 2011).

Before we turn to the specific solution displayed in Fig. 7.5, it is instructive
to list the dominant magnetic terms (under the thin-disk approximation) in
the neutrals’ force equation (eq. [59]) and review their main effects inside the
disk. We have the following (see egs. [28]-{30]):

B, dB,
4 dz’

representing the magnetic tension force that acts in opposition to central
gravity

* Azimuthal component:

* Radial component:

B. By
4r dz ’
representing the magnetic torque that transfers angular momentum

from the matter to the field

24. Tt is worth noting, though, that the poloidal components of eq. (20) can be written
as 0¥ /9t = —2mwrBovgro, with B, = (1/27r)d¥ /dr and B, = —(1/2xr)d¥ /dz. Thus, if B,
changes because of the slow radial diffusion of the flux surfaces, so also will B,. However, it
can be argued (Konigl et al. 2010) that B, (and similarly also By) can in principle change at
any given radial location on the much shorter dynamic time r /vy through field-line shearing
by the local velocity field. One can therefore assume that B, and By attain their equilibrium
configurations on the short timescale and neglect, in comparison, the much slower variations
that are expressed by the explicit time derivaties terms. The B, component is distinct in that
it can change only on the long radial drift time.

25. Wardle & Kénigl (1993) noted, however, that for physical consistency one has to
requireep < €. Theyalso demonstrated that the solution variables (except for By s and v, o) are
insensitive to the value of this parameter, as expected from the fact that the only modification
to the equations introduced by varying e g involves changing the radial velocity of the reference
frame in which the poloidal field lines are stationary.
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Fig. 7.6. Schematic diagram of the vertical structure of an ambipolar diffusion-dominated disk,
showing a representative field line and the poloidal velocities of the neutral and the ionized
gas components. Note that the poloidal velocity of the ions vanishes at the midplane (z = 0),
consistent with the assumption that eg = 0, and that it is small for both components at the
top of the disk (z = z). The relation between the azimuthal speeds is also indicated.

Bl+B}
8t
representing the magnetic squeezing of the disk (which acts in the same

e Vertical component: —di
z

direction as the gravitational tidal force and in opposition to the thermal
pressure-gradient force)

The solution shown in Fig. 7.5 describes the vertical structure of a disk that
changes from being Hall dominated near the midplane to being ambipolar
dominated near the surface. Although qualitative properties of the solution are
not sensitive to the details of the diffusivity profile, it is heuristically useful to
consider a distinct diffusivity regime. We therefore specialize in the following
discussion to the “pure ambipolar” (with pi(z) = const) case treated in Wardle
& Konigl (1993). As illustrated in Fig. 7.6 (in which it is assumed that eg = 0),
the disk can be vertically divided into three distinct zones:?® a quasi-hydrostatic
region near the midplane, where the bulk of the matter is concentrated and
most of the field-line bending takes place, a transition zone where the inflow
gradually diminishes with height, and an outflow region that corresponds to
the base of the wind. The first two regions are characterized by a radial inflow
and sub-Keplerian rotation, whereas the gas at the base of the wind flows out

with vy > vk.

* The quasi-hydrostatic region is matter dominated, with the ionized par-
ticles and magnetic field being carried around by the neutral material.

26. Our discussion pertains to disks in which A > 1 throughout their entire vertical
extent, but it also applies to the A > 1 wind-driving surface layers of weakly coupled disks.
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The ions are braked by a magnetic torque, which is transmitted to the
neutral gas through the frictional drag; therefore, vi4 < vy in this region.
The neutrals thus lose angular momentum to the field, and their back
reaction leads to a buildup of the azimuthal field component away from
the midplane. The loss of angular momentum enables the neutrals to
drift toward the center, and in doing so they exert a radial drag on the
field lines. This drag must be balanced by magnetic tension, so the field
lines bend away from the rotation axis. This bending builds up the ratio
B: /B, as reqvired for consistency with the global field morphology. The
ratio B, /B, needs to exceed 1/+/3 at the disk surface to launch a CDW.
The magnetic tension force, transmitted through ion-neutral collisions,
contributes to the radial support of the neutral gas and causes it to rotate
at sub-Keplerian speeds.

* The growth of the radial and azimuthal field components on moving away
from the midplane results in a magnetic pressure gradient that tends to
compress the disk. The magnetic energy density comes to dominate the
thermal and gravitational energy densities as the gas density decreases,
marking the beginning of the transition zone (at z ~ h, where h is the
density scale height). The field above this point is nearly force free and
locally straight (see §§ 2.1 and 2.3).

* The field angular velocity §25 is a flux-surface constant (see eq. [65] and
footnote 13; note, however, that this strictly holds only when ¢g is iden-
tically zero). The ion angular velocity vis/r differs somewhat from £2p
but still changes only slightly along the field. Since the field lines bend
away from the symmetry axis, the cylindrical radius r, and hence vy,
increase along any given field line, whereas v; decreases because of
the near-Keplerian rotation law. Eventually a point is reached where
(vig —vg) changes sign. At this point the magnetic stresses on the neu-
tral gas are small, and its angular velocity is almost exactly Keplerian.?’
Above this point the field lines overtake the neutrals and transfer angular
momentum back to the matter, and the ions start to push the neutrals
out in both the radial and the vertical directions. This region can be
regarded as the base of the wind, and one can accordingly identify the disk
surface z; with the location where vy becomes equal to vk. The mass out-
flow rate is fixed by the density at the sonic/sms point (marked by zsms
in Fig. 7.6).

27. This result was used in the derivation of the slow-magnetosonic critical-surface
properties in § 4.3.
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The Hydrostatic Approximation. The structure equations of the radially local-
ized disk model can be simplified by setting v, & 0. Although this approxima-
tion is most appropriate for the quasi-hydrostatic region, one can nevertheless
extend it to the disk surface to obtain useful algebraic constraints on viable
disk solutions. For the pure ambipolar regime (and again with the assumption
0i = const), they are given by (Wardle & Konigl 1993; Kénigl 1997)

84 270) Y2 < ag V3 < €Yy S wk/2C,

where the parameter 7y represents the midplane Elsassser number in the
ambipolar limit (see eq. [25]). The four inequalities in eq. (84) have the
following physical meaning (from left to right):

1. The disk remains sub-Keplerian everywhere below its surface.

2. The wind-launching condition (b, s > 1/+/3) is satisfied.

3. The top of the disk (zs) exceeds a density scale height (h =~ (ag/€70) hr),
ensuring that the bulk of the disk material is nearly hydrostatic and that
My, remains < M,.28

4. The midplane Joule heating rate (see § 2.4) is less than the rate of grav-
itational potential energy release there (Q0|Vy,0|vﬁ /2r per unit volume),
because the latter is the ultimate source of energy production in the disk.

Inequalities (1) and (2) together place a lower bound on the neutral-field
coupling parameter 7y, for which a more detailed analysis yields the value of
~ 1 (see Konigl et al. 2010). Inequalities (2) and (3), in turn, imply that h/ht <
1,i.e., that magnetic squeezing dominates tidal gravity. Analogous constraints
on wind-driving disks can be obtained also in the Hall and Ohm diffusivity
regimes. For example, in the Hall case the parameter space divides into four
subregimes with distinct sets of constraints (Konigl et al. 2010; Salmeron et al.
2011). Inall these casesitisinferred that 7y > 1and h/ht < 1, which indicates
that these are generic properties of wind-driving disks. In practice one finds
that successful full solutions typically have a9 < 1 (the midplane magnetic
pressure is smaller than the thermal pressure, but not greatly so) and ¢ <1
(the midplane inflow speed is not much smaller than the speed of sound).

The relations listed in eq. (84) have a few other interesting implications.
For example, one can use inequality (3) to argue that wind-driving disks are
stable to the fastest-growing linear mode of the MRI, because it implies that
the vertical wavelength of this mode, ~ vao/$2x (see chapter 6), is larger than

28. These requirements also place upper limits on the ratio of the density at the sonic/sms
point to the midplane density (see eq. [78] for the sms case).
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magnetically reduced disk scale height h = (a¢/€70)C/$2x. But one can also
argue that inequality (1) leads to a useful criterion for the onset of the MRI
in the disk. Such a criterion is of interest since, as we already noted when
the Elsasser number was introduced in § 2.4, the minimum-coupling condi-
tion for the development of MRI turbulence in a diffusive disk (represented
by a lower bound on A) is evidently similar to that inferred for driving a
disk wind. The question then arises whether, in a disk that is threaded by a
large-scale, ordered field, both vertical (wind-related) and radial (MRI-related)
angular momentum transport can occur at the same radial location; this can
alternatively be phrased as a question about the maximum magnetic-field
strength for the operation of the MRI. When inequality (1) is violated, the
surface layers become super-Keplerian, implying outward-streaming motion
that is unphysical in the context of a pure wind-driving disk. However, as
elaborated in Salmeron et al. (2007), such motion could be associated with
the two-channel MRI mode that underlies MRI-induced turbulence. If one
regards the parameter combination 27°a? that figures in this inequality as a
function of height in the disk rather than being evaluated at the midplane,
one can infer from the fact that it scales as B?(i/0) that it generally increases
with z. Itis thus conceivable that inequality (1) (generalized in this manner) is
violated near the midplane but is satisfied closer to the disk surface. Salmeron
etal. (2007) developed disk models in which both radial turbulent transportand
vertical transport associated with the mean field take place in the region where
inequality (1) is violated, but only vertical transport (with ultimate deposition
of the removed angular momentum in a disk wind) occurs at greater heights.
They concluded, however, that significant radial overlap between these two
transport mechanisms is unlikely to occur in real disks.

Weakly Coupled Disks. In the disk models considered so far, the minimum-
coupling condition on the neutrals, A > 1, was satisfied throughout the
vertical extent of the disk. We refer to such disks as being strongly coupled.
As we have just noted, however, the parameter values in a real disk could vary
with height, reflecting the vertical stratification of the column density (which
shields the ionizing radiation or cosmic rays) and the density. In particular,
if the disk is in the ambipolar regime near the surface, in the Hall regime
further down, and in the Ohm regime near the midplane, then A scales as j,
0i/0, and g;/0?, respectively, on going from z = z; to z = 0 (see eq. [25]). The
Elsasser number will thus increase with height on moving up from z = 0 as
the gas becomes progressively more ionized and the density decreases. It will
generally peak on reaching the ambipolar regime and will subsequently drop
as oj (which typically scales as o to a power between 0 and 0.5) decreases. The
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Fig. 7.7. Strongly coupled (left) versus weakly coupled (right) disk solutions.

gas will be weakly coupled in regions where A remains « 1. Weakly coupled
disks have distinct properties from those of strongly coupled ones, as was first
pointed out by Li (1996a).

As an example, consider a protostellar disk that is ionized solely by cosmic
rays (with the ionization rate decreasing exponentially with depth into the
disk with a characteristic attenuation column of 96 g cm~?) and in which the
charge carriers are small, singly charged grains of equal mass (a reasonable
approximation for the high-density inner regions of a real disk; e.g., Neufeld
& Hollenbach 1994). Near the disk surface the gas is in the ambipolar regime,
but if the disk half-column is > 96 gcm~2, the degree of ionization near the
midplane is very low, and the gas there is in the Ohm regime.?? Fig. 7.7, taken
from Wardle (1997), depicts two illustrative solutions obtained for different
radii in this model. The solution on the left corresponds to a large-enough
radius (and, correspondingly, a sufficiently low disk column) for the disk to be
in the ambipolar regime throughout its vertical extent. By contrast, the solution
on the right depicts a smaller radius where the column density is large and
the disk is weakly ionized (and in the Ohm regime) near the midplane.

The main differences between these two solutions can be summarized as
follows:

Strongly Coupled Disks:

* va0 < C (midplane magnetic pressure comparable to thermal pressure)
* | < > | ~ C (mean radial speed comparable to the speed of sound)

29. Because of the assumed equal mass of the positive and negative charge carriers, the
Hall term in Ohm’s law is identically zero (see eq. [13]).



334 / ARIEH KONIGL AND RAQUEL SALMERON
* Bys > |Bys| (with B, increasing already at z = 0)

Weakly Coupled Disks:

* va0 < C (midplane magnetic field is highly subthermal)
* | < V, > | € C (mean inflow speed is highly subsonic)3°

* B,s < |Bys| (with B, taking off only when A increases above ~ 1)

There are two noteworthy features of weakly coupled disk solutions. First,
even though the bulk of the disk volume is nearly inert, the disk possesses
“active” surface layers where A > 1, from which a disk wind can be launched
in the presence of a large-scale, ordered field (or in which MRI-induced tur-
bulence can operate; see Gammie 1996). Second, in magnetically threaded
disks angular momentum is transported vertically even in regions where A is
still < 1 and B, ~ 0. This is because a measurable azimuthal field component
can already exist in these regions (| Bg/B,| can be > 1 when A « 1; see foot-
note 31), and we recall that the z¢ stress exerted by the field is < B,dBgs/dz. As
aresult, matter can continue to accrete even in the nominally inert disk regions,
which would not be possible if only a small-scale, disordered field (i.e., MHD
turbulence) were responsible for angular momentum transport (although in
practice turbulent mixing of charges and field might enable accretion in these
regions also in that case; e.g., Fleming & Stone 2003; Turner et al. 2007). This
could have implications for the ongoing debate about the nature of dead zones
in protostellar disks (e.g., Pudritz et al. 2007; see chapter 6).

4.5. Stability Considerations

It was noted in § 4.4 that wind-driving disks should be stable to the most
rapidly growing linear mode of the MRI. On the other hand, by combining
the wind-launching condition (6) with the condition for the onset of a radial
interchange instability (e.g., Spruit et al. 1995), one can show (see Konigl &
Wardle 1996) that for disks to be unstable to radial interchange, the magnetic

30. These solutions can thus evade the short-lifetime criticism made against strongly
coupled disk models, namely, that in the absence of a vigorous mass supply (which happens
only during the early evolutionary phases of protostars), they would empty out on a relatively
short timescale (e.g., Shu et al. 2008). Recall in this connection that the disk-formation
models described in § 3.4 yielded asymptotic (r — 0) solutions that correspond to weakly
coupled disks. The short-lifetime conundrum could be avoided altogether even in a strongly
coupled disk if angular momentum transport by a wind dominated only in the innermost
disk regions, which is not inconsistent with existing observational data.

31. Using the hydrostatic approximation, one can derive a differential equation relating

B, and By, which, assuming eg = 0 and a vanishing Hall term, takes the form gg; ~ —=2A

at the midplane.
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term must be comparable to the gravitational term in the radial momentum
equation. This is clearly not the case in the derived disk solutions, which are
characterized by an inherently subthermal magnetic field (see, e.g., inequality
(2) in eq. [84]). Itis thus seen that when a large-scale magnetic field is responsi-
ble for the entire angular momentum removal from an accretion disk through
a CDW, it automatically lies in a stability window in which it is strong enough
not to be affected by the MRI but not so strong as to be subject to radial
interchange.

There are, of course, other potential instabilities to which such disks might
be susceptible (see Konigl & Wardle 1996 for some examples), but here we
focus on the question whether there might be an inherent aspect of the wind-
related angular momentum transport that could render the disk/wind system
unstable.3? Using approximate equilibrium models, Lubow et al. (1994b) and
Cao & Spruit (2002) suggested that an inherent instability of this sort may,
in fact, exist (see also Campbell 2009). They attributed this instability to the
sensitivity of the outflowing mass flux to changes in the field-line inclination
at the disk surface (6;), according to the following feedback loop:

|v,| increases = tan g increases
= the wind is loaded by higher-density gas
= My, and the removed angular momentum My, | increase
= |v/| increases even more.

The issue was reexamined by Konigl (2004), who used the disk/wind model
of Wardle & Konigl (1993) and appealed to the fact that the stability properties
generally change at a turning point of the equilibrium curve in the solution
parameter space. Fig. 7.8 depicts such equilibrium curves, labeled by their
vertically constant Elsasser-number values A = 7", in the Blandford & Payne
(1982) k — A wind parameter space. The lower branches of these curves end
on the long-dashed curve, below which the outflows remain sub-Alfvénic,
whereas the upper branches end on the short-dashed curve, to the right of
which the surface layers of the disk are super-Keplerian. Any particular solu-
tion is determined by the value of the disk parameter ay = (2/y80)'/?, which
increases along each A = const curve from its minimum value on the super-
Keplerian boundary (see inequality [1] in eq. [84]). It is seen that each curve

32. A distinct, but still relevant, question is whether the wind by itself may be unstable.
Numerical simulations that treated the disk as providing fixed boundary conditions for the
outflow indicated that the wind should not be disrupted, even in the presence of nonax-
isymmetric perturbations (e.g., Anderson et al. 2006; Pudritz et al. 2007). However, these
simulations did not account for the existence of a feedback between the wind and the disk.
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log k

Fig. 7.8. Mapping of the wind-driving disk solutions (for several values of the neutral-field
coupling parameter A) onto the self-similar wind solution space (defined by the values of
the mass-loading parameter x and angular momentum parameter 1). The field-strength
parameter dg increases on moving counterclockwise along a given curve.

exhibits a turning point.3* This behavior can be understood as follows. The
vertical hydrostatic-equilibrium equation implies that bfys ~ 2/a} (assuming
B2 > Bé,s)’ and since |By| evolves with B, (see footnote 31), it follows that
|Bg,s|/ Bz, and hence the magnitude of the angular momentum that the out-
flow must carry away, increase with decreasing ag. Initially, as ao decreases
from ~ 1, b, s = B, /B, increases rapidly, and the corresponding increase in
the cylindrical radius of the Alfvén surface (the effective lever arm for the back
torque exerted by the outflow on the disk, which scales as A1/?) increases the
value of A and leads to a reduction in the ratio of the mass outflow to the mass
inflow rates (My/M, o 1/() — 1)). However, as ag continues to decrease, the
rate of increase of b, s declines while that of | By 5|/ B; increases, and eventually
the mass outflow rate must start to increase (with A going down) to keep up
with the angular momentum removal requirements. The transition between
these two modes of enhanced angular momentum transport, predominantly
by the lengthening of the lever arm (on the lower branch) versus mainly by a
higher mass-loss rate (on the upper branch) occurs at the turning point of the
solution curve. One can determine which of the two solution branches is sta-
ble and which is not by considering the competition between radial advection
and diffusion on the magnetic-flux evolution (best done in the ag — 2 plane), in
analogy with thermal stability arguments that analyze the relative magnitude of
heating and cooling on each side of the thermal equilibrium curve. In this way
one finds that the upper branch of the curves in Fig. 7.8 is unstable: this is the

33. This feature of the solution curves is also found in the corresponding plots in the
ag — A plane, where now « varies along each A = const curve.
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branch along which an increase in the angular momentum transport is accom-
plished through a higher mass outflow rate, precisely the behavior invoked in
the heuristic instability argument reproduced above. Since, however, there is
an alternative way of increasing the angular momentum transport (namely,
through a lengthening of the effective lever arm), there is also a stable branch
of the solution curve. Physically, the reason that a perturbation that reduces
the field inclination to the disk does not necessarily trigger an instability is
that an increase in b, s also results in greater field-line tension, which tends to
oppose the inward poloidal field bending. Whether a given solution branch is
stable is determined by the extent to which this stabilizing effect can overcome
the destabilizing influence of increased angular momentum removal brought
about by the field-line bending.

It is possible to argue (see Konigl 2004) that real protostellar systems likely
correspond to the stable branches of the solution curves. Global numerical sim-
ulations could, however, shed more light on this question, as they have already
started to do. For example, Casse & Keppens (2002) solved the nonideal- MHD
equations (assuming axisymmetry and a polytropic gas) and demonstrated jet
launching by resistive disks. These results are significant on two main counts:
first, they corroborate the basic picture of a magnetically threaded diffusive disk
centrifugally driving a wind that removes the bulk of its angular momentum;
second, they indicate that these configurations are stable inasmuch as they
reach a quasi-steady state. Subsequent simulations have extended this work
while confirming its main conclusions (e.g., Kuwabara et al. 2005; Meliani
et al. 2006; Zanni et al. 2007). Three-dimensional simulations are the natural
next step.

5. Disk-Star Magnetic Coupling

We now turn to the best-established example of a large-scale field in proto-
stars, namely, the stellar dynamo-generated field, and consider the dynamic
interaction between this field and the surrounding accretion disk. This is a
rich topic that has implications for the structure of the innermost disk region,
the stellar rotation and the way mass reaches the stellar surface, protostellar
jets, and the observational signatures of the region where most of the gravi-
tational potential energy is liberated. Owing to the nontrivial topology of the
stellar (and possibly also disk-generated) magnetic field and to the complexity
of the field-mediated interaction between the star and the disk even for simple
flux distributions, our understanding is far from complete, and new progress
is driven largely by improved numerical simulations. We start this section by
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briefly surveying the relevant observations and then describe the basic physical
processes that underlie this interaction and the results of some of the recent
numerical work. Relevant additional details are provided in chapter 2.

5.1. Phenomenology

We discuss the observational manifestations of two phenomena in which
a large-scale, ordered magnetic field has been implicated: the relationship
between protostellar rotation and accretion disks, and magnetic disk trunca-
tion and resultant field-channeled accretion. The theoretical framework that
relates these two phenomena is outlined in the next subsection.

Stellar Rotation and Accretion. It is now well established (on the basis of
~ 1,700 measured rotation periods) that about 50% of Sun-like protostars
(M4 ~ 0.4-1.2 M) undergo significant rotational braking during their pre-
main-sequence (PMS) contraction to the zero-age main sequence (ZAMS), and
that the objects whose specific angular momenta decrease with time are essen-
tially the ones that are already slowly rotating at an early (~ 1 Myr) age (e.g.,
Herbst etal. 2007). A clue to the braking mechanism is provided by the finding
of a clear correlation between having a comparatively long period (>2d) and
exhibiting an accretion-disk signature (near-IR or mid-IR excess). This trend
is particularly noticeable in higher-mass (>0.25 Mg) protostars, but it is also
found in very low-mass stars and brown dwarfs (in which, however, the brak-
ing efficiency is evidently lower). The connection with disks is supported by the
fact that the inferred maximum stellar braking times (~ 5-10 Myr) are compa-
rable to the maximum apparent lifetimes of gaseous accretion disks (which are
~1 Myr for ~50% of the stars and ~ a maximum of 5 Myr for almost all stars).
These results imply that the dominant braking mechanism in protostars is
directly tied to active disk accretion. In the absence of such accretion (or after
the disks disperse), PMS stars nearly conserve specific angular momentum
and therefore spin up as they contract to the ZAMS. As we discuss in the
next subsection, stellar magnetic fields likely play a key role in the braking
process.

Disk Truncation and Field-Channeled Accretion. As was originally inferred in
the case of accreting magnetized neutron stars and white dwarfs, a sufficiently
strong protostellar magnetic field can be expected to truncate the accretion
flow, with the truncation radius increasing with B, and decreasing with M,
(see egs. [85] and [86]). In this picture, the intercepted matter “climbs” onto
the field lines and is magnetically channeled to some finite stellar latitude.
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By the time the matter reaches the stellar surface, it is streaming along the
field lines with a near-free-fall speed and is therefore stopped in an accretion
shock. The basic elements of this scenario are supported by observations of
CTTSs (butalso of lower-mass brown dwarfs and of higher-mass Herbig Ae/Be
stars, although so far these have been less well studied). The main findings
have been the following (see Bouvier et al. 2007):

» The common occurrence of inverse P Cygni profiles, with redshifted
absorption reaching several hundred km s~!.

* Observed hydrogen and Na I line profiles that can be adequately modeled
in this picture; the detection in the UV-near-IR spectral range of predicted
statistical correlations between the line fluxes and the inferred mass-
accretion rate.

» Observed spectral energy distributions of optical and UV excesses that
are successfully reproduced by accretion-shock models.

* Periodic visual-flux variations due to “hot spots” (interpreted as non-
axisymmetric accretion shocks on the stellar surface) that are observed
only in actively accreting CTTSs (but not in the weak-line T Tauri stars
[WTTSs], which lack the signatures of vigorous accretion). However,
in contrast to “cool spots” (the analogs of sunspots), which last for
~ 10210 rotations, the hot-spot periodicity persists only for a few rota-
tion periods, indicating a highly nonsteady configuration. This inference
is supported by the detection of high-amplitude irregular flux variations.

+ Strong near-IR “veiling” variability that can be interpreted in the con-
text of this picture as arising in the interaction region between the disk
and an inclined stellar magnetosphere, with possible contributions also
from the accretion shock and from the shock-irradiated zone in the inner
disk.

Zeeman-broadening measurements in a growing number of CTTSs have
yielded an intensity-averaged mean surface magnetic-field strength of ~
2.5kG,3* with the field inferred to reach ~4-6kG in some regions. Further-
more, circular polarization measurements in lines associated predominantly
with the accretion shock have revealed rotational modulation and have demon-
strated that the field is highly organized (with peak value ~2.5 kG) in the shock
region (covering < 5% of the stellar surface). These results are consistent
with the model predictions. However, no net polarization has been found in

34. A similar value has now been inferred also in a protostar that is at an earlier (Class
1) evolutionary phase (Johns-Krull et al. 2009).
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photospheric absorption lines, implying a complicated surface-field topology
(with a global dipole component < 0.1kG). A likely physical picture is that
there exists a spectrum of magnetic-flux loops of various lengths that extend
from the stellar surface, with a fraction reaching to ~ 5-20 R, and intercepting
the disk (see Feigelson et al. 2007). This picture is supported by analyses of
X-ray flares from young stars (e.g., Favata et al. 2005), as well as by direct radio
imaging of the large-scale magnetic structures (e.g., Loinard et al. 2005) and
by spectropolarimetric reconstructions of the magnetospheric topology (e.g.,
Donati et al. 2007).

Numerical studies of magnetospheric accretion indicate that disk mass-
loaded outflows (which are often predicted to be nonsteady) could be produced
in the course of the star-disk interaction (see § 5.2). There is now observational
evidence for accretion-induced winds in CTTSs emanating from both the inner
disk and the star (e.g., Edwards et al. 2006). The stellar component has been
inferred to move on radial trajectories and to undergo full acceleration (up to
a few hundred km s~1) in the stellar vicinity. Although this component may
well be launched along stellar magnetic-field lines, the absence of evidence
for it in WTTSs suggests that it, too, is triggered by the interaction with the
disk.

5.2. Disk-Star Coupling Models
Basic Concepts. Spherical accretion with M, = 47 R*o(R)|Vr(R)| at the free-
fall speed vg(R) = (2GM,/R)'/? onto a star of mass M, will be stopped by
the magnetic stresses of the stellar magnetic field at a distance where the ram
pressure of the flow (gvf;) becomes comparable to the magnetic pressure of the
stellar field (B% /87). For simplicity, we assume that the field at thatlocation can
be approximated by its dipolar component (corresponding to a dipole moment
). For accretion in the equatorial plane, B(r) = . /r> = B,R3/r3, and one
obtains the nominal accretion Alfvén radius
4/7

85 A = LZH .

(2GM,)V/7 M

Although the radial ram pressure of the flow is relatively small for disk
accretion, one can still define in this case a magnetospheric boundary radius
rm from the requirement that the total material and magnetic stresses (or
energy densities) be comparable, i.e., B>/87 ~ ovj + P ~ ovj. By approxi-
mating vy & vk, one obtains an expression similar to the one given by eq. (85).
This radius determines the region within which the stellar magnetic field con-
trols the flow dynamics and provides a lower bound on the inner disk radius.
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To estimate the radius where matter leaves the disk, note that the physical pro-
cess of disk truncation requires that the torque exerted by the stellar field that
penetrates the disk be comparable to the rate at which angular momentum is
transported inward by the accretion flow, —?B, By s ~ M,d(r?£2)/dr. Taking
|Bss| ~ B, (where we use the approximate maximum value of the azimuthal
field component at the disk surface; see Uzdensky et al. 2002a and cf. eq. [38])
and setting |d$2 /dr| ~ £2x/r yield an estimate of the disk-truncation radius rg
that is of the order of ra,

86 T’deArA.

Semianalytic models (e.g., Ghosh & Lamb 1979) and numerical simulations
(e.g., Long et al. 2005) yield ka ~ 0.5.

If the star is rotating with angular velocity 2., one can define the corotation
radius by setting §2x (r) = 2, which gives

o GM,\ 3
Teo= | —— .
© Q2

The interaction of the disk with the stellar magnetic field naturally divides
into two qualitatively different regimes depending on the ratio r4/rco:

r4 < feo (funnel-flow regime),
T4 2 feo (propeller regime) .

In the funnel-flow regime the disk angular velocity is higher than that of the
star, and matter can climb onto the stellar magnetic-field lines that thread
the disk and reach the stellar surface. By contrast, in the propeller regime the
stellar angular velocity exceeds £2x (r4): when disk matter becomes attached to
the stellar field lines, its angular momentum increases above the rotational
equilibrium value for that radius, and it moves outward. Numerical simula-
tions have found that if the disk effective viscosity and magnetic diffusivity are
relatively high, most of the incoming matter is expelled from the system in
this case, both in the form of a wide-angle CDW from the inner regions of the
disk and as a strong, collimated, magnetically dominated outflow along the
open stellar field lines near the axis (e.g., Romanova et al. 2005; Ustyugova
et al. 2006).%> This mechanism could be relevant to the initial spindown (on
a time scale < 10°yr) of CTTSs.

35. A similar outflow pattern, comprising a conical disk wind and a higher-velocity,
low-density jet component, was found also in simulations of the funnel-flow regime (e.g.,
Romanova et al. 2009).
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Funnel-Flow Regime. Ghosh & Lamb (1979) proposed that a “disk-locked” state
in which the torque exerted by the field lines that thread the disk (as well as by
the material that reaches the star) could keep the star rotating in equilibrium
(spinning neither up nor down). In this picture, the field lines that connect to
the disk within the corotation radius (as well as the accreted material) tend to
spin the star up, whereas the field lines that connectatr > r., have the opposite
effect. This scenario could potentially explain the relatively low rotation rates
observed in CTTSs (e.g., Kénigl 1991).3

This picture, however, was challenged on the grounds that the twisting of
the magnetic-field lines that thread the disk at r > r., will tend to open them
up, thereby reducing the spindown torque on the star by more than an order
of magnitude compared with the original calculation (Matt & Pudritz 2004,
2005). This argument is based on the fact that stellar field lines that connect to
the disk at r # r, are twisted by the differential rotation between their respec-
tive footpoints. Initially, the twisting leads to an increase in | By 5|, but then the
built-up magnetic stress causes the field lines to elongate rapidly in a direction
making an angle ~ 60° to the rotation axis (e.g., Lynden-Bell & Boily 1994).
During this phase | By 5| decreases as the field-line twist travels out to the apex
of the elongating field line, where the field is weakest, a process that can be
understood in terms of torque balance along the field line (e.g., Parker 1979).
As the twist angle approaches a certain critical value (~ 4 rad for a star linked
to a Keplerian disk), the expansion accelerates, and the magnetic field formally
reaches a singular state (a “finite time singularity”), which in practice means
that it opens up. Although the twisting can be countered by magnetic diffusiv-
ity in the disk, this is possible only if the steady-state surface azimuthal field
amplitude (27 rSA$2 /c?) B, s, where S is the vertically integrated electrical con-
ductivity (treated as a scalar) and AS2 is the differential rotation rate, does not
exceed the maximum value of | By 5| in the absence of diffusivity (e.g., Uzden-
sky et al. 2002a). The conductivity in the innermost regions of protostellar
disks is probably too high for a steady state to be feasible except in the imme-
diate vicinity of ¢, (see also Zweibel et al. 2006), and in some proposed models
(e.g., the X-wind; see Shu et al. 2000) it has, in fact, been postulated that the
stellar field lines can effectively couple to the disk only in that narrow region.

Numerical simulations, however, have verified that when the star has a
strong-enough field to disrupt the disk at a distance of a few stellar radii and
channel accreting matter along field lines, it can maintain an equilibrium

36. Naively, one would expect a star accreting from a rotationally supported disk to rotate
near breakup speed; in reality, CTTSs rotate, on average, at about 1/10th of this speed.
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disk-locking state in which £2, is close to the disk angular velocity at the trun-
cation radius (Long et al. 2005). In these simulations it was found that in
equilibrium, re/rq ~ 1.2-1.5, very close to the prediction of the Ghosh &
Lamb (1979) model. Furthermore, as envisioned in the latter model, closed
magnetic-field lines that link the star and the disk exert the dominant stresses
in this interaction. However, in contrast to the original picture, this link-
age does in fact occur primarily near re,. The torque balance is achieved in
part through field-line stretching (which mimics the connection to material at
r > reo inthe original model) and by magnetically driven outflows (which, how-
ever, are found to remain comparatively weak in the simulations). Field-line
opening is nota major impediment to this process, in part because opened field
lines tend to reconnect, especially if the departure from axisymmetry is not
large.’”

The question whether (or under what circumstances) the magnetic trans-
fer of angular momentum to the disk is the most efficient way of attaining
protostellar spin equilibrium, however, is still unresolved. For example, Matt
& Pudritz (2008) suggested that stellar winds driven along open magnetic-
field lines could dominate the braking torque on the star. These winds are
inferred to be powered by the accretion process, but it remains to be deter-
mined how this could happen in practice and whether the proposed outflows
are, in fact, related to the stellar winds already identified observationally. It is
also important to bear in mind that the star—disk magnetic linkage mechanism
may, in reality, be more complex than the simplified picture outlined above.
Some of these expected complications are already being investigated with the
help of 3D MHD codes, including the effects of misalignment between the
rotation and magnetic axes, of an off-centered dipole, and of higher-order
multipole moments (e.g., Romanova et al. 2003, 2004, 2008; Long et al. 2007,
2008; Kulkarni & Romanova 2009).38 Furthermore, the field topology and the
nature of the interaction could be modified if the disk itself contains a large-
scale magnetic field (e.g., Hirose et al. 1997; Ferreira et al. 2000, 2006; Miller
& Stone 2000; von Rekowski & Brandenburg 2004, 2006).

37. The idea that twisted field lines that open up could subsequently reconnect, leading
to a repetitive cycle of inflation and reconnection and resulting in the star—disk linkage
being steady only in a time-averaged sense, was first proposed by Aly & Kuijpers (1990) and
received support from subsequent investigations (e.g., Uzdensky etal. 2002b; Romanova etal.
2002).

323. Given the importance of the question of how matter crosses magnetic-field lines
in this problem, it would be helpful to examine these effects using an explicitly resistive
numerical code. So far, however, only the axisymmetric version of this scenario has been
investigated in this way (e.g., Bessolaz et al. 2008).
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NONSTEADY ACCRETION. The magnetic interaction between stars and disks
could be variable on a timescale as short as £2!. One possibility, which
could naturally give rise to observable hot spots, is for the system to lack
axisymmetry—either because of a misalignment between the magnetic (e.g.,
dipole) and rotation axes (e.g., Romanova et al. 2004, 2008; Kulkarni &
Romanova 2009) or because of the intrinsic structure of the magnetic field
(e.g., von Rekowski & Brandenburg 2004, 2006). A longer variablity timescale
is implied by the suggestion of Goodson & Winglee (1999) that the trunca-
tion radius would oscillate on the diffusion timescale of the field into the disk
(resulting in field-line reconnection events and episodic polar ejections) if the
diffusivity at the inner edge of the disk were relatively low (so |(vgr/vr) — 1| <
1). A different type of variability is implied by the star/disk dynamo model
of von Rekowski & Brandenburg (2006). In this model, the magnetic-field
geometry changes at irregular time intervals (with magnetic polarity reversals
occurring mostly on timescales of less than a day), and the star/disk sys-
tem alternates between magnetically connected and disconnected states. The
model predicts strong outflows, both from the inner disk and from the stellar
surface, but typically only a small fraction of the disk-accretion flow reaches the
stellar surface. In fact, there is an anticorrelation between the stellar magnetic-
field strength and the accretion rate, and material that reaches the stellar
surface comes in at a low velocity (von Rekowski & Piskunov 2006). It remains
to be determined whether these two aspects of the model are consistent with
the polarization data and the evidence for accretion shocks (see § 5.1).

6. Conclusion
The discussion in this chapter can be summarized as follows:

+ There is strong observational evidence for a disk-wind connection in
protostars. Large-scale, ordered magnetic fields have been implicated
theoretically as the most likely driving mechanism of the observed winds
and jets. The ubiquity of the outflows may be related to the fact that
centrifugally driven winds (CDWSs) are a potentially efficient means of
transporting angular momentum from the disk.

+ Ordered magnetic fields could arise in protostellar disks on account of
(i) advection of interstellar field by the accretion flow, (ii) dynamo action
in the disk, and (iii) interaction with the stellar magnetic field.

+ Semianalytic MHD models have been able to account for the basic
structure of diffusive disks that drive CDWs from their surfaces, as
well as for the formation of such systems in the collapse of rotating
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molecular cloud cores. Some of these models already incorporate a
realistic disk-ionization and conductivity structure. These studies have
established that vertical angular momentum transport by a CDW or
through torsional Alfvén waves (magnetic braking) could in principle be
the main angular momentum removal mechanism in protostellar disks
and have determined the parameter regime where wind transport can
be expected to dominate radial transport by MRI-induced turbulence.
Further progress is being made by increasingly elaborate numerical sim-
ulations (involving nonideal-MHD codes) that have started to examine the
global properties, time evolution, and dynamic stability of the magnetic
disk/wind system.

+ Robust observational evidence also exists for a magnetic interaction
between CTTS disks and their respective protostars, including strong
indications of a field-channeled flow onto the stellar surface. This inter-
action is likely to involve mass ejection and is thought to be responsible
for the comparatively low rotation rates of CTTSs. Since the magnetic-
field geometry in the interaction region is evidently quite complex and
the interaction is likely time dependent, numerical simulations are an
indispensable tool in the study of this problem.

Future advances in this area will probably arise from a combination of new
observational findings, the refinement of current theoretical approaches, and
the incorporation of additional physics into the models. On the observational
side, the main challenge is still to demonstrate the existence of CDWs in
protostars and to determine their spatial extent (spread out over most of the
disk surface or occurring only near its inner edge, and, if the former, whether
the launching region is nearly continuous or is confined to localized patches).
Recent attempts to measure rotation in the outflows could potentially help
answer this question, but, as noted in § 4.3, the results obtained so far are still
inconclusive.

Regarding the further development of theoretical tools, the greatest impact
would likely be produced by numerical simulations that study vertical angular
momentum transport by either a CDW or magnetic braking with codes that
include a realistic conductivity tensor and have full 3D and mesh-refinement
capabilities. Such simulations should be able to clarify the relative roles of verti-
cal and radial angular momentum transportand the possible interplay between
them for relevant combinations of the disk-model parameters (see § 4.4).
An interim step might be to solve for the evolution of a vertically integrated
disk whose properties at any radial grid zone are determined from a vertical
integration of a simplified version of the radially localized, steady-state disk
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model described in § 4.4. Time-dependent models of this type could examine
the behavior of a magnetically threaded disk after its mass supply dimin-
ishes or stops altogether (corresponding to the protostellar system evolving
into the optically revealed phase), which has previously been studied only in
the context of a-viscosity models. As was noted above, a state-of-the-art, 3D,
nonideal-MHD code is also crucial for investigating the stability of disk/wind
systems and the various aspects of the star—disk field-mediated interaction.
One could, however, also benefit from further development of the semiana-
lytic models, which might include an extension of the ionization/conductivity
scheme, a derivation of self-similar disk/wind solutions that allow for a radial
drift of the poloidal magnetic field (see §4.4), and a calculation of the predicted
observational characteristics of wind-driving disks.

The mass fraction and size distribution of dust grains in the disk have a
strong effect on its ionization and conductivity structure and on the degree
of field-matter coupling (see § 4.4). Existing models incorporate the effect of
dust in a somewhat ad hoc manner, by adopting an assumed distribution. In
reality, the grain distribution is determined by the balance of several processes,
including grain collisions due to relative velocities that develop as a result of
Brownian motion, differential vertical-settling speeds, and turbulence, which
can lead to either coagulation or fragmentation. Grains are also subject to
a collisional drag force exerted by the gas and arising from the fact that the
gas is subject to thermal and magnetic forces that do not affect the dust.
This leads to vertical settling, as well as to radial migration, directed either
inward or outward depending on whether the gas rotation is sub- or super-
Keplerian, respectively. Furthermore, radial or vertical gas motions can affect
sufficiently small grains through advection. Yet another effect is evaporation
by the ambient radiation field, which could affect dust located at sufficiently
high elevations and small radii. Some of these effects have already been incor-
porated into generic viscous-disk models (e.g., Dominik et al. 2007; Brauer
et al. 2008), and one could similarly consider them in the context of a wind-
driving disk model. In view of the fact that the latter model is characterized
by a vertical outflow and by comparatively fast radial inflow speeds, one can
expect to find new types of behavior in this case. In particular, grains located
near the disk surfaces would either settle to the midplane if they are large
enough or be uplifted from the disk if they are sufficiently small, whereas
intermediate-size grains would first leave the disk and then reenter at a poten-
tially much larger radius, from which they could be advected back inward.
By including dust dynamics, one could examine whether the effect of dust
on the gas motion (through its influence on the field-matter coupling) and
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the effect of gas on the grain motions (through gas—dust collisions) together
place meaningful constraints on the resulting grain distribution. One could
also investigate whether the predicted radial transport of intermediate-size
grains from small to large radii and their possible thermal processing out-
side the disk could be relevant to the accumulating evidence for an outward
transport of crystalline grains in the protosolar nebula and in other protostel-
lar disks, and whether the implied dust distribution in the disk and the wind
might have distinct observational signatures that could be tested by spectral
and imaging techniques (see Millan-Gabet et al. 2007; § 4.3; and chapters 2
and 6).

Dust particles are thought to be the building blocks of planetesimals, and
their distribution in the disk is thus a key ingredient of planet-formation mod-
els. In fact, the general properties of a protostellar disk are evidently relevant
to planet formation in light of the growing evidence that the formation of
giant planets, in particular, is strongly influenced by physical processes that
occur when the disk is still predominantly gaseous. A disk threaded by a large-
scale, ordered magnetic field could potentially have unique effects on planet
growth and migration. One such effect is the generation (through magnetic
resonances that are the analogs of Lindblad resonances) of a global torque
that may reduce or even reverse the secular inward drift (the so-called Type I
migration) predicted for low-mass planets, which has posed a conundrum for
current theories of planet formation. As was demonstrated by Terquem (2003)
and Fromang et al. (2005), a torque of this type could be produced if the disk
had a comparatively strong (MRI-stable, but still subthermal) azimuthal field
(with a nonzero vertical average of Bé) that fell off sufficiently fast with radius

1 _r=2). A poloidal field component could in principle also contribute

(o< r™
to this process (Muto et al. 2008). Given that a large-scale field with precisely
these properties is expected in wind-driving protostellar disks (see §§ 3 and 4),
this possibility clearly merits an explicit investigation in the context of the disk
models considered in this chapter. The influence of the vertical channel of
angular momentum transport and of the overall effect of an ordered, large-
scale field on the disk structure in such systems (e.g., the reduction of the
density scale height by magnetic squeezing) may also be worth examining in
this connection.
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8 CATHIE CLARKE

THE DISPERSAL OF DISKS AROUND
YOUNG STARS

1. Prologue

We have seen in chapter 2 that there is ample evidence that disks around
young stars are accretion disks, and chapters 5-7 have shown that there are
several promising mechanisms for driving the angular momentum transfer
required for such accretion. A generic property of disks for which the angular
momentum transport is a power-law function of radius is that the disk evolves
in a self-similar fashion ([102], [66]) such that the ratio of disk mass to accretion
rate is of the order of the system age. This then means that for most observed
disks, a substantial fraction of the mass that they currently contain will end
up on the star by the time the system reaches twice its current age.

This does not mean, however, that the total lifetime of the observable disk is
necessarily set by the time that is required for virtually all its mass to drain onto
the central star. Indeed, if one takes typical values for inferred disk masses
and accretion rates (see chapter 2) and extrapolates forward using viscous-
similarity solutions, one finds that the time that must elapse before a disk
should become so depleted in mass that it becomes optically thin in the near
infrared is in excess of 100 Myr. This contrasts strongly with the observed
lifetimes of optically thick disks which are in the region of a few Myr ([64]).
Evidently, then, some other process must intervene at some point to clear
away observable disks on a much shorter timescale. Possible mechanisms
for this final disk dispersal are discussed extensively in this chapter.

2. Introduction

Broadly speaking, young stars are surrounded by disks of gas and dust for
periods of a few Myr (e.g., [64], [158]). The transition to diskless status, how-
ever, occurs on a much shorter timescale and appears to occur in a way that is
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remarkably synchronized across diagnostics that probe very different spatial
regions of the disk (e.g., [87], [10]). The existence of these two timescales
(for which I elaborate the observational evidence in §6) provides one of the
strongest constraints on disk evolution and narrows the field of contenders
for possible disk-dispersal agents considerably.

In brief, the two mechanisms that are most promising in this regard in-
volve either photoevaporation of the disk (by radiation from the central star or
neighboring more luminous sources in clustered environments) or processes
associated with the formation of planets (either the simple removal of dust
opacity due to grain coagulation—a necessary precursor to eventual planet
formation—or the tidal effect of a planet on the disk gas). In either of these
scenarios, it should be stressed that these are effects that bring the disk’s
existence to an end; they are probably not the processes that remove most of
the disk’s mass over its few Myr lifetime, since this is almost certainly effected
by accretion onto the star.! The reader should consult the chapters by Balbus
and Durisen for a survey of mechanisms that can cause the necessary angular
momentum redistribution for disk gas to accrete onto the star. My concern
hereisinstead focused on the termination of the disk phase and the fascinating
interplay between disk dispersal and the epoch of planet formation.

This survey of disk-dispersal mechanisms is inevitably biased toward areas
where the theoretical framework is most fully developed. Despite considerable
progress in modeling various stages of the planet-formation process in recent
years, what is currently lacking is a framework in which the interplay between
the secular evolution of a disk and the formation of planets can be understood
(although semiempirical models ([79], [90]) provide a step in this direction).
Although models can follow local disk evolution and trace various phases of the
planet-formation process ata particular location, whatisless clear, for example,
is how the formation of one planet affects the formation of another (e.g., [14],
[116], [117]). Consequently, itis difficult to address the question of how planet-
formation can or cannot cause a rapid global clearing of the disk. In the case
of disk photoevaporation, however, there has been considerable progress in
recent years in coupling the results of radiative transfer modeling to simply
parameterized models for disk secular evolution (see, for example, the reviews

1. Note, however, that the most recent estimates of Gorti & Hollenbach (private com-
munication) suggest that photoevaporation via the fan ultraviolet (FUV) radiation from the
central star may even be competitive with accretion. The observed census of extrasolar plan-
ets, however, suggests that the mass contained in planets is a small fraction of the likely initial
disk mass and that planet formation, though providing a possible final clearing mechanism,
is not the major sink for disk material.
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in [77], [9]) , and it is thus possible to set out quite detailed predictions about
the statistics of objects that are to be expected at various evolutionary stages.

My approach, therefore, is to concentrate first on setting out the theoretical
background on the interaction between energetic radiation (X-rays, ultraviolet
rays) and the disk and to describe the hydrodynamic flows that result when
disks are irradiated. I then couple such models with secular-evolution mod-
els for the disk and assess how these models fare in reproducing a range of
observational data, both with regard to statistics of objects in different evolu-
tionary phases and to explaining individual objects (inner-hole sources) that
are in an interesting state of partial clearing. At this point, I can reintro-
duce the possibility of clearing by planets, since although, as explained above,
these models cannot make statistical predictions, it is nevertheless possible
to assess whether individual objects can be explained by a suitably located
planet-formation zone.

Before [ embark on my survey of the physics of disk photoevaporation, it is
worth emphasing that whether or not disks are dispersed by photoevaporation
or planet formation (or, indeed, any other unsuspected agent), the issue of
disk dispersal is a key one when one is considering the viability of the planet-
formation process. Indeed, it may be argued that dispersal is more relevant
to planet formation (or its curtailment) if it is not itself a by-product of planet
formation, since dispersal then provides a temporal boundary condition on the
planet-formation process. Notably, in the one context in which the agent of disk
dispersal is unambiguous (i.e., the photoevaporation of disks by ultraviolet
radiation from OB stars in the Orion Nebula Cluster), it is evident that the
window of opportunity for planet formation is quite seriously curtailed, since
the disk lifetimes in this case are extremely short. Ultimately, we would like
a theory that, while satisfying all the available observational data derived from
disks in different environments, can make predictions about the viability of
planet formation as a function of central-object mass and environment. The
reader will rapidly be able to judge that we are presently far from this situation.
Nevertheless, this chapter attempts to assemble a number of necessary parts
of the theoretical tool kit for studying this problem and to bring these models
to bear, where possible, on observational data.

3. The Physics of Disk Photoevaporation

3.1. Extreme Ultraviolet Photoevaporation
THE INTERACTION OF EXTREME ULTRAVIOLET RADIATION WITH A GIVEN
DENSITY FIELD. I here define extreme ultraviolet (EUV) radiation as
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comprising photons that are sufficiently energetic (i.e., with energy exceeding
13.6 eV) to be able to ionize atomic hydrogen from its ground state. Since
the cross section for ionization falls with increasing photon energy above
this threshold as E~3 (e.g., [115]), it follows that for a wide range of input
spectra the dominant contribution to the ionization process derives from pho-
tons that are only modestly above the threshold energy. I defer a discussion
of the magnitude, spectra, and origin of EUV photons in pre-main-sequence
stars until § 5.1.

The ionization cross section for neutral hydrogen is 10~'7 cm? per atom,
which implies that the ionizing photons are all absorbed after passing through
a neutral column density of ~ 107 cm ™2 (obviously the total hydrogen col-
umn density between an ionizing source and the point where all the ionizing
photons have been absorbed is much greater than this, since the bulk of mate-
rial in this region is ionized). The physics of the interaction between EUV
photons and atomic hydrogen is particularly simple, since the absorption of
an ionizing photon leads to the ionization of a single hydrogen atom, and the
remainder of the photon energy is deposited in the thermal energy of ions
and electrons (and thus by collisions also into thermal energy of the neutrals).
Typically, the temperature acquired in ionized regions is in the range 10,000
to 30,000 K. The production of electron-ion pairs is offset by recombinations,
whose volumetric rate is simply the product of the electron and ion densities
and a temperature-dependent recombination coefficient («(T)). Recombina-
tions to the electronic ground state, however, are accompanied by the emission
of a photon whose energy exceeds 13.6 eV and that is itself capable of caus-
ing fresh ionizations; such recombinations thus produce an isotropic diffuse
field of ionizing photons. Thus it is only recombinations to excited electronic
energy levels (case B recombination) that represent a net destruction of ion-
izing photons (since the lower-energy photons produced in the process are
incapable of causing further ionizations). It is therefore useful to define a sec-
ond recombination coefficient (¢p(T)) that refers only to recombinations to
excited electronic states. Therefore, in a state of ionization balance, the sur-
face integral of the flux of ionizing radiation over any given surface is equal to
the volumetric case B recombination rate integrated over the enclosed volume:

1 /FiondS:/aB(T)neniondV.
S \%

Charge neutrality implies that n, = n;,,, so this becomes

2 / FiondS = / ap(T)n? dv,
S \4
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where n;,, is essentially niy+, since hydrogen is the overwhelmingly dominant
ion.

Note that Fj,, in general comprises contributions from both the ionizing
source (or sources) and the diffuse field produced by recombinations to the
ground state. In practice, if the ionized region is limited by running out of
ionizing photons (rather than running out of material, i.e., if it is ioniza-
tion bounded rather than density bounded), then we can define an ionization
front (IF) where F;,, is zero. If we define our region of integration such
that it is bounded by the IF and by surfaces enclosing each of the ionizing
sources (whose total ionizing luminosity is @, s™!), then we can rewrite
eq. (2) as

3 Dion = / ap(T)nk,av.
\%4

Eq. (3) can under some circumstances be used to determine the location of
the IF without any necessity of computing the diffuse field. In order for this
equation to be usable for this purpose, it is important that the system be ion-
ization bounded in all directions from the source (i.e., no ionizing photons can
escape the system). In addition, in order that this single equation can define
the shape of a three-dimensional IF, it is necessary that the symmetries in the
problem are such that the IF can be parameterized in terms of a single variable
(e.g., the radius of a sphere or a penetration depth within a slab). It is also,
of course, necessary that one know the density and temperature structure of
the ionized region. Here, however, one can make a couple of approximations
that ease this considerably. First, the recombination coefficient, «, is a suffi-
ciently weak function of temperature, over the range of temperatures that are
typically encountered, that one can approximate the region as being roughly
isothermal, with a correspondingly uniform value of ap (= 2.6 x 10713 cm?
s~! for T = 10* K; [33]). Second, detailed computations of the ionization frac-
tion in the vicinity of ionizing sources demonstrate that the gas is nearly 100%
ionized within the ionized region and that the IF is a thin zone separating
this from regions with nearly zero ionization fraction. Hence it suffices, when
one is computing the right-hand side of eq. (3), to set n;,, equal to the total
hydrogen density.

The best-known application of eq. (3) is to the simplest case of a single
ionizing source located in a cloud with uniform hydrogen number density n.
In this case (see [146]), we can define the Stromgren radius Rg (i.e., the radius
of the IF) as satisfying

4 @iy, = 4mapn’R3/3.
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A closely related situation is that in which the density is a function of
distance from the source (as occurs when ionization gives rise to hydrody-
namic flows), in which case the location of the IF can be readily calculated
from

Rs
5 Djp = 47roz3/ n(r)?ridr.
0

Another commonly encountered situation is that of a single ionizing source
and a density structure that is a function of polar angle, i.e., n = n(6, ¢). In this
case, obviously, the value of R is also a function of polar angle, being larger
in regions of lower density. We may, in fact compute an approximate value
for Rs(0, ¢) by employing eq. (5) and using the radial profile of n(0, ¢). This
Stromgren-volume method, whereby the system is approximated over each
small interval of solid angle as though it were a portion of a spherically sym-
metric distribution, is, however, only an approximation because it neglects
the nonradial propagation of ionizing photons in the diffuse field. In the case
where the density is angularly dependent, however, the diffuse field of ioniz-
ing photons (originating from recombinations to the ground state) will also
cause a nonradial flux of ionizing photons (generally from dense to less dense
regions), and it is therefore not strictly correct to treat each small interval of
solid angle as a portion of an equivalent sphere. There is, however, a situation
where this Stromgren-volume approach is approximately valid, namely, in the
case where the density is so high that the mean free path for recombinations
is small compared with the scale length for nonradial density variations. In
this limit, called the on-the-spot approximation, one can then neglect the lat-
eral transfer of photons in the diffuse field and use the Stromgren-volume
method.

I have labored this point because it is central to our purpose here, which
generally boils down to discovering which portions of an irradiated gas lie
within the ionized region and hence which regions are going to be heated to
~ 10* K. I therefore conclude this brief survey of the physics of irradiation by
EUV photons by applying these ideas to several situations that are relevant
to irradiated disks.

Example: External Irradiation of a Disk, Radius ry, by a Source at Distance d.
In the case r; << d, the incident radiation is close to being plane parallel,
and hence, for every annulus in the disk, the problem is approximately one-
dimensional (i.e., we consider only the net flux of ionizing radiation in the
z direction, normal to the disk). We can then determine the height (Hjr) of
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the IF above the disk midplane, if the density structure of the ionized gas is
known (see below), according to

e D, /d ,
6 ———— =ag Nion(2)"dz.
2 on
47Td Hip

Here the first (exponential) term is an attenuation factor due to an assumed
optical depth t; of dust between the source and the disk.

Example: Irradiation by a Central Star of a Disk with Inner Hole, Radius Ry,. 1
consider the irradiation of the disk’s inner rim (radius R;,) in the case that
the optical depth due to attenuation by dust in the inner hole is 7;. Given the
density structure in the ionized rim of the disk, the penetration depth of the
EUV radiation, A, satisfies the recombination integral

e, Rint+Arr ,
7 7 =B niondR.
47 Rin R

Note that we are using the Stromgren-volume method here (i.e., we are
assuming that the location of the IF at the disk midplane is the same as it would
be if the density distribution were spherically symmetric). This implicit neglect
of the propagation of diffuse ionizing photons away from the disk midplane
can be justified only in the case that the mean free path for recombination
photons is much less than the disk scale height.

Example: Irradiation by a Central Star of a Disk without Inner Hole. This is
actually a case where the Stromgren-volume approximation is not good for
determining the location of the IF because it turns out that the mean free
path for recombination photons is long. Explicitly, photons from the central
star interact with a hot hydrostatic atmosphere above the inner disk, and the
diffuse field of recombination photons from this atmosphere then irradiates
the outer disk ([74]). Thus one would get entirely the wrong answer if one tried
to locate the IF in the outer disk by merely considering the radial propagation
of ionizing photons from the source. Thus this problem has to be solved as a
problem in two-dimensional radiative transfer, which takes into account both
the direct and the diffuse ionizing fields. I return to this problem again in §5.3.

SELF-CONSISTENT DENSITY FIELDS IN THE PRESENCE OF EUV RADIATION.
I showed above how eq. (3) can be adapted to determine the location of the IF if
the density structure of the ionized region is specified. In general, the density
in the ionized gas will self-adjust to a steady-state configuration—either one
of hydrostatic equilibrium or a steady flow. Both of these are relevant to the



362 / CATHIE CLARKE

photoevaporation problem since it often turns out that photons that will initiate
a flow at large radius have to propagate through a hydrostatic photoionized
region close to the star. In the case that we determine the density structure
of flows, the fact that these expand at roughly the sound speed of ionized gas
(~ 10 km s71) allows us to make an immediate rough estimate of the mass-
loss rate, which is, after all, our main interest in the problem. I now consider
a few simple cases.

Example: Ionization-Bounded Classical HII Region. In the absence of gravity
or other external forces, hydrostatic equilibrium requires uniform pressure;
therefore, the initial Stromgren radius—given by eq. (4) with n equal to
its value in the undisturbed medium—is replaced by the corresponding
expression where n takes a new (lower) value (n;) such that the ionized gas
is in pressure equilibrium with the surrounding medium, i.e., such that

8 ni Ty = ny Ty,

where the subscripts I and II refer to conditions in the neutral and ionized
zones, respectively. In general, we are here interested only in equilibrium
configurations and therefore need not directly concern ourselves with the large
body ofliterature (e.g. [85], [143]) describing the expansion of regions of ionized
hydrogen HII to their equilibrium state.

Example: Hydrostatic Atmosphere of an Irradiated Inner Disk. I now define an
important radius, the gravitational radius for EUV photoevaporation, which
is given by

GM

2
CSH

9 Tgy =

where M is the stellar mass and ¢, ( ~ 10km s71) is the sound speed for
photoionized gas. For a solar-mass star, 7y, ~ 10 AU.

The radius rg;; is a measure of the region of the disk from which photoion-
ized gas can escape the star’s gravitational potential: when it is defined in this
way, a free particle with velocity equal to the sound speed is unbound at radii
> 2rg,;. In practice, we shall see later that pressure-driven flows can originate
from a radius that is several times less than rg,,. Nevertheless, at a sufficiently
small radius (r << rg;,), ionized gas can settle into a hydrostatic atmosphere in
which the density then varies with z (height above the midplane) according to

2 2 2
10 nion(z) = nHe_(z —Hig)/2H ’
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where H = ¢, /2 and 2 is the Keplerian angular frequency (e.g., [125]). This
equation is valid for z > Hjr (where Hjr is the height of the IF above the
midplane) and we have normalized the expression such that ny; is the density
of ionized material immediately above the ionization front.

If the disk outer radius, r4, is less than rg,;, then the recombination
integral may be dominated by recombinations in the hydrostatic atmo-
sphere, and hence one can estimate nj; by substituting (10) into eq. (6),
yielding?

e " Pion
47 d?

Note that the structure of the ionized regions (i.e., both n; and the scale

n ~ apn? H.

height H) is independent of the properties of the underlying, un-ionized disk,
since the ionized region self-adjusts to a hydrostatic structure in ionization
balance with the incident flux. The underlying disk does, however, determine
the location of the IF, which is situated so that the pressure in the underlying
neutral disk matches the pressure in the ionized gas just above the IF, i.e.,
VLIT] = HHTH (eq. [8])

Example: Irradiated-Disk Inner Hole. 1 consider the case where R;, > 7y, s0
that photoionized gas at the hole’s inner edge can escape the star’s gravitational
field. We shall see later that this situation involves a progressive enlargement
of the disk inner hole, but material that was ionized previously, when the
disk radius was smaller, can expand normal to the disk plane and thus does
not contribute to the recombination integral. Instead, this is dominated by
an ionized rim of material at the disk’s current inner edge. We can obtain a
rough estimate of the density of ionized gas at the IF (nj;) by approximating
the recombination integral ( nizde) as ~ n%IA IF, Where Ajr is a measure of
the radial scale length at the disk inner edge. It may readily be shown that a
rotationally supported disk cannot be truncated on a radial scale length that
is less than its pressure scale height (Hr ~ ¢, /$2), since such a flow would
violate the Rayleigh stability criterion ([98]). In fact, numerical calculations
(I7]) show that Ajr ~ Hj, so that one can estimate nj; by approximating the
right-hand side of (7) by n?, H| (note that Hy, being the pressure scale height
in the neutral gas, is less than the value of H in the ionized gas e.g., eq. (10)
by a factor equal to the square root of the temperature ratio in the two phases).

2. However, this is not a good approximation in the case that ry > 7, since the recom-
bination integral to a point at radius r < rg;; in the disk is instead then dominated by material
flowing off the outer disk, which is located at height ~ r; above the disk.
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Putting all this together (in the case that we neglect dust attenuation in the
hole), we have
ion

R’
in

2
12 niHr «

Thus nir « Ri;l‘s (H1/Riy) ™92 Since gas flows off the rim at c;;,, the flux of
ionsisjust nycs,; given that the surface area of therimis 27w Ry, H o« 2w R;, Hy,
we can then write

13 M RQ'S(EY‘S.

I have expressed the scaling in this way since, although protostellar disks
are likely to be modestly flared, Hj/R;, is believed to be fairly constant (and
of order 0.1), so that I here emphasize the residual dependence on the size of
the inner rim. It will be important in my discussion of the photoevaporation
of systems with cleared inner holes that this rate increases as R;, increases
(see § 6.1).

Example: Wind Flow from an Externally Irradiated Outer Disk. I now turn to
the case of external irradiation of a disk at radii > 7,,,. Evidently, this is a flow
situation, and since the flow is radial at large distances from the disk, it is
possible to get a simple grasp of the problem by modeling the whole system
as spherically symmetric (i.e., replacing the disk by a sphere of radius 7).

In this dynamic outflow situation, material expands away from the IF in
a spherical wind with velocity vi; ~ ¢,;. In fact, the flow remains roughly
isothermal at all larger radii, since it turns out that photoheating can offset
adiabatic cooling in the flow. It is also the case that where the flow velocity is
transonic or supersonic, pressure gradients are relatively ineffective in accel-
erating the flow, and such flows are therefore of nearly constant velocity (this
feature is demonstrated by the fact that the terminal velocity of an isothermal
Parker wind is only a few times the sound speed; ([119]). Consequently, we
can approximate the density structure of the flow by recalling that in a steady
state the mass flow rate in the outflow is independent of radius: for a spherical
wind with constant velocity, this implies that n;,, oc r~2. This means that in
the right-hand side of eq. (6),

[.¢]
14 / nizondr ~ n%IRH:.
Rir
Thus the magnitude of the ionizing flux irradiating the disk controls the
structure of the ionized flow via the product ”%1 Rjrp. Further progress, however,
requires another constraint on the individual values of nj; and Ryr.
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One possibility is that the disk atmosphere is ionized virtually down to the
disk surface. In this case, denoted an EUV-dominated flow by Johnstone et al.
(183]), RiF ~ r4, which thus immediately fixes nj for a given incident ionizing
flux. This is important because since vy ~ cs,;, the mass-loss rate in the wind
is then simply

y 2
15 Mgyv :471rch”mHnH,

where my; is the mass of a hydrogen atom and nj; is determined from the
equation of ionization balance (6 and 11). Note that since, for a given ionizing
flux, ”%ﬂ’d is fixed, and Mpyy nm‘j, MEyy & ,,;.5.

A more complicated situation arises when the IF is not coincident with
the disk surface. Here we need to mention the effect that will form the sub-
ject of the following section, i.e., the effect on the thermal properties of the
disk of photons in the FUV spectral window (i.e., ultraviolet photons that
are insufficiently energetic to ionize hydrogen). For our present purposes,
we can simplify the effects of the FUV photons as producing a warm, neu-
tral region, with sound speed c,;, number density n; and flow speed vy, that
forms a sandwich between the disk and the IF. We can then treat the IF as
an effective contact discontinuity between the FUV-heated and ionized flows.
Applying mass and momentum balance across the contact discontinuity, we

obtain

16 nivy = niviI

and

17 nI(cSZI —i—v%) = nH(cSZH +v%1).

Since, as noted above, v; ~ ¢y (i.e., the flow is transonic at the base of the
ionized region), we obtain

2

C
18 vr = (—1).
2cs;

Since the FUV photons heat the gas to a lower temperature than that in the
ionized region (i.e., ¢5; < cy;), it then follows that the flow from the neutral
medium into the IF is subsonic with respect to the neutral medium.

These considerations always apply when one matches the ionized region
onto the structure of the disk below it (note that in the hydrostatic case that we
considered above, we just have that v = 0 in both regions, and so eq. [17] just
boils down to the condition of thermal pressure balance at the IF). In the case
that the warm neutral region is thin (i.e., of width << ry), the matching up
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of conditions does not much affect either the location of the IF or the density
on the ionized side. Thus the mass flow rate (which is the critical quantity
of interest) is determined completely by the EUV irradiation. As noted above,
such flows are termed EUV dominated and are governed by eqs. (11) (with
RIF = rd) and (15).

However, in cases where the FUV heating is relatively strong, the warm
neutral region can become spatially thick, and so one does not know a priori
what the location of the IF is. We shall see later that in this case the flow
becomes supersonic before it reaches the IF, and hence there is no possibility
of the presence of the IF being communicated to the underlying flow. In this
case, therefore, we can argue on the grounds of causality that EUV photoioni-
sation cannot initiate the flow, which instead results from FUV photoheating:
although this FUV-induced wind ultimately passes through an IF at some
point, it is the thermal interaction with the FUV that fixes the mass flow rate
from the disk. However, we shall need to consider this thermal interaction
in some detail (see § 3.2) before we can construct new expressions for the
photoevaporation rate for FUV-dominated flows.

SUMMARY. [ have presented a simplified scheme for the interaction of EUV
radiation with cool disk material, whereby the ionized gas is more or less
isothermal with temperature of ~ 10* K. Depending on the value of the sound
speed of the ionized gas compared with the local escape velocity (i.e., as mea-
sured by the ratio of radius in the disk to ([rg;; eq. (9)]), the resulting structure
will lie somewhere in the range between a state of hydrostatic equilibrium
(for r << rg;;) and that of roughly sonic flow from the IF. In the latter limit,
knowledge of the density at the IF then allows one to immediately calculate
the mass flow rate per unit area. The value of the density at the IF is deter-
mined by imposing the condition of ionization balance; this is a complex
two-dimensional problem if the mean free path of ionizing photons produced
by recombinations to the ground state is relatively long. There are, however,
cases where the geometry of the problem means that the flux of ionizing pho-
tons into a region is dominated by those coming directly from the ionizing
source. In such cases one can construct simple analytic estimates for the den-
sity at the IF in the ionized region, and hence, for the mass-loss rate per unit
area. I have applied this simple analysis to the case of a disk irradiated by an
external ionizing source and also to the case of direct irradiation by the central
star of the inner rim of a disk with a cleared inner hole. I have emphasized
that under some circumstances, we can compute the photoevaporation rate
on the basis only of conditions in the ionized region (although conditions on
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the other side of the IF must self-adjust so as to satisfy suitable boundary
conditions).

A final point is that the condition of ionization balance (eq. [3]) that we
have exploited so much in this section is, strictly speaking, one that balances
the flux of ionizing photons against recombinations in a fixed mass of gas.
In flow situations, however, ionizing photons are also consumed in ionizing
fresh neutral material that flows through the IF. The ratio of the rate of ion-
izing photons that are consumed per unit area in ionizing new material to
the rate of recombinations per unit area is nycs;, /o Bn%l)\mle, where Agq, is
the scale length in the ionized region. If we assume that this ratio is small,
we can equate the denominator with the flux of ionizing photons from the
source and hence determine nj;, so that the ratio may then be written as
~ Cs;1 /N @ ion /AT A QB siq1,. We can now substitute some typical values for
ionizing fluxes encountered in rich clusters, as well as typical scale lengths in
the ionized flow (which are of the order of the disk size) and can readily show
that this ratio is small (i.e., < 0.1), thus justifying a posteriori the neglect of
the flow’s effect on the ionization balance.

3.2. Irradiation by FUV Photons
I define FUV photons as comprising those with energy in the range 6—13.6 eV,
which thus, while not having sufficient energy to ionize hydrogen, can cause
the photodissociation of molecular hydrogen and other molecules. Photodis-
sociation of H; proceeds by the pumping of molecular hydrogen to excited
electronic states, followed by fluorescence. In 85 to 90% of cases, this results
in molecular hydrogen in excited vibrational states of the electronic ground
state (see Fig. 8.1). In the remaining 10 to 15% of cases, however, the system
is deposited into the vibrational continuum of the electronic ground state; i.e.,
to put it simply, a hydrogen molecule is converted into two hydrogen atoms.
Regions whose thermal properties and chemistry are dominated by the
effect of irradiation by FUV photons are called photodissocation regions
(henceforth PDRs). They are generally bounded by an IF on the side nearer
the UV source and by a boundary with entirely molecular material on the other
side. Thus (Fig. 8.2), depending on the ionization potentials and dissociation
energies of various species, PDRs contain a succession of transitions from
ionized to neutral to molecular states. Thus, for example, carbon has a lower
ionization potential than hydrogen, and thus PDRs contain a layer of C*; on
the other hand, the lower dissociation energies of carbon and oxygen mean that
they are still atomic in the region of molecular hydrogen. The bases of PDRs
(where the visual extinction is in the range 3-8) are typified by conditions where
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Fig. 8.1. Schematic diagram showing the sequence of excitation and deexcitation processes
associated with the photodissociation of molecular hydrogen ([76]). The absorption of an FUV
photon (frequency v) can excite H; to the excited electronic state. As this radiatively deexcites
(via the emission of a photon of frequency v/), the system is returned either to a vibrationally
excited state of the electronic ground state or else to the vibrational continuum (resulting in
dissociation). In the former case, the system is returned to the vibrational ground state either
by IR fluorescence (at densities below the critical density) or else by collisional deexcitation
(above the critical density). In the latter case, the surplus energy (~2 eV) goes into the thermal
reservoir. Since each FUV photon has energy ~12 eV, then if f,,, is the fraction of FUV photons
that pump Hy, then the fraction of the FUV luminosity transferred to the gas by H, pumping
is €n, ~ (2/12)fy, .

the FUV is still sufficient to photodissociate species such as O,, H,0, and OH
and where grain photoelectric heating is still an important thermal input.

The chemistry within PDRs is somewhat different from that in regions of
the interstellar medium (ISM) that are shielded from FUV radiation and where
reactions are often mediated by Hj" generated by interaction with cosmic rays.
PDR chemistryis instead dominated by photodissociation and photoionization
by FUV photons (see Fig. 8.1); moreover, the warm conditions produced by
photoelectric grain heating can favor reactions that are otherwise unfavorable
on account of activation barriers. I refer the reader to the chapter by Bergin for
a more detailed discussion of PDR chemistry, as well as the excellent review
by Hollenbach & Tielens ([76]). I will also have little to say about the rich array
of spectral features and diagnostic information derivable from PDRs except in
so far as they are of direct applicability to determining the mass flow rate in
FUV-dominated disk winds. Instead, in this section I concentrate on setting
out the physics that determines the thermal balance within PDRs and the
physical extent of regions that are significantly heated by FUV photons.

The calculation of the extent of PDRs (i.e., the point at which hydrogen
makes the transition from the mainly atomic to the mainly molecular state)
involves the setting up of an equilibrium between the formation of H; per unit
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Fig. 8.2. Schematic representation of a PDR (here defined so that it extends to the point that
oxygen is molecular), showing the sequence of ionic, atomic, and molecular species with
increasing depth of ultraviolet penetration ([76]). The photons impinge the gas from hot stars
or interstellar radiation field (ISRF) located to the left. Depth within the cloud is labelled in
terms of column density (N) and magnitudes of extinction (A,).

volume on dust grains and the destruction of H; by photodissociation. The
former can be equated ([75]) with the product of the atomic hydrogen number
density (nr), the number density of appropriate grains (ng), the grain cross sec-
tion (o), and the thermal velocity of the atomic hydrogen (c;;).> We can thus
write the rate of molecular hydrogen formation per unit volume as yu,nny,
where yy, is a weak function of temperature ([84]). Here n is the total number
density of hydrogen (in either molecular or atomic form) since it is assumed
that the density of suitable grains is a fixed fraction of the total hydrogen num-
ber density. The rate of molecular hydrogen destruction by photodissociation
can be written as fyie4(NH, )6~ ™ Liiss (0)np, ([36]). Here Iy;(0) represents the
photodissociation rate per hydrogen molecule in the case that there is no inter-
vening material between the source and the irradiated molecule, and ny, is
the number density of molecular hydrogen. It is conventional to parameter-
ize the strength of ultraviolet radiation fields in terms of Gy, the ratio of the
FUV flux to its ambient value in the solar neighborhood, which is 1.6 x 1073
erg cm~2 s71([63]). With this parameterization, the photodissociation rate per
unshielded H, molecule can be written as I(0) = 4 x 10711 Gp. The two

3. At low temperatures, the probability that a hydrogen atom that hits the grain both
sticks and then migrates to find another hydrogen atom on the grain before evaporating is
nearly unity.
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preceding terms in the expression for the photodissociation rate represent the
effects of dust attenuation and self-shielding by a column Ny, of overlying
molecular hydrogen, where the suppression due to self-shielding scales as
N (136).

In order to locate the boundary of the molecular zone, we then equate these

two expressions in the case that ny, ~ nj. Atthis point, therefore, we can write
19 yHph =4 x 107" fipicia (NH,)e™ " Go,

showing that the transition to the molecular state depends in general not only
on local conditions but also on the overlying column density of molecular
hydrogen. We can make progress here by considering two limits. First, there
is the case where dust attenuation is important—so important, that s, that the
transition to molecular hydrogen occurs while fi;.4 is still of order unity. The
column density of dust that satisfies eq. (19) then depends only logarithmically
on Go/n, i.e., is fairly insensitive to Go and n. In fact, in this limit, it is found
(for standard dust-to-gas ratios and grain size distributions) that the transition
between molecular and atomic hydrogen occurs at a hydrogen column density
of around 10?! cm~2; henceforth I denote the critical gas column density cor-
responding to absorption of FUV radiation by dust as 10*! /oy cm™2, where
oy is the dust cross section per hydrogen atom, normalized to a standard
value of 1072 cm?. Evidently, oy is less than unity either in situations of low
dust-to-gas ratio (due, for example, to dust settling) or where there has been
substantial grain growth. If, however, the ultraviolet field is relatively weak
(or the density relatively high), then the column of molecular hydrogen lying
in the surface ~ 102! /o3 cm™2 of hydrogen nucleus column density may be
high enough that fj;.4 at this point is much less than unity. In this case we
can, in the limit, consider the transition to predominantly molecular hydrogen
as being caused by H; self-shielding rather than dust attenuation, so that one
can solve eq. (19) with the exponential (dust-attenuation) factor set equal to
unity. In this case, the column of molecular hydrogen at the transition point
scales as (Go/n)*/3. In practice, self-shielding sets the boundary of a PDR in
the case that Go/n < 4 x 1072 cm?.

In summary, then, for low Go/n we are in a regime where the molecular
boundary of the PDR is set by H; self-shielding and where the column of
molecular hydrogen at the transition point scales as (Go/n)*/3. Athigher Go/n,
however, dust attenuation takes over as the main determinant of the transition
point, which occurs at a roughly constant total hydrogen column density of
around 10?! cm™~2, independent of Gy and n. Codes that study the structure of
PDRs in various environments automatically take into account both regimes.
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However, we shall find it particularly useful that in the case of FUV-dominated
flows in the outer regions of protostellar disks, we are usually in the regime
of high Go/n, where, therefore, we can simply invoke the fact that the PDR
consists of a zone of column density ~ 102! cm~2.

It is now useful to consider the thermal structure of PDRs by examining
the main heating and cooling processes. The following thumbnail sketch is
based on the results of a number of one-dimensional PDR codes (see, e.g.,
[152], [35]). Although, of course, the mass in PDRs is dominated by the gas (by
a factor ~ 100 for typical solar ISM composition), it is the dust that processes
most of the energy input and output. Grossly speaking, 95% of the incident
FUV flux is absorbed by dust grains and the remainder by polycyclic aromatic
hydrocarbons (PAHs), planar molecules comprising around 50 C atoms and
associated aromatic CH bonds (see the chapter by Henning and Meeus for a
discussion of the chemistry and spectral diagnostics of PAH molecules). This
energy is then reradiated in the infrared in the form of continuum radiation
from dustand via PAH bands, with the former dominating the radiative output
by around a factor of 20. The energy radiated by the gas (which is dominated
by fine structure lines of atomic species) is only around 0.1-1% of the energy
processed by the dust. The gas is mainly heated collisionally, either by pho-
toelectrons ejected by FUV photons impacting small dust grains or else by
vibrationally excited H produced via FUV pumping and flourescence.

Obviously, the relative dominance of these processes depends on depth
within the PDR inasmuch as this controls the radiation field, the abundances
of various molecular, atomic, and ionic species, and in reality (although not in
many PDR models) the grain size distribution. In addition, the dust and gas
thermal properties are also somewhat coupled by collisional energy transfer.
All this means that the relative temperatures of the dust and gas depend on
depth in the PDR. For example, Fig. 8.3 represents the thermal structure and
abundances of various species computed in the case of a PDR with an ambient
radiation field typical of Orion. In the surface layers (low Ay), the gas is hotter
than the dust because of the relatively low efficiency of gas cooling (which is
by ionic fine structure lines near the surface and via rotational lines of CO
deeper in the PDR). At around an extinction of Ay ~ 4, however, the gas tem-
perature falls as heating mechanisms cut out because of the attenuation of the
FUV field. The dust, however, continues to be heated by midinfrared photons
produced by overlying dust. Once the dust becomes slightly warmer than the
gas, collisional energy transfer between the gas and dust then maintains close
thermal coupling between the dust and gas at greater depths.
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Fig. 8.3. The structure of the PDR in Orion (n = 2.3 x 10° cm™3, G = 10°) as computed by
Tielens & Hollenbach ([153]). The upper panels denote the abundances of various species as
a functon of Ay, the third panel the dust and gas temperatures, and the bottom panel the
cooling in various gas lines.

From the point of view of the overall energy budget, the dust is the critical
component of PDRs and, together with the PAHs, provides many of the useful
observational diagnostics. Nevertheless, for our purposes here, where we want
to compute the photoevaporation of irradiated disks, the key output of these
calculations is the gas temperature as a function of depth. I show the results
of a suite of PDR calculations performed by Adams et al. ([1]) for a variety
of values of Gy and n as a function of Ay in Fig. 8.4. These plots show that
the gas temperature generally declines as one penetrates into the PDR (i.e.,
as Ay increases) and that the steep decline in temperature indeed coincides
with Ay of slightly greater than unity (i.e., for standard oy, to a gas column
density of order 10*' cm™2), as expected in the case that dust attenuation
controls the molecular boundary of the PDR. Over a fairly wide region of
parameter space, the PDR is roughly isothermal at lower Ay, although this
picture is complicated at the lowest Ay, where the temperature structure is not
necessarily a monotonic function of n at fixed Go. In the most self-consistent
attempt to couple PDR thermal structure to the resulting flow structure to
date, Adams et al. ([1]) combined the results of these calculations with the
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requirements of steady-wind models. However, most analytic work to date
on FUV-dominated flows ([83]) instead restricts itself to the simplest thermal
structure, i.e., an isothermal, PDR (at ~1,000 K) extending to a column depth
of ~ 10%! cm~2. I next consider how such a simple parameterization may be
combined with the required boundary conditions at the IF so as to provide a
simple analytic form for the structure (and photoevaporation mass-loss rate)
of FUV-dominated flows.

COUPLED FLOWS WITH FUV AND EUV HEATING. For an incident spectrum
consisting of both EUV and FUV photons, an irradiated disk will consist of a
surface layer—heated and ionised by EUV radiation—overlying a warm layer
heated and photodissociated by FUV radiation. Below the PDR, the disk is
generally much cooler, being heated either by internal viscous dissipation or
by irradiation by infrared photons produced by the reradiation of the central
star’s optical radiation field by dust in the surface layers of the disk. I have
outlined above how, depending on the spatial thickness of the PDR produced
by FUV heating, the mass-loss rate from an irradiated disk may be determined
either by FUV heating or by EUV heating.

In order to place this on a more quantitative footing, it is instructive to
consider the case of a simple, spherical, isothermal, pressure-driven wind in a
point-mass potential, often termed a Parker wind ([119]). Fig. 8.5 illustrates the
outflow velocity, normalized to the sound speed, plotted as a function of radius

Cs|_1_ -

I r
o,

Fig. 8.5. Flow velocity (normalized to the sound speed) as a function of radius (normalized
to the sonic radius; see text) for a steady spherical isothermal pressure-driven outflow (i.e.,
Parker wind; ([119]).
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(normalized to the sonic radius, 75, which is equal to GM/ 2652; note that r; is
therefore 0.57). This plotillustrates a feature mentioned above, namely that for
r > 15, the velocity rises rather gently with radius (yielding the physically plau-
sible result that it is impossible to pass from flows that are subsonic to those
that are highly supersonic by the action of thermal pressure forces alone). In
the supersonic regime, therefore, the flow can be very roughly approximated as
constant velocity and with density p o r=2. In the subsonic regime, however,
it is evident that the flow velocity increases steeply with radius.

I now consider the case in which we have two Parker winds, with sound
speeds ¢;; and ¢, at small and large radii respectively. This situation cor-
responds to the case of the disk being irradiated by an external luminosity
source. In this case the outer region is EUV heated and the inner region is
FUV heated, while the IF coincides with the contact discontinuity between the
two flows. I have already derived the conditions that must apply at the contact
discontinuity between these flows (egs. [16] and [17]) and note the requirement
that the flow velocity into the IF on the neutral side is subsonic with respect
to the neutral flow. Fig. 8.6 shows an example of the coupling between two
Parker winds that could satisfy these conditions—the neutral wind is subsonic
up to the IF, while the jump in velocity at the IF then renders the flow in the
EUV region mildly supersonic. Evidently, for a flow of this sort to occur, it is
necessary that the PDR be thin, i.e., that the IF lie within the sonic point for

B e e S S S S S
8_ -
F supersonic ionized wind
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4+ IF u
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r
e Tg)

Fig. 8.6. Example of two coupled Parker winds (with cfu =10x cszl); the vertical axis is the flow
speed normalized to the sound speed in the cooler gas, c;,. The neutral region is here thin,
and the flow is subsonic in the neutral region. The velocity discontinuity at the IF satisfies

eq. (18).
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Fig. 8.7. Two coupled Parker winds (with 652” =10 x 652/) where the neutral flow is supersonic

and decelerated in an isothermal shock (at which point the Rankine-Hugoniot shock jump

conditions require the product of the flow velocities on each side of the shock to equal Csz,)~

Outside of the shock, the neutral gas flows subsonically through a shell with velocity oc r=2.

At the IF, the velocities on each side of the shock satisfy eq. (18), with supersonic flow in the
ionized region

the neutral flow. Such a flow is termed EUV dominated since, as mentioned
above, the IF virtually coincides with the disk surface, and hence the mass
flow rate is determined just by ionization balance in the EUV region.

However, if the IF lies beyond the sonic point in the neutral region, then we
cannot simply match two Parker wind solutions, since then, by definition, the
neutral flow would be supersonic at the IF. In this case, it is necessary that the
neutral flow be brought to subsonic velocities by a shock that is intermediate in
radius between the sonic point of the neutral flow and the IF (Fig. 8.7).

For a given incident radiation field, it is thus possible in principle to find a
self-consistent solution, i.e., to determine the thermal structure of the steady-
state winds in the two regimes and match them by a shock that satisfies the
usual Rankine Hugoniot conditions. In general, this must be done numerically
([1]), but it turns out that there is a simple analytic case that is widely applicable
to the irradiation of disks in environments like the Orion Nebula Cluster.
In this approximation (see [83]), the FUV region is modeled as a shell of
fixed column density Nryyv and sound speed (c;). As noted above, in the
case of relatively strong FUV fields, the column heated by FUV radiation
is determined by a fixed optical depth in the dust rather than by molecular
self-shielding.
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Fig. 8.8. Density field (arbitrary units) corresponding to the flow structure in Fig. 8.7. Note
that the (subsonic) shocked region is of roughly constant density; for the case shown here
(which is also usually the case in real photoevaporating disk systems, given the properties of
the ambient FUV and EUV fields; [83]), most of the neutral column is associated with the base
of the supersonic neutral flow (rather than the shocked shell).

Now, in the supersonic portion of the neutral wind, the flow velocity is
roughly constant, and so, in a steady state, the density falloff in the wind is
roughly oc =2 (see Fig. 8.8). This means that the integrated column density
is dominated by conditions at the base of the wind, i.e., at radius ry. Thus,
for a disk of given radius, the requirement of fixed Nyy fixes the density at
the base of the wind (n,) such that Nryv ~ ngyry, and therefore we find that
ng X rd_l. Since the flow velocity is ~ ¢;;, we can immediately write the mass
flux in the wind,

20 MFUV = 47‘[1’5651mHnd,
where my; is the mass per H atom. Substituting for ny, one then obtains
21 MFUV ~ 4xmy Nryyry

and thus establishes the important result that in this regime the mass-loss
rate is a linear function of disk radius. (Contrast this with the corresponding
result for EUV-dominated flows—eq. [15] and following discussion—where
the mass-loss rate scales instead as r;'s.)

In the FUV-dominated case, therefore, the EUV field is irrelevant to the
magnitude of the mass loss, but nevertheless, the wind will at some point—
following a shock, as argued above—become ionized. This is of observational

importance since the proplyd phenomenon (see § 4.3) has been successfully
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interpreted as representing ionization fronts that are spatially offset from the
disk surface because the EUV can penetrate only a finite distance into the
FUV-driven wind. One can simply estimate the radius of the IF by invoking
mass continuity (i.e., equating the product 47 rIZFn [TMECs;, With MFyy as com-
puted above) and also by requiring that the recombination integral match the
ionizing flux (i.e., applying eqgs. [3] and [6], which, for given ionizing flux,
fix the product n?;rF). Putting all this together, one obtains the result that
riF o (r2d*/®;o,)'/3, or, inserting numerical values ([83]),
22 riF = 1015cm<m)1/3,

ion4g
where 1y, and ®,y,,, are the disk radius (normalized to 10'* cm) and the
ionizing luminosity (normalized to 10*° s~!). T shall return to eq. (22) in
§ 4.3 when I consider the match between the theory of FUV-driven winds
and observations of proplyd structures where both the radius of the ionization
front and that of the disk can be measured.

3.3. X-Ray Photoevaporation
I shall treat X-ray photoevaporation more briefly since at present it seems likely
that the EUV and FUV are more important than X-rays in driving photoevap-
orative flows (see, however, the update to this conclusion in § 5.2). However,
this conclusion is preliminary, pending the availability of calculations that
self-consistently solve for the density and temperature structures of X-ray irra-
diated disks in two dimensions (see § 5.2) . I stress that the issue I consider
here (the thermal interaction of X-rays with the upper layers of a disk, irradi-
ated either by X-rays from the central star or by a diffuse external X-ray field)
is quite distinct from the issue of how X-rays cause a low level of ionization in
the cold midplane layers of the disk (see [59], [80], [52]). This latter issue may
be of key importance for determining the viability of the magnetorotational
instability (MRI) as an agent of angular momentum transfer at intermediate
disk radii (see chapter by Balbus), and relies on the ability of hard X-rays to
penetrate the large column densities required to reach the disk mid plane.
Here, however, the main thermal input to the disk is from soft X-rays (i.e., in
the few keV range) that are absorbed in the tenuous upper layers of the disk.
The dominant interaction between such soft X-rays and the disk is via pho-
toionization of atoms and molecules and the subsequent thermalization of
the energy contained in the kinetic energy of primary and secondary elec-
trons ([92], [99], [104]). Unlike the case of irradiation by EUV photons (where
the gas is roughly isothermal at 10* K), X-ray heating produces a range of
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temperatures, from coronal temperatures (~ 10° K) in the uppermost, most
tenuous layers down to a few hundred K in the dense conditions of X-ray
PDRs. In optically thin gas, the character of an irradiated region is set by the
ionization parameter (§), which is simply the ratio of the X-ray flux to the local
number density of hydrogen nuclei:

T ond?’

In the case where there is significant absorption of the incident flux in

23 &

overlying layers, it is found that a better measure of the effects of X-ray heating
is via the modified parameter

_ LxJn
T ond?

where the attenuation factor J;, takes care of the effects of absorption integ-

2 £

rated over the incident spectrum ([92], [59]).

It has been found that coronal gas is unimportant for the photoevaporation
problem because of the very low das densities in such regions (< 10 cm™3).
As £ is reduced, the gas enters a warm (~ 10* K) atomic phase (ionization frac-
tion ~ 1-10%). At still lower values of &, one enters the regime of X-ray PDRs,
with temperatures of around 1,000 K (see [104], [57], [54]). Here heating is still
mainly caused by secondary electrons, although, where there is a significant
fraction of hydrogen in molecular form, there are additional routes for trans-
ferring this energy into the thermal reservoir, involving molecular excitation
and collisional deexcitation. In models of X-ray irradiated disks where heating
by accretion is neglected, the warm atomic phase extends to columns of ~ 10?1
cm™Z; at greater depths within the disk, the gas cools to a few hundred degrees
over a column of about 10?2 cm~2 ([58]). At this point, the gas—which in overly-
ing layers is mainly heated by X-rays—becomes thermally coupled to the dust.

Although these studies provide useful indications of the various physical
regimes that are relevant to X-ray irradiated disks, it should be stressed that
all studies to date are incomplete in some important respect. For example, the
models of Glassgold et al. ([100], [101]) are one-dimensional and, moreover, do
not iterate the density profile of the disk so as to achieve consistency with the
computed temperature profiles. Alexander etal. ([5]) improved on this by iterat-
ing on the density profile so as to obtain hydrostatic equilibrium and also—in
the case where the X-rays originate from the central star—implemented a
pseudo-two dimensional approach. (Note that the problem is simplified in
that, unlike the EUV case, where the diffuse field can be important, X-ray
absorption rarely lead to reemission in the X-ray band, and thus one can
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simply calculate the X-ray attenuation and heating along various rays from the
source through the disk). On the other hand, unlike Glassgold et al., Alexan-
der et al. were unable to treat gas cooler than around 3,000 K and thus had
to guess the extrapolation of their results into the cooler underlying regions
of the disk. Most recently, Ercolano et al. ([43]) have performed the first gen-
uinely three-dimensional calculations of X-ray irradiated disks via Monte Carlo
radiative transfer. Here again, however, the code treats only regions that are
warmer than 3,000 K and does not iterate on the disk density structure. Evi-
dently, future studies are required that combine the various virtues of these
approaches.

4. Extrinsic Disk Dispersal: The Role of Environmental Effects

Disk dispersal evidently does not require external effects. For example, there
are many diskless stars in the archetypally sparse and quiescent star-forming
environment of Taurus Aurigae ([12]), where none of the effects that I discuss
in this section are likely to be relevant. On the other hand, processes that are
associated with the radiation field or dynamic environment in which stars are
formed can in principle shorten disk lifetimes relative to the outcome in an
isolated system. Indeed, we shall see abundant evidence that this is the case
in one well-studied local star-forming region (the core of the Orion Nebula
Cluster). In the coming years, it will become possible to obtain good disk
censuses for X-ray-selected low-mass stars in regions that are much more
populous than Orion, and it is thus timely to consider how one expects the
longevity of disks to vary with the size and mass scale of the parent cluster.

4.1. Star-Disk Interactions

If two stars of roughly equal mass pass one another on a mildly hyperbolic
orbit with pericenter r,, then, in the case that one of the stars is surrounded
by a circumstellar disk, it is found that the majority of disk material beyond
around 0.5r, becomes unbound ([31]).* The residual disk then recircularies
at around 0.4r,. The disk-mass and viscous timescale is thus reduced by the
encounter, so this could reduce its subsequent lifetime (see, e.g., [129]). At
the stellar density of the core of the Orion Nebula Cluster (around 10* pc~3),
a disk of radius 100 AU would be expected to undergo an encounter in ~ 6

4. This figure is somewhat dependent on the mutual inclination of the disk and stars’
orbital plane, with coplanar prograde passages being the most destructive, see also [121],
[122], [106].
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Myr, leading to the suggestion ([95]) that disk pruning by passing stars might
be an important mechanism in Orion. Subsequently, Scally & Clarke ([137))
performed N-body simulations of the entirety of the cluster, keeping track of
the closest encounter distances over each star’s orbital history. Despite the
complications of orbital mixing, the results implied that the distribution of
closest encounter distances is remarkably close to what one would obtain by
assuming that each star spent its life at its present orbital radius; evidently (Fig.
8.9) very few stars (as a fraction of the total cluster membership) are located in
regions where one would expect disks of radius ~ 100 AU to interact. (Note
that this conclusion does not necessarily extend to the most massive stars,
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Fig. 8.9. Distribution of closest encounter distances for star-disk systems in the Orion Nebula
Cluster, from the N-body simulations of Scally & Clarke ([137]). The upper panel is plotted
as a function of projected position in the cluster, the lower as a function of distance from
the clusters center. In the lower panel, the N-body results are compared with the results of
a simple model in which it is assumed that stars spend all their lives at their instantaneous
location (the thick line represents the median, and the thin- and long-dashed lines are 2o and
30 limits, respectively). The short-dashed line is the mean interstellar separation as a function
of radius. Evidently the simple model is, in a statistical sense, a good representation of the
N-body data.
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which segregate to the dense regions of the cluster centre; [123], [106].) Overall,
therefore, it would seem that although star-disk interactions indubitably must
occur, they are unlikely to be major determinants of disk lifetime even in dense
environments like the core of the Orion Nebula Cluster.

4.2. Diffuse X-Ray Field

Another negative result is obtained when one considers the effect of disk
irradiation by the diffuse X-ray field associated with rich clusters such as M17
and the Rosette Nebula ([154]). This diffuse field is likely to be associated with
the presence of early-type stars (earlier than O5) in these populous clusters,
since a similar X-ray background is not present in the Orion Nebula, which
does not contain stars of sufficiently high mass ([47]).

However, it would seem that the X-ray fluxes in these regions are simply too
low to have a significant effect on the thermal structure of disks. The observed
diffuse flux values (which are, incidentally, much lower than the X-ray flux
from the central star that would irradiate the outer disk in the absence of
attenuation by the inner disk), are more than three orders of magnitude lower
than the flux at which X-ray irradiation is found to be a significant source of
disk heating ([5])-

4.3. Ultraviolet Radiation from Massive Stars

In the case of ultraviolet radiation from massive stars, we have unambiguous
observational evidence, in the Orion Nebula Cluster (henceforth ONC) that
disks are destroyed by the combined EUV and FUV radiation produced by
massive stars in the cluster (predominantly the cluster’s most massive mem-
ber, ®1C). The theoretical background describing the winds that are driven
from disks in this case has been elaborated in § 3.2, and I shall call on a number
of results from this section when discussing the modeling of observations.

PHOTOEVAPORATION IN ACTION: THE PROPLYDS IN THE ONC. The term
proplyd was coined by O’Dell et al. ([112]) following their discovery of a number
of bright, compact, but, thanks to the capabilities of the Hubble Space Telescope
(HST) resolved sources of ionized emission within ~ 0.3 pc of @'C in the
core of the ONC. The presence of ionized gas had also been detected in the
radio continuum by Churchwell et al. ([28]) coincident with Ha sources pre-
viously detected by [93]. Modeling of the radio emission indicated free-free
emission from plasma at 10* K with electron densities of around n, ~ 10°
cm™3. These sources were marginally resolved by Churchwell et al., implying
typical dimensions of around 100 AU. This implies—in the absence of any
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confining mechanism—a mass outflow rate of ~ n.mpr?ec;, ~ 107/ Mg yr— 1.
A reservoir of material that can supply such outflow rates but not obscure
the central star must have disk geometry. Subsequently, this interpretation
(i-e., of an ionized outflow fed by a disk) was confirmed by direct imaging
of silhouette disks (regions dark in nebula emission lines such as [OIII]) in
the case of around 25 proplyds ([16]). Typical ratios of disk radius to proplyd
radius (where the latter, r;r, denotes the distance from the star to the IF) were
found to be in the range 1/3-2/3, although this is probably an upper limit,
given that many proplyds do not contain silhouette disks resolvable by the
HST ([155)).

Although the bright ionized structures by which proplyds were first iden-
tified (see Fig. 8.10) demonstrate only the presence of emission below the
Lyman break (i.e., EUV radiation), there are both theoretical and observational
grounds for believing that FUV radiation plays an important role in proplyds.
Observationally, Chen et al. ([26]) used Near Infrared Camera and Multi-
Object Spectrograph (NICMOS) to demonstrate that emission in the 2.1um
S(1) line of molecular hydrogen is coincident with the disk, suggesting—
since this line is likely to be FUV pumped—that FUV radiation is penetrating
to the disk surface. This observation provided a possible explanation for the
otherwise puzzling fact of the observed standoff between the IF and the disk

Fig. 8.10. A montage of silhouette disks (dark) and ionized structures (proplyds) imaged in
the Orion Nebula Cluster. The morphology of the silhouettes relates simply to orientation on
the sky. The ionized structures are generally cometary, being brightest on the side close to the
dominant ionizing source and with a tail extending in the opposite direction. Note the lack of
correlation between disk and IF orientation (McCaughrean [160]).
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that presumably feeds it. Evidently this implies that some agent is lifting
neutral material from the disk and transporting it out to the IF, but, equally
evidently, this agent could not be the EUV radiation itself, since this is all
absorbed at the IF. These considerations led Johnstone et al. ([83]) to elaborate
a simple but elegant framework for understanding the proplyd phenomenon
as an FUV-dominated flow (see § 3.2) where the location of the IF is set by the
penetration of EUV photons into the neutral wind flow.

Observational Tests 1: Spatial Distribution of Proplyds. There are, according to
this theory, several prerequisites for the proplyd phenomenon (here defined
as being an offset ionisation front) to occur. First, the FUV field must be
strong enough to sustain a significant column of warm material sandwiched
between the disk and the IF. As described in § 3.2, the extent of PDR heating
is set either by a total column of dust (in the case of strong FUV fields) or by
molecular self-shielding (in the case of weak fields and/or dense gas). Thus
a threshold value of the strength of the FUV field is required in order for
the FUV to be able to heat the full column of ~ 102! cm~?2 (as is assumed
in the derivations of the mass-loss rate in the FUV regime, eq. [18]). Stérzer
& Hollenbach ([147]) investigated this issue and found that the FUV field
should exceed Go ~ 5 x 10* (for disks of size ~ 100 AU). In the ONC, this
condition is met in the inner ~ 0.3 pc, in good agreement with the observed
spatial distribution of proplyd sources in Orion ([16]). Second, the EUV field
must not be so strong that the IF is coincident with the disk surface, since we
here define proplyds as containing ionized structures that are well separated
from the interior disk. For a disk of radius 100 AU and adopting the ionizing
luminosity of @1 C as ~ 10* s1, we deduce from eq. (22) that there is a very
small region around ®'C (radius ~ 5 x 10'7 cm) where the EUV field is so
fierce that the flow is ionized right down to the disk surface. Similarly, as noted
above, there should be another regime of EUV-dominated flow beyond ~ 0.3
pc because of the FUV field being insufficiently strong in this region.

Observational Tests 2: Proplyd Sizes and Morphology. Eq. (22) sets out the
expected dependence of the proplyd size (r;r) on distance from the ultraviolet
source, implying an expectation that rjr oc d?/3. Johnstone et al. ([83]) showed
that this is broadly compatible with the HST observations of Bally et al. ([15]),
in that this shows an apparently mild increase of mean rr with increasing d.
The more recent analysis of Vicente & Alves ([155]), however, which employs a
larger sample of proplyds contained in archival HST data, shows no apparent
correlation between the range of rjr values and d. However, it is not clear that
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these data are necessarily in contradicition with the theory, given the consider-
able blurring of this correlation due both to projection effects and to the effect
of a range of disk radii.’

A more definitive test of the theory is possible in those cases where a silhou-
ette disk is resolved within the proplyd structure, since one can then compare
the observed disk radius with that which the theory predicts on the basis of
the observed values of rr and ultraviolet flux. The result of this exercise ([83])
yields generally fair agreement between observation and theory.

Emission-line imaging of proplyds shows that they are cometary-shaped
objects whose tails generally (but not exclusively) point away from ©!C.
In the theory outlined above, this is to be expected because it is assumed
that the wind from the disk is quasi-spherical by the time it reaches the IF,
and hence any asymmetry in the IF morphology derives from the different
ionizing fluxes that are incident on the two sides of the flow. In fact, rea-
sonable models of the observed morphologies of proplyds (e.g., [83], [67]) are
obtained by assuming that whereas the hemisphere of the disk wind clos-
est to ®1C is directly irradiated by that star, the other hemisphere instead
receives a diffuse EUV field from recombinations in the nebula. Some pro-
plyds however do not display the expected symmetry with respect to the
direction to ®'C. This in some cases suggests that other massive stars con-
tribute significantly to the ionizing flux or else that some mechanism, possibly
hydromagnetic in origin, causes the disk wind to retain a memory of the disk
orientation.

Observational Tests 3: Disk Mass-Loss Rate. Early estimates of the mass-loss
rate in proplyds were simply based on the sizes and electron densities inferred
from radio observations ([28]), combined with the assumption of free expan-
sion at the sound speed of ionized gas. Similar values are derived from the
simplest models of FUV-driven winds (i.e., application of eq. [18] to systems
with r; ~ 100 AU). Although this agreement between theory and observation
was in some ways welcome, these mass-loss rates are so high that they imply a
problematically short lifetime for the parent reservoir. O’Dell ([111]) therefore
suggested that the flows might be confined rather than freely expanding, a
hypothesis that can be tested only with kinematic data. The follow-up study of
Henney & O’ Dell ([68]), involving the analysis of emission-line profiles in
conjunction with emission-line imaging, effectively laid this possibility to
rest and confirmed mass-loss rates of order 10~/ Mg, yr—'.

5. Note that rjp 73/ 3 at a fixed distance from the source equation [22].
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THE PROPLYD LIFETIME PROBLEM. One way in which the proplyd lifetime
problem can be framed, which makes no reference to measured disk masses
in the ONC, can be stated as follows: The age of the ONC is estimated to be
about 2 Myr ([73]), and thus, if the measured/predicted mass-loss rates of a
few ><10_7M@ ylr_1 are sustained at this level over the cluster lifetime, the
total photoevaporated mass is around a solar mass. Since most stars in the
ONC are less massive than this, and since long-lived dynamically stable disks
are not possible if the disk mass exceeds the star’s mass (see the chapter by
Durisen), we have a contradiction. We therefore deduce that such rates were
not sustained over the ~ 2 Myr lifetime of the cluster. Stérzer & Hollenbach
(147]) suggested that the proplyd phenomenon may operate on a duty cycle,
with proplyd mass loss switching on only when stars on rather radial orbits
pass through the central FUV zone (roughly the inner 0.3 pc). The problem
with this hypothesis is that the high incidence of proplyds within the core
of the ONC ([16]) places extreme requirements on the anisotropy of stellar
orbits, which are not in fact met by plausible dynamic models ([137]). On the
other hand, another more obvious solution is to postulate that ©®!C switched
on only rather recently (or perhaps more accurately that the cluster-forming
gas became optically thin in the FUV quite recently). Since disk masses of up
to ~ 0.1 or so of the stellar mass are likely to be long lived and dynamically
stable, we need to reduce the above estimates of total photoevaporated mass
by a factor of 10 and so would then require that the effective age of ®1C
be around 10% of the cluster age. Given that star formation in the ONC is
likely to proceed over a few dynamic times (i.e., over a Myr or so), it is not
particularly surprising that ©®'C should have switched on the order of 10°
years ago, especially because one could make the argument that it was the
formation of ©®'C (and the associated feedback effects) that terminated star
formation in the ONC and revealed it as an optically visible cluster.

It becomes harder to argue this when, in addition, one uses information
on disk masses in the ONC derived from submillimeter measurements. The
majority of disks in the ONC have apparently low-submillimeter disk masses
(Mg < 0.02Mg; [107], [15], [39]),® which means that the timescale over which
a disk can sustain its current mass-loss rate, T = My/Mpyy, is two orders of
magnitude less than the cluster age, if we adopt for M ryy the values measured
in the largest proplyds. This requires—unless we are witnessing the final brief
phase of along-lived population, which would imply an unreasonable degree of

6. Note, however, that these disk masses may be underestimated because of optical
depth effects (see later) and uncertainties in the grain size distribution, dust-to-gas ratio, and
submillimeter opacities: see the chapter by Henning and Meeus.
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Fig.8.11. Spectroscopic determinations of photoevaporation rates ([67], [68], [69]) as a function
of projected distance to ®'C and inferred disk radius. Figure courtesy of W. Henney.

synchronization in disk evolution—that ®' C would have to have been formed
even more recently (< 10* years ago).

Clarke ([29]) suggested that this might be somewhat mitigated if one takes
into account that whereas Myy o ry for disks that are large enough that the
sound speed of FUV-heated material exceeds the local escape velocity, the
mass-loss rates are considerably lower in the case of small disks (smaller than
a few 10s of AUs; [1]; see also observational data in Fig. 8.11). In principle,
then, disks could lose mass copiously when large, but, when shorn by pho-
toevaporation down to 10 AU or so, would lose mass at a much lower rate.
According to this argument, the proplyd lifetime problem arises only when
one combines Mpyy values from the largest disks and M, values that are
typical of the majority of (small) disks in the ONC.

This is an assertion that can in principle be examined by looking at submil-
limeter disk masses and spectroscopic mass-loss rates on a case-by-case basis.
This exercise is complicated by optical depth effects and the limited sensitivity
of millimeter/submillimeter measurements. On the former issue, it is found
in the case of silhouette disks where the disk area is directly measurable that
the submillimeter fluxes are compatible with such disks being optically thick
(129]). One thus obtains only a lower limit on the disk mass in these cases. In
fact, recent estimates based on emission at longer wavelengths (i.e., 3 mm,
which is less affected by optical depth effects) suggest that some (around 2%)
of disks in the ONC are indeed quite massive (> 0.1Mg; [39]). If these most
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massive disks are losing mass at the maximum rates determined for proplyds
(~ 10°Mg, yr~!: see Fig. 8.11), then the resulting photoevaporation timescale
is ~ 10 years (consistent with the notion that the age of @'C is around 10°
years or ~ 10% of the cluster age). The smallest proplyds are losing mass at
around 5 x 1078 Mg, yr~! (Fig. 8.11). Here we do not know the disk masses on
a case-by-case basis, since the majority of sources are not detected. Neverthe-
less, if measurements of sources that are individually undetected at 3 mm are
simply stacked ([39]), one finds that the mean disk mass in the ONC is around
0.005Mg. This results combined with the above mass-loss rate, again yields
an exhaustion timescale of 10° years.

We thus conclude that in all cases the measured mass-loss rates and disk
masses are probably compatible with a scenario in which ®!C switched on
~ 10° years ago. By the same token, we would expect that after a further few
x10° years, the disks in the ONC will have shrunk to the point where the mass-
loss rate is very low and where they would not give rise to resolvable ionized
structures. Atthis point, such truncated disks lose mass mainly by accretion, so
that, given canonical viscosity models (with viscous « value ~ 0.01; [147]), they
would be expected to drain away onto the central star after a further few x10°
years. This means that in the vicinity of O stars, the window of opportunity
for observing either the proplyd phenomenon or the subsequent phase of
compact, optically thick discs should be relatively brief. Thus it would appear
that we are observing the ONC at a special epoch, a conclusion supported by
the very small numbers of proplyds that have been detected in other clusters
([144], [145], [18).

4.4. Environmental Influences on Planet Formation

As discussed above, the observed and predicted rates of photoevaporative mass
loss in the ONC are so high that it is likely that disks in this region will be
photoevaporated down to small radii (less than ~ 10 AU) over the next 10°
years or so. This view is supported by the fact that the disks in the ONC
appear to be significantly smaller than in quiescent regions like Taurus ([11],
[134], [155]).

7. Note that there is some disagreement about the interpretation of disk size data in the
ONC. Rodmann ([134]) bases his analysis on the statistics of silhouette disks resolved by the
HST and notes that only around 10% of sources are seen in silhouette at scales > 90 AU.
Vicente & Alves ([155]) instead assume that the paucity of large silhouette disks is a result of
disks whose location or orientation is unfavorable to being seen in silhouette. They instead
infer a disk size distribution on the (questionable) assumption that the ratio of disk radius to
IF radius in proplyds with resolved disks is characteristic of the population as a whole, and
hence they derive disk sizes by scaling proplyd sizes.
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The outside-in photoevaporation of disks can be expected to have an impact
on planet formation in several ways. One obvious implication is that it limits
the window of opportunity for the creation of gas-giant planets, even though
radial-velocity planets probably form in regions of the disk that are deep enough
in the parent star’s potential that photoevaporative mass-loss rates from such
regions are rather low (see Fig. 8.11). Nevertheless, photoevaporation at larger
radii provides an effective boundary condition on the disk’s viscous evolution,
cutting off the gas reservoir that would otherwise flow in and replenish the
inner disk asitaccreted onto the star. In essence, therefore, the effect of photoe-
vaporation is to reduce the lifetime of gas in the inner disk. Although this would
not affect the viability of planet formation by gravitational instability (which in
any case occurs quickly while the disk s still strongly self-gravitating), it means
that in core-accretion models, the solid core would have to be assembled very
quickly, while the inner disk was still gas rich ([79]).

Throop & Bally ([151]), however, have argued that photoevaporation may
even encourage terrestrial planet formation in the outer disk. They envisage
thatthe concentration of dust toward the disk midplane through sedimentation
(1159)) is further enhanced by the preferential removal of gas from the disk’s
upper layers by photoevaporation. Throop & Bally thus argue that photoevap-
oration facilitates the creation of a thin gas-poor central dust layer and thus,
through the gravitational instability of this layer, the creation of planetesimals.

Before leaving this issue, we should ask, irrespective of whether photoe-
vaporation is seen as a plus or a minus for planet formation, what fraction
of stars are likely to be born in environments where external photoevapora-
tion is significant. In the ONC, only around 10% of the stars are located in
the (proplyd-producing) FUV region, but these stars dominate the integrated
photoevaporative mass loss ([139]). Disks in the EUV region (beyond ~ 0.3 pc)
can lose significant gas (i.e., more than a minimum-mass solar nebula over a
few Myr) only if they are large (i.e., > 100 AU); since mass loss in the EUV
regime is a steep function of disk radius (x r;'s), the survival time of disks in
the EUV region increases strongly as disks are pruned by photoevaporation.
The main effect on planet-forming potential is thus restricted to stars in the
inner (0.3 pc) core of the cluster.?

Adams and collaborators ([1], [46]), however, have emphasized that the
majority of stars form in environments that are both sparser and less populous
than the ONC. This has two effects, a reduction in ultraviolet fluxes and an

8. This conclusion is supported by the recent 24um studies of NGC 2244, where it is
found that the disk fraction is reduced only in regions within ~ 0.5 pc of an O star ([17]).
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increase in the ratio of FUV to EUV emission, the latter reflecting the lower
maximum stellar mass expected in smaller N clusters. Populations synthesis
models ([46]) suggest that only about 25% of stars in the solar neighborhood
should have suffered even a modest impact on their planet-forming potential
(“modest” here being defined as photoevaporation down to ~ 30 AU in 10
Myr). Another way to put this is that the fact that a star like the Sun bears planets
can place only weak constraints on its birth environment, probably implying
that it was formed in a cluster not exceeding several hundred members.

5. Intrinsic Disk Dispersal: Photoevaporation by Radiation
from the Central Star

5.1. The Origin and Magnitude of Ultraviolet and X-Ray Emissions
in T Tauri Stars
In order to assess the importance of disk dispersal by photoevaporation, it
is clearly important to determine the X-ray and ultraviolet luminosities of
low-mass pre-main-sequence stars. Less obviously, it is also vital to establish
the origin of such emissions. In particular, we need to ascertain whether
this radiation is related to the star itself (and its chromosphere/corona) or
whether it derives from accretion. Radiation from the latter source will not
give rise to “inner-hole sources” (see § 6.3) since a cleared inner region cannot
be sustained if accretion is required in order to produce the photoevaporative
radiation ([103], [135]).°

We can be fairly confident that X-rays are not predominantly associated
with accretion because of the simple argument that, if anything, diskless stars
(i-e., weak-line T Tauri stars) are more luminous in X-rays than are their disk-
bearing counterparts ([124], [49]). It would seem likely that this slight deficit
in the X-ray output of classical T Tauri stars is a consequence of X-ray absorp-
tion in the accretion columns ([60]) and that, regardless of a star’s disk-bearing
status, the X-rays originate in magnetic reconnection events in the stellar mag-
netosphere/corona. This emission can be fitted by a thermal bremsstrahlung
spectrum peaking in the 1 — 2 keV range ([48]); typical luminosities are ~103°
erg s~}
although the latter do not contribute significantly to the time-averaged

, attaining values up to 10 — 100 times this during flares ([157]),

luminosity, which is the important property for photoevaporation.

9. Inprinciple, accretion-powered luminosity can evaporate the outer disk, since, depend-
ing on the efficiency with which accretion luminosity is transferred into kinetic energy of the
wind flow, a given mass of material accreted onto the star can evaporate more than its own
mass of loosely bound material at large radii.
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In the case of ultraviolet radiation, it would seem likely that there are sig-
nificant contributions both from accretion and from the stellar chromosphere
(132], [82]). However, photons below of the Lyman limit (i.e., EUV radiation)
would be strongly absorbed in the accretion columns and would therefore be
attenuated to levels even less than the tiny photospheric output of a low-mass
star in the EUV ([4]). Therefore, the models described in § 5.3 rely on an
additional (constant) source of EUV photons from an active chromosphere.

Of course, because of interstellar absorption by neutral hydrogen, such
EUV emission is not directly detectable, and one therefore needs an indirect
method to infer its presence. One method relies on analysis of the line spec-
trum in the observationally accessible region of the spectrum (i.e., the FUV)
in order to derive the differential emission measure (DEM) that fits a number
of lines in this spectral region ([21]). The DEM is a measure of the density
structure of the emitting plasma integrated along the line of sight in various
temperature ranges. This information can then be inserted into a spectral syn-
thesis code in order to determine the EUV output that would be produced by
such a plasma. This exercise ([5]) yields values in the range ®;,, = 104~ s~1
for a small ensemble of classical T Tauri stars for which International Ultravi-
olet Explorer (IUE) and Space Telescope Imaging Spectrograph (STIS) spectra
are available, with the greatest uncertainty deriving from the reddening correc-
tion applied to the FUV spectra. These values are similar to those estimated by
Kamp & Sammar ([81]) using a simple argument (based on the observed rela-
tionship between age and activity indicators) to scale up the ultraviolet output
of the Sun to that expected at the young age characterizing T Tauri stars.

Ideally, therefore, one would want to repeat this exercise for weak-line T
Tauri stars in order to test whether this level of EUV output is sustained once
disk accretion is shut off. Unfortunately, a more indirect approach is required,
given the lack of weak-line T Tauri stars with FUV spectra of sufficient quality
to perform a DEM analysis. Alexander etal., ([5]) noted from their spectral syn-
thesis studies of those (classical) T Tauri stars with high-quality FUV spectra
that the hardness of the ultraviolet spectrum (specifically the ratio of EUV to
FUV) appears to correlate quite well with the ratio of the Hell 1640 to CIV 1550
lines (a reddening-independent indicator that is available from low-resolution
spectra for a much larger sample of T Tauri stars). This ratio is at least as great
in weak-line (diskless) T Tauri stars as in their classical counterparts and, if
anything, appears to increase somewhat with system age. This supports the
view that, as we require, the EUV emission is not produced by accretion.

Another possible diagnostic of the EUV radiation field is provided by midin-
frared fine structure lines such as the [Nell] line at 12.8um. Although there is
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some uncertainty whether this transition is instead excited by X-ray emission,
the level of EUV output that would be required to excite this line is similar to
the levels quoted above ([120]). However, this line cannot be used to assess cor-
relations between the assumed EUV output and the evolutionary state of the
disk, since the requirement that it be detectable above the disk’s continuum
introduces a strong bias toward systems with cleared inner holes (see § 6.3).

5.2. Dispersal by X-Rays from the Central Star

Since this article was written, there have been considerable theoretical devel-
opments to this subject which have reversed the previous conclusion that X-ray
photoevaporation was unlikely to be significant. We are unable for reasons of
space to give this topic the full discussion it now deserves and refer the reader
to Ercolano et al. 2008, 2009, Owen et al. 2010, Ercolano and Owen 2010 ([43],
[44], [113], [45]). Here we just summarize the main results. Note that we largely
preserve the structure of § 3.1 in which we discuss observed clearing sources
in terms of EUV photoevaporation. We however add footnotes to this discus-
sion where the results of X-ray photoevaporation calculations are particularly
relevant.

Prior to the X-ray hydrodynamical calculations of Owen et al. ([113]), a
number of studies ([59], [5], [43], [44], [56] examined the structure of X-ray
irradiated disks: of these, only [59] and [56] treated gas cooler than 3,000 K
(the region of molecular dissociation by X-rays) whereas only [5], [44], and [56]
iterated on the disk’s density structure so as to produce irradiated structures in
vertical hydrostatic equilibrium. Naturally such static structures cannot self-
consistently be used to measure mass flow rates but one can make a rough
estimate by locating the surface at which the gas is heated to the local escape
temperature and then equating the mass loss rate per unit area with the product
of the local density and sound speed. Gorti and Hollenbach ([56]) obtained
very low resulting X-ray photoevaporation rates, a result that turned out to
derive from their very hard input X-ray spectra (see discussion in [44]). The
observationally motivated input spectra used by [5] and [44] however, yielded
much higher mass loss rates per unit area: [5] did not extend their mass loss
integrals to large radii, due to their distrust of their pseudo-two dimensional
approach and thus missed the region of the disc (at 10s of AU), which largely
contributed to the very high mass loss rates (~ 1078 Mg, yr—!) inferred from
the (three dimensional) calculations of [144].

Owen et al. ([113]) conducted hydrodynamic calculations in which the tem-
perature of the gas (in regions where the column density to the central star
< 10?2 cm™1!) is parameterized by the relationship between temperature and
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ionization parameter (eq. [23]) obtained from the hydrostatic solutions. This
exercise confirmed that a vigorous wind (mass loss rate ~ 1078 Mg yr™!) is
driven from ~ 3 — 60 AU and that, moreover, such a mass loss rate is possible
even in the case that there is a modest column of neutral material around
the source that would preclude significant EUV photoevaporation. Note that
the X-ray driven photoevaporation rate scales linearly with X-ray luminosity
([114]); the rates quoted above correspond to rather luminous X-rays sources
so that—given the roughly two order of magnitude spread in the X-ray lumi-
nosities of T Tauri stars (Guedel et al. [61])—many stars will undergo clearing
at a lower rate. Nevertheless, X-ray driven winds are likely to exceed those
produced by the EUV in all but the weakest X-ray sources.

Most of the following discussion is based on EUV photoevaporation since
this was the mechanism that was well understood at the original time of
writing this article. Much, however, is qualitatively applicable to X-ray photo-
evaporation, provided that one bears in mind the following differences: i) the
considerably higher over all rates for X-ray photoevaporation of EUV, which
means that photoevaporation can start to modify disc evolution at much higher
accretion rates than believed hitherto; ii) the rather lower temperatures for the
X-ray heated wind cf the EUV wind (~ 6,000 K cf ~ 10,000 K) (see footnote
(11) which discusses the consequences for explaining neutral oxygen line diag-
nostics in T Tauri stars); and iii) the broader radial range, extending to 50-100
AU for X-ray photoevaporation. The latter is simply a result of the fact that
X-rays (being more penetrative than EUV photons) are able to directly heat
the outer disc; in the EUV case, by contrast, most of the irradiation of the
disc at radii where it can drive a wind is provided by a diffuse field of pho-
tons produced by recombinations in the inner disk’s atmosphere. This diffuse
field is geometrically attenuated beyond several AUs and hence the EUV mass
loss rate is sharply peaked within ~ 10 AU. The implications of this different
irradiation geometry and mass loss profile are discussed in footnote (13).

5.3. Dispersal by EUV Radiation from the Central Star

The foundations of work on dispersal by EUV radiation were laid by the sem-
inal study of Hollenbach et al. ([74]), who first investigated the process in the
context of OB stars, where the ionizing fluxes (and hence the derived mass-
loss rates) are much higher than in the case of T Tauri stars. At first, the rates
obtained when the derived formulae were applied to T Tauri stars (~ 10~ Mg
yr~1) were not considered to be of interest (but see § 6.1 for discussion of early
ideas on the interplay between EUV photoevaporation and planet formation;
[139]). This view was later revised in the light of Clarke et al. ([30]), who showed
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Fig. 8.12. Schematic of photoevaporation by EUV from the central star, showing both direct
irradiation and irradiation by the diffuse field ([69]).

how even these low rates, when combined with viscous draining of the disk,
could provide a promising mechanism for effecting the rapid turnoff of disk
diagnostics at late times.

According to Hollenbach et al. ([74]), the structure of a disk exposed to EUV
radiation from the central star can be divided into three regimes (see Fig. 8.12).
In the inner two regimes, the ionized region forms a hydrostatic atmosphere
with density structure governed by eq. (10). In the innermost regime, the
ionizing flux irradiating the disk is dominated by that directly received from
the source, so the density at the IF (n; in eq. [10]) is determined by eq. (11),
except that the plane-parallel flux of ionizing radiation from a distant source
(®@jon/d? on the left-hand side of eq. [11)) is replaced by ®;,,2,/r>. This latter
expression takes into account the angle of incidence of radiation emanating
from a source at height z, (which is of order of the stellar radius) above the disk
plane. Consequently, nj; oc r=/# in this regime. However, the scale height

15 and thus, once

H of this isothermal hydrostatic atmosphere scales as r
H ~ z,, the ionizing flux is no longer dominated by radiation coming directly
from the star, but instead by recombinations from the overlying atmosphere.
Hollenbach et al. solve numerically for the hydrostatic density structure in
this regime, accounting for the diffuse field, and find that their results can be
reasonably fitted by nj o 45110/n ;=15 The third regime lies at r > 7, where
photoionized gas can now escape the disk in a wind. The lower density in
the flow region compared with the hydrostatic region means that the diffuse
field irradiating this outer region originates mainly from recombinations from
the ionized atmosphere above 7g,; this steeper reduction in the diffuse field
with radius results in a steeper decline in nj; with radius also; numerically,
nr < <Pi10/nzr_5/2.

This latter quantity is important because the mass-loss rate per unit area
from the region of the disk beyond ry;, is just nycympy. Thus (on the

assumption that mass loss occurs only beyond ry,,, though see below)
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We thus see that since nj; o« r—>/2, the mass loss is dominated by that
occurring close to 7g,,. Putting this in numerical values, we obtain
26 M =4x 10—10(7%” )1/2(%>1/2M@yr_1.

1041g—1 Mg

I note that the normalization for @;,, is 1 to 2 orders of magnitude less
than the estimates for @,,, obtained by Alexander et al. ([6]) for classical
T Tauri stars, but that this latter quantity is quite uncertain. However, the
square-root dependence of the photoevaporation rate on &;,,, which typifies
all recombination-limited situations, means that the resulting mass-loss rate
is relatively insensitive to this value in any case.

The preceding description represents a semianalytic simplification of the
problem that can be checked against radiation hydrodynamic calculations. For
example, this description neglects dust. Dust attenuation, of course, reduces
the incident flux (and hence the photoevaporation rate), but scattering by dust
provides an extra mechanism for deflecting ionizing photons out to radii well
beyond rg;;. In fact, the radiative transfer calculations of Richling & Yorke
(1130]) found that in their simulations of a disk irradiated by a star of mass 8 M,
the latter effect is predominant, implying that dust boosts the above mass-loss
estimates by a factor if 2 to 3 (with the extra mass loss occurring on scales of
~ 100 AU). However, as noted by [74], the optical depth in the dust simply
scales as the square root of the ionizing luminosity; in the lower-luminosity
sources we consider here, the ionized flow is expected to be optically thin in
the dust. Another simplification is the neglect of angular momentum and
nonvertical flow. Font et al. ([50]) addressed this issue with a two-dimensional
hydrodynamic calculation that modeled only the ionized portion of the flow
(as isothermal gas at 10* K),using the results of Hollenbach et al. to set the
run of density at the base of the flow (which, in their calculations, which do
not model the neutral disk, they set as the disk midplane). These calculations
demonstrated that, as expected, pressure gradients deflect the flow from nor-
mal to the disk plane (at the flow base) to radial flow at large radii. They also
showed that the disk in fact loses mass from radii well within g, (in to about
20% of rg;; or ~ 1—2 AU for a solar-mass star: see also [19], [97]). This may
be readily understood inasmuch as the estimate that mass loss begins at rg,
is based on the expectations of a ballistic particle traveling at the sound speed
and neglects the role of pressure gradients in providing modest acceleration to
higher velocities. Nevertheless, these calculations confirm that the resulting
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mass loss is still reasonably well described by eq. (26) (i.e., just assuming sonic
outflow at the flow base).

In addition, Font et al. were able to use the resulting two-dimensional veloc-
ity and density field to compute the expected line intensities and profiles of
forbidden-line emission from ionized species (such as [SII]A6731, [SII]A6716,
[NII]16583, and [OI]A6300). As expected, a thermally driven ionized wind pro-
duces line widths (10s of km s~!) in reasonable agreement with measurements
of the low-velocity components of these lines. As far as line intensities are con-
cerned, the model predicts, in the limit where collisional deexcitation of the
lines can be ignored, that the line luminosity (resulting from collisional excita-
tion) scales as [ n?dV. Given that n (D;lo/n 21=3/2 close to Tg;; (and more steeply
beyond), this integral is dominated by conditions close to rg;; and so scales with
n(rgn)zrgl, which « @,,,, irrespective of stellar mass (i.e., more massive stars
have larger effective emitting volumes—larger gravitational radii—but lower
densities at this radius, and these two effects exactly cancel at fixed @;,,,). When
one takes suppression of the lines by collisional deexcitation into account,
this reduces the emission for lower-mass stars (higher n(rg,)) by an amount
depending on the critical density of the line concerned. If we apply a plausible
range of input values of @;,,, the model is in good agreement with the range of
observed forbidden [SII] intensities, and their insensitivity to stellar masses!®
overpredicts the [NII] luminosities and is completely unable to reproduce the
observed intensity of [OI]A6300 emission. The reason for this is simply that
the abundance of neutral oxygen in the ionized wind is low because of the
similar ionization potentials of oxygen and hydrogen. We therefore conclude
that some, but not all, of these lines can be generated in EUV-driven winds in
T Tauri stars.!!

Another line that may originate in a photoevaporative flow is the [Nell]
12.8um line, which has already been mentioned as a possible means of
quantifying the EUV radiation field experienced by the disk. The width of
this line in the inner-hole source (§ 6.3) TW Hya is compatible either with a
photoevaporating wind or with turbulent broadening in a warm disk atmo-
sphere ([70]). Within the former interpretive framework, the mass-loss rate

10. Note that these arguments apply only for the range of stellar masses for which there
is no strong systematic dependence of ®;,, on stellar mass; for higher-mass stars (e.g., OB
stars), the resulting line luminosities would be expected to be dominated instead by the value
of @;,,.

11. Analogous work on line diagnostics in X-ray driven winds (Ercolano & Owen [45])
are in good agreement also with the neutral oxygen line intensities, this being simply a
consequence of the rather cooler conditions in the X-ray heated gas, which means that
oxygen is mainly neutral in the wind flow.
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can be roughly estimated as the inferred mass of emitting gas divided by the
timescale for a sonic ionized flow to traverse a scale ry;,. The resulting photo-
evaporation rate (~ 1071°Mg, yr~1) is very comparable with the theoretically
expected value (eq. [26]).

5.4. Dispersal by FUV Radiation from the Central Star

I now come to the most difficult problem, the modeling of disk winds that are
driven by FUV radiation from the central star. This problem is harder than the
EUV case because of the much more complicated thermal structure of PDRs
compared with ionized regions. It is also harder than the case of FUV irradi-
ation from an external source because it is now a two-dimensional problem,
where the inner disk can shield the outer disk from the FUV source. This
sensitivity to shielding by the inner disk is considerably more important than
in the EUV case, where we have seen above that the flow region is irradiated
by diffuse emission from high latitudes and where the detailed disk shape is
of minor importance.

Recently, Gorti & Hollenbach ([55], [56]) published an ambitious study to
compute the thermal structure and photoevaporation of a disk subject to com-
bined EUV, X-ray, and FUV emissions. The temperature at (r, z) in the disk
is computed by calculating the fluxes of EUV, FUV, and X-ray fluxes inci-
dent from the central star, taking attenuation by dust and gas into account
and thus using knowledge of the density and chemical structure of the disk
inside r. Cooling is implemented by using the escape probability formal-
ism in the z direction, through both the top and bottom of the disk. The
density structure at r is then recomputed by assuming vertical hydrostatic
equilibrium, and the thermal and chemical structures are then recalculated.
This iteration is repeated until convergence and a self-consistent structure are
obtained. Inevitably, the necessity of employing complex chemical and ther-
mal networks, combined with the need to rezone in order to capture important
processes, makes it very computationally expensive to achieve a converged
temperature/density distribution. Fig. 8.13 shows results from this study for
the temperature and density structure as a function of height at 31 AU. As
expected, the temperature rises in response to FUV heating at altitudes where
the visual extinction to the FUV source Ay is less than a few. We see that
in the heated region, the small and large grains are, respectively, hotter and
cooler than the gas and that the differences in temperature between small dust,
large dust, and gas are important in computing the spectral features. From
the point of view of computing the mass-loss rates, it is, of course, the gas
temperature that is important, although I stress that this in turn depends on
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Fig. 8.13. Density (dotted, right-hand scale) and temperature (black, left-hand scale) of the
disk as a function of height above the midplane at a radius of 31 AU, as computed by Gorti
& Hollenbach (private communication). The solid line refers to the gas temperature, and the
higher and lower dashed lines, respectively, to small and large dust grains. The origin of the
mass outflow is indicated by “Flow,” although, since the flow is subsonic to much larger radii,
the gas density structure is approximately that of a hydrostatic atmosphere. Parameters for
this solar mass model are X-ray and FUV luminosities of 6 x 107#L, and 0.28L, respectively.

the concentration of small grains in the upper atmosphere, since photoelec-
tric heating by PAHs and small dust grains is an important thermal input to
the gas. Although current models employ a fixed grain fraction and grain size
distribution with height, future refinements could incorporate grain settling
and thus determine these quantitities more self-consistently.

What is more problematic is the derivation of a mass-loss rate from these
calculations. Gorti & Hollenbach ([49]), as a preliminary estimate, computed
a nominal mass-loss rate from each cell by assuming that each such cell is the
source of an isothermal Parker wind with this base density. At every radius,
the cell with the highest nominal mass-loss rate is found, and the integrated
mass-loss rate is then assumed to be equal to the nominal mass-loss rate from
this cell. According to this estimate, in TW Hydra (which is a relatively lumi-
nous FUV source) the disk should be truncated down to a radius of ~ 120
AU in ~ 7 Myr, a result that is consistent with the apparent outer trunca-
tion of the gas disk (as evidenced by its CO emission) in this object.!? This
approximation, however, may overestimate the mass loss because the density
of a hydrostatic structure falls off less steeply than if the gas were allowed to
expand freely in a pressure-driven wind (although this difference is small as

12. The dust disk in TW Hydra is apparently much more extensive, which is explicable
if the dust grains are relatively large (millimeter scale) and thus are left behind during the
photoevaporation process ([3]).
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long as the flow is highly subsonic). Other potential sources of error include
the assumption that the outflowing gas remains isothermal at its base den-
sity, together with the neglect of advective terms in the solution of chemical
equilibria. On the other hand, the complexity of the thermal structure means
that it is much harder to find an analytic approximation to a self-consistent
flow solution. Ultimately, therefore, it will be desirable to obtain FUV mass-
loss rates via two-dimensional hydrodynamic calculations that are coupled, in
some computationally feasible manner, to simplified modules that update the
thermal structure.

For this reason, I focus entirely on EUV photoevaporation in the following
section, since this is where we have the best quantitative estimates. I stress
that this does not necessarily mean that FUV photoevaporation is negligible
by comparison, and the reader should bear in mind that it might even turn
out to be the prime agent of radiative disk dispersal.

6. EUV Photoevaporation and the Evolution of Protoplanetary Disks

6.1. The Secular Evolution of Disks Subject to EUV Photoevaporation

In T Tauri stars, the estimated EUV photoevaporation rates are low (a few
x1071Mg yr~1; eq. [26]), implying that it would take ~ 40 Myr to evaporate
even a minimum-mass solar nebula. Since, in most clusters, the median disk
lifetime is a few Myr ([64]), it is clear that the majority of gas in protostellar
disks cannot end up being photoevaporated.

Shu et al. ([139]) nevertheless suggested that the process might have inter-
esting consequences for planet formation. These authors noted that beyond
Jupiter, the masses of the gaseous envelopes of the gas-giant planets decrease
considerably. In the context of the core-accretion model for planet formation,
this is often thought to reflect a lack of available gas in the outer Solar Nebula
at late times. Shu et al. pointed out that Jupiter lies within rg; and thus in
a region of the disk that is not subject to direct photoevaporation. The outer
gas giants, they argued, would, however, be accreting their envelopes from
regions that were depleted by photoevaporation.

This attractive argument was turned on its head by Clarke et al. ([30]), who
considered the operation of photoevaporation in a disk that was subject to secu-
lar evolution because of angular momentum redistribution (loosely speaking,
viscous evolution; see the chapters by Balbus and Durisen). The net result
of such evolution is always an inward accretion flow onto the star that, in the
absence of disk replenishment, declines with time. The inferred accretion rates
onto the star in some of the most actively accreting T Tauri stars are around
1077 Mg yr~!, but in some systems rates as low as 10~ Mg, yr~! have been
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measured ([108]). It would therefore seem inevitable that whatever its prior
accretion history, a disk must, en route to its ultimate disappearance, pass
through the point where the accretion rate onto the star is around 10~1° Mg,
yr~1. At this point, then, photoevaporation becomes competitive with flow
onto the star.

It is important to recall that the dominant mass loss by EUV photoevap-
oration occurs within a factor of 2 or so of g, (i.e., in the range 5 —10 AU
for low-mass stars). Thus at the stage that the accretion rate through the disk,
Mg, becomes ~ Mgyy (eq. [26]), the disk inside this point becomes starved
of resupply and therefore drains onto the star on its own viscous timescale
(tv(rg;;))- Although we do not have a definitive model for the efficacy of viscous
transport in various radial regimes (partly because of uncertainties surround-
ing the existence and extent of any dead zone; see the chapter by Balbus), the
viscous timescale undoubtedly increases with radius in the disk. One way to
quantify this without reference to the physical mechanism for angular momen-
tum transport is to note that in a steady state, Mg is independent of r, and
$0, since Muge = Mg (r)/t»(r), we therefore deduce that the viscous timescale
increases with radius in the same manner as the enclosed mass. Modeling of
the submillimeter emission in pre-main-sequence disks suggests that the sur-
face density scales as oc r~! or r=1° ([10], [11]), and hence one would deduce
that t,(r) o¢ Mg (r) oc 1% or o 7.

The increase of viscous timescale with radius is important because g, is
much less than the typical outer radii of T Tauri disks (which are constrained
by their submillimeter emission to be atleast 10s to 100s of AUs in extent; [11]).
Thus, overall, the disk evolves on the viscous timescale of the outer disk, which
is much longer than the viscous timescale at rg,,. The decoupling between inner
and outer disks (which occurs at 75, when M ~ Mguv ) then introduces a
second timescale into the problem: the disk age at this point is ~ t, (rout), but
the clearing of the decoupled inner disk occurs on the much shorter timescale
ty(rgy). Fig. 8.14 illustrates this two-timescale evolution in the models of [30],
which combine EUV photoevaporation with a simple parameterization of the
disk’s viscous evolution. Note that before the point when M ~ Mpyv, the
evolution of the disk surface-density profile is almost unaffected by photoevap-
oration (i.e., almost all the mass flowing through the disk ends up on the central
star). Once Mgee ~ Mpyy, however, the situation changes abruptly and the
inner-disk drains, implying the rapid loss of inner-disk diagnostics (e.g., strong
broad H, associated with accretion onto the star or else near-infrared emission
from the inner disk). Note that the absolute timescales depend on the viscosity
parameterization, but that for any plausible prescription, the two timescales
are quite different (here t, (rg,,) ~ 10° years and t, (rou) ~ 107 years).
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Fig. 8.14. Evolution of disk surface-density profile in the original ultraviolet switch model
of Clarke et al. ([30]) (upper panel) compared with evolution of a control model without
photoevaporation. The snapshots correspond to timest = 0,13,14.1,14.3,16, 18, 20, 24, and
28 Myr. Overall timescales depend on the parameterization of the disk viscosity, but the
important points to note are (a) the rapid disappearance of the inner disk (on a timescale
much less than the system age) and (b) the slow subsequent photoevaporation of the outer
disk (i.e., on a timescale similar to the system age). In its original form, therefore, the model
predicts a large population of disks with eroding inner holes.

The reason for laboring this point is that it has been recognized for many
years (e.g., [141], [65]) that disk clearing indeed appears to be governed by two
disparate timescales. This is illustrated by Fig. 8.15, which plots a sample of T
Tauri stars in the infrared two-color plane from the data of [87]. The data clearly
separate very neatly into two distinct populations: the disk-bearing classical T
Tauri stars in the upper right and the weak-line T Tauri stars (lower left),
whose infrared colors are just those expected for cool stellar photospheres
(the few intermediate data points are now known to be binaries consisting
of a mixture of classical and weak-line components). This clean separation
would not be expected if the disks were to follow a power-law evolution with
time, since then a number of disks would fall in the intermediate zone as
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Fig. 8.15. Distribution of T Tauri stars in the K—L, K—N plane compared with theoretical tracks
for magnetospheric clearing ([87], [13]). See text for details.

they became progressively optically thin. The tracks in Fig. 8.15 represent
the expected evolution in the case of magnetically mediated accretion from a
disk—although, in the models, magnetospheric clearing indeed causes a rapid
decline in K — L (which is a measure of emission from very small radii, ~ 0.1
AU), the clearing of the disk at the larger radii responsible for the K — N excess
is too slow and would result in the accumulation of systems in the upper left
of this diagram that are not observed there ([13]).

Photoevaporation combined with EUV photoevaporation (dubbed “the
ultraviolet switch” by [30]), however, readily reproduces the disposition of
T Tauri stars in this plane, since the rapid draining of the inner disk causes
systems to migrate rapidly from the classical to the weak-line T Tauri regime.
Thus, quite contrary to the original supposition of Shu et al. ([139]), the
inclusion of secular viscous evolution means that the rapid clearing actu-
ally occurs at small radii, in regions of the disk that are immune to direct
photoevaporative loss.

Fig. 8.14, however, demonstrates that in the original models of Clarke et al.
[30], the disk beyond rg;, clears much more slowly. This is because in order to be
photoevaporated, material has to flow in on the viscous timescale of the outer
disk before it reaches the small radii where direct photoevaporative mass loss
is concentrated. The rest of the disk thus clears from the inside out, but slowly.
In fact, the amount of time that the model systems spend with slowly eroding
inner holes is comparable with their previous lifetime as classical T Tauri stars.

This behavior, however, is inconsistent with submillimeter measurements
of weak-line T Tauri stars. In the above scenario, many systems that are
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classified as weak-line systems on account of their lack of diagnostics associ-
ated with inner disks and accretion should nevertheless exhibit submillimeter
emission from their slowly eroding outer disks. In reality, such inner-hole
sources are relatively rare; the most sensitive submillimeter measurements
find evidence for outer dust disks in only ~ 10% of weak-line stars ([38], [10]).

This shortcoming was remedied by the calculations of Alexander et al. ([7]),
who revised the prescription for photoevaporative mass loss to include the
effect of direct illumination of the inner edge of a disk with an optically thin
inner hole. As argued in § 3.1, (see eq. [13]), one expects the mass-loss rate
now to scale as R?r‘f (H/R)%?, i.e., to increase with increasing R;,, an effect that
can be attributed to the increase in the area of the exposed rim. Conversely,
the mass-loss rate from the diffuse field decreases as the hole size increases.

These simple analytic arguments were verified by the two-dimensional
hydrodynamic calculations of Alexander et al. ([7]) (Plate 12, which computed
the thermal structure of the flow using a Stromgren-volume method; see § 3.1).
These calculations therefore do not include any additional mass loss due to
photoevaporation by the diffuse field. I nevertheless emphasize that once the
inner disk has been cleared (by viscous draining when Maee ~ M Fuv), the
subsequent mass loss is clearly dominated by the effect of direct irradiation of
the disk inner rim.

Fig. 8.16 illustrates the secular evolution of the disk when the photoevapo-
ration prescription is revised to include direct irradiation of the disk inner rim.
This differs from previous work ([30]) only after the clearing of the inner disk.
Whereas previously the clearing of the outer disk was slow (since material
had to be viscously conveyed to small radii before it was photoevaporated), the
outer disk is now rapidly photoevaporated. I note that since the inner disk clears
when M, ~ Mgyv, and that since now the photoevaporation rate increases
as Ry, grows, once the hole has grown to radii >> rg,, the wind mass-loss rate
now far exceeds the accretion rate through the disk. In this limit, therefore,
we have the situation where the photoevaporation front sweeps out through a
disk with almost fixed surface-density distribution. One may readily show, in
this limit, that if the disk surface-density profile scales as r~* and if H/R « b
then (from eq. [13]), the timescale for enlarging the inner hole by a factor
of 2is Rilrf ~6=05b " and thus the number of sources per logarithmic bin of
inner-hole size then also scales as « Rilr'f —a=05b, Adopting plausible values
of a~1—15 and b ~ 0.125—0.25, we see that the resulting distribution is
only weakly dependent on R;,; in other words, during the clearing process
the system does not linger in a state with either very large or very small holes.
Moreover, this also implies that the time to clear the outer disk is only modestly
greater than the timescale for the initial viscous clearing of the inner disk.
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Fig. 8.16. Snapshots of surface-density evolution in the revised ultraviolet switch model ([8])
that also incorporates photoevaporation from direct illumination of the disk’s inner rim at late
times. Snapshots correspond to t = 0,2,4,5.9,6.01,6.02,6.03,...,6.18 Myr. As in Fig. 8.14,
the absolute timescales depend on the viscous model, but the important distinction is that
here the outer disk is eroded on a timescale similar to the clearing of the inner disk.

Finally, it should be stressed that all the foregoing discussion relates to
the disk gas, which is the majority mass component and is directly subject to
pressure-driven flows. The dominant opacity source (the dust) is also evapo-
rated only if it is tightly coupled, by strong drag forces, to the gas. The study
of Alexander & Armitage ([3]; see also [150]) showed that this is indeed the
case for micron-sized grains. Grains on millimeter scales are left behind after
photoevaporation.

6.2. Summary of Secular Evolution of EUV-Induced Photoevaporating Disks
When secular (viscous) evolution of a disk is combined with EUV-induced
photoevaporative mass loss, the following three-stage evolution results:'3

1. Normal viscous evolution with accretion through the disk at a rate (M)
that comfortably exceeds Mgyy.

2. Inner-disk clearing. Once My, ~ Mgyy, the inner disk drains onto the
star on its own (short) viscous timescale, being starved of resupply from

larger radius. The accretion rate onto the star thus falls from Mgyy ~

10710 qbllo/n 241 12 Mg yr~! to essentially zero on this short timescale. The

13. X-ray photoevaporation follows a qualitatively similar three phase evolutionary pat-
tern, with Mgy replaced by the generally higher Mx ~ 10~8(Lx /10 ergs ') Mg yr~'. As
in the EUV case, accretion onto the star only persists until the end of Phase II; since the
X-ray wind is always heated by direct irradiation, there is no jump in Mx at the end of Phase
IT and thus the ratio of the durations of Phase III to Phase II is somewhat larger than in the
EUV case. See Owen et al. ([113)).
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size of the initial cleared inner region is a few x0.1GM,./ cSZH ,1.e., of order
a few AUs.

3. Hole growth. This phase lasts a few times the duration of phase 2. During
this time, accretion onto the star remains zero, since a centrifugal barrier
prevents photoevaporated gas from accreting onto the star. The outer disk
is photoevaporated by progressive erosion of its inner rim.

I note, given that &;,, is probably an increasing function of stellar mass,
that Mgyy is also expected to increase with stellar mass (atleastin the T Tauri
regime; there is some expectation that @;,, may decline somewhat around
3Mg as stars lose their convective envelopes and associated magnetic activity
and a decline in X-ray luminosity is observed at this mass scale). In principle,
therefore, one might expect to detect this effect as a lower locus in the observed
distribution of accretion rate versus stellar mass, since the disk is predicted
to empty rapidly (with a corresponding dearth of systems expected) for lower
accretion rates. This is an unpromising avenue at present, however, since
currently the lower locus of this distribution is set by observational detection
thresholds ([110]).

6.3. Observations of Disk Clearing: Inner-Hole Sources

Here I summarize the observational situation regarding correlations between
circumstellar diagnostics on various scales. It is worth bearing in mind here
that the inner disk, being closer to the central star, is hotter and radiates
predominantly in the near infrared, whereas cooler outer regions radiate at
longer wavelengths.

Few weak-line T Tauri stars (i.e., those without either spectroscopic evi-
dence for accretion onto the star or emission from an inner disk) are found
to show disk diagnostics on any scales. The fraction of such stars with excess
emission in Spitzer bands (in the range 3.6-70 um) is around 5% to 15% ([118],
[94], [71], [72]), and the fraction with submillimeter emission is a similarly low
figure ([10], [38]).

These modest fractions mean that systems with weak/no inner disks, but
with evidence for disk emission at a larger radius, are not the norm. A
number of examples of such sources (variously dubbed inner-hole or, more pre-
sumptuously, transition systems) are now known, however. Naturally, these
sources have attracted considerable interest because of the opportunity that
they provide to study disk clearing observationally.

The four classic inner-hole sources (GM Auriga, TW Hydra, Co Ku Tau 4,
and DM Tau) were all identified because of their unusual broadband spectral
energy distributions (SEDs) (see Fig. 8.17), which showed a deficit of flux at
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Fig. 8.17. Spectral energy distribution of the inner-hole source TW Hydra indicating the deficit
in flux at near-infrared wavelengths ([24]). The model fit involves an optically thick outer disk,
truncated at 4 AU, and an inner region containing optically thin dust. Note that the prominent
10 um silicate feature in this object requires that the inner hole contain only small (submicron)
grains.

near-infrared wavelengths compared with typical classical T Tauri stars but
showed rising flux levels at longer infrared wavelengths ([20], [24], [34], [51]).
Such systems were interpreted as cases where stars were surrounded by opti-
cally thick disks at large radii but were relatively devoid of material (or, more
specifically, infrared opacity) at small radii. In each case it was possible to
model the SED as a truncated optically thick disk combined with a varying
amount of optically thin dust in the inner hole. It should also be noted that
in order to obtain the rather steep rise in flux in the midinfrared that iden-
tified these sources, it was necessary to posit a rather abrupt change in disk
properties at the disk-truncation radius.

Even these limited studies of a small number of sources suggested that
these systems are quite heterogeneous. For example, whereas some showed
evidence of accretion onto the star at a variety of rates—e.g., ~ 1078 Mg yr—!in
GM Auriga ([62]) and ~ 107 1°Mg, yr~! in TW Hya ([24])—others did not, e.g.
Co Ku Tau 4 ([34]). The properties of the dust within such inner holes are also
varied: despite their similar gas-accretion rates, GM Aur and DM Tau have
rather different near-infrared SEDs, suggesting that whereas the former does
harbor a small quantity of small grains close to the star, the latter’s inner hole
is virtually clear of dust ([25]). As expected, the source that shows no evidence
of gas accretion onto the star (Co Ku Tau 4) also shows no evidence of dust
in the inner hole ([34]). One could therefore conclude from this small sample
that whereas inner-hole sources are depleted in dust in their inner regions
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(as indeed must be the case in order to produce the shape of the SED that
defines the class), they are not necessarily devoid of gas. Therefore, in some
(but not necessarily all) inner-hole sources, the gas-to-dust ratio is high in the
inner disk.

The observational situation regarding inner-hole sources is now evolving
very rapidly. Therefore, now is not a good time to write an authoritative review
of the subject. Several factors are driving this rapid accumulation of data, most
notably the acquisition of midinfrared spectra by the Spitzer Space Telescope
and, in the case of the closest sources, the opportunities afforded by the advent
of near- and midinfrared interferometry to constrain the spatial location of
various spectral components directly. High-resolution spectroscopy from the
Infrared Spectrograph (IRS) on Spitzer also allows one to study issues such
as the composition and crystallinity of the dust and the abundances of PAHs
in these systems (note that the low midinfrared-continuum emission in these
systems provides opportunities for such studies that are not possible in most
classical T Tauri stars). Thus the last two or three years have seen an expansion
both of the numbers of systems known and of the detailed characterization
that is now possible in a handful of sources.

Turning first to the insights afforded by larger samples of inner-hole
sources, I should first stress that this increase is a result of the larger num-
ber of sources for which high-quality midinfrared spectra are now available.
The increase in sample size has not changed the basic result, already evident
in early studies ([65], [87]) that such sources are relatively rare, representing
around 10% of T Tauri stars. Thus it is still necessary to find a clearance
mechanism that operates rapidly.

Larger samples allow one to study a range of circumstellar diagnostics in
inner-hole sources and confirm the fact, already evident from the four classic
sources listed above, that such sources exhibit a range of accretion rates onto
the star ([140]). As a class, accretion rates are rather lower than in classical T
Tauri stars in general ([109]). It is unclear, however, whether this should be
interpreted causally or associatively. In other words, although the inner hole
may in some cases be created by the cutoff of gas flow into the inner regions, it
may also simply be the case that the process that creates the inner hole is one
that operates at late times, when the accretion rate onto the star is in any case
low. There is some evidence that the cleanest holes in terms of dust clearing
(as measured by the 30:13 um flux ratio) are those, such as Co Ku Tau 4, that
lack accretion diagnostics ([22]).

As high-quality spectra become available at longer wavelengths, it is unsur-
prising that larger holes are being uncovered ([22]) (indeed, in some cases this
has caused an upward revision of the hole size in the case of holes that were
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originally characterized with ground-based spectra supplemented by Infrared
Astronomical Satellite (IRAS) data: estimates of the hole size in GM Auriga
have increased from 6 to 24 AU in this way; [24], [25]). There is currently
no consensus how the incidence of inner-hole systems depends on the mass
of the central star, with claims for a higher incidence in both late-type ([94],
[105]) and earlier-type systems ([22]). Interestingly enough, the holes in the
most massive objects (i.e., those of F,G spectral type) are extremely large (15—
50 AU). Given the limited statistics, however, it would be premature to draw
conclusions about possible correlations between hole sizes and stellar mass.

I now turn to conclusions that can be drawn from detailed spectroscopy
of individual objects. First, there seems to be considerable variety not only
in the quantity of optically thin dust in the inner hole but also in its grain
size distribution.'* The latter is deduced through analysis of the shape of the
silicate feature at 10 um. Whereas in some sources this feature is sharply
peaked, requiring a population of exclusively small (submicron) grains ([25],
[34], [41]), in others the weakness of this feature requires grain growth of the
optically thin dust to the ~ 10 um scale ([22], [53]). However, there is evidence
that considerably larger grains are required in the outer disk of TW Hydra,
where growth up to centimeter scales can be inferred from the millimeter
continuum ([156]), and a deficiency of small grains in the outer disks of GM
Aur and DM Tau has likewise been inferred ([25]). Clearly, therefore, models
have to account for a radial segregation of the grain size distribution between
the inner hole and the outer disk.

Ground-based near-infrared spectroscopy can also be used to study gas in
inner-hole sources via the rovibrational lines of CO ([128], [136]). The kine-
matic modeling of such lines, in terms of Keplerian motion in a disk of known
inclination, allows one to determine the location of the gas. Both TW Hydra
and GM Auriga exhibit CO emission at small radii (< 1 AU), a result that is
unsurprising since these sources evidence accretion onto the star. Compari-
son with near-infrared interferometry (which images the optically thin dust in
the inner hole; [40]) suggests that CO emission does not extend all the way into
the dust-sublimation radius, a result that can be understood in terms of the
CO molecules photodissociation in regions that are unshielded by dust from
the ultraviolet radiation of the central star. In fact, the dust surface-density
estimates of [40] suggest that the disk is marginally optically thick in the radial
direction in the optical continuum. Although this does not necessarily prevent

14. Note that the fraction of crystalline grains in inner-hole sources is low ([34], [127]),
with the sole exception of UX Tau A, where the presence of crystalline material in the disk
rim at > 50 AU poses a problem for theories of crystalline grain production ([41]).
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energetic radiation from the central star from impacting the hole’s rim (as is
required in photoevaporation models), it does limit the effectiveness of agents
such as photophoresis or radiation pressure on dust ([91], [27]) in clearing
dust from the inner hole, because these require situations that are radially
optically thin.

The inferred surface densities of CO can also be used, if they are radially
extrapolated and combined with an assumed H;-to-CO ratio, to estimate the
total gas mass of the inner disk. In both GM Auriga and TW Hydra, the inferred
gas masses are very low (of order 0.1 Earth mass); when they are combined with
the measured accretion rates in these systems, this implies a very short accre-
tion timescale and hence argues strongly that the inner disk continues to be fed
by the outer disk. It also implies a rather high efficiency of angular momentum
transport in the disk (i.e., viscous « parameter ([142]) of ~ 0.1). Perhaps most
notably, comparison of the dust and gas surface densities (inferred, respec-
tively, from interferometry and spectroscopy) suggests that the dust-to-gas
ratio in these objects is very low. I note that the use of a conservatively low
H;-to-CO ratio means that, if anything, the total gas masses discussed here
are probably underestimates. This therefore only strengthens the argument
that the dust-to-gas ratio is very low in the inner holes of these sources.

Interferometry of the closest sources provides an additional check on the
above deductions based on SED modeling. In TW Hydra, interferometric
measurements in the millimeter and the near infrared ([78], [40]) confirm the
results of SED modeling ([24]) and are consistent with an optically thin inner
hole and a transition to an optically thick outer disk at 4 AU. However, it is
unclear why midinfrared interferometry instead places the transition radius
atless than 1 AU ([127]). In one source, IRS 48, interferometry revealed a hole
in the dust continuum that was not deducible from the SED ([53]), a result that
is probably ascribable to the unusually strong PAH emission in this object,
which filled in what would otherwise have been the distinctive deficit in the
midinfrared spectrum. This source raises the cautionary note, therefore, that
not all inner-hole sources can necessarily be identified purely on the basis of
their SEDs. It is thus worth bearing in mind that SEDs do not yield unique
solutions for the radial distribution of dust; the complications introduced
by issues such as grain composition and grain size distribution mean that
it is strongly desirable that, wherever possible, such spectral information
supplemented by spatially resolved observations.

6.4. Interpretation of Inner-Hole Sources
The fact that the dust-to-gas ratio is low in at least some inner-hole sources
suggests that one possible explanation of the production of inner holes is
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simply via the loss of dust opacity. An obvious candidate for this is grain growth
(37]). Grain growth, however, is unlikely in those sources where modeling of
the 10 um silicate feature requires only small (submicron) grains in the inner
hole. A more general objection is that whereas it is reasonable on this basis
of expected timescales that grain growth should proceed from the inside out,
it is not obvious why it should lead to the observed steep transition at the
interface between the inner hole and the outer disk. Krauss et al. ([91]) have
recently advanced the interesting hypothesis that grain growth may indeed
lead to sharp dust features when one also includes a (grain-size-dependent)
outward drift velocity due to photophoresis.'®

Photoevaporation from EUV radiation combined with viscous evolution
(130], [7], [8]) appeared to be a promising explanation of inner-hole sources
that could, in principle, be interpreted as a mixture of sources that are under-
going inner-hole clearing (stage 2 in § 6.2) and those undergoing progressive
enlargement of the inner hole by evaporation from the outer disk’s inner rim
(stage 3). This may indeed account for some sources but cannot apply to all of
them. First, in such models the accretion rate onto the star is always less than
the photoevaporative wind mass-loss rate: accretion onto the star is a declin-
ing quantity during stage 2 and is essentially zero thereafter. If the canonical
evaporation rates for T Tauri stars (M Euv ~ a few times 10’10M@ yr’l) are
taken at face value, then EUV photoevaporation can apply only to the inner-
hole sources with very low accretion rates (such as Co Ku Tau 4 or TW Hydra),
but not to systems with high accretion rates such as GM Auriga.'® However,
TW Hydra falls foul of another condition ([3]). In order to create an inner
hole, the photoevaporation rate must also exceed the accretion rate through

15. Photophoresis is experienced by grains in gas disks that are radially optically thin and
results from the temperature differential between the sides of the grain facing toward and
away from the star. Gas molecules bombarding the grain and reevaporating with a speed
given by the local grain temperature therefore impart an unbalanced (outward) impulse. The
resulting acceleration is independent of grain size; since such grains are also subject to gas
drag, their terminal velocity increases with grain size. The rate of dust clearing is set by the
drift velocity of the smallest grains present in the disk and is therefore enhanced by grain
growth. Note that this mechanism is viable only in disks that are optically thin in the radial
direction, although recent near-infrared interferometric results ([40]) suggest that this is not
the case in all sources.

16. Chiang & Murray-Clay ([27]) have argued that the large accretion rate in this system is
compatible with the expectations of the accretion rate that would be driven by the MRI in an
X-ray-irradiated inner rim (see the chapter by Balbus) given the large hole size in this object.
This, however, does not explain what created the hole in the first place. The authors argue
that the low dust content of the inner region of this disk is maintained by radiation pressure
acting on dust. This, of course, requires that the disk be optically thin in the radial direction,
which may not be the case according to recent near-infrared interferometric measurements
([40]); see a similar point in the previous footnote.
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the outer disk. Naturally, this is not a quantity that is directly accessible obser-
vationally, but it can be estimated from the fact that in the asymptotic regime,
accretion disks evolve in such a way that the accretion rate is roughly the cur-
rent disk mass divided by the system age. Thus, for a star of age 10 Myr, for
example, the disk mass once photoevaporation becomes significant should
not exceed a few times ~ 107 x 10_1OM@, i.e., a few Jupiter masses. Thus the
outer disk of TW Hydra is far too massive (nearly 0.1M) for photoevapora-
tion, as currently understood, to have created the hole. Photoevaporation is
therefore a viable explanation only for inner-hole sources for which both the
accretion rate onto the star and the outer disk mass are low ([109], [9]). It is
currently unclear what fraction of the holes discovered to date fall into this
category.17

Another leading contender for the production of inner holes involves the
presence of a satellite (planet or binary companion) at a small radius ([126]).
This has a number of attractive features. First, tidal truncation by such a
companion can produce the sharp edge to the outer disk that is required
by SED modeling and interferometric observations. Second, depending on
the mass of the companion, it can nevertheless allow an accretion flow into
the inner disk ([101]); hydrodynamic and radiative transfer modeling of the
effect of a putative planetary companion in GM Auriga provides a good fit to
the observed SED in this source ([132]). Perhaps most encouragingly for this
scenario, Rice et al. ([133]) have proposed a simple mechanism by which the
tidally created disk hole can also cause the observed radial segregation of grain
sizes. In this picture the smallest grains are so tightly coupled to the gas (i.e.,
with stopping time that is much less than the orbital time) that they simply
follow the gaseous accretion streamers into the inner disk. Larger (millimeter-
scale) grains are more loosely coupled (i.e., with stopping time of order of the
orbital time) and can thus move radially with respect to the gas. Itis well known
that in the vicinity of a pressure maximum, the flow is respectively super- and
sub-Keplerian on the inside/outside of the maximum; thus gas drag acting
on grains in essentially Keplerian orbits causes them to spiral out (in) from
regions respectively inside (outside) the pressure maximum. Consequently,
such grains become concentrated in the pressure maximum ([148]), an effect

17. The much higher photoevaporation rates produced by X-rays mean that inner holes
can have higher accretion rates during inner disc clearing (Phase II). However (as in the EUV
case) discs in Phase III (clearing of outer disc through inner hole growth) cannot accrete
on to the central star. Thus whereas small accreting holes may be compatible with X-ray
photoevaporation, the population of large holes (~ 50 AU) with high accretion rates in the
samples of Kim et al. and Espaillat et al. [88], [42]) are not compatible with photoevaporation
models.
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that has also been invoked to explain the concentration of larger grains in disk
features such as spiral arms and vortices ([131], [89]). In the present context,
it would simply mean that larger grains are left behind in the outer disk and
would explain the observed paucity of large grains within inner holes.

Companions have very recently been discovered in the inner holes of both
Co Ku Tau 4 ([81]) and TW Hydra ([138]). The former system turns out to
be a nearly equal-mass binary with orbital parameters that are suitable for
the production of a clean inner hole of the size inferred in this system. In
TW Hydra, the companion is a 10 Jupiter-mass planet, which, however, is
located at about one-tenth of the radius of the inner hole, i.e., far too close to
have created the hole dynamically. (Although the planet could, of course, have
migrated in across the hole due to tidal interaction with the outer disk, the
inner hole should then have shrunk with the planet as it migrated). It is not
obvious what the presence of this planet in TW Hydra is telling us about the
creation of the inner hole, and it is possible that it is just an indication that
TW Hydra is of an age (~ 10 Myr) when such planets should have formed if
they were going to. The intriguing question now is whether there is a second
planet, at larger radius, that could have dynamically created the inner hole in
this object.

Despite the fact that several inner-hole sources may be nicely explained
by the planet/binary hypothesis, a number of unanswered questions remain
in this scenario. The creation of a single planet does not in itself provide a
recipe for the rapid global dispersal of the disk, which, as I have stressed,
is an observational prerequisite. Once a planet is formed, then, unless we
can invoke some form of self-propagating planet formation ([13], [116], [117]),
then there is no mechanism for clearing the rest of the disk. The timescale
for draining the disk onto the central star by accretion at the observed rates is
extremely long (about a Hubble time in the case of TW Hydra), but we know
that by an age of only a few 10s of Myr, disk masses have reduced by orders of
magnitude ([158]). It is not at all clear what the ultimate fate of a system like
TW Hydra is.!8

A related issue is that of how to explain some of the largest inner-hole
sources (i.e., those at 50 AU or more). Certainly, any companion that could
create such a hole would not be a planet formed by conventional core-accretion
scenarios because the formation timescales would then be far too long ([99]).
A binary companion or a planetary-mass companion formed early in the

18. Note that a putative planet would eventually be driven to small radii by continued
interaction with the massive disk, but in the process the inner hole would close up again.
Although this is possible—inner holes are temporary in some systems—it then means that
the inner hole is not relevant to the ultimate question of what clears the disk.
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disk’s self-gravitating phase (see the chapter by Durisen) would be a possi-
bility, but again the issue remains of what then disperses the residual outer
disk.

Perhaps all this suggests—to end on a speculative note—that although com-
panions undoubtedly clear the inner disks in some systems, one still needs the
global, fast, inside-out dispersal that is offered by photoevaporation models.
Current models based on EUV photoevaporation and viscous evolution may
apply to some inner-hole sources but cannot be responsible for sources with
high accretion rates and/or outer-disk masses. However, as I have stressed
throughout this chapter, despite the great theoretical progress in the area of
photoevaporation in recent years, there are a number of areas (most notably
that of evaporation by the FUV and X-ray emissions from the central star)
where we still lack a good theoretical model. Future attempts to develop these
models need now to take the presence of inner holes into account, not just
as a possible outcome of these models but also as an input condition. In
other words, whatever the mechanism for producing inner-hole sources, the
presence of such holes cannot but influence photoevaporation through the
removal of material at small radii that would otherwise block the flux from
the central star. The exploration of such ideas and the comparison of mod-
els with detailed characterization of the ever-growing data set of inner-hole
sources are tasks for the future.
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