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Preface

While there has long been theoretical speculation concerning the early life of stars, the subject
first became an empirical one in the middle of the last century. Starting in the 1940s, the T Tauri
class of objects, residing within dark clouds, was recognized and subsequently examined in con-
siderable detail. This interest stemmed from the gradual realization that these peculiar variables
represent a primitive phase of solar-type stars. It also became apparent that the observed objects
must have condensed out of the dark clouds in which they are presently still found. By the mid
1950s, theorists began constructing numerical models for the pre-main-sequence evolutionary
phase. The following decade saw advances in understanding the basic physics of cloud collapse.

The pace of discovery accelerated rapidly in the 1970s, largely as a result of new instru-
mentation. The advent of infrared astronomy allowed observers to peer behind the thick veil
of obscuring dust and view even younger objects. Millimeter dishes, X-ray telescopes, and
sensitive array detectors in the optical and near-infrared all had major impacts. Meanwhile,
theoretical research kept apace, with studies of everything from chemical reaction networks in
cloud environments to the interiors of the youngest stars. By the 1980s, star formation became
one of the most vigorous areas of astronomical research.

There has been no sign of abatement in this activity. Indeed, parallel developments in other
areas have underscored the central importance of the problem of star formation. Since the mid
1990s, observers have detected large numbers of giant planets encircling nearby stars. The
properties of these systems range widely and call out for a more general understanding of the
planet formation process. These bodies arise from dusty, circumstellar disks, which themselves
appear during cloud collapse. Thus, a full account of planetary origins cannot ignore the early
evolution of the central, stellar object.

Equally relevant are contemporary advances in cosmology. Numerical simulations of the
last few decades follow the condensation of gas inside clumps of dark matter spread throughout
the expanding Universe. This gas ultimately converts itself into stars. We can even track ob-
servationally the record of this transformation in both nearby and ancient, far-off galaxies. The
pattern of star formation in a galaxy is a fundamental characteristic, one that correlates with,
and in some measure determines, its observed structure. What had traditionally been viewed as
a local phenomenon is now appreciated as a truly global one.

In the midst of such ongoing interest and progress, there is evidently a need to summarize the
state of our knowledge and the pressing, unsolved questions. A number of excellent textbooks
already cover the physics and chemistry of the interstellar medium, out of which stars are born.
Equally well represented is the theory of stellar structure and evolution. Planetary science and
galaxy formation have long been part of the standard curriculum. Still lacking, however, is a
comprehensive treatment of the area touching all of these, the formation of stars themselves.

Any work attempting to encapsulate a rapidly evolving field must face the issue of time-
liness. Won’t any “facts” we present become outdated very quickly? The answer very much
depends on the type of information conveyed. In the decade since we began this collaborative
effort, it is certainly true that there have been many exciting discoveries. There is a core of
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XII Preface

understanding, however, that has remained substantially intact. To put the matter succintly and
somewhat glibly: Pictures and numbers indeed change rapidly; ideas do not.

This, then, is primarily a book about the ideas of star formation. Developing and illustrating
these ideas has often required detailed exposition. This necessity, along with the sheer breadth
of the field, has resulted in a much thicker volume than we originally anticipated. We ask the
reader to be patient, trusting that the journey is worth some time and effort.

Two major hurdles confronted us at the very outset of the project. First was the daunting task
of collecting a vast amount of research results on many diverse topics. As one collects, one also
evaluates. Facts we had assumed were “well known” within the community often turned out,
upon scrutiny, to be either wrong or to require significant qualification. Note also that we were
not able to amass information through the time-honored method of constructing or borrowing
from lecture notes in a star formation course. We stress that it was the very lack of such a course
at our own and other institutions that provided an initial motivation for writing this work.

A second, and related, difficulty we faced was organizing all of this material in a logically
compelling manner. Our solution here has been to group similar chapters into Parts. The order-
ing of these six Parts then dictates the overall flow of the narrative. We thus start from a general
description of stars and their birth environments (Part I), before proceeding to a more detailed
look at physical processes occurring within interstellar clouds (Part IT). Part III spans the critical
transition from clouds to stars. We describe the possible equilibrium configurations of clouds,
and how these structures are disrupted through collapse. We also examine the primitive stars
built up within the smallest collapsing entities. The profound thermal and mechanical effect of
young stars on their surroundings is the subject of Part IV. In Part V, we see how stars, once
divested of their cloud gas, evolve to maturity. Finally, the two chapters of Part VI return to
a larger-scale view. Chapter 19 describes star formation activity in local galaxies and beyond,
while Chapter 20 summarizes briefly our progress toward understanding key issues in the field.

We have aimed this book nominally at the level of graduate students in physics and astron-
omy. The complete text contains far more material than can be digested in a single semester.
As a guide to the instructor, we list here the chapters and sections we consider most essential.
We also suggest the time that could be devoted to each Part, assuming a 15-week course with
3 lecture hours per week.

Part Weeks Chapter/Sections
I 2 1;2;3;4.1-4.3,4.5

II 2 5.1-5.3;6.1-6.2; 7; 8.1-8.2

I 4 9.1,9.4-95; 10.1-10.2, 10.4; 11.1-11.3, 11.5; 12.1-12.3
v 2 13.1-13.2; 14.1-14.2; 15.1-15.2,15.5

v 4 16.1-16.4; 17.1-17.3,17.5; 18.1-18.2, 18.4-18.5

VI 1 19.1-19.3; 20

Our book should also serve as a reference for professional researchers. This latter group
will observe that we have not simply compiled all of the currently popular models in each topic.
We have instead selected interpretations that fit best into the broad story of star formation, as
we understand it. Some aspects of this story will undoubtedly change in the coming years. We
nevertheless feel that anyone trying to master the subject is best served by a unified, coherent
presentation. Whoever wishes to follow more closely the underlying debates or to acquire
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historical perspective on any topic will want to consult key research and review articles, many
of which are cited as Suggested Reading at the end of each chapter.

As preparation, the prospective reader should have a solid background in physics at the
undergraduate level. We do not assume similar training in astronomy. Many basic astronomy
results, as well as much of its terminology, are presented within the text. Indeed, the study of star
formation itself provides a good introduction to astrophysical concepts, simply because of the
great variety of topics embraced by the field. In this context, the student should be comfortable
with both theoretical arguments and observational results. Note that we have not shied away
from describing observations for which no adequate model exists. To our minds, these results
are among the most interesting, as they represent areas where fundamental progress can be
made.

Over the years, we have received generous help and advice from many individuals. It is a
pleasure to acknowledge them. We are indebted to Amanda McCoy for her tireless effort in
producing hundreds of figures. Kevin Bundy read the entire manuscript and offered invaluable
commentary on both the scientific content and the manner of its presentation. Eric Feigelson
used a preliminary version of the book in a one-semester course; we are grateful to Eric and
his students at Penn State for their comments and corrections. Others who reviewed selected
chapters include Gibor Basri, Peter Bodenheimer, Jan Brand, Charles Curry, Daniele Galli,
Dave Hollenbach, Richard Larson, Gary Melnick, Karl Menten, Mario Pérez, Steve Shore,
and Hans Zinnecker. We have also benefited from discussions with Philippe André, Leo Blitz,
Paola Caselli, Riccardo Cesaroni, Tom Dame, George Herbig, Ray Jayawardhana, Chung-Pei
Ma, Thierry Montmerle, Antonella Natta, Sean Matt, Maria Sofia Randich, Leonardo Testi, Ed
Thommes, Malcolm Walmsley, and Andrew Youdin.
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1 Overview

The complex of processes known as star formation must have occurred innumerable times in
the remote past. The Big Bang, after all, did not produce a Universe full of stars but of diffuse
gas. How gas turns into stars is the subject of this book. Anyone wishing to study the problem
is aided immeasurably by the fact that star formation is also occurring now, and in regions close
enough that the transformation can be examined in some detail. Indeed, most research activity
in this field consists of our bold, if frequently misguided, attempts to interpret what is in fact
happening all around us.

We begin, therefore, with the data. The four chapters of Part I describe various aspects of
star formation activity in our own Galaxy. We discuss the properties of the gas in interstellar
space, the structure of clouds that produce stars, and the morphology of young stellar groups.
The treatment here is quite broad, since all these topics will be revisited later. Our very first
task is to introduce the reader to the primary objects of interest, young stars themselves, and
to the environments in which they are born. We start with a descriptive tour of two relatively
nearby regions, before proceeding to a more quantitative and physical description of stars and
their evolution.

1.1 Stellar Nurseries: Orion

The figure of Orion the Hunter is a familiar sight in the winter sky of the Northern hemisphere.
It is one of the most easily recognized constellations and includes one tenth of the 70 brightest
stars. Less familiar, perhaps, is the fact that this area is an extraordinarily active site of stellar
formation. Over the years, no similar region has received such intense astronomical scrutiny,
nor been studied with such a variety of observational tools. We refer the reader to the sky map
of Figure 1.1. Here, some of the more conspicuous of the constellation’s members are indicated,
including the red supergiant Betelgeuse at the Hunter’s right shoulder, and brilliant blue Rigel at
his left foot. South of the three stars that comprise the belt of the Hunter is a bright, fuzzy patch.
This is the Orion Nebula, a cloud of gas being heated by the intense radiation of the Trapezium
stars embedded within it.

1.1.1 Giant Molecular Cloud

Young stars like those of the Trapezium are forming out of a huge body of gas known as the
Orion Molecular Cloud. The extent of this object is indicated by the shading in Figure 1.1. In its
longest dimension, the cloud covers 15° in the sky, or 120 pc at the distance of 450 pc.! Orion
is but one of thousands of giant molecular clouds, or cloud complexes, found throughout the
Milky Way. The gas here is predominantly molecular hydrogen, Hy. With their total masses of

! The reader unfamiliar with units commonly employed in astronomy, such as the parsec (pc), should consult Appen-
dix A.
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Figure 1.1 A portion of the Northern sky. The Milky Way is depicted as light grey, while the
darker patches indicate giant molecular clouds. Also shown, according to their relative brightness
are the more prominent stars, along with principle constellations.

order 105 M, these structures are the largest cohesive entities in the Galaxy and are almost all
producing new stars.

The fact that we know of molecular clouds at all is a triumph of radio astronomy. Gas in
these regions is much too cold to radiate at visible wavelengths, but may be detected through its
radio emission in trace molecules such as CO. Here observers most often rely on single dishes
that can map extended areas of the sky. For more detailed studies of individual regions, one may
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utilize the fact that several dishes linked together effectively increase the detector area and hence
the angular resolution. Such interferometers have been powerful research tools, especially for
studying the distribution of matter around newly formed stars.

The left panel of Figure 1.2 is a high-resolution CO map of the entire Orion molecular
cloud. In this case, the observations were made with a relatively large single-dish telescope.
The spectral line being detected is the commonly used 2.6 mm transition of the main isotope,
12C16Q, We have distinguished in the figure two major subunits, labeled Orion A and B. Both
the elongated shape of the whole complex and its high degree of clumpiness are generic features
of such structures.

Along with their gas, molecular clouds contain an admixture of small solid particles, the
interstellar dust grains. These particles efficiently absorb light with wavelengths smaller than
their diameters (about 0.1 um) and reradiate this energy into the infrared. Regions where the
dust effectively blocks the light from background stars are traditionally known as dark clouds.
Generally, these represent higher-density subunits within a flocculent cloud complex, although
they can also be found in isolation. Note that the extinction due to dust depends on its column
density, i. e., the volume density integrated along the line of sight. Figure 1.3 depicts the major
dark clouds in Orion, determined by tracing the regions of strong obscuration in optical pho-
tographs. A number of the most prominent structures, such as L1630 and L1641, are labeled by
their designations in the Lynds cloud catalogue. The shaded areas, including those with NGC
numbers, are chiefly reflection nebulae, i. e., dusty clouds that are scattering optical light from
nearby stars into our direction.’

The mid- and far-infrared emission from warm dust particles provides yet another means
to study the Orion region. The first instrument devoted exclusively to infrared mapping of
the sky was IRAS (for Infrared Astronomical Satellite), launched in 1983. Figure 1.4, which
spans the same angular scale as the previous two figures, shows the Orion Molecular Cloud as
a composite of three monochromatic IRAS images taken at 12, 60, and 100 pm. Radiation in
this spectral regime comes mainly from dust heated to roughly 100 K. The fact that even this
modest temperature is maintained over such an extended region demands the presence of many
stars of high intrinsic luminosity.

Returning to the 12C'%0 map of Figure 1.2, we see that several areas associated with reflec-
tion nebulae have closed, nested contours, indicating a local buildup in radio intensity. The re-
ceived intensity in 2C'60 is correlated with the hydrogen column density, so that such buildups
mark the presence of embedded clumps. The 2.6 mm transition is most readily excited by gas
with number density near 10®> cm ™3 and is relatively weak at higher values. However, other
tracers are available to explore denser regions. The inset in Figure 1.2 is a map of Orion B in
the 3.1 mm line of CS, a transition excited near 10* cm—3. Here, most of the individual frag-
ments have sizes of about 0.1 pc and inferred masses near 20 M, while the few largest ones
have masses ten times as great. Such localized peaks within the broad sea of molecular cloud
gas are known as dense cores and are the actual sites of star formation.

The stars being born within dense cores shine copiously in optical light, but none of this
short-wavelength radiation can penetrate the high column densities in dust. As before, however,
the same dust can be heated to emit at wavelengths that can escape. The shaded portions of
the Figure 1.2 inset show regions detected at 2.2 um. What is being seen, in fact, are several

2 The NGC designation is historical and refers to the “New General Catalogue” of nebulous objects, dating from the
19th century.
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Figure 1.3 Dark clouds in Orion. The large swath is Barnard’s loop, a diffuse region of enhanced
optical emission. The labeled dark patches are reflection nebulae. Major clouds are also labeled
by their Lynds catalogue numbers.
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Figure1l.4 Infrared view of the
Orion Molecular Cloud. This is a
composite of three monochromatic
images at 12, 60 and 100 pm.

embedded stellar clusters, compact groups containing tens to hundreds of members. Each clus-
ter is associated with one of the more massive bodies of molecular gas, and virtually all cluster
members are still nested within their parent dense cores. Thus, we see that stars form in giant
molecular clouds at localized, massive peaks in the gas, and predominantly in a cluster mode,
rather than in isolation.

1.1.2 Orion Nebula and BN-KL Region

To the south of Orion B, the Orion A cloud consists of a similar clumpy distribution of molecu-
lar gas. Within one elongated, high-density region is the famous Orion Nebula, also designated
NGC 1976 or M42, the latter nomenclature referring to the 18th century Messier catalogue. As
shown in the optical photograph of Figure 1.5 (left panel), the nebula is a turbulent expanse of
gas, lit up by an embedded stellar cluster. The conspicuous ridge at the bottom of the photo-
graph is the Orion Bar, whose emission also stems from gas heated and ionized by the cluster
stars. This ionization front is seen edge on and is especially well defined because of the cool,
dusty region just beyond it. The cluster responsible for such energetic activity is the Ori Id OB
association, one of several small groups of massive stars in the giant complex. Near the center
of the figure are the four stars of the Trapezium, whose most prominent member, the O star
' Ori C, has a luminosity of 4 x 10° L, and a surface temperature of 4 x 10* K.

Stars this hot emit most of their energy in the ultraviolet and are thus capable of ionizing
hydrogen gas out to considerable distances. The Orion Nebula, which is about 0.5 pc in di-
ameter, is the best studied example of such an HII region. Within the ionized plasma, the gas
temperature is comparable to that at the surface of the exciting star. As electrons and nuclei
recombine, the atoms emit a plethora of spectral lines, including optically visible radiation from
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Optical Near Infrared

Figure 1.5 left panel: Optical photograph of the Orion Nebula, with the Trapezium stars at the center. right panel: Infrared (2.2 pm) image of the same
area. The BN-KL region lies at the upper right.
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Figure 1.6 Expansion of the Orion Nebula (schematic). The insert depicts the blueshifted spec-
trum of the n = 86 — 85 hydrogen recombination line, which has a rest-frame frequency of
10522.04 MHz.

both hydrogen and heavier elements. Here, these lines can be detected because the nebula sits
near the edge of the Orion A cloud, as depicted in Figure 1.6. While the ionization created by
the OB association slowly eats its way into the cloud, hot matter on the other side streams out
into the more rarefied gas adjacent to the cloud. As sketched in the figure, this streaming motion
in the direction of the Earth is evident from the Doppler shift toward the blue seen in hydrogen
recombination lines. The ionized gas is approaching the Earth at a velocity of 3 km s~!, while

the Trapezium stars themselves are retreating at 11 km s~ 1.

O and B stars, although intrinsically luminous, are produced only rarely within molecular
clouds. Much more frequently, gas condenses into low-mass stars, i. e., those of about 1 M, or
less. Thus, the Ori Id association is merely the tip of the iceberg in terms of stellar production,
as sensitive optical and infrared surveys have now made clear. The O and B stars lie in the
center of the populous Trapezium Cluster (also called the Orion Nebula Cluster). The right
panel of Figure 1.5 shows over 500 stars in this region, as imaged at 2.2 um. The photograph
covers about 4’ x 4" in angular extent, or 0.6 x 0.6 pc. With its central number density in stars
exceeding 10% pc~2, the Trapezium Cluster is among the most crowded star formation regions
in the Galaxy.

The near-infrared image contains a bright region in the upper right that is invisible optically.
This stellar cluster is actually located about 0.2 pc behind the Orion Nebula, in a portion of the
cloud complex designated OMC-1 (see Figure 1.6). Here reside two mysterious and powerful
sources of infrared radiation, the Becklin-Neugebauer (BN) Object and IRc2, each emitting
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Figure 1.7 Mid-infrared (19 pm) continuum radiation from the KL Nebula (greyscale). Prominent
infrared objects are labeled. The contours show emission from the 1.3 cm line of NHs.

luminosities from 103 to 10° L. Both are part of the larger and more diffuse Kleinman-Low
(KL) Nebula, which is about 0.1 pc in diameter. The greyscale image of Figure 1.7, representing
emission at 19 um, shows the area in more detail. To supplement this picture of the dust content,
the superposed contours trace 1.3 cm radiation from heated NH3 molecules. The NHj radio
line is strongest where the dust emission is weak or absent. Since the molecule’s emission is
sensitive to the ambient temperature, this pattern suggests that the gas has been heated to the
point where dust is thermally destroyed.

The BN-KL region is producing a massive molecular outflow, i. e., high-velocity cloud gas
streaming away from the infrared stars. The outflow phenomenon, ubiquitous in star formation
regions, was first discovered here through detections of the Doppler shift in the 2C'60 line.
Observations of numerous other molecular species reveal that the impact of this wind on nearby
gas has resulted in shock heating, which alters the pattern of chemical abundances in a charac-
teristic manner. Also seen in the vicinity is copious near-infrared emission from Hs, resulting
from collisional excitation of the molecule in shock fronts. Finally, the BN-KL region contains
numerous interstellar masers, small regions of strongly beamed radiation from molecules such
as H»O and SiO. The measured intensity of these spots is vastly greater than that normally
emitted at the ambient temperature of roughly 100 K. The maser phenomenon is yet another
manifestation of wind-induced shocks in this extraordinarily active region.

1.2 Stellar Nurseries: Taurus-Auriga

Returning to Figure 1.1, we now proceed northwest from Orion, i. e., along the direction of the
Hunter’s belt. We soon encounter the constellation Taurus (the Bull). Taurus is notable for the
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Figure 1.8 Dark clouds in Taurus-Auriga. The large patches in the lower left and middle right
correspond to TMC-1 and L1495 in Figure 1.9.

bright orange star Aldebaran, as well as for the Hyades, the V-shaped group of stars marking
the Bull’s face, and the Pleiades group riding his shoulder. Both the Hyades and Pleiades are
nearby, young stellar clusters that continue to furnish valuable information for evolutionary
studies. We are more interested, however, in an even younger region to the north, extending
into the neighboring Auriga Constellation. Here, as in Orion, molecular clouds are actively
producing a multitude of new stars.

1.2.1 Dark Clouds

The clouds of Taurus-Auriga, indicated as the shaded area of Figure 1.1, have long been noted
even in optical images. Figure 1.8 is a photograph from early last century by E. E. Barnard,
covering a region of about 50 square degrees. Here one sees prominent dark lanes in the other-
wise rich stellar field. Referring to this photograph in his 1927 atlas of the Milky Way, Barnard
wrote

Very few regions of the sky are so remarkable as the Taurus region. Indeed, the
photograph is one of the most important of the collection, and bears the strongest
proof of the existence of obscuring matter in interstellar space.

Even more convincing — indeed, definitive — proof of interstellar dust was to come several years
later, with J. Trumpler’s demonstration of the progressive reddening of distant clusters.

The molecular gas accompanying the obscuring dust can be seen most readily in 2C'60,
as shown in Figure 1.9. The Taurus-Auriga region covers a greater angular area than the Orion
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Figure 1.9 Map of Taurus-Auriga in the 2.6 mm line of *2C*°0. Prominent dark clouds are
labeled.

Molecular Cloud (see Fig. 1.1), but only because it is closer. At a distance of 140 pc, the
entire region measures about 30 pc in linear extent. As before, we have labeled some of the
main dark clouds, which show up as local peaks in the CO emission; Barnard’s optical image is
centered on L1521 and L1495. The dense core TMC-1 has been closely studied for its wealth
of interstellar molecules. Shown also in Figure 1.9 is the famous star T Tauri, to which we
shall return shortly. Note finally that the elongated structure to the north, including L.1459 and
L1434, and the high-intensity area to the west containing Barnard 5 (B5) and NGC 1333, are
not physically associated with the Taurus-Auriga system, but are more distant, massive clouds
seen in projection.

In passing from Orion to Taurus-Auriga, we have not only diminished the physical scale of
the star forming region but also the mode of stellar production. The gas in Taurus-Auriga is not
part of a giant complex; the total mass in molecular hydrogen is of order 10* M. Nor is the
region forming high-mass stars, with their attendent reflection nebulae and HII regions. Finally,
the existing low-mass stars are nowhere clustered as densely as in the Trapezium or even the
less populous groups of Orion B.

Let us now focus on the dark clouds of the region, using two different tracers. The upper
panel of Figure 1.10 is a map of the central portion of Taurus-Auriga, covering TMC-1, TMC-2
and the dark cloud L1495 in Figure 1.9. The image shows emission from 3C!60. This isotope
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Figure 1.10 upper panel: Map of Taurus-Auriga in the 2.7 mm line of *3C*%0. lower panel: The
same region as seen by IRAS. Here the brighter regions mark concentrations of relatively cold
dust.

is excited at the same volume density as the more common '2C'60Q. However, it effectively
highlights regions of greater column density, which tend to trap the radiation from the more
abundant species. Notice that the dark clouds have an elongated appearance, not unlike those in
Orion (Figure 1.3).

As before, the infrared emission from warm dust grains is another useful tracer of molecular
gas. The lower panel of Figure 1.10 is an IRAS map of the same region as in the upper panel.
What is shown here is the ratio of the fluxes at 100 pm and 60 um, a measure which emphasizes
the contribution from the colder (near 30 K) grains. There is evidently an excellent match
between the distributions of this dust component and the gaseous structures traced in 12C160.

1.2.2 T Association

The dark clouds are also the birthplaces for young stars, as seen in Figure 1.11, which is a
composite of radio (2C'60), infrared, and optical data. For the stars, we have distinguished
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Figure1.11 Central region of Taurus-Auriga in *>C*60, along with the locations of infrared stars
(squares) and optically visible T Tauri stars (triangles).

deeply embedded sources seen here in the infrared from optically visible, low-mass objects.
The latter belong to a class known as T Tauri stars, named for the prototypical object indicated
in Figure 1.9. Stars of the T Tauri class are but one type of pre-main-sequence star. In regions
like Orion, one also finds more massive pre-main-sequence objects known as Herbig Ae/Be
stars. Finally, we have seen that Orion (but not Taurus-Auriga) contains a number of O and
B stars, which are main-sequence objects. Note that a given source is classified as a T Tauri
or Herbig Ae/Be star based on specific observational criteria, while the pre-main-sequence and
main-sequence designations refer to the presumed evolutionary state of the star.

It is evident from Figure 1.11 that both the infrared and optically visible young stars of
Taurus-Auriga are confined to the denser molecular gas. The same is true for Orion, but the
stellar distributions are quite different. The Taurus Molecular Cloud harbors a T association,
in which stars are spread out more uniformly. Although some degree of clumping is evident,
we do not see the extreme crowding of Orion. Recall, for example, that the entire Trapezium
Cluster shown in Figure 1.5 has a diameter of about 0.4 pc, while each of the sparser groupings
in Figure 1.10 extends over about ten times that length.
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The relative isolation of the young stars in Taurus-Auriga, together with the proximity of
the region, have allowed more detailed study of individual stellar formation than in Orion. In
particular, molecular transitions sensitive to higher densities than CO have been used effectively
to examine the region’s dense cores. Figure 1.12 is a radio map of TMC-1C, one of several
subcondensations within TMC-1. The observations here were made in the 1.3 cm line of NH3,
which traces gas number densities near 10* cm—3. In central density, linear extent, and total
mass, the Taurus-Auriga dense cores are similar to most of those traced by CS in Orion, but no
very massive fragments are detected.

The dense core shown in Figure 1.12 does not contain a young star, but over half of those
observed in NH3 have infrared point sources in their central regions. These embedded objects
represent an earlier evolutionary stage than the visible T Tauri stars. Interestingly, most of these
infrared stars are associated with molecular outflows. Figure 1.13 is a CO map of the dark cloud
L1551, which the reader may locate in Figure 1.9. The striking bipolar lobes represent cloud
gas being dragged to great distances from the central infrared source, which in this case is an
embedded binary pair known collectively as IRS 5. These stars, with a total luminosity of less
than 30 L, have a combined mass under 2 M. In contrast, a high-mass star or group of stars is
creating the outflow in the Orion BN-KL region. Discovered in 1980, the L1551/IRS 5 system
was the first detected low-mass outflow, of which hundreds are now known. Indeed, the high
frequency of outflow observations probably indicates that every star turns on a powerful wind
before it is optically visible.

1.3 Starsand Their Evolution

The foregoing examples demonstrate amply that there is no difficulty producing a variety of
stars in the present-day Galaxy, given the right conditions. Of course, part of our task is to
elucidate what those “right conditions” are. Another goal must be to discern the sequence of
events by which a rarified cloud actually condenses to the stellar state. Clearly, both efforts
should be informed by a working knowledge of stars as physical objects and of the conceptual
tools that have been developed for their study.
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1.3.1 Basic Properties

Virtually all the information we have about a star comes from the electromagnetic radiation it
emits. Photons from the deeper layers break free and stream outward into space at the pho-
tosphere. The two most basic properties of the star are its luminosity, i. e., the total energy
emitted per unit time, and the temperature at the photosphere. When our focus is on the physics
of stars, we will denote the luminosity as L., while the designation Ly, will be reserved for
discussions of the emitted radiation. The latter notation emphasizes that we are interested in the
bolometric, or total, luminosity, rather than that within a specific wavelength 1range.3 For the
second variable, it is conventional to use the effective temperature Tog, i. e., the temperature of
an equivalent blackbody of the same radius (see Chapter 2).

If the distance to the star is somehow known, Ly, can be obtained in principle by flux
measurements over a sufficiently broad wavelength range. The temperature Tg, on the other
hand, must always be deduced through theoretical modeling. Accordingly, astronomers often
prefer to characterize stars through two related quantities that are more easily measured. In place
of Ly,01, one may use the logarithmic quantity My, the absolute magnitude of the star in the V'
(for visual) band, a relatively narrow wavelength interval centered on 5500 A. Suppose Fy is
the flux received in this band, i. e., the energy in a unit wavelength interval per unit area per
time. This flux is weaker for objects that are farther away. To measure the intrinsic brightness,
we imagine the star of interest to be located at some fixed distance, conventionally taken to be

3 We shall also use the symbol L. when referring to the observationally estimated luminosity from the star alone,
excluding any additional contribution from circumstellar matter. The quantity L. is numerically identical to Ly,q]
for mature stars that lack such material, but may differ in younger, more embedded objects.
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10 pc. Then My, is defined as
My = —-2.5log Fy(10pc) + my, , (1.1)

where my, is a constant. Note that, by definition, fainter stars have numerically greater magni-

tudes. The V' band used here is one of the standard Johnson-Morgan sequence of filters, which

also include ultraviolet (U at 3650 A) and blue (B at 4400 10\) wavebands. As detailed in Ap-

pendix A, another filter set, designated R, I, J, ...QJ, extends into the infrared. Also used is the

Stromgren four-color system. Here the filter sequence u, v, b, and y covers 3500 A t0 5500 A.
Written in terms of an arbitrary wavelength A, equation (1.1) becomes

M)y = —2.5log F\(10pc) + myo , (1.2)
This equation can further be generalized to cover the case where the star is located, not at 10 pc,
but at an arbitrary distance r. The new equation then defines a distance-dependent quantity
known as the apparent magnitude:

my = —2.5log F)\(r) + myo - (1.3)

Since the flux declines as r~2, the apparent and absolute magnitudes are related by

my =My + 5log [ —— ), (1.4)
10 pc

where the term added to M), is the distance modulus.

To find a surrogate quantity for T.g, we take advantage of the fact that a star’s surface
temperature is correlated with its color. The latter can be quantified by forming the ratio of flux
in the V' band to some other, which is conventionally chosen as the B band. Equivalently, we
define the B — V color index as Mp — My . Notice, from equation (1.4), that this quantity is
also equal to mp — my. We denote by (B — V), the intrinsic color index. Here, the fluxes are
not those directly observed, but calculated under the assumption that the path to the star is free
of dust. These particles redden starlight and alter the apparent color (see § 2.3). The intrinsic
index at two arbitrary wavelengths A1 and A, is written C7,. By convention, \; is less than A,.

The color index is a measure of surface temperature based on photometric observations, i. e.,
those employing broadband filters. Another useful indicator is the spectral type. Astronomers
evaluate this quantity by observing the relative strengths of sharp absorption lines in the spec-
trum. The sequence of spectral types in order of descending T.g is designated O, B, A, F, G,
K, and M, where the nomenclature has purely historical significance. Thus, the O stars that
dominate the Orion Nebula are characterized by absorption lines from highly ionized heavy el-
ements, such as C III (i.e., CTT), O III, etc. On the other hand, the Taurus-Auriga region is
rich in K and M stars, whose spectra show strong molecular bands in such species as CH and
TiO. As a refinement of the system, each spectral type is further divided into ten subclasses,
labeled 0O through 9, with higher numbers indicating cooler temperatures. The Sun, with its Teg
of 5800 K, is a G2 star. A star of type A0 serves to normalize the color indices. That is, the
constants m), in equation (1.3) are selected so that the absolute magnitudes in all bands are
identically zero for such an object.
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Figure 1.14 Color-magnitude diagram for 1094 stars in the solar neighborhood.

1.3.2 Main Sequence

The single most powerful conceptual tool in stellar astronomy is the Hertzsprung-Russell (HR)
diagram. This is a plot of luminosity versus surface temperature (or their equivalents) for a
single star or stellar group. A plot of My, versus (B — V'), is also known as a color-magnitude
diagram, while the L,.—T.g plane is often called a theoretical HR diagram. Figure 1.14 is a
color-magnitude diagram for relatively nearby stars. The vast majority, including the Sun itself,
lie along a band known as the main sequence. The Sun’s location is shown by the large open
circle at My = +4.82 and (B —V), = +0.65. Astronomers frequently refer to main-sequence
stars as dwarfs, to distinguish them from the sparser group to the upper right, the giants. Also
apparent is a group to the lower left, the white dwarfs.

Figure 1.15 shows the main sequence in the theoretical HR diagram. The existence of
this locus, in either set of coordinates, reflects the basic physics of stellar structure. A star
is a self-gravitating ball of gas, supported against collapse by its internal thermal pressure.
Throughout its life, the star continually radiates energy from its surface at the rate L,. In a
main-sequence object, this energy is resupplied by the fusion of hydrogen into helium at the
center. The quantity L, thus equals, in this case, Li,¢, the luminosity crossing any interior
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Figure 1.15 Evolutionary track of a 1 My, star in the theoretical HR diagram. The grey solid line
represents the zero-age main sequence (ZAMS), while the dashed curve is the birthline.

spherical shell (see Figure 1.16). A main-sequence star is therefore in both hydrostatic and
thermal equilibrium.

In a star of given mass M, and radius R,, the condition of hydrostatic equilibrium necessi-
tates a certain interior run of temperature and density, where both quantities decrease outward.
The radiative energy flux across any shell depends on the local temperature gradient, so that
Liy 1s also specified for this object. If we now imagine squeezing the star to smaller R,, its
interior density rises. So must the temperature, in order to counteract the greater self-gravity.
The luminosity crossing interior shells will also increase in response to the steeper temperature
gradient. On the other hand, the star’s nuclear reaction rate, which reflects both the frequency
and energy of proton collisions, has its own functional dependence on the central density and
temperature. Thus, for each M., we cannot really vary R, at will; there is only one value for
which the interior luminosity can be sustained by reactions at the center. But the stellar radius
connects L, and T,g through the equation

L.=41R2opTk . (1.5)

where op is the Stefan-Boltzmann constant. This blackbody relation, which we derive in Chap-
ter 2, actually defines Teg. In summary, a main-sequence star of fixed mass has a unique L, and
Tog. The curve in the HR diagram is simply the functional relationship L. (Tes) obtained by
letting the stellar mass range freely.
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Main-Sequence Star

Figure1.16 Energy transport in
a main-sequence star. The inte-
rior luminosity Lin¢ is generated in
the nuclear-burning region near the
center and is equal to the surface
value L.

Lint = L>x<

1.3.3 Early Phases

For an object that is not fusing hydrogen, both L, and T,¢ change with time. Correspondingly,
its representative point moves in the HR diagram. The fact that most stars are observed to be on
the main sequence reflects the longevity of the hydrogen-burning phase, during which L, and
Teq change only slightly. Younger objects are more distended, with central temperatures that
are too low for maintaining the fusion reaction. Nevertheless, these pre-main-sequence stars are
relatively luminous. Since they are also detectable at visible wavelengths, their properties are
well studied.

What supplies the star’s luminosity during this early phase? The answer is the compressive
work of gravity, which slowly squeezes the object to higher density. The local rate of energy loss
from this process is zero at the center and increases monotonically outward. Thus, as illustrated
in Figure 1.17, L;,; across an arbitrary mass shell within a pre-main-sequence star is less than
L. The surface radiation now causes a net drain of energy, leading to steady contraction and to
continuous alteration of both L, and Tcg.

Determining pre-main-sequence tracks in the HR diagram for different stellar masses is an
important aspect of star formation theory. Anticipating later results, Figure 1.15 shows the
evolutionary track for a star of 1 M. The star first appears as an optically visible object on
a curve called the birthline. As it then contracts, the star begins to descend a nearly vertical
path. During this time, L, is so high that energy is transported outward not by radiation but
by thermal convection, i. e., the mechanical motion of buoyant gas. By the time the star’s path
turns sharply upward and to the left, energy is partially transported by radiation, as well. After
3 x 107 yr, the star joins the main sequence.
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Pre-Main-Sequence Star

Figure1.17 Energy transport in
a pre-main-sequence star. In this
case, there is no nuclear-burning re-
gion. The luminosity Lin; mono-
tonically increases from zero at the
center to L. at the surface.

Lint < Ly

Stars of other mass traverse analogous paths in the HR diagram but at very different rates.
Less massive objects tend to have lower surface temperatures. According to equation (1.5),
their values of L, are also smaller for a given surface area, resulting in slower contraction.
To quantify the rate, we first note that the sum of a star’s thermal and gravitational energies
is a negative quantity that is about GM?2 /R, in absolute value. The object radiates away an
appreciable portion of this energy over the Kelvin-Helmholtz time:

G M2
R, L.

M, \°/ R.\ '/ L. \"
3 x 107 * * * )
. yr<1M®> <1R®> (1L®>

The significance of {xpy is that the star shrinks by about a factor of two over this interval,
starting from any point during its pre-main-sequence phase. Notice that txy gets longer as the
contraction proceeds. Thus, equation (1.6) also provides an approximate measure of the trotal
time needed for a star to contract to its main-sequence values of M., R,, and L.

Figure 1.18 displays pre-main-sequence tracks over a wide range of masses. All tracks
descend from the birthline, which intersects the main sequence near 8§ M. Higher-mass stars
exhibit no optically visible pre-main-sequence phase, but first appear on the main sequence
itself. If we imagine a group of stars all beginning contraction on the birthline at ¢ = 0, their
subsequent positions in the diagram at any fixed time would fall along a sequence of smooth
curves. Figure 1.18 also shows a set of such pre-main-sequence isochrones. The reader should
verify that the pattern of isochrones is consistent with the slower evolution of less massive
objects and with the continual slowing of contraction at any fixed mass.

tKH =
(1.6)
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Figure 1.18 Pre-main-sequence evolutionary tracks. Each track is labeled by the stellar mass in
units of M. The grey curves are isochrones, labeled in yr. The ¢ = 0 isochrone coincides with
the birthline, the lighter solid curve at the top. Note that the ¢ = 1 x 10® yr isochrone nearly
matches the ZAMS, the lighter solid curve at the bottom.

The pre-main-sequence phase of evolution is not the first. At an earlier epoch, stars are
still forming out of the gravitational collapse of their parent dense cores. Such protostars are
even more luminous than pre-main-sequence stars, but are so obscured by interstellar dust that
their emitted radiation lies entirely in the infrared and longer wavelengths. Under these circum-
stances, T, cannot be found by the traditional methods. Indeed, the character of the observed
spectrum reflects more the properties of the dust surrounding the star than the stellar surface.
Protostars therefore cannot be placed in a conventional HR diagram, and their identification
within molecular clouds is still not secure.

Returning to pre-main-sequence evolution, we noted earlier that the contraction of any star
causes its central temperature to rise. As long as the stellar mass exceeds 0.08 M, the temper-
ature eventually reaches a value (near 107 K) where hydrogen fusion begins. Just at this point,
the star is said to be on the zero-age main sequence (ZAMS), and the corresponding relation
between L, (or Lye) and Teg marks a rather precise locus in the HR diagram. The ZAMS is
the curve actually shown in both Figures 1.15 and 1.18, and its properties are also listed in Ta-
ble 1.1. The reader should bear in mind that the table represents a one-parameter family, where
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the basic physical variable is the stellar mass. Note also that astronomers sometimes use, in
place of Ly, the bolometric magnitude:

Ly
My = —2.5log< b 1) + Mo , (1.7)
Lg

where the constant m, is +4.75. The difference M, — My for a main-sequence star of any
spectral type is known as the bolometric correction, here evaluated in the V' -waveband.

Table 1.1 Properties of the Main Sequence

Mass Sp. Type My log Lyo  log Teg tMs

(M) (mag) (L) K) (yr)
60 05 -5.7 5.90 4.65 3.4x10°
40 06 -5.5 5.62 4.61 4.3x10°
20 09 —4.5 4.99 4.52 8.1x10°
18 BO —4.0 4.72 4.49 1.2x107
10 B2 —24 3.76 4.34 2.6x107

8 B3 -1.6 3.28 4.27 3.3x107
6 BS5 —-1.2 2.92 4.19 6.1x107
4 B8 —-0.2 2.26 4.08 1.6x10%
2 A5 1.9 1.15 3.91 1.1x10°
1.5 F2 3.6 0.46 3.84 2.7x10°
1 G2 4.7 0.04 3.77 1.0x 1010
0.8 KO 6.5 —0.55 3.66 2.5%x1010
0.6 K7 8.6 —-1.10 3.59
0.4 M2 10.5 —1.78 3.54
0.2 M5 12.2 —2.05 3.52
0.1 M7 14.6 —2.60 3.46

1.3.4 Consumption of Nuclear Fuel

Stars remain on the main sequence for relatively long periods of time because of the vast supply
of hydrogen available for fusion. To estimate the main-sequence lifetime ¢,,5, we use the fact
that the basic nuclear reaction is the fusion of four protons into *He. This process releases
26.7 MeV per helium nucleus, or 0.007 m,, ¢? for each proton of mass m,,. If fg is the fraction
of hydrogen consumed, then the star releases a total energy

Fioy = 0.007 frz X M, ¢? (1.8)

during this period. Here, X is the star’s mass fraction in hydrogen, which is typically 70 per-
cent. The energy Fi. divided by ¢, must equal the (nearly constant) luminosity L. Detailed
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calculations show that fz; ~ 0.1 for most masses, so that the lifetime is approximately *

M, 2
L.
(M../Mo)
(L*/L(D)

Here we have normalized the time to solar parameters. Because L, increases very rapidly with
M., tus falls correspondingly fast. Thus, the Sun, with a current age of 4.6 x 10 yr, is about
midway through its main-sequence life. Table 1.1 gives more accurate values for ¢,,5. We see
that an O star of 40 M, lives for a relatively brief time, only 4.3 x 105 yr, while a K star of
0.6 My, burns hydrogen for 6.7 x 10'° yr, longer than the present age of the Galaxy.

As a star ends its life on the main sequence, its representative point in the HR diagram
follows another well-defined path. Consider again the case of 1 M, whose post-main-sequence
track is shown by the dashed curve in Figure 1.15. The exhaustion of hydrogen leaves a helium-
rich central region that is thermally inert, i. e., too cold to ignite its own nuclear reactions.
Surrounding this region is a thick shell of fusing hydrogen. Continued shell burning adds more
helium to the core, which eventually contracts from its self-gravity and from the weight of the
overlying envelope of matter. The energy released from this contraction expands the envelope,
and the star moves rapidly to the right in the HR diagram. This period ends once the envelope
becomes convectively unstable. The greatly distended star then moves up the nearly vertical red
giant branch, which resembles a time-reversed pre-main-sequence track.

While ascending the giant branch, the star is characterized by a contracting, inert core of
helium, a hydrogen-burning shell, and an expanding envelope. The energy from the core and
shell raises the luminosity by a factor of almost 103. The temperature in the core eventually
reaches the point where helium can begin to fuse, forming '2C. The star then moves to the
left in the HR diagram, tracing the horizontal branch. After another 108 yr, helium burning
exhausts itself in the core and shifts to an outer shell. The star, now containing two burning
shells, ascends the asymptotic giant branch, so called because it approaches the original giant
branch.

The ultimate fate of a star depends on its initial mass. In the 1 M, case, the asymptotic giant
sheds a massive wind, exposing a small inert object at the center. The path in Figure 1.15 was
computed under the plausible assumption that 0.4 M, was lost during this phase. The remnant
central star is a white dwarf, an object so dense that it cannot be supported by ordinary gas
pressure. Instead, the outward force stems from electron degeneracy pressure, i. e., the mutual
repulsion of the electrons’ quantum mechanical wavefunctions. Such a star has no nuclear
reserves and gradually fades from sight along the dashed curve shown in Figure 1.15.

More massive stars repeat the core-shell pattern of nuclear fusion numerous times while
traversing the upper reaches of the HR diagram. These multiple ignition events create succes-
sively heavier elements. There is a limit, however, to the energy that can be extracted this way.
In stars more massive than about 8 M, the central core eventually undergoes a violent collapse
to become a neutron star or black hole. This collapse liberates so much energy that it completely
disperses the outer layers of the star. Of the energy that is radiated, most goes into neutrinos.

tms & 5 x 1074
(1.9)

=1x10" yr .

4 In this book, the symbol /~ means “equals, to within a factor of two to three,” while the symbol ~ means “equals,
to within an order of magnitude.”
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Nevertheless, the optical luminosity associated with this supernova briefly exceeds that of the
entire Galaxy. The neutron star or black hole left behind gradually dims, until its presence is
only known through its gravitating mass.

1.4 The Galactic Context

This, in broadest outline, is the evolution of a single star. However, our theory has a global aspect
as well, since stellar birth and death are part of a vast evolutionary scheme being enacted in all
galaxies like our own. Although we will continue, throughout this book, to emphasize the more
local aspects of the problem, it is important to bear in mind this larger picture. Accordingly, let
us take a brief look at our Galaxy and the role of star formation within it.

1.4.1 Structureof the Milky Way

The most conspicuous feature of the Galaxy is its highly flattened disk of stars. Our Sun orbits
at a radius of 8.5 kpc, or about a third of the distance to the outer edge. The local rotation
speed is 220 km s~ !, corresponding to a period of 2.4 x 10® yr within this differentially rotating
structure. The local thickness of the disk i. e., the average vertical excursion of the stars within it,
varies systematically with spectral type. Thus, O and B stars have a characteristic half-thickness
of 100 pc, while the figure increases to 350 pc for G stars like the Sun.’> These observations
refer to the solar neighborhood, i. e., to objects closer than about 0.5 kpc.

The densest concentration of stars is in the central bulge. This nearly spherical configuration
extends out of the disk plane and has a radius of 3 kpc. Even farther from the plane is an
extended stellar halo (or spheroid) consisting of both globular clusters and a large population
of field stars. Each cluster is a compact group with roughly 105 members. Halo stars, known
collectively as Population II, are the oldest in the Galaxy, with only 1 percent or less of the
heavy element content of those in the disk (Population I). The total mass of the stellar halo is at
most comparable to that of the disk, about 6 x 10'° M. Finally, there is evidence for another
nonplanar component, the unseen dark halo. The composition and spatial distribution of this
(probably nonstellar) matter are still not known, but its total mass exceeds that of the disk and
spheroid, perhaps by an order of magnitude.

What does the Galaxy look like? The solar system is embedded within the disk, so it is
difficult to obtain a global view by direct observation, as opposed to theoretical reconstruction.
While huge numbers of stars are visible at optical wavelengths, interstellar dust dims the light
from the more distant ones. Hence, the effective viewing distance is limited to several kpc.
However, red giant stars are relatively luminous and have such low surface temperatures that
they emit copiously in the near infrared. Their radiation penetrates the dust and can thus be
detected over much greater distances. The top panel of Figure 1.19 is a near-infrared portrait of
the Galaxy obtained with the COBE satellite. Clearly evident in this remarkable image are the
very thin disk and the central bulge. The bottom panel of the figure shows the more familiar,
optical image.

5 We define the half-thickness Az of a planar distribution of matter as one half the ratio of total surface density to the
volume density at the midplane. Alternatively, one may specify the scale height h, defined as the location where the
volume density falls to e =1 of its midplane value. For a Gaussian distribution of density, Az = (v/7/2) h = 0.89 h.
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Figure 1.19 Two views of the Milky Way. The upper panel depicts the near-infrared emission, as
seen by the COBE satellite. Beneath this is the optical image, shown at the same angular scale.

1.4.2 Spiral Arms

A true face-on view of our Galaxy is, of course, impossible to obtain, but would resemble the
external galaxy M51 (NGC 5194), shown in the two panels of Figure 1.20. Here the most
conspicuous feature is the presence of well-delineated spiral arms. Morphologically, M51 is a
slightly later-type galaxy than the Milky Way, which has a somewhat larger nucleus and less
extended arms. Other galaxies exhibit no spiral structure at all. Extreme early-type systems, the
ellipticals, resemble three-dimensional spheroids rather than flattened disks.® In addition, there
is a motley crew of irregulars, typified by the small companion to M51 seen in Figure 1.20.
According to density wave theory, the arms in spiral galaxies are not composed of a fixed
group of stars, but represent a wave-like enhancement of density and luminosity rotating at a
characteristic pattern speed. Both stars and gas in the underlying disk periodically overtake
the arms and pass through them. Notice that, in Figure 1.20, the arms are more evident in the
left image, taken in blue light, whereas the central bulge shows up strongly in the righthand,

6 The designations “early” and “late,” as applied to galaxies, refer to position along the Hubble morphological se-
quence. The same terms are used for stars, “early” ones being those with Tog higher than solar. In neither case is
there an implied temporal ordering.



1.4 The Galactic Context 27

Blue Near Infrared

Figure 1.20 The galaxy M51 seen in blue light (left panel) and through a red filter (right panel).
Note the prominence of the spiral arms in the blue image.

near-infrared photograph. The color of a galaxy is determined by the relative abundance and
distribution in spectral type of its component stars. O and B stars, which have the highest surface
temperature, dominate the blue image, while red giants, i. e., dying stars of relatively low mass,
are better seen through the infrared filter. Apparently, the most massive stars are concentrated
heavily in spiral arms.

Recall that the main-sequence lifetime of a typical O star is of order 105 yr, only about
1 percent of the rotation period of a spiral arm. Thus spiral arms must produce, at each location
in the disk, a temporary increase in gas density leading to a rise in the local star formation rate.
Although stars of all mass are formed, it is the exceptionally bright O and B stars that are most
conspicuous in optical photographs. Once the spiral wave has passed, the rate of forming new
stars drops back down to its former low level.

This picture is reinforced by looking at the gas content of spiral galaxies. As we have seen,
the molecular clouds that form stars can be detected most readily through their emission in CO.
Figure 1.21 is yet another view of the galaxy M51. Here, an intensity map in the 2.6 mm CO
line has been superposed on an optical image in the red He line, produced by atomic hydrogen
heated to temperatures near 10* K. It is clear that the molecular gas is indeed concentrated along
the spiral arms. Note that the radio contours seen here represent only 30 percent of the total CO
emission. The remainder emanates from the interarm region, but is too smoothly distributed
to be detected by the interferometer used for this observation. Closer inspection reveals that
the Ha arms are displaced about 300 pc downstream from those seen in CO. Since Ha mainly
stems from O and B stars, the implication is that cold gas entering the arms first condenses to
form large cloud structures that later produce the massive stars. For a representative velocity of
100 km s~ for material entering the arms, the corresponding time lag is 3 x 106 yr.
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Figure 1.21 Map of M51 in the 2.6 mm line of 12¢16Q (solid contours) and the Ha line at 6563 A
(dark patches).

143 Recycling of Gasand Stars

The total mass of Galactic molecular gas, from which all new stars originate, is estimated to be
2 x 10° M, or about 3 percent of the mass of the stellar disk. Much earlier in time, the very
young Galaxy consisted entirely of diffuse gas. This material could have been produced cosmo-
logically, during the nucleosynthesis occurring throughout the Universe in the first few minutes
following the Big Bang. If so, the gas would have consisted solely of hydrogen, helium, and
trace amounts of deuterium and lithium. On the other hand, both the present-day interstellar gas
and the stars themselves, although composed predominantly of hydrogen and helium, contain a
full complement of heavier elements, known in astronomical parlance as “metals.” These could
only have been produced through stellar nucleosynthesis. Thus, the primordial gas must first
have condensed into stars, which later injected diffuse matter back into space. This gas itself
had time to form a new generation of stars, which again injected gas following nuclear process-
ing. The interstellar matter of today, therefore, has been recycled a number of times through
stellar interiors.

Figure 1.22 illustrates the recycling process in a highly schematic fashion. Stars form con-
tinually through the condensation and collapse of interstellar gas clouds. These stars slowly
consume their nuclear fuel, eventually ending their lives as white dwarfs, neutron stars, or black
holes. The matter within such a compact object is irretrievably lost to the interstellar medium.
But this mass is always less — often considerably less — than that of the original star, since stellar
evolution itself inevitably produces mass loss.
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Figure 1.22 Recycling of stars and gas in the Galaxy.

The mass ejection process from stars is gentle and protracted in those objects destined to
become white dwarfs. As we have seen, the outer envelopes of such stars inflate greatly after
exhaustion of the neutral hydrogen. The loosely bound envelope then escapes as a stellar wind
during the red giant and asymptotic giant phases. As this expanding gas cools, heavy elements
within it nucleate into interstellar grains, which are then dispersed along with the gas. Although
we have already mentioned grains for their obscuration of starlight, we will have much more to
say about these submicron-size particles, which play an important role in the formation of stars.

Frequently, the white dwarf that survives mass ejection is part of a binary system. In the
course of its own evolution, the companion may drive off matter that lands on the high-density
surface of the compact object. Once it is sufficiently compressed, this hot material undergoes
runaway nuclear fusion; the resulting nova ejects additional matter into space. Finally, stars too
massive to become white dwarfs emit strong winds throughout their relatively brief lifetimes.
The dispersal of their outer layers in a supernova is yet another source of Galactic gas.

Of the three mechanisms described, winds from stars with M, < 3 M provide roughly
90 percent of the mass returned to the interstellar medium. Supernovae and the winds from
massive stars account for the remainder. The latter two processes also yield the bulk of the
heavy elements. All of the ejected gas mixes with that already present to form the raw material
for new stars. The mixing process is partly nonlocal, since material from supernova explosions
can be blown so far that it ultimately settles in a very different part of the Galaxy.

The formation of compact objects provides a continual drain on the Galactic gas content.
Accordingly, the star formation rate has been falling with time for 1 x 10'° yr, the age of the
oldest disk stars. This global formation rate, which we shall denote as M*, is currently about
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4 Mg yr’l. Here, the estimate relies on observations of O and B stars, which can be seen over
the greatest distances. Using the known radiative output from a single star and the appropriate
lifetime, the observed luminosity from a region yields the birthrate for stars of that type. The
rate for all stars then follows by adopting a distribution of masses at birth. Another quantity of
interest is 7., the local rate of star formation, as measured per unit area of the disk. Near our
own Galactocentric radius wg), this quantity is about 3 x 1072 Mg yr~! pc=2. The rate rises
inward to a radius of about 3 kpc, inside of which it falls precipitously, before attaining a central
peak. This behavior is correlated with the distribution of Galactic gas, and it is to this topic that
we turn next.

Chapter Summary

The raw material for new stars within our Galaxy is a relatively small admixture of gas, con-
centrated especially near the spiral arms. Much of this diffuse matter is bound together into
the extensive structures known as giant molecular clouds. At discrete sites, such as the Orion
Nebula, both low-mass objects like the Sun and the much more luminous O and B stars form to-
gether within populous clusters. Other cloud complexes, such as that in Taurus-Auriga, are less
dense and massive than giant molecular clouds. These sparser entities create loose associations
of low- and intermediate-mass objects.

Each individual star originates in the collapse of a cloud fragment. After this optically
invisible protostar phase, the subsequent evolution is conveniently pictured in the HR diagram,
a plot of luminosity versus effective temperature. Starting at the locus known as the birthline,
the star descends along a pre-main-sequence track, slowly contracting under its own gravity.
The representative point in the diagram settles for a long time on the main sequence. Here the
star derives energy from nuclear fusion. After exhausting this fuel, the object temporarily swells
in radius, before eventually fading from sight. It also spews out gas, which joins the reservoir
out of which additional stars will be made.

Suggested Reading

For an explanation of our abbreviations of journals and reviews, see the Sources list, toward the
end of the book.

Section 1.1 The rich star-forming region of the Orion Nebula continues to yield fresh discov-
eries. Useful summaries, covering both the gas and stellar content, are

Genzel, R. & Stutzki, J. 1989, ARAA, 27, 41

O’Dell, C. R. 2003, The Orion Nebula: Where Stars are Born (Cambridge: Harvard U.
Press).

Section 1.2 A brief but lucid summary of the Taurus-Auriga cloud complex and its stellar
population is

Lada, E. A., Strom, K. M., & Myers, P. C. 1993, in Protostars and Planets III, ed. E. H.
Levy and J. I. Lunine (Tucson: U. of Arizona Press), p. 245.
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Section 1.3 Two texts on stellar structure and evolution are

Clayton, D. D. 1983, Principles of Stellar Structure and Nucleosynthesis (Chicago: U. of
Chicago)

Hansen, C. J. & Kawaler, S. D. 1994, Stellar Interiors: Physical Principles, Structure, and
Evolution (New York: Springer-Verlag).

As their titles imply, both books emphasize basic physics. Chapter 2 in the second text is a
useful overview of the main phases of stellar evolution.

Section 1.4 The terminology used to describe the components of the Milky Way unfortunately
varies among authors. Here we follow the convention established by

King, I. R. 1990, in The Milky Way as a Galaxy, ed. G. Gilmore, 1. R. King, and P. C. van
der Kruit (Mill Valley: University Books), p. 1.

Star formation on the Galactic scale will be treated more fully in Chapter 19. For general texts,
we recommend

Binney, J. & Merrifield, M. 1998, Galactic Astronomy (Princeton: Princeton U. Press)

Scheffler, H. & Elsasser, H. 1987, Physics of the Galaxy and Interstellar Matter (New
York: Springer-Verlag).

The first emphasizes Galactic structure, while the second also includes a very broad array of
topics relevant to the interstellar medium.
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2 The Interstellar Medium

A deeper understanding of early stellar evolution must begin by examining the rarefied medium
out of which stars form. In this chapter, accordingly, we describe the overall physical proper-
ties of interstellar matter. We include both the gaseous constituent and the solid grains. For
the former, we emphasize the physical state of the hydrogen and defer discussion of interstellar
molecules until Chapter 5. Our treatment of the dust naturally brings in elements of radiation
transport theory. The concepts introduced here will be extensively used throughout the remain-
der of this book.

2.1 Galactic Gas and Its Detection

We previously discussed the molecular hydrogen content of spiral galaxies, stressing the role of
this gas in the production of stars. Equally important is the atomic component (HI), which has
a total mass in our Galaxy exceeding Hs, and serves as the reservoir that ultimately produces
molecular clouds. Finally, hydrogen can also be in ionized form (HII). While the total mass
here is relatively small, this component is important as a tracer of massive stars.

2.1.1 Radio Emission from Atomic Hydrogen

The utility of CO for observing distant molecular clouds lies in the fact that the obscuring
interstellar dust is transparent to millimeter photons (see § 2.4 below). To trace the HI gas, it
is fortunate that there is another detectable, long-wavelength transition, the hydrogen line at
21.1 cm. Since its discovery in 1951, the 21 cm line has been of paramount importance for
revealing the interstellar medium in our own and external galaxies.

We can understand the origin of this radiation by recalling the quantum mechanics of the
hydrogen atom. In the nonrelativistic model based on Schrédinger’s equation, the energy of the
system, consisting of a single electron of mass m. and charge e bound to a proton of mass m,,
is given by

_ _ Hep e
2h2n? 2.1
=136 eV n 2,

where n, the principal quantum number, can be 1, 2, 3, etc., and where p.p, is the reduced
mass, memy,/(me + m,). The zero of energy, reached asymptotically for large n, represents
the marginally bound state. The ultraviolet spectral lines generated by downward transitions to
n = 1 form the Lyman series, where n = 2 — 1 yields the Lya line at 1216 A, n = 3 — 1
yields Lyf3 at 1026 A, erc. Similarly, the visible lines created by the jump to n = 2 constitute
the Balmer series, with n = 3 — 2 being the 6563 A Ho line we have already encountered.

The Formation of Stars. Steven W. Stahler and Francesco Palla
Copyright © 2004 Wiley-VCH Verlag GmbH & Co. KGaA, Weinheim
ISBN: 3-527-40559-3
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Figure 2.1 Origin of the 21 cm line. The hydrogen atom has greater energy when the spins of its
proton and electron are parallel.

In the nonrelativistic treatment, a state with quantum number n actually consists of n? levels
of identical energy. Each level is labeled not only by n, but also by a quantum number I,
corresponding classically to the magnitude of the electron’s orbital angular momentum L, and
by a third quantum number m;, corresponding to the projection of L along any fixed axis. For
a given n, [ can take on any integer value from O to n — 1, while m; can range from —I to +I.
Thus, in the n = 1 state normally found in interstellar gas, both [ and m; are zero.

The electron also has an intrinsic spin, which can be identified classically with another
angular momentum vector S and an associated magnetic moment g. In the electron’s own
reference frame, the motion of the charged proton creates a magnetic field which torques the
spinning electron. The relativistic Dirac theory shows how this spin-orbit interaction causes the
n? levels to have slightly different energies. Such fine splitting of the energy vanishes whenever
I = 0. Even in this case, however, a smaller, hyperfine splitting is present due to the fact that the
proton itself has an intrinsic spin I and therefore a magnetic moment. In a semi-classical picture,
the energy of the atom depends on whether the vectors S and I are parallel or antiparallel (see
Figure 2.1). Quantum mechanically, the two states are labeled by a quantum number F', which
is 1 and O in the upper and lower states, respectively. The energy difference is so small, only
5.9 x 1075 eV, that the wavelength of the emitted photon lies in the radio regime.

Within a region of HI gas, a hydrogen atom can be excited to the F' = 1 state by collision
with a neighboring atom. Usually, the same atom is later collisionally deexcited, but there is
a small probability that the downward transition occurs through emission of a 21 cm photon.
Despite the long interval between emission events for a given atom, 1 x 107 yr on average, an
appreciable radio signal can be built up by a sufficiently large number of atoms. Indeed, the HI
column density Ny, i. e., the number of atoms per unit area along any line of sight, is directly
proportional to the received intensity of the 21 cm radiation.

Converting a column density into a volume density requires knowing the spatial location of
the emitting gas. The actual received 21 cm signal is both shifted and spread out over a finite
width in wavelength due to the Doppler effect. That is, any motion of a hydrogen atom toward or
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away from the observer changes the received wavelength from the intrinsically emitted value.
The overall shift in peak intensity mainly stems from the differential rotation of the Galaxy.
Since the pattern of rotation is well known, velocity shifts can be correlated with positions
within the disk. Analysis of the emission profiles in many directions thus yields the number
density nyr throughout large regions.

Occasionally, one finds an extragalactic radio source, such as a quasar, behind a region
of atomic hydrogen. If this source emits in the 21 cm regime, some of its photons will be
absorbed by the intervening matter. Figure 2.2 shows a representative HI spectrum toward the
quasar 3C 161." The upper solid curve was obtained by averaging the signal from four lines of
sight slightly offset from the point-like source. The resulting profile represents emission from
HI gas, only some of which stems from the region of interest. When the telescope is pointed
directly at the quasar, the additional signal is nearly constant in wavelength, except for the finite
range removed by absorption. Hence, subtraction of the previous average from the on-source
signal yields the absorption spectrum, also shown in the figure. In warmer gas, there is more
collisionally induced emission of 21 c¢m radiation. The corresponding dip in the spectrum is
therefore less pronounced. We can see, then, how 21 cm absorption profiles are useful probes
of the gas temperature.

2.1.2 HI Distribution

Such radio studies, conducted over four decades, have been supplemented by numerous obser-
vations of optical and ultraviolet absorption lines seen against background stars. The net result
is a rather detailed picture of the HI gas. This component of the interstellar medium pervades
the Galactic disk, with a scale height of about 100 pc for Galactocentric radii between 4 and
8.5 kpc. In the outer Galaxy, the scale height appears to increase linearly with radius, while the
HI layer at the furthest distances seen is warped by several kpc from a perfect plane. Throughout
the Galaxy, most of the gas is in discrete clumps known as HI clouds. Although cloud proper-
ties vary broadly, typical number densities lie in the range from 10 to 100 cm™2, and diameters
range from 1 to 100 pc. The random motion of individual clouds, superposed on the general
Galactic rotation, contributes significantly to the broadening of the observed 21 cm emission
and creates the multiple emission peaks seen in Figure 2.2. A representative cloud temperature
is 80 K, with a factor of two variation in either direction.

Figure 2.2 also indicates that a good deal of HI emission occurs outside the wavelength
range in which the quasar radiation is being absorbed. The surplus emission, shown by the
dashed profile in the figure, is generally smooth and stems from atomic gas not confined to
individual clouds. This warm neutral medium is also distributed widely, with a scale height
twice that of the cold component and a total mass that is also probably larger. The number
density of this gas is about 0.5 cm~2 and its temperature, while difficult to ascertain because of
the medium’s transparency, is estimated at 8 x 103 K. Note that the term “neutral” is not strictly
correct for either the cold or warm gas, since some metals in both are ionized by stellar photons.
Ionized carbon, in particular, is an important coolant of the gas, as we shall discuss shortly.

The HI gas in the disk actually extends far beyond the visible stars. Indeed, observations of
the circular velocity of this component in external spiral galaxies have provided the strongest

! We defer until Chapter 3 an explanation of the units used in this figure, which is essentially a plot of photon intensity
versus wavelength.
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Figure 2.2 Radio spectrum of a quasar partially obscured by HI gas. The upper solid curve
shows, as a function of velocity (or, equivalently, wavelength), the intensity of emission in the
21 cm line. The lower solid curve shows, with a different amplitude scale, the absorption. This
absorption is mostly confined in velocity between the two vertical bars. Finally, the upper dashed
curve indicates the contribution to the total emission from the warm neutral medium.

evidence for extended, dark halos. The distribution of HI surface density in our own Galaxy
is shown in Figure 2.3. Within the central bulge, the density is very low, but rises to a fairly
uniform level between radii of 4 and 14 kpc. At larger radii the surface density declines, but in a
manner that is rather uncertain because of the poorly known Galactic rotation at these distances.

2.1.3 Molecular Gas

Returning to the molecular gas, the CO line emission commonly used to trace this component
has a shorter wavelength than the 21 cm HI line and so provides higher spatial resolution.
Numerous surveys have established that the molecular gas is also spread throughout the Galaxy
and mostly contained in discrete clouds. A rotationally excited CO molecule decays much
more quickly than an HI atom in the F' = 1 state. Hence CO is intrinsically a stronger emitter.
So much radiation is produced, however, that most molecular clouds are optically thick to the
2.6 mm line, i. e., a photon is absorbed and reradiated many times before reaching the surface.
Under these circumstances, the received intensity from a single cloud is not proportional to
the column density. Nevertheless, the line is still useful for tracing the total H, contained in a
gravitationally bound ensemble of clouds, as we will discuss in Chapter 6.
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Figure 2.3 Galactic surface densities of Ho, HI, and HII gas. The densities are shown as a
function of radial distance from the Galactic center. Note the high central peak of the molecular
component. The ionized component shown is only that within HII regions.

The global distribution of Hy is quite different from HI (see Figure 2.3). There is little
molecular gas outside 10 kpc, but the surface density inside climbs quickly, reaching a broad
maximum centered at 6 kpc. The origin of this massive molecular ring is uncertain, but is
presumably related to Galactic spiral structure. The falloff in density inside the ring is broadly
consistent with the decline in the measured star formation rate. Thus, the sharp rise in molecular
density within 1 kpc of the Galactic center is especially intriguing. Whatever the origin of this
gas, observations show that it is producing large numbers of massive stars. Note finally that the
inward rise in star formation activity near the Sun’s position is consistent with the fact that the
observed metallicity in both stars and gas has a measured radial gradient in the same sense.

Molecular gas is more closely confined to the Galactic plane than the atomic component,
with a scale height of 60 pc at the solar position, or about half the HI value. While the atomic
gas fills much of the disk up to its nominal scale height, the molecular component occupies
only about one percent of the available volume. The difference in scale heights reflects the
lower random velocity of the molecular cloud ensemble. This velocity has a median value of
4km s~! and seems to vary little with either cloud mass or Galactocentric radius. The dominant
gravitational force toward the plane is that from the stars, whose surface density falls steeply
with radius. Hence the Hs thickness should increase outward, a conclusion confirmed by the
CO surveys.

2.1.4 HII Regions

In addition to its atomic and molecular forms, interstellar hydrogen also exists in the ionized
state. Some of this gas is confined to HII regions surrounding individual O and B stars. Stel-
lar Lyman continuum radiation, produced by hydrogen recombinations in which the photon
energy exceeds 13.6 eV, ionizes a spherical volume several parsecs in radius. Recombining
electrons and ions in this region emit a plethora of lines, including the optical Balmer series of
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hydrogen. Transitions between much higher levels of the atom produce radiation at centimeter
wavelengths. This emission provides a radio beacon for HII regions over large distances.

Figure 2.4 shows the best studied HII region, that in Orion. Here, radio contours at 1.3 cm
are overlaid on a negative Ho image. The contours are centered on the Trapezium stars, which
also illuminate much of the region in Ha.. Notice how much more symmetric the radio emission
appears than the optical line, which is readily attenuated by dust. By summing the flux from such
radio peaks over the Galactic plane, the total surface density can be obtained (Figure 2.3). Like
the molecular component, the HII gas peaks at a radius near 5 kpc. Since HII regions are created
by young, massive stars, this similarity further establishes the association of star formation
activity with molecular gas. The total mass contained in these regions is about 1 x 10% M, an
order of magnitude less than the molecular or atomic hydrogen masses.”

The presence of emission lines from the heavier elements in HII regions allows reconstruc-
tion of the chemical composition of interstellar gas. Analysis of the absorption lines from stars
lying behind HI clouds is another means to this end. The standard of comparison in such stud-
ies is solar composition, i. e., the elemental distribution found in the solar photosphere and in
primitive solar system bodies such as meteorites. Table 2.1 lists number abundances relative to
hydrogen of the most prevalent elements in gas of solar composition. Also shown are observed
abundances in the HII region M42. It is apparent that the metals in this region are systemati-
cally depleted relative to the solar standard. Such depletion is generally observed in interstellar
gas and can be several orders of magnitude for iron and calcium. Since the total metallicity
is presumed to be uniform throughout the solar neighborhood, this trend is evidence that an
increasing portion of heavier atoms is locked up in solid matter, i. e., interstellar grains.

2 We stress that this mass estimate includes only discrete HII regions. A larger amount of gas is contained in the warm
ionized medium, introduced below.
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Table 2.1 Elemental Abundances in the Solar System and M42

Element Solar System M42

He/H 0.1 0.1

C/H 3.6x107% 34x10™4
N/H 1.1x107% 6.8x107°
O/H 8.5x1074 3.8x107%

Si/H 3.6x107° 3.0x107¢

All abundances are by number relative to hydrogen.

A useful concept for quantitative work is the mean molecular weight of interstellar gas.
Symbolized p, this quantity represents the average mass of a particle of gas relative to the
hydrogen mass mg. Thus, in a gas of mass density p, the total number density of particles is

Ntot = . (22)
LMy
Any one element contributes a number density of particles given by
Xi fip
P = . 23
A mn (2.3)

Here, X; is the mass fraction of the element, A; its atomic weight relative to hydrogen, and
fi the number of free particles (including electrons) per atomic nucleus. The hydrogen mass
fraction, conventionally designated X, is 0.70 in solar composition gas, while that for helium,
denoted Y, is 0.28. For heavier elements, the mass fraction is the metallicity Z = 0.02, and the
average atomic weight is Az = 17. By summing equation (2.3) over the three “elements” and
comparing to equation (2.2), it follows that molecular gas of solar composition has y = 2.4,
while HI gas has ¢ = 1.3. In the case of a fully ionized gas, such as that found in stellar
interiors, we may use the convenient fact that f; ~ 2 Az to derive = 0.61.

2.2 Phases of the Interstellar Medium

Interstellar hydrogen exists in a variety of chemical forms— ionized, atomic, and molecular. In
addition, atomic hydrogen itself is found in both discrete clouds and as warmer, more rarified
gas. What is the origin of this diversity and how is it maintained? Our aim in this section is to
see what insights theory can provide regarding these questions.

2.2.1 Pressure Equilibrium

We first need to draw a distinction between HII regions and the others. The ionized gas here
arises from the ultraviolet radiation of nearby, massive stars. Each individual region is thus
a transient phenomenon that disappears over the 10° yr lifetime of its parent object. Neutral
hydrogen, however, persists for much longer periods and over vast regions devoid of stars.
Consider first the atomic component. With regard to its origin and stability, an essential clue
is provided by the gas pressure. For a typical HI cloud with number density n = 30 cm™3
and temperature T = 80 K, the product nT is 2 x 10? cm~3 K. This figure is matched, within



2.2 Phases of the Interstellar Medium 39

7
¢ 5 T T T T g 5 T T T T
- [$)
~ ¥
[
o 9
=2
I W
2
2 2
5 9
£ 2
2 0 | | | | é 1 | | | |
-2 -1 0 +1 +2 +3 o -2 -1 0 +1 +2 +3
. o .
Density logn (cm™3) Density logn (cm™3)

Figure 2.5 (a) Theoretical prediction for the equilibrium temperature of interstellar gas, displayed
as a function of the number density n. (b) Equilibrium pressure n7" as a function of number
density. The horizontal dashed line indicates the empirical n7-value for the interstellar medium.

a factor of two, by the corresponding product for the warm neutral medium (n = 0.5 cm™3;
T = 8 x 103 K). The numbers suggest that HI clouds and the warm neutral medium might
profitably be viewed as two phases of the interstellar medium that coexist in pressure equilib-
rium.

We may pursue this idea quantitatively as follows. The thermal energy content of any gas
results from the balance of heating and cooling processes. As we will detail in Chapter 7, rates
for these processes can be determined by both theoretical and empirical methods. Assuming
this information to be at hand, imagine slowly compressing a parcel of interstellar gas to suc-
cessively higher densities. At each step, the gas will assume an equilibrium temperature and
pressure, which can be determined by equating the heating and cooling rates. We can then
examine those states that have pressures matching the known interstellar value.

The results of such a calculation, for gas of solar composition, are displayed in Figure 2.5.
Over the range of densities shown, heating is provided mostly by starlight, through its ejection
of electrons from the surfaces of interstellar grains. Figure 2.5a shows that this heating yields,
at lower densities, temperatures approaching 10* K, where internal electron levels of hydrogen
are excited. The gas in this regime cools primarily through emission of the Ly« line. At higher
densities, hydrogen is in the ground electronic state and becomes an inefficient radiator. Atomic
carbon, however, remains ionized by ambient ultraviolet photons, and the gas cools through the
158 pm transition of C II.

The solid curve in Figure 2.5b shows the predicted run of pressure (represented as
nT = P/kp, where kp is Boltzmann’s constant) as a function of density. A parcel of gas
with pressure lying above this curve cools faster than it can be heated, while the reverse is true
for points which lie below. The equilibrium curve crosses the mean empirical P/kg-value of
3 x 10% K cm™? (dashed horizontal line) at three distinct points. Imagine first that the gas
finds itself at point B. Suppose further that it is compressed slightly while maintaining pressure
equilibrium with its surroundings. Since its representative point now crosses above the equilib-
rium curve, it must cool until it reaches point C'. Conversely, any slight expansion of the same
parcel causes it to heat up until it reaches point A. Point B, therefore, represents a thermally
unstable state. Furthermore, the density and temperature at the stable point A (n = 0.4 cm~3;

b}

T = 7000 K), are seen to match those in the warm neutral medium. Conditions at point C
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(n = 60 cm~3; T = 50 K), where the gas is said to be in the cold neutral medium, are just those
in typical HI clouds.

From this analysis, we have strong reason to believe that any large mass of atomic hydrogen
gas naturally divides into two components with very different properties. Of course, we still do
not know how the actual separation occurs in detail. Nor does the foregoing reasoning tell us
the relative fractional volumes of the two phases, much less the sizes and masses of individual
HI clouds. At present, our knowledge of the atomic component is simply too rudimentary to
address these issues from a theoretical perspective.

What of the molecular gas? Can it, too, be regarded as a phase of the interstellar medium?
In any molecular cloud, densities are sufficiently high that self-gravity plays a dominant role in
the cloud’s mechanical equilibrium. In other words, the product n7T" deep inside can be much
greater than the background value, since the interior pressure must also resist the weight of
overlying gas. On the other hand, the more rarified material in the cloud’s outer layers must still
match the external pressure if this region is not to expand or contract. In Chapter 8, we will use
this requirement to establish plausible surface conditions for molecular clouds.

2.2.2 Vertical Distribution of HI

In the atomic gas, as well, thermal and mechanical conditions are intimately related. Consider,
for example, the gas distribution above and below the Galactic disk midplane. Under the in-
fluence of the vertical gravitational force, the two components should separate spatially, with
the colder and denser medium residing closer to the plane. Indeed, we may estimate the scale
height of the cold neutral medium by balancing gravity against the internal pressure gradient.
Let @, be the Galactic gravitational potential, so that V&, is the vector force per unit mass.
The equation of hydrostatic equilibrium then reads

1

VP - Ve, =0. 2.4)
PHI

Let z represent the height above the midplane. Dotting the last equation with the unit vector £
and transposing yields
1 0Pm 0%,

pur 0z 0z '’

2.5)

where Py and pppp are, respectively, the pressure and mass density of the atomic gas. These
two quantities are related by

Pur = pur ¢y - (2.6)

Here the quantity cpyr, which has the dimensions of velocity, represents the random internal
motion of the medium. It is also the speed of sound, assuming the medium keeps a fixed tem-
perature during passage of the waves. For an ideal gas, cyp is given in terms of the temperature
and mean molecular weight by (RT'/ u)l/ 2, with R being the gas constant. If we assume that
cpr does not vary with z, then substitution of equation (2.6) into (2.5) and a single integration
yields the relation between p and ®:

pu2) 2y(0) — ,(2)
e (0) [ } . 2.7)
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To make further progress, we need to specify the gravitational potential. This quantity is
related to p., the total mass density in the Galaxy, through Poisson’s equation:

V20, = 471G p. . (2.8)
In a thin disk, we may safely ignore horizontal gradients and write (2.8) as
0%, _
022
Most of the Galactic matter consists of low-mass stars, which have a scale height h, greater
than that of the neutral gas (Figure 2.6). Hence, we may safely replace p.(z) in equation (2.9)
by its midplane value p.(0). We then integrate this equation twice, noting that the gravitational

force at the midplane, which is —0®,/0z, must vanish by symmetry. The resulting potential is
given by

471G pi(2) . (2.9)

®,(2) = 2,(0) + 27Gp.(0) 2* . (2.10)

Equations (2.7) and (2.10) together imply that the cold neutral medium has a Gaussian distribu-
tion. The corresponding scale height is

~1/2
2Gp-(0) *(0)} . 2.11)

har = [
2
Chr
How well does this theoretical prediction accord with observations? From measurements of
the vertical distribution and velocity of stars of various masses, p,(0) in the solar neighborhood
isknown tobe 0.18 M, pc—3. If we then calculate cy; using a temperature of 80 K, we find from
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equation (2.11) that Ay is 10 pc, only 10 percent of the observed value! In hindsight, this failure
is not too surprising. After all, 21 cm observations show that the cold gas actually consists of
discrete clouds in seemingly random motion. A typical cloud velocity in the z-direction is
6 km s~!. Substitution of this value for cyr in (2.11) yields a scale height much closer to
the observed one. The lesson here, as illustrated in Figure 2.6, is that the vertical distribution
of cold HI gas stems from the bulk motion of individual clouds rather than internal pressure
support. The salient question is now the energizing agent for this motion.

2.2.3 Warm and Hot Intercloud Gas

Widespread stirring of the neutral gas could be provided by supernovae. Although supernova
explosions are rare, occurring only once every 50 years or so in a galaxy like our own, the
expanding material from each event sweeps out a large volume and imparts considerable mo-
mentum to the surrounding gas. The extremely hot gas within the advancing shell of a supernova
remnant cools so slowly that new remnants inevitably intersect older ones, resulting in a net-
work of connected bubbles. Indeed, there is good evidence that the solar system is located
within such a rarified region (see § 7.2). On a much greater scale, it is thought that the hot gas
fills a large volume of the disk, surrounding the neutral component and effectively constitut-
ing a third phase of the interstellar medium. The temperature of this hot intercloud medium is
predicted theoretically to be 10° K, and its density 0.003 cm~3.

Verification of the properties, including the spatial distribution, of the third phase has been
slow, as the relevant data are difficult to obtain. Thus far, spectral lines from highly ionized
heavy elements have provided the only solid clues. Since these lines lie in the ultraviolet, they
must be observed from space. In the early 1970s, the Copernicus satellite observed perva-
sive emission from OVI. Other spaceborne instruments have subsequently detected additional
species. It is interesting that optical lines from less highly ionized elements are also seen. These
lines, together with widespread, diffuse emission in Ha, point to the existence of yet another gas
component. This warm ionized medium, first systematically explored in the 1980s, shares the
same density and temperature as the warm neutral medium, but its hydrogen is mostly ionized.
Accounting for the energy input required to maintain this ionization poses another challenge to
theory.

It should be clear from this brief discussion that many aspects of the interstellar gas remain
unexplained. In particular, recent observations have emphasized the general principle that the
medium is essentially a dynamic entity. This feature naturally renders the theorist’s task much
more difficult. Nevertheless, the insight that the gas consists of discrete phases in approximate
pressure equilibrium will continue to play a key role. As a convenient reference for the reader,
we summarize in Table 2.2 the basic properties of the known phases. Note that we have included
the important molecular component, although this gas is not in pressure balance with the other
phases.

2.3 Interstellar Dust: Extinction and Thermal Emission
Optical radiation from distant stars is attenuated by intervening dust. If this effect were not taken

into account, an observed star would either be assigned too small a luminosity or else placed
at an erroneously large distance. Indeed, the problem is even worse, since dust grains also
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Table 2.2 Phases of the Interstellar Medium

Phase Ntot T M f
(cm™3) X) (10° M)
molecular > 300 10 2.0 0.01
cold neutral 50 80 3.0 0.04
warm neutral 0.5 8 x 103 4.0 0.30
warm ionized 0.3 8 x 103 1.0 0.15
hot ionized 3x107% 5x10° - 0.50

f is the volume filling factor.

redden the light passing through them. The dust content of interstellar matter must therefore be
considered in determining the two most basic properties of any star — its luminosity and effective
temperature. Extinction and reddening occur not only at visible wavelengths but, to varying
degrees, throughout the electromagnetic spectrum. Since they enter astronomy so pervasively,
we pause in our exploration of the interstellar medium to present the essential concepts and
terminology related to these linked phenomena. In addition, we need to examine the emission
produced by the dust as a result of heating by stellar light.

2.3.1 Extinction and Reddening

Let us first quantify the wavelength dependence of extinction. Recall from Chapter 1 that the
brightness of a star near any wavelength ) is measured either by m ) or M), its apparent and
absolute magnitudes, respectively. The presence of dust between the star and Earth alters the
relation between these two quantities from equation (1.4) to

my = My + 5log L + Ay, 2.12)
10 pc

where Ay, a positive quantity measured in magnitudes, is known simply as the extinction at
wavelength \. Note that, even at the fiducial distance of 10 pc, the star now has my > M, i.e.,
it is dimmer than its absolute magnitude.

The general tendency of dust to redden distant objects implies that A must diminish with
increasing A, at least in the optical regime. Consider, then, writing equation (2.12) for the same
star at two different wavelengths A; and \,. Eliminating r between the equations yields

(m)\l - m>\2) = (M)\l - M)\z) + (A>\1 - A>\2) . (2.13)

The first righthand quantity is C7,, the intrinsic color index measured at A; and As. As we
noted in § 1.3, this quantity can also be written in terms of the UBV filter names as (B — V).,
(U—B)o, etc. The lefthand quantity in equation (2.13), denoted generically as C2, or as B—V,
U — B, etc., is the observed color index. The difference between the intrinsic and observed color
indices is a measure of reddening known as the color excess, E12:

E12 = 012 — CfQ (214&)
= Ay, — A, (2.14b)

2 -
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The color excess is written in the UBV system as Fp_v, Ey_g, etc. At visual wavelengths,
Ax, > Ay, for Ay < Ay, and E15 is a positive quantity.

Both the extinction and the color excess are proportional to the column density of dust grains
along the line of sight.> Consider yet a third wavelength, A3. Then the ratios Ay,/E;2 and
E35/E;5 depend only on intrinsic grain properties. If we now fix A; and Ao, while letting the
third wavelength have the arbitrary value A, either ratio provides a measure of the wavelength-
variation of dust extinction. Conventionally, A\; and Ao are chosen to correspond to the B and V
filters, respectively. In this case, E)_v/Ep_v is known as the normalized selective extinction
at A, while Ay/FEp_v is the normalized rotal extinction. From equation (2.14b), these two
quantities are simply related:

Exv A Ay 2.15)
Eg v Esv Ep.v .
Ay
= - R. (2.15b)
Eg_v
Here the fiducial ratio R is measured to be:
A
R = v
Ep_v (2.16)
=3.1.

The quoted value applies to the diffuse interstellar medium, but R can be significantly higher in
dense molecular clouds, including those where stars form.

A plot of either E\_v /Ep_v or Ay/Ep_v versus A is known as the interstellar extinction
curve. Figure 2.7 shows the standard curve, in which the independent variable is 1/A. This im-
portant result, summarizing the extinction and reddening properties of the interstellar medium,
was obtained by applying equation (2.14b) empirically, i. e., by comparing the observed color
indices of many stars with unreddened objects of the same spectral type. The ratio R is then
obtained from equation (2.15b) by measuring the limit of E\_v/Eg_v for long wavelengths,
under the assumption that A tends to zero in this limit. In practice, observations out to the
mid-infrared suffice for this purpose.

2.3.2 Transfer of Radiation

Thus far, we have considered extinction only as it alters the observations of stars at fixed dis-
tances. Let us now change perspective and look at the progressive effect of dust on the light
propagating from the surface of a star. We begin with some definitions. Any radiation field
may be described by I, its specific intensity. This quantity is defined so that I, Av AA AQ
is the energy per unit time, with frequency between v and v + Av, that propagates normal to
the area A.A and within the solid angle A (see Figure 2.8). Note that we could just as easily
have defined a quantity I, within a certain wavelength range; we will freely alternate between
v and )\ as our independent variable. In general, I, is a function not only of v and the spatial
position relative to the radiation source, but also of the propagation direction, where the latter

3 A useful fact is that Ay, when averaged over all lines of sight within the Galactic plane, increases by 1.9 mag kpc—!

away from the Sun. In Chapter 3, we will present a general relation between Ay, and hydrogen column density.
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Figure 2.7 Interstellar extinction curve. Plotted as a function of inverse wavelength A™* are both
the selective and total extinction. Note that the true wavelength A is shown on the top horizontal
scale.

is indicated by the unit vector 72 in Figure 2.8. We next define the specific flux F),, also known
as the flux density. This is the monochromatic energy per area per unit time passing through a
surface of fixed orientation 2, and is given by

F, = /IV pd< . (2.17)

Here 1 = n - 2 is the cosine of the angle between the propagation direction and the surface
normal (Figure 2.8). Since light travels at the speed ¢, I,,/c represents the energy density prop-
agating in the direction ni. The total energy density per unit frequency at a fixed location is
therefore 1

U, = — /Iy s . (2.18)

c

This quantity is closely related to the mean intensity J,,, i. e., the average of I,, over all direc-

tions: )
J,,E4—/L,dQ. (2.19)

™

Consider now AJ,, the change of I, along the direction of propagation (Figure 2.9). Over a
small distance As, dust grains can remove radiation from the beam through several processes.
One is absorption, in which the radiative energy is transformed to internal motion of the grain
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Figure 2.8 Definition of the specific intensity I,,. We imagine light propagating within a cone
of solid angle A2 centered on a direction n. The vector 7o can itself be tilted at some angle 6
relative to 2. The latter defines the normal direction to the surface area AA of interest.
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Figure 2.9 Passage of light through dust grains. Radiation with specific intensity I,, enters an
area AA at the left. By the time it travels a distance As, the intensity changes to I, + Al
through absorption, scattering and thermal emission by the grains.

lattice. Photons are also lost from the beam by scattering. Here, the induced excitation quickly
decays and reemits another photon in a different direction. This second photon has a frequency
identical to the first in the rest frame of the grain. An external observer sees a slight Doppler
shift associated with the finite grain velocity.

For present purposes, we may lump absorption and scattering together, and simply note
that the total extinction must be proportional to As. In addition, the rate of photon removal
should vary linearly with the incident flux, i. e., with I, itself. Finally, for a gaseous medium
with a given admixture of grains, the extinction must be proportional to the total density p. We
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therefore write this negative contribution to AT, as —pk, I,,. Here k,, is the opacity, a quantity
measured in cm? g~! that depends on the incident frequency v, the relative number of grains,
and their intrinsic physical properties.

There are also several ways that I,, can be increased in As. The lattice vibrations excited by
radiation also emit it, generally at infrared wavelengths. In addition to such thermal emission,
photons are added to the beam by being scattered from beams propagating in other directions.
As before, we lump these processes together and define an emissivity j,, such that j, Av AQ)
is the energy per volume per unit time emitted into the direction ra. Writing the elementary
volume as AA As and recalling that [, is defined as an energy per unit area, we see that the
augmentation to 7, is simply j, As. The full change to I, is thus

Al, = —pr, I, As + j,As
Dividing through by As, we obtain the equation of transfer:

dI,
ds

Although we have motivated this result for the specific case of radiation propagating through
dust grains, both equation (2.20) and the associated terminology are applicable to any continu-
ous medium which can remove or generate photons. For example, we will use the equation of
transfer in Chapter 6 to discuss the interaction of radio waves with interstellar molecules.

The quantity 1/pk,, which has the dimensions of a length, is known as the photon mean free
path. The ratio of As to this length, i. e., the product pk, As, is the optical depth, denoted AT, .*
When a photon propagates through an optically-thick medium, i. e., one for which A7, > 1, it
has a high probability of extinction. Conversely, radiation can travel freely in an optically-thin
environment (A7, < 1). Note that the same physical medium can be optically thin or thick,
depending on the frequency of the radiation in question.

=—pk, L, + Ju . (2.20)

2.3.3 Extinction and Optical Depth

At this point, we have two nondimensional measures of extinction, the optical depth and the
quantity A introduced in equation (2.12). To see the relation between them, we first use the
equation of transfer to obtain the specific intensity at a point P located a distance r from the
center of a star (Figure 2.10). The plan is to use this result to obtain the star’s apparent magnitude
at P. Suppose we measure the specific intensity at a frequency where the intervening dust has
negligible emission, so that j,, = 0 in equation (2.20). Reverting from frequency to wavelength,
we integrate the equation along any ray from the stellar surface to P, obtaining

In(r) = In(R.) exp (- AT)) . 21

Here A7, denotes the optical depth from the stellar radius to P. Referring to Figure 2.10, we see
that this depth depends on the precise location of the emitting point within the cone converging
on P. However, we suppose that 7 > R,, so that this variation can safely be ignored. Similarly,
I\ (R,) is independent of propagation direction within the cone if the stellar surface is assumed
to radiate like a blackbody (see below).

4 Here we follow the imprecise, but accepted, procedure of employing the term “optical” depth even for frequencies
outside the visual regime.
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Figure 2.10 Attenuation of starlight by the interstellar medium. The point P, located a distance
r from a star of radius R., receives a specific intensity I (r). This intensity is reduced from the
value I (R, ) emitted isotropically from the stellar surface.

Our next step is to use equation (2.17) to find the specific flux received at P. In the present
case, ¢ ~ 1, and the small solid angle A(2 subtended by the star is 7 R2/r2. Thus

Fy(r) = wI\(Rx) (%) exp (—AT)) . (2.22)

Imagine now that the same star were located at some other distance r, from P, and that there
were no intervening extinction. Writing the received flux in this case as F'y (1), we have simply

R\ 2
F5(ro) = m I\ (R.) (7) : (2.23)
If we now divide equation (2.22) by equation (2.23), the result can be written in the form
—2.5log F\(r) = —2.5log F(rs) + 5 log<r) + 2.5 (loge) ATy, . (2.24)
To

Referring to Equations (1.2) and (1.3), we let r, equal 10 pc. We then add the constant m ), to
both sides of equation (2.24) to find

my =My + 5log [ ——— | + 2.5 (loge) A7y . (2.25)
10 pc

Comparison of this equation with (2.12) yields the desired result:

Ax = 2.5 (loge) ATy,

(2.26)
= 1.086 ATy .

Thus, the two measures of extinction actually give very similar numerical values.

2.3.4 Blackbody Radiation

Let us now examine quantitatively the grains’ thermal emission. Imagine surrounding a portion
of interstellar gas, with its admixture of grains, by a container whose walls are maintained at
temperature 7'. Suppose further that these walls absorb all the photons impinging on them, while
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the gas is transparent to this radiation. Then the heated walls will generate their own photons,
and the interior of the container will be filled with radiation that is in thermal equilibrium with
the walls. This means that the distribution of photons among the available quantum states is the
most probable one consistent with the free exchange of energy between radiation and matter.
The radiation energy density under these conditions is given by the Planck formula:
3/.3
w, = —SThvjer 2.27)
exp(hv/kpT) — 1

The so-called blackbody radiation we have just described is also isotropic, i. e., the specific
intensity I, is independent of direction. From equation (2.18), we have I, = cu, /4w. The
specific intensity in this case is given the special symbol B, and is a function of temperature
alone:

B 2h13 /c?
B, (T) = exp(hv/kgT) — 1~ (2.28)

We may also define a B (T") by using

n-n (%)
() n

2hc? /NP
exp(he/AkpT) — 1~
Within our hypothetical container, the spatial uniformity of the radiation field implies, from
equation (2.20), that the emissivity of the matter obeys

(jy)therm = P Ry,abs B, (T) ) (2.30)

where we have indicated that only the absorption component of k,, counts here. Now remove
the container walls. The same matter must emit thermally at precisely the same rate. In applying
equation (2.30), we must take care to use Ty, the temperature of the dust grains, which may be
quite different from the temperature of the surrounding gas (see Chapter 7). >

Figure 2.11 plots the important function B, (T') for several values of T'. We see that increas-
ing T raises the intensity at all frequencies but maintains the shape of the curve. By making
the substitution © = hv/kpT in equation (2.28), the reader may verify that B, (T') reaches its
maximum at x, = 2.82, so that

to obtain
BA\(T) =

(2.29)

Vmax o Lo kB
T h (2.31)
=583 x 1010 Hz K ! .

Similarly, from substitution of y = hc/AkpT into equation (2.29), it follows that B)(T") peaks
at the wavelength \;,., where

Amax T = 0.29 cm K . (2.32)

5 Equation (2.30) is a statement of Kirkhoff’s law; see also Appendix E. Note that we adopt the convention that a
subscript d denotes dust, while g denotes gas.
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Figure 2.11 The specific intensity B, (T") of blackbody radiation. The quantity is shown as a
function of frequency for three representative temperatures.

Equations (2.31) and (2.32) are alternate forms of Wien’s displacement law. This relation,
especially in the form of equation (2.32), has great practical utility.

For future reference, we note that the blackbody relations in Equations (2.27) through (2.29)
also apply to the interiors of stars. Any star is so optically thick at all frequencies that its matter
and radiation are very nearly in thermal equilibrium. Hence, the radiation energy density at an
interior point with temperature 7" is given by equation (2.27). Moreover, the specific intensity of
the light leaving the star is given by Equations (2.28) and (2.29), with T now being the effective
temperature Tog introduced in § 1.3. We therefore have

I(R,) = Bx(Tuq) . (2.33)

To find the specific flux leaving the surface, we return to equation (2.17), but recast in terms of
wavelength. Writing d) = 2ndy and integrating from p = 0 to 1, we find:

Fy\(R.) = 7 Bx(Test) - (2.34)
We may integrate this equation over all wavelengths to obtain the bolometric flux. Again letting
y = he/MkpT, we find
2 kE T [ y3dy
Foo = —573 :
c2h ey — 1

The integral has the value 7 /15, so we may write

Fool = 0Ty , (2.35)
where the Stefan-Boltzmann constant is given by
210 kg
OB = ——574,
15¢2 h3 (2.36)

=5.67x10° ergem 2sT T K.
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Multiplication of equation (2.35) by the stellar surface area 47 R? leads to the relation between
Ly (or L,) and Tog in equation (1.5).

Our manipulations, incidentally, have allowed us to determine the fofal energy density in any
blackbody radiation field. That is, we can now integrate equation (2.27) over all frequencies. It
is conventional to write the result of this integration as

Upaq = aT? . (2.37)

Here, we have introduced the radiation density constant a = 40 /¢, which has the numerical
value 7.56 x 10~ ergecm 3 K%,

2.4 Interstellar Dust: Properties of the Grains

We next turn to the physical characteristics of the dust grains themselves, as deduced from both
their effect on background starlight and their own emission. This information adds, of course,
to our general understanding of the interstellar medium. But grain properties are also intimately
linked, as we shall see, with those of star-forming clouds.

2.4.1 Efficiency of Extinction

The opacity k, represents the total extinction cross section per mass of interstellar material.
If we now wish to explore the contribution of each individual grain, a change of notation is
in order. Since the gas itself contributes only a minor part of the extinction in the interstellar
medium, we may write

PRy = Nqgoq Qv . (2.33)

Here ng4 is the number of dust grains per unit volume.The quantity o4, with the dimensions of
area, is the geometrical cross section of a typical grain, taken for simplicity to be spherical. That
18, 0g = Wafl, where ag4 is the grain radius. The ratio of the actual extinction cross section to
this projected cross section is @, the extinction efficiency factor. As usual, (), can be written
as the sum of absorption and scattering components, which we will denote @, abs and Q) sca,
respectively.

The empirical form of @), (or its equivalent (0) can be obtained from the interstellar ex-
tinction curve, Figure 2.7, along with some theoretical input to set the scale. Equations (2.26)
and (2.38) make it clear that the wavelength variation of the efficiency factor is just

Qx  Ax/Ep_v
Q. Ax/Ep_v'’ (239

where )\, is any reference wavelength. In the limit of zero wavelength, classical electromag-
netic theory gives the result that both @), abs and @, sc, approach unity, yielding a total effi-
ciency factor of 2. Figure 2.7 shows that Ay /Eg_yv = 14 at the last available data point of
A = 1000 A. Theory indicates that the extinction rises only slightly at shorter wavelengths, so
we may apply this number as our asymptotic value to conclude that

Ay
Qr = 014

(2.40)
B-V
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Any theoretical model of grain composition must reproduce this basic connection to obser-
vations. For example, the behavior of the extinction curve tells us that (), varies roughly as A\~!
in the optical regime. At longer wavelengths, there is a local maximum near 10 pm, not evident
in the figure. There is also a more prominent peak in the ultraviolet, at 2200 A. Finally, grain
models must account for the scattering and polarization of the interstellar medium observed at
visible and near-infrared wavelengths.

In the context of star formation, there has been much effort to determine @ at far-infrared
and millimeter wavelengths. The general interstellar medium is transparent in this regime, so
one turns instead to the observed emission from heated dust clouds. Suppose the total optical
depth ATy through a cloud subtending an angle A(2 is less than unity. Suppose further that
the cloud is sufficiently transparent in the optical that Ay can be determined through counts of
background stars, a technique we will discuss in Chapter 6. Then Equations (2.20) and (2.30)
imply that the specific intensity leaving the cloud is approximately

I)\ = B,\(Td)AT/\ .

Here, we have ignored the absorption term in (2.20). Application of equation (2.17) shows that
the received flux can be written as

F\ = B\(Ty) AQ AT, Ary <1, (2.41)

where we have also assumed that AS) is small. If the dust temperature is known through other
observations or theoretical considerations, equation (2.41) yields A7y. Knowledge of Ay, to-
gether with Equations (2.16), (2.26), and (2.40) then gives ).

The determination of T,; and Ay is usually problematic, so that the wavelength dependence
of @, in this regime is also poorly determined. It is conventional to write this dependence,
for 30 um < A < 1 mm, as A~%. Here, f3 is a positive number, which is thought to decline
from about 1 to 2 over this wavelength range. There is also evidence that 3 is generally smaller
in the densest clouds and circumstellar disks, but closer to 2 in more diffuse environments.
This difference may reflect physical agglomeration of the grains in the denser regions.® The
cumulative effect of these considerations is that (5, and hence the opacity, is presently uncertain
by an order of magnitude at A = 1 mm. We will see later that this circumstance hinders the
attempt to measure disk masses.

2.4.2 Size Distribution and Abundance

Returning to the issue of grain structure, most extinction observations can be accommodated if
the particles consist of refractory cores surrounded by icy mantles. The cores are rich in silicates,
such as the mineral olivine found in terrestrial rocks. Silicates can account for the 10 um feature
through the vibration of the SiO bond. Traditionally, the 2200 A spike has been attributed
to electronic excitation of graphite, which has therefore been added as another core material.
However, the failure to detect graphite in comets and meteorites has cast some doubt on this
interpretation. The mantles consist of a mixture of water ice and other molecules presumably

6 As we have just seen, the opacity of a grain does not depend on the wavelength \ of absorbed radiation once the
geometric size becomes larger than A. From equation (2.38), the wavelength-dependence of the efficiency factor also
vanishes in this limit. Hence, centimeter-size grains have a small exponent 3 in the millimeter.
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adsorbed from the surrounding gas. Such mantles can persist within cold interstellar clouds, but
sublimate once the grain temperature exceeds about 100 K.

How large are the grains? In most models, a radius of a4y ~ 0.1 pm is adopted, and this
frequently serves as a rough estimate. However, it is clear that a continuous distribution of
sizes is necessary to match the extinction data. The most commonly used distribution is that of
Mathis, Rumpl, and Nordsiek. Here, the relative number of grains per interval in radius varies
as a;3'5, with upper and lower cutoffs at 0.25 um and 0.005 um, respectively. Equations such
as (2.38) are therefore more correctly written as integrals over the size distribution, but we will
not need this refinement. ’

Within our simplified picture of uniform spherical grains, we imagine an HI cloud with
hydrogen number density ny. We will later find it useful to know ¥4, the total geometric cross
section of grains per hydrogen atom:

Ng0q

Y, = . (2.42)
ny

If our hypothetical cloud has a length L along the line of sight, then 3; can also be written as a

ratio of column densities:
Ngog

YN, =
d NH )
where Ny = nyL and Ny = nyL. We can evaluate the numerator in this relation by first
noting that equation (2.38) can be rewritten, after multiplication by L, as

(2.43)

AT)\ = Nd 0d Q)\ . (244)

The quantity A7y /Q can be found using equations (2.26) and (2.40). Applying the result to
equation (2.42), we find

Yy=78 <EBV) cm? . (2.45)
Np

The ratio of color excess to hydrogen column density in equation (2.45) has been established
empirically, through an important set of observations. To measure Ny in any region, we take
advantage of the fact that O and B stars located behind clouds can excite electronic transitions
in the intervening hydrogen. For diffuse clouds, the stars are still visible but have additional
absorption lines superposed. These lines are in the ultraviolet and can only be observed above
the Earth’s atmosphere. In 1972, an ultraviolet spectrometer aboard the OAO-2 satellite first
measured the Lya transition in the spectra of 69 O and B stars. The depth of the absorption
line translates into a hydrogen column density. In addition, the B and V magnitudes of these
same stars were observed in order to ascertain their color excess. The two quantities are well
correlated, with a linear relationship:

Ep_v

=1.7x10"2%? mag cm? . (2.46)
Ny

7 The concept of an average grain size is useful because a number of important effects increase with the particle radius.
Such effects include the extinction of starlight and the catalysis of Ho formation (Chapter 5). In these cases, the
properly weighted average radius is not far below the upper cutoff of the distribution. An exception is photoelectric
heating (Chapter 7), which is so efficient at small radii that a full integration is necessary.
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Applying this result to equation (2.45) finally yields
Yy=10x10"%cm? . (2.47)

This evaluation of ¥, allows us to obtain a convenient expression for k) in terms of the
standard extinction curve. Referring to equation (2.38), we first write p as mgny/X. We then
solve this equation for the opacity to find

X ngoaQx
mgng

K

Using the definition of X; and its numerical value, we have

Ky = 420 em? g~ Qx
A 2.48
= 59 cm? g_1 5 A , ( )
B-V

where we have also employed equation (2.40).
It is also instructive to estimate f;, the mass fraction of the interstellar medium contained in
grains. Within the picture of uniform spheres, this fraction is

3
fu = mtapa <"") , (2.49)

o 3umg \ng

where pg, the internal grain density, is about 3 g cm~3. The number fraction ng/ng is just
Y4/ma%, which is 3 x 1072 for ag = 0.1 pm. We thus find for the mass fraction

_ 4paaqda
fi=F5——
3ump (2.50)
=0.02.

Since this number matches the metallicity of the gas, we confirm that a large proportion of heavy
elements must be locked up in solid form.

2.4.3 Polarization of Starlight

Another important aspect of grains is their ability to polarize radiation. Consider the visible re-
flection nebulae surrounding bright, young stars. Here, stellar photons travel unimpeded through
gaps in patchy cloud gas until they encounter a grain and are scattered in our direction. Prior
to the scattering event, the incident electric field vector E oscillates randomly within the plane
normal to the propagation direction 7 (see Figure 2.12). Now focus on radiation that scatters
into directions 90° from 71, such as § or §’ in the figure. These new directional vectors define
their own normal planes. The scattered field E only oscillates along the line that is the projec-
tion of the new plane and the old. Hence, this radiation is linearly polarized. Scattering into
other directions, such as §”, results in partial polarization. That is, E again oscillates along two
orthogonal lines, but with unequal amplitude.
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If one rotates a polarizing filter in front of a source, the received intensity at any wavelength
varies from some lowest value I ,;,, up to I;,.x. The orientation of the polarizer corresponding
to Iax 1S the position angle of E, while the degree of polarization is defined to be

Imax - Imin
P=—— 2.51
Imax + Imin ( )

This quantity is a function of wavelength, since Q) sco generally decreases with A. Conse-
quently, reflection nebulae appear bluer than their central stars. Values of P in the optical are
typically a few percent in the reflection nebulae surrounding young stars, but can be as high as
0.2. Note that the change in polarization direction (i. e., the orientation of FE) across such a neb-
ula depends on the position of the star relative to the line of sight. In many cases, the pattern of
E-vectors accurately locates an illuminating source that is too embedded for direct observation.

In the presence of a magnetic field, grains also polarize radiation through dichroic extinction.
This phenomenon depends on the fact that the particles are not perfect spheres, but irregular
structures that tend to rotate end over end, i. e., about their shortest principal axes. Grain material
also has a small electric charge and is paramagnetic. Both features cause it to acquire a magnetic
moment M that points along the instantaneous axis of rotation. Interaction with the ambient
magnetic field then creates a torque M x B that gradually forces the grain’s short axis to align
with the field. Figure 2.13 illustrates this situation, for the case of an idealized, cylindrical grain.

Consider now unpolarized radiation that impinges on this rotating grain. The electric field
is most effective in driving charges down the body’s long axis, This direction therefore becomes
the one of maximum absorption for the electromagnetic wave. As seen in Figure 2.13, the
electric vector of the transmitted radiation lies along the ambient B. The reader may check that
the effect is greatest when the propagation direction of the incident radiation is nearly orthogonal
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Figure 2.13  Polarization by
dichroic extinction. Radiation
propagating in direction 7o im-
.() pacts an elongated grain rotat-
ing about the magnetic field B.
The transmitted radiation is po-
B larized in the direction of B.

to the field. The observation of polarized light from background stars is a powerful method for
mapping the magnetic field throughout the Galaxy.

2.4.4 PAHs

Returning to the reflection nebulae around massive stars, we often find that such regions emit
copiously at far-infrared wavelengths, in addition to the optical and ultraviolet. This radiation
represents the thermal emission from the grains themselves. For a star at distance r, the flux on
the grain falls as 7 2. With Q s varying as A~2, the thermal emission is proportional to T}y
(see Chapter 7). Hence, the grain temperature falls as r—!/3. For a representative distance of
0.1 pc from a B star, Ty is about 100 K. The temperature is somewhat higher for smaller grains,
for which the efficiency factor governing emission is lower. However, the high temperature-
sensitivity of the emission implies that this effect is not strong.

A number of reflection nebulae display a quantitatively small, but significant, anomaly in
their emission. While the lion’s share of the luminosity is in the ultraviolet, visual and far
infrared, about one percent is emitted at near-infrared wavelengths. Figure 2.14 gives one ex-
ample. Here, the observed near-infrared flux is well matched by a blackbody at a temperature of
about 1500 K, along with a narrower emission feature near 3 um. The broadband emission could
not possibly be reflected starlight, since the radiation of the illuminating B star is predominantly
in the visible and ultraviolet. Furthermore, the derived temperature is an order of magnitude
higher than the value for heated dust, even at the smallest sizes posited in the Mathis, Rumpl,
and Nordsiek distribution. Most intriguingly, the temperature does not decline with distance
from the star.

The solution to this puzzle is to consider grains so tiny that their total thermal energy con-
tent is much less than the energy of a single stellar photon. Since the energy of a photon, unlike
the stellar flux F,,, does not decrease with distance, the peak temperature T,; could also be
distance-independent. Under such circumstances the very concept of an equilibrium dust tem-
perature loses significance. The temperature of each grain would undergo stochastic jumps with
every photon impact and then rapidly fall as the grain cools. Because of the steep temperature-
dependence of the emissivity, the observed 7; would be heavily weighted toward the peak
values.

How small does such a grain have to be? If ATy is the temperature jump, then the grain
lattice gains energy 3NkpAT,, where N is the number of atoms. We equate this energy to the
photon value hv and solve for V:

hv

N=—"_
3kp AT,

(2.52)
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For a representative photon energy of 10 eV and temperature jump of 1000 K, we find that
N = 40. If Ar is the lattice spacing between atoms, this number can be packed into a sphere
with radius R ~ N'/3Ar = 10 A, assuming a typical Ar of 3A.

The 3 um emission spike seen in Figure 2.14 is actually one of several that were unexplained
in the standard grain models. Since the 1980s, much effort has been devoted to the laboratory
study of tiny grains (or macromolecules) that can reproduce these features. The most promising
are known chemically as polycyclic aromatic hydrocarbons, or PAHs. These consist of linked
carbon rings lying in a single plane. Figure 2.15 shows a representative PAH together with its
emission spectrum in the near infrared. Here, the peaks arise from vibration of the C-H and C-C
bonds.

Despite their small cross section, PAHs within clouds are important as heating agents, facil-
itating the transfer of the energy in starlight to the interstellar gas. In this role, their planar struc-
ture helps, allowing electrons to be readily liberated by ultraviolet photons. Theoretical studies
which include PAHs in order to match observed cloud temperatures find that their population
relative to ordinary grains can still be found by extrapolation of the standard size distribution.
This fact lends support to the view that the distribution itself has a universal character, reflecting
essential aspects of the origin and dissemination of interstellar grains.

Chapter Summary

Much of the matter between stars consists of gas at about 100 K, where hydrogen is in atomic
form (HI). Discrete HI clouds permeate the Galaxy and have large velocities in and out of the
plane. Warmer and more rarefied gas, with a temperature closer to 10* K, also exists, but its
structure is poorly known. So too is the morphology of even hotter gas at 105 K. All of these
components appear to coexist in rough pressure equilibrium.
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Figure 2.15 Emission from a candidate PAH (arbitrary units). The filled peaks represent emission
calculated from the laboratory-measured absorption spectrum of the organic compound shown.
The dashed curve displays, for comparison, the observed emission from the reflection nebula
NGC 2023. Note again the spike near 3 um.

Yet another form of hydrogen, and the most interesting from the perspective of star forma-
tion, is the molecular (H2). While the total mass here is comparable to that in HI, the spatial
distribution is very different. The molecular gas surface density in the Galactic disk attains a
local peak at a radius of 6 kpc and then climbs steeply toward the center. Molecular cloud inte-
riors are under a higher pressure than the other phases of the interstellar medium because of the
influence of self-gravity.

Solid dust grains mixed in with the gas absorb background radiation and redden its color.
Both effects are quantified as a function of wavelength by the interstellar extinction curve. Each
grain consists of a relatively dense core surrounded by an icy mantle. Radiation from the dust
around hot stars shows that the larger grains attain equilibrium between stellar heating and
thermal emission. However, the tiniest structures, known as PAHs, reveal themselves through
their anomalously high temperatures.
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3 Molecular Clouds

Having surveyed the gas content of the Galaxy, we now take a closer look at the molecular
component. Table 3.1 summarizes the physical properties of Galactic molecular clouds. For
later reference, we have distinguished a number of cloud types, but any such classification
scheme necessarily has a degree of arbitrariness. The diameter L, for example, is really a
characteristic value within a range that blends into the adjacent type. Note that our listing is
in order of increasing Ay, the typical visual extinction along a line of sight through the cloud
interior. At the low end are diffuse clouds. These are relatively isolated entities, with comparable
amounts of atomic and molecular hydrogen. The fact that Ay is near unity means that much
of the light from background stars can actually traverse these objects. Absorption lines seen in
such radiation, particularly in the ultraviolet, have proved to be of considerable value for studies
of molecular abundances and chemical reaction networks. However, diffuse molecular clouds
represent a minor fraction of interstellar gas and are never found to produce stars, so we will not
be examining them in any detail.

We pass instead to the next category in Table 3.1, the giant molecular clouds. Here, the
reader has already encountered one important example, the complex in Orion. We first discuss
more systematically the properties of such structures. To aid in the analysis, we introduce and
then utilize the virial theorem, a powerful tool for understanding the mechanical equilibrium of
self-gravitating bodies. We then turn our attention to dense cores and Bok globules, the much
tinier entities associated with the birth of individual stars.

3.1 Giant Molecular Clouds

Both HI and diffuse molecular clouds can persist for long periods by means of pressure balance.
That is, the internal thermal motion of the gas is prevented from dispersing the cloud by the
confining presence of a surrounding, more rarefied and warmer medium. In giant molecular
clouds, we encounter an entirely different dynamical situation. Here the main cohesive force is
the cloud’s own gravity, while internal thermal pressure plays only a minor role in the overall

Table 3.1 Physical Properties of Molecular Clouds

Cloud Type Ay Niot L T M Examples
(mag) (ecm™?) (po) (K) (Mg)
Diffuse 1 500 3 50 20 ¢ Ophiuchi
Giant Molecular Clouds 2 100 50 15 10° Orion
Dark Clouds
Complexes 5 500 10 10 10*  Taurus-Auriga
Individual 10 103 2 10 30 B1
Dense Cores/Bok Globules 10 104 0.1 10 10 TMC-1/B335

The Formation of Sars. Steven W. Stahler and Francesco Palla
Copyright © 2004 Wiley-VCH Verlag GmbH & Co. KGaA, Weinheim
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Figure 3.1 Typical 2.6 mm profile of 12C*°0 in the Galactic plane.

force balance. Such an environment is clearly more favorable to star formation, which proceeds
through gravitational condensation.

3.1.1 Galactic Distribution

Within the Milky Way, over 80 percent of the molecular hydrogen resides in giant cloud com-
plexes. The latter also account for most of the new star production. A typical giant cloud, we
will show later, survives for 3 x 107 yr before it is destroyed by the intense winds from embed-
ded O and B stars. On average, the cloud converts about 3 percent of its mass into stars during
this time. Given the total Hy mass in the Galactic disk of 2 x 10° M, o, it follows that the star
formation rate from giant clouds is about 2 M, yr~!. This rate is a bit less than, but consistent
with, M, quoted in Chapter 1, which was based on the observed luminosities of massive stars
and their theoretical lifetimes. Bearing in mind the significant uncertainty associated with the
underlying data, such consistency is gratifying.

In the case of Orion, we have seen how the relatively rare O and B stars found throughout
the complex are signposts for the local production of numerous low-mass objects. There are un-
doubtedly other pockets of star formation still hidden from view by the large column densities
in dust. Generalizing from Orion, it is significant that every Galactic OB association thus far ob-
served is closely associated with a giant molecular cloud. This fact was established by extensive
observations in the 2.6 mm line of 2C'60. Indeed, cloud complexes were initially discovered
in the 1970s through CO studies of the sky near known HII regions, infrared sources, and areas
of high visual extinction. Because it can be detected over large distances, the 2.6 mm line has
remained the tool of choice for largescale surveys, both in our own and external galaxies.
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Figure 3.2 Galactic distribution of giant molecular clouds interior to the solar position. Note the
“zone of avoidance,” where radial velocities are too small for accurate position determination.

Figure 3.1 is a representative 12C'°0 spectrum. The figure follows radio astronomical con-
vention by plotting, instead of the specific intensity I,,, a proportional quantity known as the
antenna temperature, T '4; this quantity is defined precisely in Appendix C. Note also that the
independent variable in Figure 3.1 is not the frequency v itself, but rather the “radial” gas veloc-
ity V. along the line of sight. This is the velocity that would, through the Doppler effect, shift
the line-center frequency v, into v. Thus, V,. is given by ¢ (v, — v)/Vs. A positive V,.-value
thus corresponds to a redshifted line (v < v,).

The spectrum in Figure 3.1 shows a number of discrete peaks. Each of these represents an
individual giant molecular cloud along the line of sight, which is here given in Galactic coordi-
nates by [ = 30° and b = 0° (i. e, in the disk plane). The radial velocity of each cloud reflects
its particular Galactocentric orbital speed. This speed varies in a known way with distance from
the Galactic center. By taking a large number of spectra, therefore, one can map the distribution
of clouds over a wide area of the disk. Moreover, the integrated value of 74 under each peak
is a measure of the total cloud mass (see Chapter 6). Figure 3.2 displays the results of a cloud
survey utilizing these tools. Here the observations are limited to Galactocentric radii compara-
ble to or less than solar, and to very massive cloud complexes in excess of 105 M. The “zone
of avoidance” toward the Galactic center is the region where the line-of-sight component of the
clouds’ circular velocity is too small to yield a reliable distance. Notice how the alignment of
clouds in two regions delineates fragments of spiral arms. !

! In some renderings of Galactic structure, the two local features shown in Figure 3.2 are pieces of a contiguous
“Sagittarius-Cygnus arm.” A second global structure, the Perseus arm, passes outside the solar position.
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Figure 3.3 The Rosette Molecular Cloud, as seen in the 2.6 mm line of '2C*®0. The dashed
contour indicates the boundary of the HI envelope.

Figure 3.3 is a map in '2C'0 of the Rosette Molecular Cloud. This well-studied giant
complex is located in the Monoceros region at a distance of 1.5 kpc. It appears as the small
shaded region in Figure 1.1, just to the left of the Orion Molecular Cloud and inside the Milky
Way band. The cloud contains the Rosette Nebula, an HII region generated by a compact group
of five O stars. As was the case for the Orion Nebula, the massive stars are themselves embedded
within a more extended cluster of low-mass members. The location of this cluster, designated
NGC 2244, is also indicated in Figure 3.3.

3.1.2 Internal Clumps

The Rosette Molecular Cloud has an elongated, clumpy appearance reminiscent of the Orion
cloud (Figure 1.2). We must bear in mind that the 2.6 mm line of 12C*®0 is always optically
thick in giant molecular clouds and so emanates only from their surface layers. To probe internal
structure, one can utilize the analogous line from a rarer isotope, such as 3C'60. In this case,
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a photon from the deep interior has a smaller probability of absorption in the lower column
density of 13C160 molecules. On the other hand, the received intensity is also less than for
the main isotope, necessitating longer integration times at the telescope. Figure 3.4 is a 13C'60
map of an interior portion of the Rosette cloud. Again we see that the emission presents a highly
clumpy appearance. However, we can be certain that the peaks represent true internal density
enhancements.

Any map is a two-dimensional projection onto the plane of the sky and therefore blends
together structures that are physically distinct. As before, the radial velocity of the emitting gas
can be effectively used as the third coordinate. The distribution of velocities is contained in
the line spectrum at each sampled position, but it is cumbersome to display a two-dimensional
array of all the spectra. Alternatively, one can take a linear slice through the full map and
give the values of I,, (or rather T4(V;.)) only at points along that slice. Figure 3.5 shows the
resulting position-velocity diagram for the cut at b = —1°75; this cut is indicated in Figure 3.4.
The diagram shows, for example, that the clump seen near [ = 207°75 actually consists of two
overlapping structures separated in velocity by about 5 km s~ 1.

There is an important difference between the velocity variation encountered in this high-
resolution scan and that displayed by the complexes as a whole, illustrated in Figure 3.1. In
the latter case, the velocities of the giant molecular clouds correlate systematically with Galac-
tocentric radius. In contrast, the clump velocities within a complex appear to be randomly
dispersed about a mean value. For the Rosette Molecular Cloud, this mean is +13 km s™!,
while the one-dimensional dispersion, i. €., the root-mean-square deviation, of the radial veloc-
ity is 2.3 km s 1. The simplest interpretation of this local dispersion is that the clumps represent
a swarm of relatively high-density parcels that maintain their integrity as they move within the
interior of the cloud complex.

By integrating the 13C'0 intensity within the borders of individual clumps, one can reliably
determine the clump mass and the volume-averaged density. We will be detailing this technique
in Chapter 6. In the Rosette cloud, where the typical clump radius is 1.5 pc, the average mass
thus obtained is 250 M, corresponding to a hydrogen density ny; = 550 cm~2. Since the
mean density for the entire complex is only 60 cm™2, the clumps cannot occupy a large fraction
of the volume.

Figure 3.6 shows the actual distribution of the clump mass M. Above a certain minimum,
the number of clumps per unit mass, A/, falls off as a power law:

M
Mmin

~-1.5

N =N, ( > (M > Muin) , (3.1)
where N, is a constant, and where M3, ~ 30 Mg. The pure power-law dependence is in-
dicated in the figure by a dashed line. Other giant molecular clouds yield a similar result.
Interestingly, cloud surveys such as that displayed in Figure 3.2 also find this power law for
the masses of complexes as a whole. Such universality suggests that giant clouds are built
up by the agglomeration of many clumps which were already distributed in mass according to
equation (3.1).

Returning to our Rosette example, the structure of the complex is further clarified by exam-
ining the visual extinction through the cloud gas. By multiplying Equations (2.16) and (2.46),
we first obtain the generally useful result

Ay /Ny = 5.3 x 107*?* mag cm? . (3.2)
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Figure 3.4 Map of the Rosette Molecular Cloud in *3*C*®0. The horizontal line is the cut used in
Figure 3.5.
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Figure 3.5 Position-velocity diagram for the cut indicated in Figure 3.4.
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A typical line of sight through a spherical cloud of density ny and radius R will penetrate a
column density Ny of nyR. We thus find that the average Rosette clump has an Ay of 1.0.
For the complex as a whole, the mean Ay -value is 1.9, as determined by both 2C'60 and
13C160 mapping. Since the interclump gas appears too tenuous to contribute significantly to
Ay, these results imply that our generic line of sight through the complex intersects two clumps.
In summary, the clumps, which comprise as much as 90 percent of the total mass of 1 x 10° M,
fill the projected area of the complex but not its interior volume.

3.1.3 Atomic Constituent

The space between clumps is occupied by a lower-density gas, whose properties are not yet
known in detail. A fraction of this material is certainly molecular, since it can be detected at
low intensity in >C'60. The remainder is probably atomic gas at a temperature 2 to 4 times the
10 K characterizing the clumps themselves. Evidence for this component comes from 21 cm
observations of molecular clouds, both giant complexes and more isolated dark clouds. Such
studies often find a central absorption dip superposed on the ubiquitous emission from HI. As
an illustration, Figure 3.7 shows two 21 cm profiles observed near the star-forming dark cloud
p Ophiuchi. The dip seen directly toward the cloud (Figure 3.7a) stems from relatively cold
HI gas partially absorbing the emission from warmer, background material. This dip is absent
when the line of sight is slightly offset (Figure 3.7b).

The interclump gas represents a minor fraction of the complex by mass. However, both the
Rosette and other systems also have extended, massive envelopes of atomic hydrogen. These
envelopes span linear sizes several times that of the enclosed complexes and have compara-
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Figure 3.6 Distribution of clump masses in the Rosette Molecular Cloud.
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Figure 3.7 Profiles of HI emission in the dark cloud complex p Ophiuchi (a) directly toward the
complex, and (b) adjacent to the molecular gas.

ble total masses. They appear as an excess of 21 cm emission associated in both position and
velocity with giant molecular clouds. The temperature of the envelope gas lies in the range
of 50 to 150 K, i. e, similar to other HI clouds found throughout the Galaxy. Because of the
much poorer spatial resolution available with centimeter radiation, these structures have not
been mapped with nearly the detail of their molecular interiors, but there is evidence for fila-
ments, arcs, and other inhomogeneities. The dashed contour in Figure 3.3 traces, for the Rosette
system, the locus of the HI intensity at half the peak value. Similar envelopes, but on a reduced
scale, are also detected around isolated dark clouds.

3.1.4 Origin and Demise

We have already seen one indication that giant molecular clouds are formed through the ac-
cumulation of many individual clumps. The clustering of the complexes along Galactic spiral
arms suggests that this buildup occurs as gas flows into the potential wells associated with the
arms (recall Figure 1.19). Here, the original gas is presumably atomic. Molecular clumps could
form inside the condensing medium through their self-shielding from ultraviolet radiation (see
Chapter 8), leaving behind the present HI envelopes. Note further that the observed drop in the
H,, surface density between the arms implies that a typical giant cloud cannot survive as long as
the interarm travel time of the Galactic gas, i. €., about 10® yr at the solar position.

What destroys the complexes? There is strong empirical evidence that the powerful winds
and radiative heating associated with massive, embedded stars are the primary agents. In the
Rosette cloud, the O stars within the Nebula have already dispersed much of the adjacent atomic
and molecular gas, and are driving a thick HI shell into the remainder. The shell radius of
18 pc, in combination with the expansion velocity of 5 km s~! obtained from the 21 cm line,
implies that the expansion has proceeded for 4 x 10% yr. This time matches the age of the
partially embedded NGC 2244 cluster, as determined by the main-sequence turnoff method (see
Chapter 4).

For other systems, it is also possible to witness the progressive alteration in cloud properties
as a function of the age of an associated stellar cluster. Older complexes generally contain



68 3 Molecular Clouds

| T T T
°
6_ —
°
.0
— e o © _
o} o °
2 .t ‘e e
= 41— ° s hd —
— °
o L °
° °
°
8 - -
©
=
°
2 — —
| | | | | |
6 7 8 9

Age log ¢ (yr)

Figure 3.8 Molecular mass near open stellar clusters as a function of the cluster age. The vertical
arrows signify upper bounds.

more clumps of smaller diameter and show evidence for streams of ionized gas. In addition,
the cloud fragments are receding from the stars, with a typical speed of 10 km s~!. Figure 3.8
displays the total molecular mass, as gauged by CO emission, lying within 25 pc of known
stellar clusters. This mass is plotted as a function of the cluster age. (We will see how the
second quantity is obtained in Chapter 4.) Note the marked decline in the mass by an age of
5 x 10% yr (logt = 6.7), with essentially complete disappearance after 5 x 107 yr. The first O
stars must appear relatively soon after the formation of a complex, since the majority of giant
clouds seen today contain a massive association. Thus, the disappearance time also provides an
estimate of the maximum duration of complexes.

3.2 Virial Theorem Analysis

The random nature of the clump velocities within complexes is an important clue to cloud
morphology. Let us now take a more quantitative approach and ask if the magnitude of the
velocity dispersion is consistent with the internal gravitational field. To do so, we pause in our
survey of molecular clouds to introduce the virial theorem, which not only allows us to address
this question for giant complexes and other cloud types, but also to assess generally the balance
of forces within any structure in hydrostatic equilibrium.
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3.2.1 Statement of the Theorem

Our starting point is the equation of motion for an inviscid fluid. We generalize the hydrostatic
equation (2.4) to include acceleration as well as the effect of an ambient magnetic field:

Du

"Dt

The quantity Du/ Dt represents the full (or convective) time derivative of the fluid velocity wu,

including both its rate of change at fixed spatial position  and the change induced by transport-
ing the element to a new location with differing velocity:

Du (8u

1
— _VP - pVd, + —jxB. (3.3)
C

— = | = -V)u . 3.4
Dr 5 )w + (u-V)u (34
The last term in equation (3.3) is the magnetic force per unit volume acting on a current density
j. The two quantities j and B are related through Ampere’s law:

4
VxB=_"j. (3.5)
C

The full Maxwell equation corresponding to (3.5) also contains on the right side the displace-
ment current 1/¢ (OE /Ot)4, where E is the electric field. This term may be safely ignored for
the relatively slow changes of interest. Using (3.5), we recast equation (3.3) as

Du

’ Dt

Here we have also employed the vector identity for triple cross products. The third righthand

term in (3.6) represents the tension associated with curved magnetic field lines, while the last

term is the gradient of a scalar magnetic pressure of magnitude |B|?/8, analogous to the

thermal pressure but not generally isotropic. Note that the existence of tension requires bending

of the field lines, while pressure arises from the crowding of the lines, whether they be curved

or straight.

Equation (3.6) governs the local behavior of the fluid. To derive a relation between global

properties of the gaseous body, we form the scalar product of (3.6) with the position vector r
and integrate over volume. We also avail ourselves of the equation of mass continuity:

I\ _ o
(%) = v-tw. a7

as well as Poisson’s equation, where the right side of (2.8) now contains the gas density p. We
show in Appendix D how interchange of the order of differentiation and repeated integration by
parts leads to the virial theorem:

— 1 1 2
= -VP — pV® + —(B-V)B — _V|B]’. (3.6)

1921

—— =27 +2U 3.8

5 912 + +W+ M, (3.8)
where we have dropped the subscript on the partial derivative. Here I is a quantity resembling

the moment of inertia:

I= /p\r|2d3w. (3.9)
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Of the righthand terms in (3.8), 7 is the total kinetic energy in bulk motion:

1
=3 /p|u|2d3:l:7 (3.10)
while U is the energy contained in random, thermal motion:

U = g/nkBTdSm

;/me.

The quantity )V is the gravitational potential energy:

(3.11)

1
= 5/}¢gfw, (3.12)
and M is the energy associated with the magnetic field:
1
M = —/|B|2d3:c. (3.13)
8

In writing equation (3.8), we have ignored a number of surface integrals, including one
representing the effect of any external pressure. (See equation (D.12) in Appendix D.) Such
an approximation would not be justified for HI or diffuse clouds, but is valid for the strongly
self-gravitating giant complexes. The issue here is which of the terms in (3.8) can balance the
gravitational binding energy V. Note that the integrals U, M, and 7 are all positive, while
W is negative. If none of these three terms can match »V in magnitude, then a typical giant
molecular cloud would be in a state of gravitational collapse.

3.2.2 FreeFall Time

Let us briefly explore this latter possibility. We denote by R = L/2 the characteristic “radius”
for a cloud of mass M. Then, to within a factor of order unity, W is —GM 2 /R. Equation (3.8)
reduces in this case to

10°I = GM?

20t2 " R
If we further approximate I as M R?, then dimensional analysis of this relation tells us that R
in the collapsing cloud shrinks by roughly a factor of two over a characteristic free-fall time t-.

This is approximately
R\ /2
(e)

—1/2 3/2
7 % 10° yr M R ;
105 Mg 25 pc

where we have inserted representative numbers from Table 3.1. Note further that, since
M/R? = p, the time scale can also be written as (G p)~'/2. It is conventional to define tg

precisely as
3x \ Y2
tg = <32Gp> . (3.15)

Q

te
(3.14)




3.2 \Mrial Theorem Analysis 71

This expression actually gives the time for a homogeneous sphere with zero internal pressure to
collapse to a point (Chapter 12).

Equation (3.14) indicates that giant molecular clouds have free-fall times comparable to their
observed lifetimes. Does this mean that the clouds are indeed collapsing? One issue here is our
questionable use of a global, volume-averaged density in equation (3.14). The higher density
appropriate for an individual clump would have yielded a tg-value closer to 10° yr. In any
case, there is no convincing empirical evidence for large-scale shrinking or flattening over such
an interval. The complexes’ internal velocities also appear to be random, not systematically
directed toward a collapsing center. Apparently, the entities survive until they are destroyed
from within, by the massive stars they spawn.

3.2.3 Support of Giant Complexes

If the complexes are in approximate force balance over their lifetimes, we may actually ignore
the left side in equation (3.8) and obtain the form of the virial theorem appropriate for longterm
stability:

2T +2U04+ W+ M=0. (3.16)

For a cloud in such “virial equilibrium,” the question is again how to balance V. In order
to gauge the effectiveness of the internal pressure in supporting the cloud, we first note that
U is given, in the spirit of our approximations, by MRT/u, where T is a representative gas
temperature. We then form the ratio

U _ MRT (GM2>1
W I R

M \'/ R T
-3
310 (105 MQ) (25pc>(15K> '

Even after considering a reasonable spread in the values of M, R, and 7, this result shows
unambiguously that giant complexes are not sustained by thermal pressure.

We turn to the final, magnetic term in equation (3.16). Studies of the polarization of back-
ground starlight reveal the existence of a large-scale B-field throughout the plane of the Galaxy.
This field penetrates giant molecular clouds and could exert a major dynamical influence, help-
ing to prevent collapse. The strength of the magnetic force relative to self-gravity is measured by

(3.17)

M _|BPR (GM*\T
(W] = 6r R

03 B 2 R 4 M -2
“\20uG) \25pc) \10° M)

where we have crudely represented the cloud as a sphere of radius R in estimating M. The
magnetic field strength in molecular clouds is currently obtained from the Zeeman splitting
of either the 21 cm line of HI or of a cluster of lines near 18 cm from OH (see Chapter 6).
Unfortunately, this technique has not yet provided results for either the clump or interclump gas
in giant clouds. Our representative B-value in equation (3.18) comes from measurements in
nearby dark clouds and is consistent with the somewhat lower values detected in the warm HI
envelopes of giant complexes.

(3.18)
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The numerical estimate of M /|W)| indicates that the magnetic field iSimportant, but in pre-
cisely what sense? According to equation (3.3), the associated force acts on a fluid element
in a direction orthogonal to B. Thus any self-gravitating cloud supported mainly by a well-
ordered field can slide freely along field lines until it settles into a nearly planar configuration.
Such flattening is not evident in the giant complexes, so we are forced to reject the hypothe-
sis of a perfectly smooth internal field. Now the direction of B in the plane of the sky, but
not its magnitude, can be ascertained from the optical polarization mentioned earlier. We saw
in Chapter 2 how elongated grains lying perpendicular to the field polarize starlight through
dichroic extinction. However, the observed E vectors in any local region are never perfectly
aligned, but display significant scatter. This scatter indicates the presence of a random com-
ponent to B, coexisting with the smooth background. The field distortion arises, at least in
part, from magnetohydrodynamic (MHD) waves, also called hydromagnetic waves. As we will
discuss in Chapter 9, these waves may provide the isotropic support preventing the cloud from
flattening.

The final term to consider in equation (3.16) is the kinetic energy 7. The bulk velocity
within giant clouds stems mostly from the random motion of their clumps. Denoting by AV
the mean value of this speed, we find

T 1 aM2\
—— x~ —MAV?
i = 22V (%)

05 AV \? M \N'/ R
" \4kms! 10° Mg 25 pc)

To obtain a representative AV, which we take to be the three-dimensional velocity dispersion,
we have increased the Rosette line-of-sight dispersion of 2.3 km s~ ! by a factor of v/3, as would
be appropriate for a random, three-dimensional velocity field. Our numerical result for 7 /||
implies that the typical internal AV is close to the virial velocity Vi, which we define as

1/2
Vi = (GTM) . (3.20)

Comparison with equation (3.14) shows that V5, is the velocity of a parcel of gas that traverses
the cloud over the free-fall time ¢g. In other words, it is the typical speed attained by matter
under the influence of the cloud’s internal gravitational field.

The actual velocity dispersion in any cloud can readily be determined by the broadening
of some spectral line, generally one of CO. Figure 3.9 shows that, despite considerable scatter,
AV roughly matches V;, (or, equivalently, that 7 matches |VV|) not only in our typical giant
molecular cloud, but over a much wider range of sizes. In giant complexes, this approximate
equality is consistent with the picture of a swarm of relatively small clumps, each one moving
in the gravitational field created by the whole ensemble. The kinetic energy in clump motion is
matched by that of the internal magnetic field, which also has a significant random component.
Since energy can be exchanged between the matter and field through hydromagnetic waves,
such equipartition is not too surprising. Nevertheless, there are as yet no quantitative, theoret-
ical models of giant clouds, incorporating both the uniform and fluctuating field, that account
naturally for this result.

Viewed as separate entities, the clumps within giant molecular clouds fall under the “indi-
vidual dark cloud” category in Table 3.1. The largest clumps have masses of order 103 M, but

(3.19)
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Figure 3.9 The ratio of the bulk kinetic energy 7 to the gravitational potential energy |W)| for
molecular clouds, plotted as a function of the cloud diameter L.

even more massive dark clouds exist. The Taurus-Auriga system described in Chapter 1 and the
well-studied p Ophiuchi region are two prime examples. Yet another at roughly the same dis-
tance is Corona Australis in the Southern hemisphere. Though differing morphologically from
each other, all have mean densities similar to the clumps, but total masses closer to 104 M.
We shall term such objects dark cloud complexes. While accounting for a significant fraction of
Galactic star formation, it is noteworthy that they do not produce the OB associations that are
a hallmark of the more massive systems. On the other hand, complexes such as p Ophiuchi do
contain regions with peak Ay -values of order 100. Such locales always harbor a multitude of
embedded young stars.

3.3 Dense Coresand Bok Globules

We now focus on the smallest cloud entities. These dense cores and Bok globules are seen, in
many cases, to harbor infrared point sources of emission. We know, therefore, that they are sites
of star formation. How this production occurs will occupy much of our attention. We begin,
however, with an overview of the cloud properties.

3.3.1 Quiescent Gas

The hierarchy of molecular clouds displays several intriguing patterns. One we have seen is the
similarity of 7 and |W)|. The much sparser observations of magnetic field strengths are also
consistent with a rough equality of M and |W]|, holding over an equally broad range of cloud
parameters. Finally, there is a third trend not evidently tied to energy considerations. Suppose
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Figure 3.10 Three-dimensional velocity dispersion of molecular clouds as a function of their
diameter.

one observes the broadening of a spectral line toward a cloud without spatially resolving that
object. This broadening, as we have seen, can be translated directly into a velocity dispersion.
Figure 3.10 demonstrates that the measured dispersion varies systematically with cloud size:

L n
AV = AV, (F) 7 (3.21)

where n ~ 0.5, and where AV, ~ 1 kms™! for L, = 1 pc. This empirical relation, whose
basis is still not fully understood, is often called Larson’s law. Taken literally, equation (3.21),
in conjunction with (3.20), implies that the column density M L~2 is unchanged from cloud
to cloud. In fact, there is a slow increase of the proportional quantity Ay, toward denser and
smaller clouds, as indicated in Table 3.1. Nevertheless, the near constancy of Ay is also of
interest and could well be a clue toward deciphering the puzzle of cloud origin and structure.
The broadening of a spectral line from any molecular cloud stems from both thermal mo-
tion and bulk velocity of the emitting gas. The quantity AV in equation (3.21) refers only to
the nonthermal component, which is presumably induced by hydromagnetic waves.”? As we
consider successively smaller clouds, AV eventually reaches the ambient thermal speed, whose
root-mean-square value is (3R7T'/ u)l/ 2, Equation (3.21) implies that this transition is reached

2 In contrast, the kinetic energy 7 in Figure 3.9 was calculated using both the thermal and nonthermal velocity disper-
sions.
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at a size scale Lo found from

3RT L,
pAVE

= 0.1 T
=0lpe | 0% )

An object of size Liperm, which also has U =~ |W)|, is a more quiescent environment than
larger dark clouds with their energetic internal waves. In fact, both the clumps within giant
complexes and isolated dark clouds do contain distinguishable substructures of this dimension.
These entities are the dense coresresponsible for individual star formation.

Our surveys of Orion and Taurus-Auriga showed how these cores are found throughout the
interiors of dark clouds (recall Figure 1.2). With densities exceeding 10* cm~3, such structures
cannot be probed by the usual 12C*®0O or even 3C!°0 lines, which are both optically thick.
Other species, such as NH3, 12C180, and CS, emit radio lines that are optically thin and can be
used both for discerning global properties and for spatial mapping. These observations, carried
out since the early 1980s, show that the typical dense core comprises several solar masses of
gas, and has a temperature near 10 K. Although a few individual cores within a dark cloud may
be far more massive, the aggregate of all cores generally comprises less than 10 percent of the
total gas supply.

The most extensive studies have been conducted using the 1.3 cm line of NH3. Figure 3.11
is a typical NHj3 spectrum toward the center of the dense core L260, at a distance of 160 pc. The
dashed curve is the profile expected from thermal motion alone, as calculated for the internal
temperature of 9 K. (We will later see how such a figure is obtained.) Here, it is assumed that
the probability of any line-of-sight velocity V. is given by the Maxwell-Boltzmann distribution,
so that the observed intensity varies as

Ltherm =

2
M) (3.22)

Ta(V,) x exp (— 2 kn T

where mym, is the mass of the ammonia molecule. (See Appendix E for a general discussion
of line broadening.) Note that the root-mean-square value of V. is (kgT'/ mNHS)l/ 2; this is the
one-dimensional dispersion for thermal motion.

The profile in equation (3.22) has a full-width half-maximum extent of

8n2kpT\ />
g) 7 (3.23)

AVewam (therm) = ( p—
3

which has the value 0.15 km s~! for 1.260. Figure 3.11 shows that the observed profile is
actually broader than this. The additional broadening can be ascribed to a random field of
turbulent velocities; the solid line is the calculated model result. The turbulent velocities in
the model obey a Gaussian probability distribution like that in equation (3.22), but with an
associated width denoted AVrwpwm (turb). Since the two distributions are uncorrelated, the
total profile width is

AV (tot) = AV (therm) + AV, (turb) (3.24)
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Figure 3.11 Profile in the 1.3 mm line of NHj3 of the dense core L260. The histogram represents
the observed profile, while the dashed curve is a theoretical result assuming purely thermal motion.
The heavy solid curve is the theoretical profile including a Gaussian distribution of turbulent
speeds.

as we show in Appendix E. In our example, we find that AVEw (turb) must be 0.11 km s™1
in order to reproduce the observed total width of 0.19 km s,

It is instructive to compare the spatial maps of a given core in a number of different lines.
Figure 3.12 is a composite map of L1489, a dense core containing an infrared point source, as
indicated. Shown are the half-maximum intensity contours in NHjs (the 1.3 cm line), CS (at
3.0 mm), and 2C'80 (at 2.7 mm). The observed lines are excited into emission by collisions
with ambient hydrogen molecules. The fact that different molecular transitions require different
threshold hydrogen densities for excitation accounts in part for the systematic widening of the
maps. Thus, the 1.3 cm line from NHj3 has a higher threshold than the line from '2C'80 and
therefore samples a compact, interior region. Smaller regions are less turbulent, according to
equation (3.21), so that we can also understand the relatively low value of the nonthermal NH3
line width.

However, there are complications to this picture. The CS line has an even larger critical
hydrogen density than NH3. Yet Figure 3.12 shows its map extending farther out. A plausible
explanation is that the CS molecules stick to dust grains at the highest ambient densities. Then
the observed central intensity would be lowered, and the radial falloff in flux made more shallow.
The half-maximum contour thus moves outward, as seen. Another puzzle is the offset of all the
maps in Figure 3.12 from the embedded star. The latter would naturally be expected to form at
the density peak. This offset is seen in other cases but not well understood.

The presence of pointlike infrared sources in cores such as L1489 is, of course, the most
direct evidence that these structures indeed form stars. The IRAS satellite found such embedded
stars in about half the dense cores in Taurus-Auriga and p Ophiuchi that had been previously
identified through molecular lines. While some of these sources have optical counterparts, an
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Figure 3.12 Composite map of the dense core L1489 in the lines of NH3, CS, and *2C*®0.
Each contour corresponds to the intensity at half its peak value. Note the offset position of the
embedded infrared source.

equal number do not. Finally, most of the optically invisible stars within cores are associated
with outflows, as detected in CO. These important findings tell us, first, that dense cores exist for
a substantial time prior to forming stars. Second, since optically invisible stars are presumably
the youngest, outflow generation occurs extremely early in stellar evolution. Third, a dense core
does not suddenly vanish after forming a star, but gradually dissipates as the object inside ages.
From an observational perspective, there are no outstanding differences between the dense
cores lacking infrared sources and those containing young stars. Both types, for example, have
visual extinctions that range from about 5 to 15 mag.® On the other hand, the sample having
deeply embedded, optically invisible stars includes some cores with significantly higher NH3
line widths, as illustrated in Figure 3.13. Since the difference in the measured gas temperature
between cores with and without stars is negligible, the larger widths must be due to turbulent
motion. It is tempting to associate the higher level of turbulence with the molecular outflows
created by the youngest stars. As we will see in Chapter 13, turbulence is indeed an integral
feature of outflows, but a more convincing link to the observed line widths needs to be made.

3.3.2 Intrinsic Shapes

Let us now turn to the more detailed properties of dense cores, beginning with their shapes.
Here the type of composite map shown in Figure 3.12 represents the best data available. For
the commonly used NHj line at 1.3 cm, the beam diameter with a 40-meter telescope is 80", or
0.05 pc at the distance of Taurus-Auriga. The corresponding figure is 0.01 pc for the 3.0 mm line
of CS. Thus, the current resolution of single-dish (as opposed to interferometric) observations
is modest for NH3, but adequate at shorter wavelengths for discerning gross spatial features.

3 Extinction measurements in dense cores presently rely on an empirical correlation between Ay and the column
density in an optically thin tracer such as 12C80. We discuss such relationships in Chapter 6.
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Figure 3.13 Distribution of dense cores as a function of their NH3 velocity width AVewwm. The
top histogram shows those cores whose nearest star lies outside their boundaries, again as seen in
NHs. The bottom histogram is for cores with embedded stars.

In particular, examination of several dozen dense cores reveals mean axial ratios of about 0.6,
similar to the L1489 case shown here. This ratio, as well as the orientation of the long axis, does
not vary greatly from line to line for a given core. The question now is which three-dimensional
structures can yield such shapes when projected onto the sky.

As a first approximation, we assume that all cores have a single intrinsic shape, which we
take to be spheroidal. Figure 3.14 shows how both oblate (flattened) and prolate (elongated)
spheroids can appear to have identical axial ratios when projected on the sky. However, if we
further assume that the spheroids are randomly oriented, then the oblate configurations are less
likely.

The argument here is a bit technical but worth some effort. Refer to Figure 3.14, and de-
fine true and apparent (i. €., projected) axial ratios for the oblate spheroid as R,y = b/a and
Rapp = V'/a, respectively. Note that Riye < Rapp < 1 for any angle ¢ between the line of
sight and the spheroid’s axis of rotation. Figure 3.15 shows more explicitly the relation between
b’ and the true axes. It also defines a length y,, which is related to ¥’ by b’ = y, sin 7. As an
exercise in geometry, the reader may verify that

y2 = a?cot?i + b? , (3.25)
from which we deduce
1) = a? cos?i + b* sin?i . (3.26)
We thus find that
. 2. 1- Rgpp
sm- v = TR%W . oblate (327)

Consider now the average observed ratio for a number of randomly oriented spheroids,
all with identical Riue. Denoting by ( ) the average over solid angle and recalling that
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Figure 3.14 Projected views of oblate and prolate spheroids. Both objects generally appear as
ellipses in the plane of the sky.

Figure3.15  Geometric relations within the
cross section of an oblate spheroid.

2 i) = 2/3, we see that N0 Ri.ye, however small, will reproduce a given (R2 ) unless

app
<R§pp) > 1/3. The observations to date marginally satisfy this latter criterion and demand that
Ry ue be about 0.2, i. €., that the putative oblate spheroids be highly flattened.

Turning to the prolate case, the analogous relation to equation (3.26) is

(sin

(@) = a® sin®i + b2 cos®i , (3.28)

where the axis labels are defined in Figure 3.14. Since Ryyye is still b/a but Rapp, is now b/a/,

we find
—2 7R72
cos?i = ”Talpp . prolate (3.29)

true

Recognizing that (cos? i) = 1/3, the averaged form of equation (3.29) may be written

1
Rine = (Rapp) + 5 (Ragp) = 1) - (3.30)
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The difference with the oblate case is now apparent. The last equation yields a value of R e
for any <Rgp2p>. Moreover, the first quantity only slightly exceeds the second for modest ratios.
Reproducing the observations requires only that Ry, lie between 0.4 and 0.5. That is, the
structure can be rounder than in the oblate case.

We may recast the essential argument in non-mathematical terms. Even a razor-thin disk
usually presents a rather high aspect ratio, when projected randomly onto the sky. A perfectly
thin needle, on the other hand, looks just the same in projection, except when it is exactly pole-
on. Thus, a prolate object needs more intrinsic thickness for its projected image to have a sizable
apparent thickness.

Which case is more reasonable: a highly flattened disk or a thick cigar? While not de-
manding the rounder, prolate shapes, the observations certainly favor them. The measured line
widths in dense cores indicate that they are largely, though not totally, supported by the thermal
pressure gradient, which acts isotropically. In addition, the dark cloud regions containing the
cores often have a striated appearance (recall Figure 1.9). In a number of cases, there is clear
alignment of the cores’ long axes with these “fingers” of visual obscuration. Our geometric
argument indicates that the larger structures, with their extreme axial ratios, are unlikely to be
flattened. The same should then be true for their embedded cores. We will see in Chapter 12
that prolate clouds are also attractive theoretically as progenitors for binary stars.

Molecular lines are not the only tools for probing the cores’ structure. The dust grains
coexisting with the gas also emit continuum radiation as a result of their finite temperatures.
Detection of this emission at millimeter wavelengths has yielded maps of high spatial resolution.
Figure 3.16 shows the starless dense core .63, situated in a relatively isolated dark cloud about
160 pc away. The left panel is a map in the 1.3 cm line of NH3, while the right is the same object
viewed in 1.3 mm continuum radiation. Although the second image covers a smaller spatial
extent, it displays a similar elongation as the NH3 map. The continuum version also reveals
more small-scale structure. Here, the angular resolution of the telescope is 12", corresponding
to 0.01 pc at the estimated distance.

Both the continuum radiation and the molecular line are optically thin in this case, and thus
yield conditions in the core’s deep interior. As we have indicated, line emission can only be pro-
duced when the ambient density exceeds the critical value n,;; associated with that transition.
The emission also tends to fall off significantly for n > n..it, so that any given line samples a
relatively narrow density range. Dust emission does not suffer from this limitation and requires
only that the density and temperature along the line of sight be high enough for detection. The
continuum maps are thus potentially useful for reconstructing the internal density profile, al-
though detailed results still require accurate knowledge of the internal temperature distribution.
The studies have indicated that starless cores like L63 have densities that rise steeply from the

outside, but then reach a shallower plateau somewhat above 105 cm—3,

3.3.3 Magnetic Fields

Since magnetic forces are expected to be significant in dense cores, it would be extremely
valuable if field strengths could be ascertained directly by observation in these regions. Unfor-
tunately, this is not yet the case. To date, measurements by Zeeman splitting are limited to a
handful of dark clouds of larger size and lower density. Optical and near-infrared polarization
maps using background field stars, which yield the direction but not the magnitude of B, are
also confined to these sparser regions.
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Figure 3.16 (a) The dense core L63, mapped in the 1.3 cm line of NHgs. (b) The core as mapped
in 1.3 mm continuum radiation.

Figure 3.17 is an optical polarization map of the p Ophiuchi dark cloud complex. Here,
the more filamentary density contours display the elongated substructure mentioned previously.
The short line segments indicate the direction of the electric vector of the stellar radiation.
Assuming the polarization is due to magnetically aligned grains, this direction is also that of the
ambient magnetic field. Note that most of the mass of this complex, as well as the intense star
formation activity, is contained in the L1688 cloud toward the lower right. In this region, there
is no strong correspondence between the field direction and the cloud morphology. However,
there is striking alignment in the lower-mass fragments L1709 and L1755 stretching to the
northeast. Further south, this same field direction is preserved, creating a systematic offset from
the orientation of the clouds L1729 and L1712.

A particularly well-studied object, with magnetic field measurements spanning a range of
densities, is B1, a fragment some 3 pc in diameter within the Perseus dark cloud complex.
Measurements in OH emission lines yield field strengths ranging from 10 uG in the more rarified
outer portion of the cloud to 54 uG in a compact central region of diameter 0.2 pc. Since this
latter region, which includes an embedded star, contains some 10 M of cloud gas, the magnetic
virial term M is about 1/3 the gravitational potential energy V. Such a fraction is consistent
with the analysis of NHj line profiles in typical dense cores, provided that the amplitude of the
fluctuating field is comparable to that of the more uniform component.

One promising development in this field is the observation of polarized, submillimeter emis-
sion from heated dust grains. This technique allows us, at least in principle, to trace directly
the field geometry within dense cores themselves. Curiously, the maps obtained thus far show
a steep falloff in the degree of polarization toward the core center. It is unclear whether this
trend is due to the magnetic field topology, or to altered properties of the grains themselves. In
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Figure 3.17 Dark clouds in the p Ophiuchi complex. The contours represent >C*®Q emission.
The short line segments indicate the direction and degree of polarization of the electric field vector.

the case of B1, the polarization dips, but is nonzero, at each of several internal density clumps,
including the one with the embedded star. The magnetic field vectors of the various clumps are
not aligned.

3.3.4 Rotation

As cores collapse to form stars, field lines are pulled in, following the gas motion. The resulting
buildup in magnetic pressure acts as an impediment to further collapse and alters the direction
of the dynamical evolution. In a similar manner, any initial rotational motion in the core must
increase through angular momentum conservation, ultimately creating a centrifugal barrier to
collapse. It is therefore also important to search observationally for core rotation. Here the idea
is to look for variation in the radial velocity V;. across the cloud face. As usual, we gauge V,. by
the Doppler-induced shift in some spectral line. The majority of dense cores analyzed thus far
indeed display the expected variation.

As one illustration, Figure 3.18 is an NH3 map of a dense core within L1251A, an elongated
dark cloud at a distance of 200 pc. The filled squares superposed on the contour map of the
1.3 cm line have sizes proportional to the measured V. at each position. A velocity gradient
from left to right is clearly present. Its magnitude of 1.3 km s—! pc~!, is typical of those
observed, which range from the detection limit near 0.3 km s~ pc~* to a factor of ten higher.
Tracer molecules other than NHj3 yield similar figures. If every dense core were rotating as a
solid body with its rotation axis perpendicular to the line of sight, the measured gradient would
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Figure 3.18 Rotation of the dense core L1251A. The size of each filled square is proportional to
the radial velocity, as gauged from the 1.3 cm line of NHs. The star symbol marks the position of
the embedded source IRAS 22290+7458.

correspond to €2, the cloud’s angular velocity. For tipped axes that form an angle ¢ with the line
of sight, the gradient would be Q/ sin 1.

These results must be viewed with some caution. For example, the projected motion of a
molecular outflow can also create gradients in the radial velocity. However, this effect cannot
be dominant, as similar velocity gradients are seen in cores with and without young stars. As-
suming, then, that the observations are indicative of true rotation, we may gauge its dynamical
significance. A dense core of mass M and diameter L has a rotational kinetic energy given by
Trot = (1/20) M L2Q?2, if the object is idealized as a uniform-density sphere. The result for a
prolate configuration of average diameter L and modest axial ratio is the same within a factor
of two. Since the potential energy in the spherical case is W = (6/5) GM? /L, we can estimate
the ratio of Z;o; to [W):

,Trot ~ QQL?)
W~ 24GM

1x1073 ¢ LY (AT
1 km s—! pc—! 0.1 pc 10 Mg '

Equation (3.31) implies that a dense core rotates so slowly (with a representative period
of 2/ = 6 x 105 yr) that the associated centrifugal force is negligible compared to the
self-gravity and pressure gradients that truly determine its equilibrium structure. It is hardly
surprising, then, that the observed orientations of the rotation axes bear no apparent relation to
the cores’ spatial elongations. The true significance of the rotation lies not in cloud structure,
but in the effect on collapse itself.

(3.31)

3.3.5 Globule Structure

We finally discuss compact, dense regions not embedded within larger complexes. These are
the Bok globules, named in honor of the astronomer who first recognized, in the 1940s, their po-
tential role in stellar birth. Bok’s insight has since been amply confirmed through observations
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of embedded infrared sources and energetic molecular outflows associated with a large fraction
of these objects. Apart from their relative isolation, globules resemble the more common dense
cores in most respects. About 200 of them lie within 500 pc of the Sun, where they can be
picked out as small patches of visual extinction. The optical photograph in Figure 3.19 shows
the extraordinarily sharp boundaries of the globule B68 in Ophiuchus. Radio observations in
CO have determined that such structures are actually surrounded by envelopes of more diffuse
gas, extending over a few parsecs.

The relatively simple appearance of Bok globules, together with the sparsity of surrounding
matter, render them attractive candidates for high-resolution mapping. The most well-studied
object is B335, at a distance of 250 pc. This globule consists of a visually opaque core of 11 M,
and an elongated envelope of twice that mass (Figure 3.20). Near the peak density of the core
is a far-infrared star with luminosity 3 L. This star is driving an extended molecular outflow.
Observations in CO, which form the basis of Figure 3.20, have been supplemented by others
using a variety of tracers, in order to establish the density profile as a function of the distance
r from the star. The data are consistent with a profile ny (r) that rises as r~2 for r decreasing
from 0.3 to 0.03 pc, and with a flatter profile interior to that.

We will describe in Chapter 6 how molecular line observations can provide temperatures in
molecular cloud interiors by utilizing multiple transitions from the same species. In B335, this
technique has established an inner temperature near 10 K. At larger distances, the temperature
estimate is less secure and relies partially on the chemical enhancement of CO isotopes (see
Chapter 6). Figure 3.21 displays the empirical temperature distribution in B335 as a function of
ng. Notice how the measured density values surpass 10* cm =3, just as in dense cores. The fact
that the temperature increases outward (i. €., toward lower ny) is noteworthy and somewhat
surprising in an object containing an embedded star. However, the stellar heating is confined
to much smaller radii than these observations probe. The outward rise in the envelope actually
stems from the cosmic rays and ultraviolet radiation field in which globules are immersed.

The infrared stars that have so far been detected within Bok globules are of relatively low
luminosity. The same holds for the stars within dense cores. What, then, are the cloud fragments
that give rise to high-mass stars? The answer to this basic question is not known. It is true that
there are infrared point sources of very large luminosity, but these are generally so far away that
the surrounding cloud structures are not amenable to high-resolution studies. Moreover, such
observations are unfavorable in a statistical sense. Protostars and embedded main-sequence
stars of high mass must disperse their parent clouds in a time short compared with the typical
stellar lifetime of a few million years. Hence it is difficult to witness the actual birth of an O or
B star, but relatively easy to observe the destructive aftermath of that birth in the surrounding,
fragmentary molecular gas.

The damage wrought by massive stars may help explain the otherwise puzzling existence of
Bok globules themselves. That is, some globules could represent the remnants of larger clouds
dispersed by stellar winds and radiation pressure. Finally. the influence of massive stars on their
surroundings can also be discerned by comparing dense cores in Taurus-Auriga with those in
the Orion Molecular Cloud. Studies of several dozen examples in both environments, carried
out with comparable spatial resolution, show the Orion cores to be systematically warmer, by
about 5 K. These objects also have NHj3 line widths two to three times broader, indicating a
higher degree of turbulent support. Moreover, we will see in Chapter 5 that the elevated gas
temperatures close to Orion’s massive stars promote a qualitatively distinct chemical reaction
network. Note finally that the typical Orion dense core has three times the mass and twice the
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Figure3.19 Optical photo-
graph of the Bok globule B68
in Ophiuchus.

Figure 3.20 Core and envelope of the globule B335. Contours represent the column density
in molecular hydrogen, as estimated from CO measurements. The outermost contour spans a
diameter of 2.5 pc. The interior cross marks the peak value of the Ha column density.
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Figure 3.21 Gas temperature as a function of ng in the globule B335.

diameter of its counterpart in Taurus-Auriga. This difference should be related to the prolifer-
ation of high-mass stars in giant molecular clouds and their scarcity in dark cloud complexes.
Elucidating the connection is another task for future research.

Chapter Summary

Most Galactic star formation occurs in giant molecular clouds. These structures are clumpy
and possess extended envelopes of HI gas. Both the random motion of clumps and the pressure
associated with an internal magnetic field prevent immediate gravitational collapse. Thermal
pressure is unimportant in this regard. After a period not greatly exceeding 107 yr, the entire
cloud is dispersed by winds and radiative heating from massive stars it previously created.

A convenient tool for analyzing molecular clouds, or any other self-gravitating structure, is
the virial theorem. Here we compare the magnitudes of global, integrated quantities such as the
gravitational potential and bulk kinetic energies. In this way, one avoids constructing a detailed
interior model, while still gaining understanding of the dominant forces at play.

Giant molecular clouds lie at one end of a hierarchy of morphological types, differing in
both linear size and mass density. The internal motion of all clouds decreases systematically
with size. Near the other end of the hierarchy are the dense cores and Bok globules that actually
produce individual stars and binaries. Cores and globules are intrinsically elongated and rotate
slowly in space. Prior to the start of protostellar collapse, they are supported against self-gravity
by a combination of thermal and magnetic pressure.
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4 Young Stellar Systems

The fraction of visible stars in the sky that are located in well-defined groups like the Pleiades
is relatively small. However, such stars are always found to be young, either through their
photospheric properties or by the presence of nearby gas. In addition, the probability that any
randomly chosen star belongs to some aggregate rises sharply with stellar mass. Since more
massive stars also tend to be younger on average, these facts suggest that clustering could be an
important feature of early stellar evolution. We now believe, in fact, that all stars are born within
groups scattered throughout the Galactic disk. These are either true clusters— entities with a high
space density that are usually gravitationally bound — or the much looser associations, which
can extend over 100 pc or more.

We noted in Chapter 1 how the theoretical lifetimes of massive stars, together with estimates
for the total mass in OB associations, yield the current stellar production rate in such groups
throughout the Galaxy. Similarly, the total masses of other types of associations and clusters
give their present birthrates. Comparison of the results shows that star formation in all optically
visible clusters accounts for only about 10 percent of the Galactic total. The remainder occurs
primarily in OB associations, although their precise contribution is still uncertain. The difficulty
is that the typical OB association is so far away that its lower-luminosity members cannot be
seen directly, and the total mass must be inferred by theoretical extrapolation. Fortunately,
this situation is rapidly improving through the use of sensitive detectors at infrared and X-ray
wavelengths.

This chapter is a descriptive survey of the various groups into which stars are born. We begin
with optically invisible aggregates still embedded within the gas and dust of molecular clouds.
Partially revealed associations are the next topic. We cover in turn T, R, and OB associations,
each distinguished by the masses of its prominent members. This traditional nomenclature,
while motivated observationally, is somewhat misleading, as each region includes a substantial
mass range. Section 4.3 is a brief overview of the fully exposed open clusters, for which obser-
vations are most complete. Finally, we discuss the distribution of stellar masses, both in nascent
groups and within the general field population.

4.1 Embedded Clusters

Clusters of optically revealed stars are the scant remains of much more populous systems created
within the dense interiors of molecular cloud complexes. Although no complete census exists,
observations are consistent with the hypothesis that most stars form in such environments. We
shall use the term “embedded cluster” generically, to signify any group of physically related
stars so obscured by ambient molecular gas that most can be detected only at infrared and
longer wavelengths. In applying this terminology, we recognize that the issue of whether any
particular group will remain gravitationally bound following dispersal of its gas is rarely, if ever,
known with confidence.
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4.1.1 Near-Infrared Surveys

The discovery of embedded stellar aggregates resulted from a key technological advance in
infrared astronomy. Prior to the early 1980s, observational surveys at these longer wavelengths
could not attain the fine detail available with optical instruments. The situation dramatically
changed with the advent of near-infrared array detectors. These solid state devices provide in a
relatively short exposure time detailed views of embedded systems, even those of large angular
size. A filter in one of the standard wavelengths precedes the detector, so that a monochromatic
image results. Combining several such images also allows one to produce a composite, false-
color rendition. We will later show examples of both types.

The utility of near-infrared radiation for penetrating large columns of molecular cloud gas
is evident from the interstellar extinction curve (Figure 2.7). It can be seen that a photon in
the K band, centered at 2.22 pm, has an extinction 0.1 times that of a V-band photon at
0.555 pm. Consider now a representative T Tauri star of spectral type K7, with My = +6.5 and
Mg = +2.2. If such a star were at a distance of 200 pc, equation (2.12) tells us that it would
have an apparent V' -magnitude above a reasonable detection threshold, e. g., my = +25, only if
the associated cloud extinction Ay were under 12 mag. On the other hand, the same star could
be inside a cloud with Ay = 100 and still be detectable at K, where the limiting magnitude at
large, groundbased telescopes is currently about +20. Of course, observations in the mid- and
far-infrared regimes would be even more effective in this regard. Such radiation, however, is
so strongly absorbed by the Earth’s atmosphere that its detection, at the longest wavelengths,
requires spaceborne instruments. The 1983 launch of IRAS first allowed reconstruction of the
nearly complete spectral distribution of emitted energy from numerous embedded stars.

Clusters inside molecular clouds have thus far mostly been discovered through surveys in a
single near-infrared waveband. A cluster is usually first identified as a region with a significant
overdensity of sources compared with nearby fields. However, this initial reconnaissance work
is never sufficient to establish the true membership. Many, if not most, of the stars in the
group will be intrinsically fainter than the ones first seen. Besides accounting for completeness,
it is also necessary to separate out background objects that are reddened by the same cloud.
One may estimate the total cluster population statistically by using off-cloud observations to
subtract the expected number of background and foreground stars in the region. Individual
cluster members can be selected in principle by their proper motion (movement in the sky
relative to the background), but one needs at least two observations widely separated in time.
Other identification techniques include spectroscopy and multicolor photometry.

Let us consider further the photometric method, which often combines K -band observations
with those at JJ (1.25 ym) and H (1.65 um). The principal tool in such studies is a near-infrared
color-color diagram. As illustrated in Figure 4.1, one plots the J — H color on the vertical
axis and H — K horizontally. The magnitude conventions imply that the numerical values of
both J — H and H — K increase for redder, cooler stars. In any individual case, the observed
colors depend both on the photospheric properties and on the extinction provided by the cloud.
Background stars, however, exhibit a well-defined relationship between the two colors.

To obtain this relationship, we assume that all sources outside the cluster are either main-
sequence stars or the rarer but more luminous red giants. If stellar surfaces radiated as perfect
blackbodies, equation (2.29) indicates that the ratio of emergent fluxes at any two wavelengths
would be a unique function of the temperature T,¢. The dotted line in Figure 4.1 displays the
blackbody values of J—H and H — K for the indicated range of T,¢. Stellar photospheres depart
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Figure 4.1 Near-infrared color-color diagram. The J — H and H — K color indices are displayed
as the vertical and horizontal axes, respectively. The solid curve shows the relation between these
indices for main-sequence stars (lower branch) and giants (upper branch). The dotted curve shows
the colors of blackbody spectra at the indicated temperatures. Straight dashed lines indicate the
relative color changes due to interstellar reddening.

from a blackbody because they are not equally opaque at all wavelengths. A dominant source
of opacity in the outer layers of low-mass stars (including the Sun) is the H™ ion. The opacity
from H™ has a broad minimum near 1.6 pm, close to the H-band. Consequently, cool stars
that emit much of their energy in this regime have near-infrared colors that differ significantly
from blackbodies. This deviation is evident in the solid curve in the figure, which represents a
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sequence of photospheres for both main-sequence stars and giants. Moving to the right along
this curve toward lower T, the surface opacity is increasingly dominated by molecular lines.
A prime source in the near-infrared is CO, whose rich spectrum we shall encounter again in
Chapter 5. The depth of the numerous CO absorption lines, and consequently the broadband
color, is sensitive to the stellar surface gravity, which is lower in the giants. Hence, the solid
curve eventually bifurcates, at a spectral type of early K. The upper branch represents the giants,
while the lower is the main sequence.

Thus far we have considered only unreddened stars, such as those found in front of the
cluster of interest. As we saw in Chapter 2, colors are also modified through dust extinction.
The actual values of the color excesses Ej_p and Er_k depend on the column density, but
a general relation between the two may be deduced from the extinction curve. Referring once
more to Figure 2.7, we find

Ej_n _ <EJ—V EH—V) (EH—V EK—V)_1

Ex_x Es v FEp_v Es v FEp_v @1
2.58 — 2.25 '
= —— = 1.74 .
2.77 — 2.58

Thus, for any background star with intrinsic colors (J — H ), and (H — K ), the observed colors
lie along the reddening vector given by

(J—H) — (J—H), = 1L.TA[(H-K) — (H - K),] . 4.2)

Returning to Figure 4.1, the measured J — H and H — K values for an ensemble of stars should
fall within the band enclosed by dashed lines.

In Figure 4.2 we show a color-color diagram for IC 348, a compact cluster located in the
Perseus Molecular Cloud, at a distance of 320 pc. This system does contain numerous optically
visible stars, but many more are still embedded. Of the 342 sources plotted, comparison with
adjacent fields indicates that about 60 percent should be cluster members. The majority of stars
in the diagram have near-infrared colors that are close to, but above, the main-sequence curve,
with a displacement along the reddening vector that corresponds to Ay < 5 mag. A smaller
number of sources have significantly larger Ay, while some 20 percent lie well outside the
dashed boundaries altogether. These latter stars, which are redder in H — K than would be
expected from their J — H colors, are said to exhibit an infrared excess.

4.1.2 Classification of Member Stars

The infrared excess of a young star arises not from the reddening due to distant grains, but
from emission relatively close to the stellar surface. That is, the phenomenon is circumstellar,
rather than interstellar, in origin. As our present example illustrates, all stars within embedded
clusters are subject to reddening by foreground dust, whether or not they have an infrared excess.
Once the full spectral energy distribution of a source is established from observations, one may
use the estimated Ay through the cloud, together with the extinction curve, to calculate Ay,
the extinction at all other wavelengths. In this manner, the “dereddened” energy distribution
stemming from the star and its circumstellar matter can be reconstructed. Stars with heavy
infrared excesses and those with none lie at the extremes of a rather well-defined morphological
sequence of broadband spectra.
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Figure 4.2 Color-color diagram of the embedded cluster IC 348. The open circles represent
member stars. The solid curve at the lower left, partially hidden from view, is the main-sequence
relation from Figure 4.1, shown with the associated reddening band (dashed lines). The reddening
vector corresponding to Ay = 5 mag is at the lower right.

To illustrate the trend, we turn to another well-studied region, the dense cluster at the heart of
the p Ophiuchi dark cloud complex. Near-infrared surveys have detected hundreds of embedded
stars in the L1688 cloud, at the western end of the complex (recall Figure 3.17). Toward the
center of this cloud, the visual extinction exceeds 50 mag. The dereddened spectral energy
distributions of three representative sources are shown in Figure 4.3. Plotted as a function of
wavelength is AF), the flux measured per logarithmic wavelength interval. The spectrum of
the star WL 12 shows a pronounced infrared excess, in that AF’y, which would normally peak
near 1 um in a late-type star, is still increasing out to 60 pm. The flux eventually does fall at
submillimeter and longer wavelengths, which are not included here. For the star SR 24, the flux
has a shallow negative slope in the mid- and far-infrared regime, while for SR 20 it falls steeply.
In this last example, the spectrum is beginning to resemble a blackbody curve, also shown in
the figure.
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Figure 4.3 Spectral energy distribution of three stars in the p Ophiuchi dark cloud complex. The
dashed curve corresponds to a blackbody at 2300 K. From bottom to top, these broadband spectra
exemplify Class I, II, and III sources, respectively.

The copious infrared emission from the first two sources stems from heated dust grains. Note
from equation (2.32) that thermal radiation which peaks at 10 um has an associated temperature
near 300 K. The typical infrared excess does not display a pure blackbody spectrum, indicating
a significant range of temperatures. Moreover, these temperatures are high enough that the dust
in question must be relatively close to the star. It is natural to suppose that these grains are part
of cloud material that is either participating in protostellar collapse or else was left behind after
collapse ended. Such remnant matter gradually disappears with time.

Pursuing this line of reasoning, we may use the infrared excess as an empirical measure of
stellar youth. We quantify matters by considering the infrared spectral index agR:

_dlog (AFy)

= 4.
QIR dlog\ (4.3)

It is conventional to evaluate the derivative by numerically differencing the flux between 2.2 and
10 ym. Infrared sources such as WL 12, with aqg > 0, are said to be in Class I. Such objects
are generally associated with dense cores, as seen by NH3 emission. The less embedded star
SR 24 is an example of a Class II source, for which —1.5 < arg < 0. Class III stars like SR 20
have ag < —1.5. Finally, a “Class 0” has been added to incorporate sources so deeply buried
that they can only be detected at far-infrared and millimeter wavelengths. One example, shown
in Figure 4.4, is the object known as L1448/mm. This star of 10 L, lies inside a Bok globule
in the Perseus region, some 300 pc distant. Notice how its spectral energy distribution is shifted
to much longer wavelengths than those in Figure 4.3. Like all Class 0 objects, L.1448/mm is
driving a powerful molecular outflow.
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Figure 4.4 Spectral energy distribution of the Class 0 source L1448/mm in Perseus.

4.1.3 Cluster Luminosity Functions

The spectral classification scheme is a convenient means to gauge the evolutionary status of
cluster stars that are inaccessible to more direct observation. A complementary tool of equal
importance is the cluster luminosity function. Here one counts up the number of stars AN that
have luminosities in the range L, to L, + AL,, where L, itself spans the range of observed
values. We recall from Chapter 1 that pre-main-sequence stars have luminosities that evolve
during contraction, at rates that are highly mass-dependent. Since any sufficiently young cluster
contains a large fraction of such objects, the form of AN(L,) changes with time until most
members have settled onto the main sequence. The potential value of the luminosity function as
an evolutionary probe is thus apparent, but observers have not yet taken full advantage of this
technique.

The main impediment has been the practical difficulty of obtaining bolometric luminosities
for large numbers of embedded stars. The satellite observations used at long wavelengths have
so far lacked the high spatial resolution required to sample the crowded fields in dense clusters.
Consequently, the most complete luminosity functions at present are those in a single near-
infrared wavelength, usually the K band. Figure 4.5 shows the K luminosity function for 90
stars in the central region (L1688 cloud) of the p Ophiuchi complex. Note that the falloff in the
population for mg 2 10 simply reflects the incompleteness of observations at this magnitude.
Subsequent observations have found the population to increase down to at least myg = 14.
At this faint level and beyond, the membership of the numerous sources in the vicinity is less
secure.

Measurements at other wavelengths have allowed the determination of bolometric lumi-
nosities for about 50 of the p Ophiuchi stars in L1688. Figure 4.6 displays the currently known
bolometric luminosity function. Also shown here is the distribution of sources among the spec-
tral classes. Once again, the decline in the population at the highest luminosities is real, but
that at low Ly is not, and is being pushed back by more sensitive surveys. We will return to
the physical interpretation of luminosity functions later in this chapter and again in Chapter 12,
when we revisit cluster evolution from a more theoretical perspective.
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Figure 4.5 Luminosity function in the K band for 90 stars in the L1688 region of p Ophiuchi.
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Figure 4.6 Bolometric luminosity function for 55 p Ophiuchi stars, again in L1688. The distri-
bution among three spectral classes is indicated.
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4.1.4 Morphology of the Groups

Let us now turn to the morphology of actual clusters. A more complete picture is obtained
by combining infrared studies of stars and their attendant dust with radio observations of the
gas. One important example is the ensemble of clusters within the L1630 region of Orion B.
Here, star formation is almost exclusively confined to four discrete regions: NGC 2071, 2068,
2023, and 2024 (recall Figures 1.2 and 1.3). Each of these clusters, roughly 1 pc in diameter, is
associated with a previously known HII region or reflection nebula, signaling the presence of at
least one O or B star. Stellar densities are of order 100 pc 2, similar to the nucleus of the L1688
cloud in p Ophiuchi. In both locations, molecular gas with nz > 10* cm~3 comprises from 50
to 90 percent of the total mass of several hundred M, within the cluster borders.

The massive, bright stars spawned within many clusters allow these systems to be seen
across the Galaxy. Subsequent mapping with near-infrared arrays has then revealed the lower-
mass population. Plates 1 through 8 (see end of chapter) are a sequence of images showing
groups in formation, at the distance of Orion and beyond. First is NGC 2024, richest of the
L1630 clusters. On the left in Plate 1 is the optical view, which is notable for the broad, vertical
dust lane obscuring most of the interior stars. Several hundred of these stars are revealed in the
infrared image shown as the righthand part of Plate 1. Here it is apparent that the very brightest
stars tend to lie in the most crowded portion of the cluster, a region that is invisible optically.

Most embedded systems like this one are not destined to form open clusters, but will become
unbound after their gas is dispersed. The argument is a statistical one. Assuming that star
formation in the Orion Molecular Cloud is representative of other complexes, then roughly 50
clusters like NGC 2024 should be forming now within 2 kpc of the Sun. We noted in Chapter 3
that much of the molecular gas associated with a cluster disappears by 5 x 10° yr, which we
may take as a representative formation time. Thus, after 108 yr of steady cluster production,
about 50 x 20 = 10° systems should be found in the same Galactic area. In fact, the total
number of open clusters this age or younger is less than 100, so that their formation must be
quite inefficient.

Plate 2 is a near-infrared view of S106, the nearest (at 600 pc) and best-studied example
of a bipolar nebula illuminated by a massive star. Long known as an optical HII region, S106
again has a prominent dark lane in its central region. Here radio studies have uncovered a rich
concentration of molecular gas. Situated within the obscuring slab is the infrared source IRS 4,
a late-O or early-B star of 10 L, that is driving high-velocity, ionized flows into each lobe.
These latter two structures span a total length of 0.7 pc. Over 200 stars with myg < +14 are
located within a 0.3 pc radius of IRS 4. The stellar density, which again peaks near the massive
star, exceeds 103 pc~3, approaching that in the Trapezium cluster.

Not all massive stars coincide with low-luminosity clusters, at least according to present
observations. Plate 3 is a red photograph showing three HII regions in the Gem OB 1 association,
2.5 kpc distant. The left and center regions are denoted S255 and S257, respectively, while
the more diffuse region to the right is S254. The bottom panel (Plate 4) is a near-infrared
image covering a smaller scale. The two brightest objects on the extreme left and right are
the isolated BO stars exciting S255 and S257, respectively. These stars have no detected low-
mass companions. On the other hand, the prominent cluster between them, revealed only in
the infrared, contains about 70 members within a 0.5 pc radius. Near the cluster center is
an embedded star, designated S255/IR, that radiates close to 10° L, largely in the far-infrared.
The cluster itself is sandwiched between two peaks of radio emission from a compact molecular
cloud.
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Intermediate-mass stars are also frequently located within clusters of less massive objects,
but this retinue is less dense. Consider the Herbig Be star BD+40°4124, located 1 kpc away, in
the direction of the Cygnus spiral arm. Near-infrared imaging (Plate 5) shows the star attended
by several dozen embedded sources; these outnumber the nearby visible T Tauri stars by a
factor of three. Observations in *2C'®0 and CS reveal two such visible stars, V1318 Cygni and
V1686 Cygni, to be situated in a ridge of very dense gas, comprising several hundred M. The
molecular outflow and maser activity also detected in the region stem from a bright infrared
binary companion to V1318 Cygni, rather than the optical Be star. This companion has the
largest infrared excess of any cluster member. Whether other visible Herbig stars actually drive
molecular outflows remains an open question.

Occasionally, star forming regions of differing ages are found in proximity, as illustrated in
Plate 6. This image shows the environment of NGC 7538, a previously known HII region in the
Cas OB2 association. Diffuse radiation from the HII region itself, consisting of both reflected
starlight and thermal gas emission, appears as the crescent-shaped nebulosity surrounding the
hot, white OB stars. The two prominent red patches are even younger regions containing molec-
ular gas and compact clusters of embedded stars.

One of the most spectacular HII regions is NGC 3603, shown in the central portion of
Plate 7. This massive cluster, seen here in the near-infrared, is located in the Carina spiral arm,
at a distance of 6 to 7 kpc. The O and B stars alone comprise some 2000 M, and have 100
times the ionizing luminosity of the Trapezium Cluster. Indeed, the center of NGC 3603 is
one of the densest concentrations of high-mass objects in the Galaxy. Many of the O and B
stars are visible optically, despite the ambient dust. However, the far more numerous low-mass
stars are only discernible in the infrared. Their placement in a color-magnitude diagram yields
pre-main-sequence contraction ages of 3 x 10° to 1 x 10° yr.

The production of many thousands of stars in such a brief period makes NGC 3603 an
impressive HII region but still not on the scale of a true starburst. To find these, we need to
go outside the Milky Way. The neighboring Large Magellanic Cloud, for example, contains
30 Doradus (Plate 8). This giant HII region is morphologically similar to NGC 3603, but has a
total luminosity ten times higher, i. e., of order 10® L. The central cluster is bright enough to be
seen optically, even at a distance of 50 kpc. Note the great tendrils of gas around the compact,
stellar group. These structures give the region its other name, The Tarantula Nebula. Even
brighter starbursts lie within dwarf irregular and spiral galaxies, all located at greater distances.

4.2 T and R Associations

The fate of an embedded cluster depends partially on how its gas is dispersed. In many cases,
one or more high-mass stars drive off the interstellar matter relatively quickly. The result is the
expanding group of stars known as an OB association. Other systems were born in dark cloud
complexes that never contained massive stars. The extended distribution of low-mass stars in
Taurus-Auriga (Figure 1.11) is not the product of rapid dispersal, but largely reflects the initial
extent of the parent cloud. Not only are many of the visible stars too young to have spread
far, but a significant number of even younger, embedded sources are commingled spatially with
the others. Since the vast majority of the members in this system are T Tauri stars, the Taurus-
Auriga stellar complex is designated generically as a T association. The term was introduced by
V. Ambartsumian in 1949, four years after the identification of the T Tauri class by A. H. Joy.
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4.2.1 T Tauri Star Birthsites

While the existence of an embedded cluster can be initially established by simply examining
near-infrared images, finding a T association requires also the identification of T Tauri stars per
se. These come in two varieties. The classical T Tauri stars are conspicuous spectroscopically
for their strong optical emission lines in Hey, as well as the H and K-lines of Ca IT at 3968 A
and 3934 A, respectively. A practical and efficient search strategy, then, is to equip wide-
field telescopes with objective prisms that can simultaneously record many stellar spectra over
a few square degrees of the sky. Such surveys, however, capture only part of the population
of interest. At least as numerous as the classical members are the weak-lined T Tauri stars.
As their name implies, these stars lack strong emission lines, although the two types overlap
substantially in age. The weak-lined population was actually discovered through its enhanced
X-ray emission relative to main-sequence field stars. X-ray detection was made initially with
the Einstein satellite, launched in 1979 and operational through 1981. The launch of the more
sensitive ROSAT satellite in 1991 provided more weak-lined candidates.

Figure 4.7 shows the distribution of nearby T associations in the Galactic plane. The groups
range from TW Hydrae, a small aggregate of T Tauri stars only 50 pc away, to the populous
and highly active NGC 1333 in the Perseus cloud complex. Named for a bright reflection
nebula, the latter region contains dozens of visible young stars and over a hundred embedded
ones, including many that drive molecular outflows. Within the Serpens region, also depicted
here, most visible stars are associated with the L572 cloud, which has a dense complement of
infrared sources. Finally, the large molecular complex in Cygnus has both revealed T Tauri stars
and embedded sources in the L984 and L988 clouds.

Our figure also includes major embedded clusters, such as p Ophiuchi and IC 348 (also
part of the Perseus cloud). Indeed, all the regions shown in this map contain both obscured
and visible objects. Within p Ophiuchi, for example, is a large group of revealed low-mass
objects on the outskirts of the compact L1688 core. The numerous visible stars of IC 348 are
more centrally concentrated. Surveys in Ha have discerned a scattered population of visible
stars lying outside the four obscured clusters of Orion B. In summary, embedded clusters and T
associations should be viewed as extremes along a continuum of morphological types.

The properties of T associations are well illustrated by the nearest prominent example,
Taurus-Auriga, which has been scrutinized thoroughly in the infrared, optical, and X-ray
regimes. Here, it has been possible to establish the membership of most stars kinematically.
One first obtains a radial velocity, V., for each star by examining a convenient portion of its op-
tical spectrum. We compare absorption lines with those of a standard star of the same spectral
type, yielding the Doppler shift and hence V,.. In Taurus-Auriga, the results for both classi-
cal and weak-lined members agree well with the velocities of the local cloud gas, as obtained
from molecular lines. Note that both cloud and stellar V,.-values change over the length of the
complex, but the entity as a whole appears to be gravitationally bound.

Obtaining the orthogonal component of velocity, i. e., the proper motion, requires compar-
ison of at least two wide-field images well separated in time. Such comparison shows that the
proper motions of Taurus-Auriga stars cluster tightly about a single vector, as expected. The
one-dimensional dispersion is from 2 to 3 km s~!. No velocity information is available for
the more deeply embedded (Class I) members, which constitute about 10 percent of the popula-
tion. The total number of kinematically confirmed members within the boundary of the complex
shown in Figure 1.11 stands at about 100, with 60 being classical and the rest weak-lined T Tauri
stars. This tally is probably complete down to a V-magnitude of +15.5.
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Figure 4.7 Distribution within the Galactic plane of nearby T associations and embedded clusters.
Note the longitude convention: the Galactic center is at{ = 0°, while Cygnus lies near I = 90°.
Note also the symbol representing the Sun’s location.

Although associations do not exhibit the high degree of central concentration seen in em-
bedded clusters, all large molecular clouds, including dark cloud complexes, are intrinsically
clumpy. Hence, some degree of clustering is to be expected in the stars born from such struc-
tures. Figure 4.8 confirms this hypothesis in the case of Taurus-Auriga. The heavy contours
are lines of constant stellar surface density in the plane of the sky, while the lighter curve is
the CO boundary from Figure 1.11. Each of the 6 groups, containing 5 to 20 stars each, has a
projected radius under 1.0 pc and an internal, radial velocity dispersion of 0.5 to 1.0 km s~ 1.
Thus, most of the total measured dispersion across the complex actually stems from the relative
motion between these subunits.

4.2.2 HR Diagrams: Main-Sequence Turnon

A particularly effective means of visualizing the composition and evolutionary status of a
T association is to place its optically visible members in the theoretical HR diagram. Figure 4.9
displays the diagrams for four associations. In most cases, the quantity L, has been extrapo-
lated from the luminosity in the JJ-band. To this monochromatic value was added a bolometric
correction. Strictly speaking, the latter is appropriate only for a main-sequence star. Detailed
comparisons find, however, that the resulting L.-values are accurate to within an error of about
20 percent.
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Figure 4.8 Clumping of stars in Taurus-Auriga. The heavy contours represent stellar surface
density, while the solid grey contour is the border of CO emission from Figure 1.11.

Beginning with Taurus-Auriga (Figure 4.9a), we see that many stars are crowded near the
birthline, also shown in each panel. These members have only recently dispersed their obscuring
envelopes of dust and gas. An even younger population is represented by the embedded, infrared
sources, which, in the absence of a measurable effective temperature, cannot be placed in a
conventional HR diagram. The youngest optical members are mostly classical T Tauri stars,
symbolized by the filled circles, but contain an admixture of weak-lined members (open circles).
Below the birthline, the number of low-mass stars drops off before the main sequence is reached,
at isochrones corresponding to several million years. Thus, the complex as a whole began
forming stars at that epoch and continues to produce them today.

It is also apparent that the proportion of non-emission stars increases markedly as a function
of age. This trend is consistent with the fact that the strong emission lines present in the clas-
sical T Tauri population are absent in ZAMS stars of the same mass. In addition, most of the
weak-lined stars, including the ones shown here, lack the infrared excess of their classical coun-
terparts. ! Thus, both the hot gas (I' ~ 10* K) creating optical emission lines and the cooler

' An infrared excess always signifies the presence of circumstellar dust. Hence those weak-lined stars with main-
sequence spectral energy distributions in the infrared were formerly designated “naked” T Tauri stars. The open
circles in Figure 4.9 also include some older, “post-T Tauri” stars, to be defined shortly.
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Figure 4.9 HR diagrams for four stellar associations. In panels (a)—(c), closed circles represent
classical T Tauri stars, while open circles are weak-lined and post-T Tauri stars. For NGC 2264,
we show both classical T Tauri and Herbig Ae/Be stars, as well as main-sequence objects. The
upper and lower solid curves in each panel are the birthline and ZAMS, respectively.

dust (T ~ 10% — 103 K) emitting in the near- and mid-infrared regimes gradually disappear in
a low-mass pre-main-sequence object.

The highest stellar density in a nearby T association occurs in the Lupus constellation in
the southern sky. Because of its location, about 10° south of p Ophiuchi, this large and active
association is less well-studied than Taurus-Auriga. Star formation is mainly confined to four
subgroups embedded in an extended dark cloud complex (see Figure 4.10). The total mass
in molecular gas is 3 x 10* M, close to that for Taurus-Auriga, with a substantial fraction
located in the isolated B228 cloud. The greatest concentrations of CO emission correspond to
filamentary dust lanes apparent in optical photographs.

Originally, the young stars catalogued in Lupus were classical T Tauri’s discovered in ob-
jective prism surveys. Later X-ray studies found other, weak-lined objects. In addition, there
is a Herbig Ae star of 71 L. Fully half of the association members are in the Lupus 3 sub-
group; these stars are only indicated schematically in Figure 4.10. The Ae star (HR 5999) is
part of a binary pair at the center of this highly compact stellar birthplace. The HR diagram
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Figure 4.10 Stars and molecular gas in the Lupus association. The contours trace *2C*°0 inten-
sity. Large star symbols represent tight clusters.

for all the subgroups together (Figure 4.9b) again shows a population near the birthline, in-
dicating current star formation activity. The picture will be more complete once infrared and
weak-lined sources are studied more systematically. Finally, we note that a polarization map
of background starlight reveals a well-ordered magnetic field oriented roughly perpendicular to
the most prominent filaments.

In the case of Taurus-Auriga, the distance of 140 pc can be determined reliably by comparing
the absolute and dereddened apparent magnitudes of main-sequence stars that have reflection
nebulae, and are therefore physically associated with the dark clouds. For the more sparsely
sampled Lupus region, a more uncertain figure of 150 pc follows from its proximity to the
Scorpius-Centaurus OB association. Yet a third T association at a similar distance is that of
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Figure 4.11 Halo of X-ray emitting stars in the Chamaeleon region. The solid contours trace
100 um continuum emission, delineating the dust and gas. Dotted lines and curves indicate right
ascension and declination.

Chamaeleon. In this region, close to the South celestial pole, the molecular gas is confined
to three well-defined, coherent structures, as labeled in Figure 4.11. Of these, Chamaeleon I
has both the highest visual extinction and the largest population of young stars, while the more
irregular Chamaeleon III appears to lack any star formation activity. Since the Chamaeleon
constellation is 15° from the Galactic plane, all three clouds are relatively free of background
stars.

The HR diagram for Chamaeleon I includes some 80 association members. About half were
first identified optically, either from Ho emission surveys or else by virtue of their photometric
variability, another characteristic property of classical T Tauri stars. The remainder are weak-
lined stars discovered initially through their X-ray emission by the ROSAT satellite. It is clear
from the diagram in Figure 4.9c that the classical and weak-lined stars are thoroughly intermin-
gled in both mass and age, with many close to the birthline. Further evidence of ongoing star
formation is the presence of infrared sources with no optical counterparts; some of these are
exciting Herbig-Haro objects and molecular outflows.

X-ray observations have revealed an additional population of stars in the Chamaeleon re-
gion. Some lie inside the molecular cloud boundaries, but most do not, and are distributed over
tens of parsecs (Figure 4.11). Similar halos surround the Taurus-Auriga, Orion, and Lupus re-
gions. A relatively young age is indicated for some of these objects by the presence of surface
lithium, which is gradually destroyed in the course of stellar evolution (Chapter 16). This subset
consists largely of post-T Tauri stars, i. e., contracting objects intermediate in their properties
between classical and weak-lined stars on the one hand, and those already settled onto the main
sequence (Chapter 17). The rest are even older, with ages perhaps as great as 108 yr. In any case,
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this halo population either migrated from the present-day Chamaeleon region or else formed out
of molecular gas that has long since vanished.

The fourth HR diagram of Figure 4.9 shows NGC 2264, a populous grouping of stars in
Monoceros. In both evolution and morphology, this region represents a transition from a fully
embedded to an open cluster. Several hundred optically visible members range in mass from
the O7 star S Mon to very late-type T Tauri stars. The system lies at a distance of 800 pc, too
far for complete X-ray identification of weak-lined stars. As seen in Figure 4.12, most visible
members are crowded into the southern portion of a large molecular cloud. This cloud in turn is
part of the Mon OB1 complex, whose boundary we have also included in Figure 1.1. Judging
from the slight color excesses observed, the visible cluster sits just in front of the cloud, while
a host of embedded infrared stars — some driving vigorous molecular outflows — extend further
behind. The cloud itself, some 25 pc long and with a mass of 3 x 10% M, conveniently blocks
background starlight at optical wavelengths, facilitating study of the cluster members.

The HR diagram of NGC 2264 again shows numerous stars close to the birthline, including
now the most massive pre-main-sequence objects near 10 M. In addition, there is a clearly
defined main sequence, but only down to 3 M, corresponding to a spectral type of A0. Less
massive stars, with their slower contraction rates, have not yet had time to reach the ZAMS. His-
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Figure 4.13 Bolometric luminosity functions for (a) Taurus-Auriga and (b) Chamaeleon I. The
dashed curve is the initial luminosity function, defined here as the relative number of field stars per
logarithmic unit of Ly (see § 4.5.1.). Shading indicates different infrared classes, as explained
in panel (a).

torically, it was the discovery of this main-sequence turnon in the equivalent color-magnitude
diagram that enabled M. Walker in 1956 to demonstrate unambiguously the existence of the pre-
main-sequence phase. Through spectroscopic analysis, Walker then confirmed that the youngest
low-mass members were the recently identified T Tauri class. Note that the contraction time
from the birthline to the ZAMS for a 3 M, star is 2 x 105 yr. This figure represents the time
in the past when visible stars first began to emerge from the front face of the Mon OBI1 cloud.
Clearly, this process is continuing today.

4.2.3 Association Luminosity Functions

The bolometric luminosity functions of T associations, like those for embedded clusters, are
another potentially valuable diagnostic and less plagued in this case by incompleteness of the
sample. Figure 4.13a shows the luminosity function for 130 stars in Taurus-Auriga. Here, as
in Figure 4.6, we have subdivided the members by their near-infrared class. The peak near
Ly ~ 1 Lg is real, since the limiting luminosity of the survey is closer to 0.1 L.

Figure 4.13b displays the same data for 62 stars in Chamaeleon I. The existence of a max-
imum in this case is more problematic. In addition, the absence of Class III objects simply
reflects the selection criteria for membership, which included the detection of a near-infrared
excess. For both associations, the luminosity functions have more stars than the respective HR
diagrams, which require spectroscopic analysis to establish Tig.
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How are we to gauge the significance of Figure 4.13? It is instructive to compare these re-
sults with the theoretical luminosity distribution of field stars as they first appear on the ZAMS.
This so-called initial luminosity function, denoted ¥ (L), is shown by the dashed curves
in Figure 4.13. As described in § 4.5 below, we obtain the function by combining stellar lu-
minosities with main-sequence lifetimes. In both Taurus-Auriga and Chamaeleon I, ¥ (L)
matches rather well the observed falloff at high luminosity. For Taurus, however, the data dis-
play a steeper decline near 1 L. Figure 4.6 shows that the same is true for the embedded
p Ophiuchi cluster. Another difference from the smooth field-star curve is the maximum in the
Taurus-Auriga luminosity function. Both these characteristics are in accord with theoretical ex-
pectations (Chapter 12). The “initial” luminosity function is in fact only reached gradually in a
cluster or association, as pre-main-sequence members contract and cool.

4.2.4 Intermediate-Mass Objects

We have seen how the discovery of a T association generally begins with an objective prism
search for emission-line objects. Included in this category are the rarer Herbig Ae and Be stars,
which are often picked out through the same technique. Most intermediate-mass stars, however,
are even closer to the ZAMS and lack prominent emission lines. On the other hand, their
contraction times are so short that such stars are frequently still illuminating nearby molecular
gas. Groups of young, intermediate-mass stars are therefore conspicuous on optical photographs
by the reflection nebulae accompanying them. These appear as fuzzy patches that are bluer in
color than their host stars, since the reflection of visible light from dust grains is more efficient
at shorter wavelengths. We call such stellar groups R associations.

Because intermediate-mass stars lack both the brilliance of more massive objects and the
large numbers of T Tauri stars, R associations have not received a great deal of scrutiny. The

Table 4.1 The Nearest R Associations

Name Distance B stars
(pe)
Taurus R1 110 4
Taurus R2 140 2
Scorpius R1 150 9
Perseus R1 330 4
Taurus-Orion R1 360 5
Cepheus R2 400 5
Vela R1 460 3
Cassiopeia R1 530 5
Orion R1/R2 470 6
Cepheus R1 660 3
Canis Major R1 690 8
Monoceros R1 800 4
Monoceros R2 830 7
Vela R2 870 6
Scorpius RS 870 4




4.3 OB Associations 107

typical system consists of a dozen or so A- and B-type stars spread out over perhaps 10 pc. Inter-
mingled with these objects is a larger population of low-mass stars, many of which are T Tauri’s.
The majority of intermediate-mass stars in the association are on the main sequence, but some
have the emission lines indicative of pre-main-sequence contraction. From Figure 1.18, these
latter members have nearly identical luminosities as ZAMS stars of the same mass but lower
effective temperatures. One well-known R association is Mon R1, located near the NGC 2264
cluster. Other examples include Ori R1 and Ori R2. The first is within the L1630 region of the
Orion B molecular complex (Figure 1.3), while the second is a more widely dispersed collection
of reflection nebulae centered on the Trapezium in Orion A. Table 4.1 lists all the R associations
within 1 kpc. Here we give both the distance and the number of identified B stars.

Photometric techniques are employed to study the properties of the dust within R associa-
tions. Recall that stars already on the main sequence have well-known absolute magnitudes and
intrinsic colors as a function of their spectral type. Given the latter, the apparent B — V color
of a main-sequence star illuminating a reflection nebula immediately yields its color excess
Ep_v. Suppose now that the distance to the association is already established. Then the ap-
parent V-magnitude of the same member star gives its associated Ay through equation (2.12).
One common result of such investigations is that Ay varies substantially from one star to an-
other within the R association, indicating a clumpy distribution of dust. More intriguing is the
fact that the ratio Ay /Ep_v is often higher than the fiducial interstellar value given by equa-
tion (2.16). Such “greyer” extinction is a sign that the typical grain is abnormally large, the
result presumably of continuing mantle growth within the denser portions of the enveloping
clouds.

4.3 OB Associations

As we consider progressively more massive young stars, any cloud material in proximity not
only reflects starlight, but starts to generate its own optical radiation. This emission stems from
ionization created by the ultraviolet component of the stellar spectrum. The O and early-B
stars capable of such ionization are themselves often found in loose collections of a few dozen
members. Although their boundaries are often difficult to locate with any precision, these OB
associations extend over regions that can be as small as ordinary open clusters, or as large as
several hundred parsecs in diameter.

Historically, the tendency for O and B-type stars to cluster was recognized as soon as precise
spectral classification became available, at the beginning of the 20th century. Spectroscopic and
proper motion studies gave a physical basis to the observed grouping by establishing common
spatial velocities for bright stars in Orion, Perseus, and the Scorpius-Centaurus region. It grad-
ually became clear that their large internal velocities, typically about 4 km s~!, doom these
systems to expansion and eventual dispersal. Observational verification of the expansion came
in 1952, when A. Blaauw measured proper motions in what is now called Per OB2 (signifying
the second OB association in the Perseus region). With this discovery came understanding of
the great size range of these systems. The largest are the oldest, with maximum inferred ages of
about 3 x 107 yr.
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4.3.1 Location within the Galaxy

None of the massive stars in OB associations have optically visible pre-main-sequence con-
traction phases. In any given system, therefore, most of the luminous members lie on the main
sequence, while a smaller fraction are supergiants caught in the act of leaving it. This fact allows
determination of the distance to the association, through the technique known as spectroscopic
parallax. The first step is to obtain, through analysis of absorption lines, the spectral types of
as many member stars as possible. Photometry in the V-band then allows placement of the
association in a diagram plotting my  against spectral type. At this point, we again utilize the
fact that the absolute magnitude My, is a known function of spectral type along the main se-
quence (Table 1.1). The difference between My and my, for each star then yields the distance
via equation (2.12). Of course, this equation cannot be used without knowledge of the inter-
stellar extinction Ay . Since the extinction is itself proportional to distance, one must obtain a
self-consistent solution through trial and error.

For individual stars located outside associations, a variant of the method is still feasible.
First, one uses spectroscopic analysis to verify that the object is on the main sequence. Pho-
tometry in two wavebands then establishes the apparent color. This may be compared with the
intrinsic color index to yield the reddening and extinction, and hence the distance. Note that a
basic assumption underlying spectroscopic parallax is that the standard relations hold between
reddening and extinction, and between extinction and distance. The method is therefore un-
suited for investigating clumpy clouds or those with anomalously large grains, although such
local effects presumably fade in significance with greater distance. Indeed, many visible OB
associations are too far away for accurate spectroscopy. In these cases, photometry in three
wavebands suffices to place the member stars in a color-color diagram analogous to Figure 4.2.
If the stars lie off the appropriate main-sequence curve, one may draw the reddening vector to
read off the extinction and thus the distance. When applied to the (U — B, B — V') diagram,
this procedure is traditionally known as the Q method.>

Such techniques have facilitated the location of hundreds of O and B stars throughout the
Galactic disk. Early efforts yielded the first convincing delineation of the local spiral arms, a
discovery soon corroborated by researchers employing the 21 cm line of HI. OB associations
trace the spiral structure as reliably as the interstellar gas because their constituent stars are too
young to have moved far from their birthsites. Out of 200 O stars within 3 kpc of the Sun,
some 75 percent are within associations. The figure falls to 50 percent for BO — B2 stars, whose
population is not as completely sampled. Modern study of OB associations has been greatly
facilitated by the remarkable sensitivity of charge-coupled detectors (CCDs). In addition, near-
infrared arrays and X-ray detectors have enabled us to probe the lower-mass component of these
systems.

2 Consider, for any observed star, the quantity Eyy_g/Ep_v. The relation analogous to equation (4.1) together with
the interstellar extinction curve (Figure 2.7) imply that this ratio has the numerical value 0.71, independently of the
actual degree of reddening to the star or its spectral type. From the definition of the color excess (equation (2.14)), it
follows that

(U=B) =071 (B-V) = (U=B)o — 0.T1(B—V)o = Q.
The quantity @ is thus also reddening-independent, but varies with spectral type. Note that (U — B), and (B — V),

are functionally related along the main sequence. Knowledge of @ from the apparent magnitudes therefore also
yields the star’s intrinsic colors and hence the reddening.
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Figure 4.14 Galactic distribution of the closest OB associations. The Sun is indicated near the
center of the frame. Sizes of the circles represent the physical dimension of each system and, in
a few cases, the gross morphology. Note the ring of stellar and gaseous emission in Gould’s Belt
(shaded region), surrounding the solar symbol.

Before delving into the morphology of individual associations, let us first consider their
spatial distribution. Figure 4.14 depicts all the systems within 1.5 kpc, as projected onto the
Galactic plane. The reader may profitably compare Figure 3.2 for giant molecular clouds, which
focuses on objects inside the Sun’s galactocentric radius. Note that the nearest segment of the
Perseus spiral arm, containing such associations as Cep OB 1 and Per OB1, lies beyond the upper
right border of Figure 4.14, between 2 and 3 kpc away. Note, too, we have already encountered
many of these systems in other contexts. Thus, Mon OB is the relatively small association con-
taining the cluster NGC 2264, and Mon OB2 encompasses NGC 2244 in the Rosette molecular
cloud. Ori OB is the large association that includes the Trapezium, while Per OB2 surrounds
the embedded cluster IC 348. These examples illustrate how expanding stellar systems may
harbor smaller, interior clusters. They further remind us of the intimate relationship between
OB associations and giant molecular clouds. Indeed, it is the rare association that is not in close
proximity to some cloud complex.

Table 4.2 summarizes essential properties of the associations closer than about 600 pc, as
measured by the Hipparcos satellite. Listed here are both a distance and an estimated physical
diameter. The latter, indicated approximately in Figure 4.14, was obtained using the average
angular extent of each system together with its distance. The table also gives separately the
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Table 4.2 The Nearest OB Associations

Name Distance Diameter O stars B Stars
(po) (po)

Lower Centaurus-Crux 120 50 0 42
Upper Centaurus-Lupus 140 75 0 66
Upper Scorpius 150 30 0 49
« Persei (Perseus 3) 180 10 0 30
Cassiopeia-Taurus 210 200 0 83
Cepheus 6 270 40 0 6
Perseus 2 320 50 0 17
Trumpler 10 360 45 0 22
Lacerta 1 370 60 1 35
Vela 2 410 75 1 81
Orionl 470 75 9 327
Collinder 121 590 120 2 85
Cepheus 2 610 110 1 53

numbers of O and B-star members, as established through both spectroscopy and proper motion.
Notice that over half the systems have no O stars, which are rare objects indeed. Note finally
that the relatively small association designated Trumpler 10 is not depicted in the spatial map,
as it lies in front of the larger Vela OB2.

Returning to Figure 4.14, the shaded, open structure surrounding the solar position is
Gould’s Belt. This huge ring of bright stars and gas, up to 700 pc in diameter, links a number
of the closest associations. Near its center lies the Cassiopeia-Taurus (Cas-Tau) system. Con-
taining no stars brighter than My = —5 and extending over some 200 pc, this diffuse grouping
stands out from the background field only by virtue of the similar and parallel proper motions of
its members. The entire Taurus-Auriga cloud complex lies within its borders, as does the small
and possibly bound system « Persei listed in Table 4.2. The Cas-Tau association appears to
represent the largely dispersed remnant from an earlier epoch of massive star formation. Other
systems in such an advanced state of disintegration must exist throughout the Galaxy, but are
currently impossible to find outside the solar neighborhood.

4.3.2 Expansion

The more compact associations strung out along Gould’s Belt have velocities indicating a gen-
eral expansion from the Cas-Tau region. The best-studied such system is that of Scorpius-
Centaurus (Sco-Cen). With a maximum size that rivals Cas-Tau, this association consists of
a sequence of three, spatially discrete subgroups (Figure 4.15). At one end lie the embedded
stars of the p Ophiuchi molecular clouds. The Lupus T association and its molecular complex
are just inside the border of the middle (Upper Centaurus-Lupus) subgroup, as shown in the
figure. Neither cloud region is forming O stars, but the p Ophiuchi complex in particular has
clearly been disturbed by such activity nearby. In Figure 3.17, the change in both the cloud
morphology and the pattern of polarization vectors near L1688 suggest compression from the
Upper Scorpius subgroup to its right. This impression is reinforced by 21 cm data revealing a
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Figure 4.15 Subgroups within the Sco-Cen OB association. Shown are the prominent stars, as
well as the molecular clouds in p Ophiuchi and Lupus.

shell of atomic hydrogen centered on the massive stars in Upper Scorpius and impinging on the
p Ophiuchi clouds.

From the dashed boundaries shown in Figure 4.15, it is apparent that the three optically
visible subgroups within Sco-Cen have differing sizes and hence ages. That is, these groups are
separated both spatially and temporally. It is natural to suppose that all three originated in a giant
molecular complex, of which the p Ophiuchi and Lupus clouds are the sole remains. The pattern
of subgroup ages then corresponds to the order in which various high-density regions of the
parent complex underwent gravitational collapse. Thus, the first subgroup to form massive stars
was Upper Centaurus-Lupus, followed by Lower Centaurus-Crux, and then Upper Scorpius.

To quantify matters and obtain actual ages, one may utilize the expansion velocities of indi-
vidual stars. Tracing their motion backwards in time leads to a unique configuration for which
the stellar density is highest. The corresponding time then gives the age of the subgroup in
question. In practice, both radial velocities and proper motions of the expected magnitude (a
few km s~1) are difficult to obtain. Within Sco-Cen, accurate proper motions are available in
Upper Scorpius, while radial velocities here are too small for detection. Figure 4.16 depicts the
proper motion vectors, as well as the inferred initial configuration, which has an associated age
of 4 x 10% yr. The longest dimension of this configuration is about 45 pc, in good agreement
with present-day giant cloud complexes. Note that all the velocities shown are those relative to
the mean proper motion of the subgroup; the latter reflects the global expansion of Gould’s Belt
mentioned previously.

4.3.3 Main-Sequence Turnoff

An independent check on this kinematic method comes from another clock— the HR diagram.
As was the case for the low-mass T associations, the distribution of stars in the diagram con-
stitutes a record of star formation history, but now supplies complementary information. Fig-
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Figure 4.16 Reconstructing the initial configuration of the Upper Scorpius subgroup. (a) Proper
motion vectors of prominent stars. (b) Most compact structure leading to the present configuration.

ure 4.17 displays the HR diagram for the Upper Scorpius subgroup. While the intermediate-
mass stars fall along the main sequence, higher-mass members begin to deviate from it, and
the most massive stars are absent altogether. This main-sequence turnoff reflects the age of the
system. The deviation occurs at a mass of about 30 M, which translates into a main-sequence
lifetime of 5 x 106 yr. The Upper Scorpius region must have begun producing stars at least that
far back in the past. Stars of significantly greater mass formed then or earlier would have fin-
ished burning hydrogen by now and migrated out of the diagram, thus accounting for the present
truncation of the main sequence. As illustrated in Figure 4.17, we may conveniently read off the
system age (in the foregoing sense) by matching the empirical turnoff with the set of theoretical
post-main-sequence isochrones, i. e., the loci of constant evolutionary time for stars of various
mass. Here, t = 0 corresponds to the initiation of hydrogen fusion on the ZAMS.

These considerations will naturally remind the reader of our previous discussion of the main-
sequence turnon in T associations. Both features of the HR diagram are age indicators, but their
conceptual difference is noteworthy. The turnon point singles out the oldest pre-main-sequence
stars in the association, i.e., it indicates when the formation of relatively low-mass objects
began. Conversely, the turnoff identifies the youngest post-main-sequence members and thus
tells us when the last high-mass stars were born. In a region currently devoid of molecular gas,
this latter time marks the end of the star formation process. Quite generally, the turnon “age”
should always exceed that given by the turnoff, with their difference being a measure of the total
duration of star formation activity.

Because of the statistics of stellar masses, not all forming groups exhibit both turnon and
turnoff points. Pure T associations like Lupus or Taurus-Auriga simply lack the high-mass
component that would include a turnoff. With regard to OB associations, however, numerous
surveys support the view that regions harboring massive stars invariably contain many more



4.3 OB Associations 113

T T I T
6 — ] —
. Upper Scorpius
.
i)
S
* 4 — —
=
(@]
°
= - 4
‘@
o
£
£
=}
- 2 —]
Figure 4.17 Main-sequence
0 . | . | . turnoff in Upper Scorpius. The

5.0 45 4.0 35 dashed curve represents the

ZAMS, while the solid curve is
Temperature log (Tog)  (K) the 5 x 10° yr isochrone.

of lower mass. Within Upper Scorpius, X-ray observations by the Einstein satellite turned up

dozens of previously unknown members. Subsequent photometry and spectroscopy showed that

most of these are weak-lined T Tauri stars. Deeper surveys by the ROSAT and Chandra X-ray

satellites have uncovered even more sources, which by now outnumber the massive stars shown

in Figure 4.17.

4.3.4 The Orion Association

Let us apply these ideas to the best known of all OB associations, that in Orion. Figure 4.18
shows the familiar outline of CO emission from the giant molecular cloud, along with the ap-
proximate boundaries of the four identified subgroups. That labeled 1c largely coincides with
the Ori R1 association, while the small 1d subgroup is the region of radius 2.5 pc that includes
the even more compact Trapezium cluster.

The spatial pattern of all the subgroups again suggests vividly the progression of massive star
formation and further demonstrates how this process serves to clear out molecular gas. Thus,
the oldest and largest 1a subgroup lies in an area currently free of CO emission. With a little
imagination, one can picture how the Orion A cloud once extended northward into this region.
The somewhat younger 1b system still partially encompasses dense gas, while the smallest 1c
and 1d groups are wholly embedded within Orion A. This temporal ordering is confirmed by
the stellar distribution. For example, the most luminous star in 1b is the supergiant ¢ Ori, with a
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Figure 4.18 Subgroups in the Orion OB association. The outline of CO emission is also shown.

mass of 49 M, and a main-sequence lifetime of 4 x 10 yr. The corresponding member of la
is 7 Ori, a B1 main-sequence star of 16 M, with a lifetime of 1.4 x 107 yr.

We saw in Chapter 1 how near-infrared surveys have revealed many young, low-mass stars
in the Orion B cloud. Similarly, in the 1d subgroup, a large, low-mass population is manifest
both in the optical and infrared. A similar distribution surely holds in Orion 1a, where a turnon
should exist somewhat below 1.5 M, the mass with a pre-main-sequence contraction time of
1.4 x 107 yr. Picking out F and G stars from the plethora of background sources over such a
wide area is a challenging task.

Returning, then, to Figure 4.18, we can now appreciate how the OB association represents
but one aspect (albeit the most conspicuous one) of much more extensive formation activity.
Failure to recognize this fact has misled some into positing a causal link in subgroup formation.
The idea is that the creation of O and B stars in one locale somehow induces collapse in a
neighboring region, leading to a kind of OB chain reaction. However, while there is ample
evidence that massive stars can terminate formation activity over a substantial volume, there is
little to suggest that they also initiate it (except on a restricted spatial scale; see Chapter 15.)
The relative ages and locations of OB subgroups are certainly of interest, but the true global
pattern of stellar birth can only be discerned through multiple observations. A case in point is
the L1641 region of Orion A, also depicted in Figure 4.18. Here, X-ray and infrared studies
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have uncovered a distributed population consisting of hundreds of low-mass stars. The oldest
are weak-lined T Tauri’s, with ages that rival high-mass members of the 1a subgroup, while the
youngest are embedded infrared sources or classical T Tauri stars near the birthline.

The physical picture emerging is that the Orion Molecular Cloud has been gravitationally
settling over some period exceeding 107 yr. This contraction has proceeded locally at different
rates and with diverse outcomes. It apparently began within the present 1a subgroup, at an epoch
which can best be measured once a turnon in low-mass stars is observed. Eventually, enough
massive stars formed here to disperse the surrounding gas. Sometime later, the L1641 region
also condensed to the point of star formation, but never attained the compactness necessary for
massive stars. The 1c and 1d regions followed suit, and intense formation activity continues
today in both Orion A and B. The details in this highly incomplete picture will undoubtedly
change as future studies focus increasingly on the low-mass stellar component. What seems
secure, both in Orion and elsewhere, is that star formation in any particular region can occur
without an external trigger, purely through the gravitational contraction of a large cloud region.
We shall elaborate this key idea in subsequent chapters.

4.3.5 Embedded and Runaway Stars

We have been focusing on massive stars that are optically visible. These have either moved
away from, or else destroyed, the gas and dust in their immediate vicinity within the last few
million years. The HII regions they excite are extended structures, with typical diameters of
10'® cm (i. e., 0.3 pc). Even younger O and early-B stars exist, for which the enshrouding
matter completely absorbs all ultraviolet and visible photons. Constituting some 10 percent of
the massive star population in the solar neighborhood, these objects are detectable through their
reemission of stellar photons at radio and infrared wavelengths. Such ultracompact HII regions,
roughly 10'7 cm in size, are among the most luminous Galactic objects in the far infrared.
The powerful radio source W49 in Aquila contains at least seven of these regions crowded into
an area only 0.8 pc in diameter. Dense systems like this one could represent the ancestors of
Trapezium-like clusters within visible OB associations and probably contain numerous low-
mass members that are currently beyond detection.

Figure 4.19 shows the distribution of ultracompact HII regions in the Galactic plane, as
revealed through IRAS observations in the far infrared. There is nearly a perfect match with
the corresponding distribution of giant molecular clouds, delineated by the CO contours in the
same figure. This agreement underscores the extreme youth of the deeply embedded stars.

At the other extreme are massive objects with little or no associated interstellar matter. As
we mentioned, about 25 percent of O stars do not appear to be members of clusters or associa-
tions. These field objects tend to be farther from the Galactic midplane than their counterparts
within groups. Their radial velocities also exhibit more dispersion about the local value expected
from Galactic rotation alone. Statistical analysis of the velocities reveals that most objects are
leaving the plane, rather than entering it from above and below. Thus, the stars were likely born
in ordinary associations, but with speeds that were higher than average.

A large fraction of the field objects are runaway OB stars. These have exceptionally high
spatial velocities, typically from 50 to 150 km s—!, and are sometimes located high above the
Galactic plane. In one sense, the origin of runaways is not a mystery, since their proper motions
can often be traced back to a known OB association. The real problem is their velocities, which
indicate that the objects were once subject to strong forces. Thus, each runaway might originally
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Figure 4.19 upper panel: Emission in *2C'°0 within the Galactic plane. lower panel: Distribu-
tion of far-infrared point sources, each of which corresponds to an ultracompact HII region.

have been a member of a close binary pair consisting of two massive stars. If the companion
exploded as a supernova, the star of interest could escape with a speed equal to the orbital value.
Alternatively, the star may have been launched after a close encounter with other stars inside a
dense cluster, like those often found at the centers of OB associations.

Neither hypothesis is free of difficulty. Calculations of binary evolution show that the ini-
tially more massive star (the primary) transfers a great deal of mass to the secondary before the
primary becomes a supernova. The explosion consequently ejects too little mass to unbind the
system. The binary thereafter consists of the now-massive secondary along with a neutron star
or black hole. Such, at least, is the prediction of theory. In fact, no such pair has ever been seen.
Almost all observed runaway OB stars are single, in contrast to the general stellar population
(Chapter 12).

A simple modification of this picture may resolve the difficulty. Suppose the supernova
explosion were anisotropic. Then the strong recoil force acting on the compact object would
easily free it from its companion star, despite the relatively small ejected mass. Observations
show, in fact, that the youngest neutron stars (which happen to be radio pulsars) have very high
velocities, often 500 km s~! or even more. Speeds of this magnitude could plausibly result from
an asymmetric supernova. Unfortunately, the cause of the putative anisotropy in the explosion
is not yet understood.

As to the cluster hypothesis, numerical simulations have indeed produced single, high-speed
stars through encounters between two binaries. The usual outcome is for the least massive of the
four stars to be ejected. Low-mass runaways, however, are apparently very rare. For this hypoth-
esis to survive, the cluster must have an unusual mass distribution by normal Galactic standards,
one that is very strongly skewed toward the upper end. Alternatively, the binaries might consist
of four intermediate-mass objects, two of which physically merge during the encounter. The
numerical studies indicate that such collisions indeed occur, although the escaping, merged star
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naturally has a lower speed than would a single, runaway object. The reader should keep these
possibilities in mind as we periodically return to explore the special problems connected with
massive star formation.

4.4 Open Clusters

Our final category of young systems includes those most easily recognized by the unaided eye.
These are called open clusters because their individual members can often be clearly distin-
guished. In contrast, only the largest telescopes can resolve the central regions of the much
more massive and dense globular clusters, very old systems residing far outside the plane of the
Milky Way. Open (or “galactic”) clusters are the most evolved aggregates we have discussed.
Half of them reach ages of 1 x 108 yr, while about 10 percent survive as long as 1 x 10° yr.
Even at 10® yr, however, all stars of less than 0.5 M, are still in the pre-main-sequence phase,
so most of these systems are young enough for our purposes.

4.4.1 Basic Properties

The largest open clusters are those near the centers of the more compact OB associations. Ex-
amples include NGC 2244, the group of diameter 11 pc within the Mon OB2 association, and
IC 1396, a 12 pc cluster located inside Cep OB2 (see Figure 4.14). Despite appearances, systems
of this type are rarely gravitationally bound, as few remain within older and larger associations.
Most other open clusters are indeed bound and have diameters ranging from 2 to 10 pc, with
a median value close to 4 pc. The total number of members in any one is always difficult to
assess, but the population seen in photographs can be anywhere from 10 to 103. Within the
Galaxy, open clusters concentrate strongly toward the plane; the scale height of the distribution
in the solar neighborhood is 65 pc. There are currently over 1200 systems known, almost all of
them less than 6 kpc from the Sun. The sample is essentially complete within 2 kpc, while dust
extinction increasingly hampers visual observations at greater distances.

Table 4.3 lists all known open clusters within 300 pc. We shall discuss shortly how the
actual distances are established. The diameters were obtained by eye from photographic plates,
after applying the distances. While clearly subject to some uncertainty, these figures should
represent the volume within which the majority of component stars reside. The tabulated ages
follow from analyzing the main-sequence turnoff in the HR diagram. Finally, we note that the
membership figures given in the last column represent true counts (or estimates) of the total
number of objects for which there is optical photometry in the U-, B-, and V' -bands.

Open clusters contain little molecular gas and are not currently forming protostars. They
therefore represent groups whose members, all located at nearly the same distance, share a com-
mon age and chemical composition. These characteristics have made them invaluable research
tools for over a century. In 1930, Trumpler first demonstrated the phenomenon of interstellar
absorption by showing that clusters of smaller apparent diameter, which are more distant on
average, are also systematically dimmer, above and beyond the usual inverse square falloff in
flux. Over the next 30 years, it was the intercomparison of open clusters of different ages that
provided the empirical foundation for the developing theories of pre- and post-main-sequence
evolution. More recently, studies of stellar surface activity (such as X-ray emission), rotation,
and the depletion of light elements have also relied heavily on these systems.
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Table 4.3 The Nearest Open Clusters

Name Distance  Diameter Age Members
(po) (po)  (10%yn)
Ursa Major 25 0.9 300 25
Hyades 41 4.3 630 550
Coma Berenices 96 2.7 450 45
Melotte 227 120 24 370 25
Pleiades 130 5.2 130 800
IC 2602 160 4.7 32 120
IC 2391 175 3.1 46 80
« Persei 185 16 72 380
Praesepe 190 3.8 730 500
Collinder 359 250 17 32 13
Blanco 1 270 5.5 63 190
NGC 6475 300 7.0 250 120
NGC 2451 300 4.4 45 180

‘We have already mentioned the indirect means that must be employed to obtain distances to
OB associations. In contrast, the familiar open cluster of the Hyades is one of the few stellar
groups close enough that its distance follows from velocity measurements alone. The proper
motion vectors of the stars all converge to a single point, indicating that the cluster is receding.
If 6 is the system’s present angular diameter, the proper motions yield 6, the rate at which this
diameter is shrinking. For small 6, the fractional rate of shrinking, 6 /0, is also equal to V,./d.
Here, V;. is the common radial velocity of the stars at distance d. Once the velocity is determined
from Doppler shifts of the spectral lines, this moving-cluster method directly gives d, which is
41 pc in the present case.

The actual value of the Hyades distance is not as important as the role of the moving-cluster
method in astronomical calibration. Within the Hyades, knowing the cluster distance allows
one to assign luminosities to all members with measured apparent magnitudes. Since many of
these stars are on the main sequence, this assignment, together with spectroscopic temperature
determinations, establishes the ZAMS empirically over a finite range of L, and T,g. Turning
to other open clusters, one can now apply the technique of spectroscopic parallax described in
§ 4.3. That is, we vertically slide each diagram of my versus spectral type until it matches
the Hyades, thereby both establishing the cluster distance and completing the calibration of
the main sequence itself. Such main-sequence fitting is the basis of the ZAMS represented by
the theoretical curves in Figures 1.15 and 1.18. The distances provided by the moving-cluster
method and spectroscopic parallax form the lowest rungs of the cosmic distance ladder. To
go beyond our Galaxy, we must utilize other techniques — including observations of pulsating
stars and supernovae — to bootstrap our way outward. At each step, however, the most reliable
measurements are relative ones, so that even the greatest cosmological distances rest ultimately
on those few established kinematically for nearby open clusters.
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Figure 4.20 HR diagrams of four open clusters, arranged by age. For each system, both the
ZAMS (dashed curve) and the best-fit isochrone (solid curve) are also displayed.

4.4.2 Evolution in the HR Diagram

As before, the HR diagram is a powerful tool for gauging the evolutionary status of any ob-
served system. The vexing incompleteness problem that plagues more embedded T and OB
associations is here greatly diminished. In addition, the age span of open clusters is such that
both main-sequence turnoffs and turnons may be observed, sometimes within a single cluster.
Figure 4.20 is a composite of four diagrams, in order of increasing age. The values of L, and
Teg were derived in all cases from photometric observations at visual and near-infrared wave-
lengths, after applying a global extinction correction for each cluster. In addition to the ZAMS,
the figure also includes the theoretical post-main-sequence isochrones that best fit the high-mass
turnoff in each case.

Our youngest example (Figure 4.20a) is NGC 4755, or “Herschel’s Jewel Box,” a rich sys-
tem of several hundred members. Located in the Southern Crux constellation, its distance of
2.1 kpc is too great for adequate study of the fainter objects, which undoubtedly contain an



120 4 Young Stellar Systems

admixture of interlopers from the field. Even within the brighter population, the HR diagram
shows considerable scatter, most of which stems from patchy extinction contaminating the lu-
minosity estimates. Nevertheless, the stellar distribution displays, in addition to the turnoff, a
clear departure from the ZAMS at low masses, below about log Teg = 3.9. From Table 1.1, this
temperature corresponds to a mass of 2 M. Such a star has a pre-main-sequence contraction
time of 8 x 10° yr. The post-main-sequence isochrone in the figure has the similar associated
age of 1 x 107 yr.

Systems this young containing massive stars are not uncommon and some may actually be
OB associations rather than open clusters. Most often, classification is a matter of historical
accident. The difference, however, is a true physical one, since it involves the eventual fate of
the system. Will it quickly disperse, or will it remain gravitationally bound for an extended
period? In principle, the answer may be obtained empirically, through accurate measurement of
the stars’ spatial velocities.

The advantages of proximity are evident for the Pleiades (Figure 4.20b), which lies only
130 pc away. Here, the scatter in the HR diagram is much less than for NGC 4755, and the
low-mass portion of the 800 or so known members is better sampled. The very brightest of
these, familiar in the Northern sky as the Seven Sisters, are part of a central core of stars within
an extended halo, some 4° (i. e., 10 pc) in radius. The haze seen in optical photographs attests
to the presence of interstellar matter, but the extinction is modest, with Ay, = 0.12 mag. In the
HR diagram, the turnoff from the main sequence is clear. The displayed isochrone corresponds
to an age of 1 x 108 yr. The main-sequence turnon is less apparent, but a careful examination
confirms its presence near L, = 0.1 L. As in our previous example, there is rough agreement
between the turnon and turnoff ages, but the measurements are still too inexact to warrant further
assessment of their difference.

One difficulty in obtaining more precise turnon ages is that even the empirical ZAMS is not
known to great accuracy at the lowest luminosities. As we have seen, a crucial building block in
this enterprise is the Hyades, whose diagram we display as Figure 4.20c. Spectroscopic analysis
reveals that the metallicity in the Hyades is higher than that of other nearby clusters by a factor
of about 1.5. This difference is enough to shift the Hyades main sequence slightly toward lower
temperatures, and a proper compensation is necessary in constructing the fiducial ZAMS. As
for the evolutionary status of the cluster itself, its nuclear age of 6 x 102 yr is relatively secure,
and implies that the main sequence is populated only up to 2 M. Correspondingly, the turnon
is now lowered to about 0.1 M, or a luminosity of 1 x 1073 L. This point lies well below
the observational cutoff present in the Figure.

Figure 4.20d depicts NGC 752, one of a handful of open clusters significantly older than
the Hyades. At a distance of 400 pc, this sparsely populated system has fewer than a hundred
observed members. Its advanced evolutionary state is apparent from the absence of all high- and
intermediate-mass stars. At the turnoff age, estimated to be 2 x 10 yr, stars of 1.5 M, are just
completing main-sequence hydrogen fusion. There are undoubtedly additional cluster members
below the 0.8 Mg minimum mass shown here. Only those of less than 0.09 M, however, are
still in their pre-main-sequence phase.

An interesting feature in the HR diagram of NGC 752 is the clump of stars above and to the
right of the main sequence. An analogous, but smaller, group is also visible in the Hyades. Evo-
lutionary calculations show these stars to be red giants undergoing core helium burning. Finally,
we see that the diagram again displays considerable scatter about the ZAMS, despite the fact
that the cluster is at a high Galactic latitude and suffers little extinction. One plausible source
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for this scatter is the presence of unresolved binaries, which can raise the apparent luminosity if
their mass ratios are close to unity.

4.4.3 Mass Segregation

Returning to the Pleiades, the central concentration of its brightest and most massive members
is a phenomenon we have encountered before. We recall the deeply embedded clusters of L1630
in Orion, with their luminous cores of O and B stars (Figure 1.2), or the buildup of stars sur-
rounding the massive object in S106 (Plate 2). Within the more exposed NGC 2264 cluster,
careful mapping of the stellar density reveals two concentrations — one surrounding S Mon and
another associated with a star that is again the most massive in its local region. In principle,
more refined observations of mass segregation should be possible for open clusters, but less
than two dozen systems have so far been examined in sufficient detail. For most of these, the
average stellar mass drops steadily from the center outwards.

Since mass segregation is present to some extent in the very youngest systems, it is evidently
part of the star formation process itself. Thus, the salient question, which we shall explore later,
is not how the most massive objects find their way to the densest regions, but why they form
there in the first place. Having said this, it is also true that open clusters are old enough that the
process of dynamical relaxation can further promote the settling of massive stars toward their
centers.

To understand dynamical relaxation, consider a hypothetical cluster of 1000 stars, with a
total mass of 500 M and diameter of 5 pc. The typical velocity of a cluster member is given
by the virial value in equation (3.20), and is about 1 km s~!, if we assume that no gas remains
in the system. The crossing time over which the star can traverse most of the cluster is therefore
5 x 10% yr. During each such passage, the stellar orbit is determined mainly by the smoothly
varying gravitational force arising from the system as a whole. However, each interaction with
an individual field star produces an additional tug, and many such tugs change the orbit com-
pletely. The system gradually relaxes toward a state independent of initial conditions, one in
which the total available energy is apportioned roughly equally among the members.

Under the new conditions, the least massive stars have the highest velocities and therefore
fill out the largest volume. Conversely, the high-mass members tend to crowd toward the middle.
For our sample cluster, theory predicts that such a state prevails within about 15 crossing times,
where the precise figure depends on the stellar mass spectrum. Thus, the relaxation time is
roughly 7 x 107 yr, too long for embedded systems but within the range for open clusters. One
might expect, from this argument, that older clusters would exhibit a steeper outward falloff in
the average mass of their members, but no such effect is evident in the data at hand.

4.4.4 Destruction by Giant Clouds

The centrally peaked appearance of open clusters is strong, though not conclusive, evidence that
they are gravitationally bound. This is not to say they they remain intact for all time. Dynamical
relaxation gradually inflates a halo of lighter stars, some of which actually escape. Such “evap-
oration,” however, typically requires 100 crossing times to deplete an isolated system. Why,
then, do so few observed clusters survive to even 107 yr? Clearly, some external process is at
work that destroys them more efficiently.
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There is little direct observational evidence bearing on this question, but theory suggests that
the main culprit is encounters with giant molecular clouds. The rate of such encounters is low—
about one for each rotation of the cluster about the Galaxy— but the cloud mass is so huge that
the effect can be devastating. Both molecular clouds and clusters have similar random motions
within the Galactic disk. Their typical relative velocity exceeds a cluster’s internal velocity
dispersion by about an order of magnitude. During an encounter, the cloud effectively imparts
a brief impulse to each star, in a manner somewhat akin to dynamical relaxation. In this case,
however, there is a net energy gain by the cluster as a whole.

The additional energy arises from the tidal component of the gravitational interaction. Stars
that are closest to the passing cloud respond most strongly, causing the stellar system to stretch
along the line joining the centers of mass. Incidentally, the same effect, but arising from the
general Galactic field, strips stars from the cluster halos and truncates their radii to about 10 pc in
the solar neighborhood. Often only a single encounter with a giant molecular cloud is sufficient
to disrupt a cluster entirely. If not, the cumulative tidal stretching from several such encounters
does the job. It is ironic, then, that the very structures giving rise to all young clusters appear
responsible for their ultimate demise.

4.5 The Initial Mass Function

Any attempt to understand the origin of stellar groups must address the issue of their internal
mass distribution. It is not obvious, of course, that any single function will adequately describe
all existing systems. In principle, the natural variation in such environmental factors as the
ambient magnetic field or the molecular cloud temperature prior to cluster formation could
yield a wide variety of distributions. However, we have already seen from numerous examples
that massive stars are intrinsically rarer than their low-mass counterparts. We now seek to
quantify this notion. As a practical matter, the masses of embedded stars are difficult to obtain
empirically, so we first look to field stars in the solar neighborhood. We will then show that the
mass distribution found here also appears to hold, at least approximately, for discrete clusters
and associations. This important finding bolsters the view that all stars are born within such
groups.

4.5.1 Luminosities Past and Present

Even for an unobscured field star at a known distance, it is the luminosity within a certain
wavelength range, rather than the mass, that is directly observable. A fundamental statistical
property of field stars is thus the general luminosity function, ® (My ). This function is defined
so that ® (My ) AMy is the number of stars per cubic parsec in the solar neighborhood with
absolute visual magnitude between My — AMy, /2 and My + AMy /2. Obtaining the general
luminosity function is no trivial matter. One must derive distances to large numbers of stars
and make proper extrapolations for the even larger numbers whose distances are unavailable
directly. Other, more subtle complications abound. For example, the Galactic scale heights of
stars vary inversely with mass, the brightest stars hovering close to the midplane during their
relatively short lifetimes. These same stars can be seen out to distances much greater than their
scale heights. Thus, they appear to occupy flattened disks, whose volumes must be accurately
assessed when obtaining densities. Beginning with the pioneering efforts of P. J. van Rhijn in
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Figure 4.21 General luminosity function for stars in the solar neighborhood.

the 1920s, such difficulties have gradually been overcome, and a modern result is displayed as
the solid curve in Figure 4.21.

Over most of the magnitude range shown, the general luminosity function rises with in-
creasing My, i. e., there are more dim stars than bright ones in any fixed magnitude interval.
This trend continues up to My ~ +12, after which there is a steady decline. The details of this
slow falloff remain somewhat uncertain, since many of the observed “stars” in this regime are
actually binaries that have not been spatially resolved. On the other hand, there is no doubt that
the slope of ®(My/) is considerably steeper for the most luminous stars. This initial sharp rise
levels off rather abruptly at about M7, = +5. Reference to Table 1.1 reveals that a star at this
transitional magnitude has a main-sequence lifetime #ys slightly greater than 10° yr. This time
is close to the age of the Galactic disk, currently estimated at tz = 1 x 10 yr. If we recall
that any star’s post-main-sequence lifetime is brief compared to tyg, the origin of the change in
slope becomes clear. Relatively dim, low-mass stars with My, 2 My, have been accumulating
steadily over the lifetime of the Galaxy, while only a fraction of the brighter, short-lived stars
with My < M;, have survived.

It is apparent, then, that (M) itself does not accurately reflect the relative production rate
of stars with various My -values. However, the foregoing argument can readily be quantified to
make the necessary modification. Following the notation of Chapter 1, let 72, (t) be the total
Galactic star formation rate per square parsec near the solar position. Notice that we use the
rate integrated over the disk thickness, in order to account for the diffusion of stars from the
midplane during their evolution. To a fair approximation, in fact, the stellar volume density falls
off exponentially away from the plane, with a scale height H that is a function of My . We
further define the initial luminosity function ¥ (My ) to be the relative frequency with which
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stars of a given My first appear. This function is normalized to unity: [ ¥(My)dMy = 1.
Resetting My, to that magnitude for which fys = tga1 precisely, we can write the general
luminosity function as an integral over time, where the integration limits depend on My :

e dtn () U(My) [2H(My)) T if My < My
O(Mv) =9 . , (4.4)
Jyetdt v, () W(My) [2 H(My)) if My > M; .

In writing equation (4.4), we have ignored any possible time-dependence in W(My ) or
H(My). Furthermore, we are actually interested in the appearance of main-sequence stars with
various magnitudes, while ®(My ) encompasses bright field stars that are giants and super-
giants. Accordingly, the luminosity function on the left side of equation (4.4) must be dimin-
ished at the lowest values of My, corresponding to the brightest stars.

After making this correction, knowledge of the main-sequence lifetimes ¢ys(My/) allows
us to invert equation (4.4) and obtain W ( My, ), provided we know the rate 1., (t). Neither theory
nor observation is of much help in this regard, beyond the general statement that 7. (¢) should
diminish with time. Fortunately, the final result is rather insensitive to the prescription adopted
here, so we follow the standard expedient of ignoring the time dependence and adopting a fixed
rate. With ¥(My ) in hand, it is a straightforward matter to apply bolometric corrections and
obtain the relative birthrates of stars as a function of Ly, rather than My, . This is U(Ly,), the
form of the initial luminosity function already shown in Figure 4.13. As anticipated, the curve
here is smoother than ®( My ), since it lacks the age-dependent falloff for the brightest stars.

4.5.2 Character of the Mass Distribution

Our true goal, however, is the distribution at birth of various stellar masses. We accordingly
define & (M.,) to be the initial mass function (IMF), the relative number of stars produced per
unit mass interval. Again normalizing this function to unity, we have simply

dMy,

4.5)

The derivative on the righthand side refers to variations along the main sequence and can be
obtained numerically from Table 1.1 or its equivalent.?

Historically, E. E. Salpeter proceeded in the manner we have outlined to find that £ (M,)
varies as M., with v = —2.35. This simple power law is still frequently employed to obtain
approximate results, but has long since been supplanted by other investigations using more
extensive data. Figure 4.22 displays the results of a later study. For convenience, we may
approximate the mass function as a sequence of power laws:

C (M,/Mg)™"? 0.1 < M,/Mg < 1.0
E(M,)=<{C (M, /M) %" 1.0 < M, /My < 10 (4.6)
0.40C (M,/Mx)"*% 10 < M, /My ,

3 Many authors define the IMF as the relative number of stars per logarithmic mass interval, i. e., as M £(My). The
reader should check carefully in each case.
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Figure 4.22 Initial mass function for solar neighborhood stars. The dashed line has the same
slope as Salpeter’s power law.

where C' is a normalization constant. It is apparent that £ (M,) is considerably flatter than
Salpeter’s function (dashed line) below 1.0 M, and approaches it for M, 2 10 M. Both of
these general features have been amply confirmed. Our simple power law does not capture the
broad maximum near 0.1 Mg seen in the figure, but the true behavior at the lowest masses
remains unclear. Their small luminosities make objects in this regime difficult to detect. After
extensive searches, a growing population of brown dwarfs, i. e., objects less massive than the
hydrogen-burning limit of 0.08 M), is presently being uncovered. These and other data indicate
that £ (M,.) is relatively flat near the brown-dwarf limit. Establishing its precise form will
require additional effort.

This lingering uncertainty should not obscure the essential message of Figure 4.22. Within
any volume undergoing star formation, the number of new stars per unit mass falls rapidly
above roughly 0.1 Mg. If we make the simplifying assumption that £ (M,) is constant below
this value, then equation (4.6) implies that half of all stars are produced with M, > 0.2 M.
Only 12 percent have masses exceeding 1 M), while the fraction drops to 0.3 percent for stars
above 10 M. Conversely, 70 percent of stars have M, > 0.1 M. We conclude that the star
Sformation process yields objects with a characteristic mass of a few tenths of M. Things might
have been otherwise. One could imagine stars forming with a pure power-law mass spectrum
down to some very low level at the planetary scale. That this is not the case is surely significant.
Unfortunately, current theory cannot explain, in any convincing manner, the form of £ (M..).
Even the origin of the basic mass scale itself remains uncertain. Needless to say, we shall revisit
this central issue in later chapters.
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4.5.3 Mass Function in Stellar Groups

It is worth reemphasizing that £ (M.,) represents an average over thousands of field stars, i. e.,
objects outside of known clusters or associations. What is the corresponding function within
such groups? In any one system of a few hundred stars or less, statistical fluctuations become
significant when addressing this issue. With this caveat in mind, the best candidates for inves-
tigation are the relatively unobscured open clusters. Here, the members are no longer accreting
molecular gas, while the stellar masses themselves can be read with confidence from the HR
diagram, given knowledge of both L, and T,g. On the other hand, the main-sequence turnoffs
limit the highest observed masses to modest values, about 15 M, for a cluster age of 107 yr.
One must turn to OB associations to probe the upper end of the distribution. Unfortunately, both
the greater distances and the presence of main-sequence turnons make the lowest-mass mem-
bers difficult to access. Since no one system is ideal, one is forced to sample the mass spectrum
within groups in a piecemeal fashion.

Figure 4.23 illustrates the complementary roles of open clusters and OB associations. The
left panel shows the number of stars per unit mass, denoted &cjuster (M), for most known
members of the Pleiades, along with the curve from equation (4.6). The flattening below
M, =~ 0.15 M is similar to that seen in Figure 4.22 for field objects. Note that the lumi-
nosities and effective temperatures of many cluster members were obtained here from their -
and /-band magnitudes. The stellar masses then followed by comparison with theoretical pre-
main-sequence tracks. In contrast, single measurements at V' sufficed for the more massive
stars, which are certain to be on the main sequence. It is apparent that the mass distribution in
this accessible and populous system also matches the field (i. e., equation (4.6)) between 0.15
and 5 M. Other open clusters yield mass functions that are similar but exhibit significant
variation. Such deviations from the field-star result do not appear to be correlated with cluster
morphology or age, and largely disappear if one adds together the populations of at least a dozen
systems.

Turning to OB associations, the most reliable procedure is to focus on rich, spatially compact
subgroups. One such subgoup is NGC 6611, a cluster within the Serpens OB1 association,
2.2 kpc distant. The stars here illuminate the Eagle Nebula (M16), long known as a visible
HII region traversed by broad lanes of obscuration. Most of the stars in NGC 6611 are still
embedded within the local molecular cloud. However, the 150 or so members above 5 M,
are bright enough that they can be placed in the HR diagram through optical measurements.
Figure 4.23b shows the masses at this upper end of the distribution. A power-law falloff is
evident. Indeed, the best-fit line has T' = dlog £ /d log(M./Mg) = —2.1, close to the Salpeter
value of —2.35. Other, less populous clusters within associations have I'-values that range from
—1.7to —3.0 and a mean consistent with the slope of the field-star initial mass function.

We conclude, then, that all groups of sufficient membership display a similar decline in pop-
ulation with mass, at least above the brown-dwarf regime. The steepness of this falloff for stars
exceeding several M, makes it difficult to obtain the complete mass or population of any group
by extrapolation from its very brightest components. We stress that the actual form of the initial
mass function must currently be viewed as a purely empirical result, one whose proper expla-
nation awaits better understanding of both cluster formation and the termination of protostellar
collapse. In particular, the absence of any obvious breaks in the observed distribution does not
necessarily imply that a single mechanism is at work in the origin of all stellar masses. On the
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Figure 4.23 Empirical mass functions for (a) the Pleiades, and (b) the cluster NGC 6611. The
solid curves represent the initial mass function from equation (4.6).

contrary, their distinctive central concentration in bound clusters suggests that the most massive
stars form very differently from their more numerous, low-mass counterparts.

Chapter Summary

Stars are not formed separately, but in groups within molecular clouds. All the observed mem-
bers of such primitive, embedded clusters suffer heavy extinction and reddening because of
interstellar dust. Additionally, they exhibit varying degrees of excess infrared emission created
by circumstellar matter, i. e., dust immediately adjacent to the stars themselves. The ensemble of
observed spectral energy distributions fall into four classes that appear to define an evolutionary
sequence.

Somewhat older, visible objects are generally located in either T or OB associations. The
former contain classical and weak-lined T Tauri stars along with residual cloud gas, and remain
intact for periods up to 107 yr. OB associations, so called because they also include a few
massive objects, are already dispersing into the field population. Here, the molecular gas was
driven off violently by the winds and radiation pressure of the highest-mass members. Finally,
a relatively small fraction of stars survives dissipation of their parent cloud as gravitationally
bound clusters.

The observed luminosities of field stars, together with their main-sequence lifetimes, allow
one to deduce the statistical distribution of masses at birth. This initial mass function peaks
between 0.1 and 1.0 My, a fundamental and unexplained fact. The distribution within specific
groups, obtained by placing members in the HR diagram, agrees broadly with the field-star
result.



128 4 Young Stellar Systems

Suggested Reading

Section 4.1 For the relative birthrates of stars in different cluster environments, see
Miller, G. E. & Scalo, J. M. 1978, PASP, 90, 506.
Two reviews of embedded clusters, both stressing near-infrared observations, are
Zinnecker, H., McCaughrean, M. J., & Wilking, B. A. 1993, in Protostars and Planets Ill,
ed. E. H. Levy and J. I. Lunine (Tucson: U. of Arizona Press), p. 429
Lada, C.J. & Lada, E. A. 2003, ARAA, 41, 57.

The 2MASS (Two Micron All Sky Survey) project has provided a view of the Milky Way in
three near-infrared bands:

Skrutskie, M. F. et al. 1997, in The Impact of Large Scale Near-Infrared Surveys, ed. F.
Garzon et al. (Dordrecht: Reidel), p. 25.

The 2MASS data were released in 2003. For the original classification of embedded stars by
their infrared spectral index, see

Lada, C. J. 1987, in Star Forming Regions, ed. M. Peimbert and J. Jugaku (Dordrecht:
Reidel), p. 1.

Section 4.2 The objects now called classical T Tauri stars were first recognized as a distinct
group by

Joy, A. H. 1945, ApJ, 102, 168,
while their weak-lined counterparts were classified by

Walter, F. W. 1986, ApJ, 306, 573.

Note that Walter actually identified the “naked” group, i. e., those weak-lined T Tauri stars
lacking near-infrared excess. For the morphology of nearby T associations, see the discussion
of Chamaeleon by

Schwarz, R. D. 1991, in Low-Mass Star Formation in Southern Molecular Clouds, ed. B.
Reipurth (ESO Publication), p. 93,

and that of Taurus-Auriga in

Palla, F. & Stahler, S. W. 2002, ApJ, 581, 1194.
The identification of R associations is due to

Van den Bergh, S. 1966, AJ, 71, 990.

Section 4.3 Two contributions of historical interest on the dynamical expansion of OB asso-
ciations are

Blaauw, A. 1952, BAN, 11, 405

Ambartsumian, V. A. 1955, Observatory, 75, 72.
A modern review of these associations is

Garmany, C. D. 1994, PASP, 106, 25.

The relationship of these groups to molecular clouds is analyzed in
Williams, J. P. & McKee, C. F. 1997, Apl, 476, 166.



4.5 The Initial Mass Function 129

Section 4.4 The reader wishing to see how spectroscopic parallax is used in practice to derive
the distances to young clusters may consult

Perez, M. R., Thé, P. S., & Westerlund, B. E. 1987, PASP, 99, 1050.
For properties of the Galactic system of open clusters, see

Janes, K. A., Tilley, C., & Lynga, G. 1988, AJ, 95, 771.
A theoretical work that lucidly discusses the main issues in their evolution is

Terlevich, E. 1987, MNRAS, 224, 193.

Section 4.5 The concept of the initial mass function and its first determination are due to
Salpeter, E. E. 1955, ApJ, 121, 161.

A comprehensive review that delves into the many subtleties in this continuing endeavor is
Scalo, J. M. 1986, Fund. Cosm. Phys., 11, 1.

For a more recent discussion, see

Kroupa, P. 2002, Science, 295, 82.



130 4 Young Stellar Systems

Plate 1 [eft: Optical photograph of the NGC 2024 cluster in Orion B. The image covers an
angular size of 4’ x 10, or 0.4 x 1 pc. right: Near-infrared image of the same cluster. The
vertical scale matches that of the optical image. This is a composite picture combining three

separate mosaics in the J, H, and K wavebands. The color coding is blue, green, and red,
respectively.

Plate 2 Near-infrared image of the S106 bipolar nebula. This is a composite of the J, H, and K

wavebands. The color coding in this and all other composite, near-infrared images is the same
as in Plate 1.
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Plate 3 Negative optical photograph of three HII regions in the Gem OBI1 association. The
regions span a total distance of 9 pc.

Plate 4 Expanded near-infrared (J, H, and K) image of Gem OB1. The bright nebula in the
center lies between the left and center HII regions of Plate 3, and is invisible optically.
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Plate 5 Composite, near-infrared image (J, H, and K) of the region surrounding the Herbig
Be star BD+40°4124. This object is the brightest central spot. The most prominent companion
is an emission-line star, V1686 Cyg, that is also optically visible, but most of the other, nearby
objects can only be seen in the near-infrared.

Plate 6 Near-infrared image (J, H, and K) of NGC 7538. The entire image covers 12’ x 12,
or 9.5 x 9.5 pc at the 2.7 kpc distance of the region. The red patches are embedded clusters that
appear to be younger than the prominent HII region.
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Plate 7 Composite J, H, and K -band near-infrared image of the dense cluster NGC 3603. The
field of view is 3/5 x 3!5, or 6 x 6 pc at a distance of 6 kpc.

Plate 8 Composite image in B, V, and R-bands of 30 Doradus in the Large Magellanic Cloud.
The gas filaments surrounding the central cluster span about 50 pc.
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5 Molecular Transitions: Basic Physics

With this chapter, we begin a broad discussion of molecular clouds from a physical perspective.
Our treatment throughout Part IT will be more theoretical and quantitative than previously, as the
underlying goal is to provide a basis for understanding cloud structure and protostellar collapse,
the subjects of Part III. We will not attempt an exhaustive coverage of molecular cloud physics,
but concentrate instead on those areas that seem at present to be most relevant for star formation.
To explore conditions within the clouds that produce stars, astronomers rely mainly on ob-
servations of spectral lines emitted by various molecules. Hence, our initial goals in this chapter
are to describe how such species form throughout interstellar space and how their abundances
reflect local conditions. We next turn to the simplest and most common molecules that have
been employed as tracers of cloud properties. The aim is to present, succinctly but accurately,
the physical principles underlying the most readily observed transitions. Chapter 6 will then
demonstrate how these transitions are used in practice to determine cloud properties.

5.1 Interstellar Molecules

From a chemical viewpoint, an important feature of dark clouds is their relatively high col-
umn density in dust, which effectively blocks ambient radiation at both optical and ultraviolet
wavelengths. Hence interstellar molecules, which would have short lifetimes against ultraviolet
photodissociation in unshielded regions of space, are able to survive and proliferate. To date,
over 100 molecules have been identified, ranging from the simplest diatomic species to long
chains like the cyanopolyyne HC;;N. Dense cores contain many of the more complex species
found so far, but the shock-heated regions of Orion and the Galactic center cloud Sagittarius B2
have also been rich sources. Equally important are the distended envelopes of evolved, giant
stars, which we have already noted as the birth sites of interstellar grains.

5.1.1 Reaction Energetics

Molecular astrophysics began in the late 1930s, with the discovery of CH, CH™, and CN in
diffuse clouds. These simple molecules were detected by their absorption of optical light from
background stars. The question of how such species form immediately posed a theoretical
challenge, one which deepened with the discovery in the 1960s of OH, NHgs, and H2O. The
problem is one of energetics. Consider first the collision of two atoms. The particles approach
each other with positive total energy. Unless energy can somehow be given to a third body,
the atoms will simply rebound after their encounter. The simultaneous collision of a third atom
can occur with appreciable frequency at terrestrial densities, but not in the vastly more rarefied
interior of a molecular cloud. It is also possible for the energy sink to be a photon, i. e., for
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Copyright © 2004 Wiley-VCH Verlag GmbH & Co. KGaA, Weinheim
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the two atoms to form an excited molecule which radiatively decays to the ground state before
it can dissociate. Again, the probability of such radiative association is generally too low in
molecular clouds to be of interest.

In the laboratory, molecules also form through neutral-neutral reactions. Here, the colliding
species, whether atoms or molecules, combine temporarily into a configuration known as an
activated complex. This then separates into two or more product species that share the total
energy. The process involves the making and breaking of chemical bonds, and usually requires
a net expenditure of energy. The associated activation barrier has a typical energy, expressed
in temperature units, of AF/kp ~ 100 K. A barrier of this magnitude is not insurmountable
in shock-heated clouds, but completely suppresses neutral-neutral reactions in the very cold
interiors of quiescent clouds.

By the early 1970s, it had become clear that ion-molecule reactions can alleviate the energy
difficulty. When a charged ion approaches a neutral molecule (or atom), it induces a dipole
moment in the latter, creating an electrostatic attraction between the two. (See Figure 5.1.) The
long-range nature of this attraction means that the effective cross section is greatly increased
above the geometric value for direct collision. Even at temperatures near 10 K, such reactions
can proceed fast enough to account for a large fraction of observed interstellar molecules. Since,
however, the fraction of ions available at any time is relatively small, the huge abundance of Hy
itself cannot be explained in this manner. In this important special case, to which we shall return
later, two neutral atoms can react, but only through the catalytic action of an interstellar grain
surface.

In symbolic form, the generic ion-molecule reaction may be written
AT +B—-Ct 4+ D, (5.1

where all species can be atoms or molecules. If C = B and D = A, the reaction is simple
charge exchange. Reactions involving negative ions and neutrals are also possible, in which
case one of the products is a free electron. If ny+ and ng denote the number densities of the
reactants, then we let ki, (na+) (ng) be the reaction rate per unit volume per unit time. For
either positive or negative ions, the rate coefficient k;y, is of order 10~ ¢cm® s~! and is only
weakly dependent on temperature.

Positively charged molecules within clouds are also destroyed by ambient free electrons.
The electron recombines to create an energetic, unstable neutral molecule. Most of the time,
this molecule simply “autoionizes,” spitting back the electron. However, if its constituent atoms
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separate before autoionization occurs, the molecule falls apart into neutral species:

At +e 5B+ C. (5.2)

The rate coefficient for such dissociative recombination is kq; ~ 10~7 cm® s~ for a tempera-

ture 7" near 100 K and increases slowly as the temperature falls. Note that, if A represents an
atom instead of a molecule, reaction with an electron yields the neutral form of the atom plus a
photon. The typical rate for this radiative recombination, ky, ~ 10711 cm3 s™1, is again very
low for most circumstances.

5.1.2 Abundance Patterns

Suppose we wish to observe some molecule through its emission in a particular spectral line.
The detection of this line, which results from a transition between discrete energy levels, re-
quires an ambient temperature high enough to excite the upper level of interest. Within quiescent
clouds, this requirement generally singles out low-lying rotational transitions, with associated
photon wavelengths in the millimeter regime. Even when it has such a transition, however, a
highly complex molecule is intrinsically difficult to detect. In this case, a great many levels
exist in any appreciable energy range. Many of these become populated in a sufficiently warm
environment, so that the power in any one transition is relatively small.

Most of the molecules observed to date contain one or more carbon atoms. While no inor-
ganic species found in space contain more atoms than NH3, organic molecules exist in complex
rings and chains. Hence the carbon bond, which plays such a dominant role in terrestrial chem-
istry, is also important in the interstellar environment. Furthermore, since the cosmic abundance
of oxygen exceeds that of carbon, it is no surprise that the relatively tightly bound CO is the
most abundant species after Hy itself. The observations of CO, pursued since 1970, have yielded
more information on star-forming regions than any other molecule.

Theorists employ time-dependent computer models to understand the pattern of chemical
abundances in any region. These programs simulate large reaction networks, usually operat-
ing at fixed ambient density and temperature. With time, the reactions that create and destroy
various species equilibrate, and the abundances approach steady-state values. Dense cores with
no internal stars provide a particularly simple environment to test such schemes. Starting with
reasonable initial conditions, the models have little difficulty matching the observed abundances
of simple species like CO, CS, or HCO™. Such agreement represents a gratifying confirmation
of the ion-molecule chemistry at the root of these networks. On the other hand, the models are
not without problems. One finds that complex organics always build up in time initially and
then disappear as carbon becomes locked up in CO. At the density and temperature of a typical
dense core such as TMC-1, there would be nearly complete conversion of atomic carbon to CO
by 1 x 108 yr.

Such a time is difficult to reconcile with our understanding of cloud history. Although no
accurate ages for dense cores are available, the process of gravitational settling that creates them
operates over a period of order 107 yr. The observed presence of organics therefore remains
puzzling. In addition, the current chemical models have difficulty explaining the significant
spatial variation in molecular abundances seen across TMC-1 and other starless cores. The two
simplest possibilities— gradients in age or elemental composition— both seem rather contrived as
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Figure 5.2 Submillimeter spectrum of two regions in Orion. The KL Nebula (upper spectrum)
shows many more molecular lines than the dense core in Orion 1.5” South (lower spectrum).

a general explanation. The observed gradients could also reflect the presence of still undetected
young stars, whose luminosities would thermally alter the local chemistry.

Chemical gradients are also present in sites of high-mass star formation, such as the Orion
BN-KL region. The fact that the luminous infrared sources IRc2 and BN have significantly
affected their surroundings is evident from Figure 5.2. Here a portion of the spectrum near
the 868 um (v = 345 GHz) transition of H'>CN is shown, both for the KL Nebula and for a
starless dense core known as Orion 1.5” South, located 0.2 pc from IRc2. (Recall Figure 1.7.)
Although the two cores have similar total column densities through their centers, the one in the
KL Nebula has a far richer spectrum of molecular lines. At the same time, this region has a
lower abundance of complex organics. In fact, Orion 1.5" South has a similar chemical makeup
as TMC-1, although it has 5 times the temperature and 10 times the density of the latter. Clearly,
the critical factor here is proximity to a massive star.

Several effects are at work to alter and enrich the molecular population near IRc2. The
core material surrounding the star has a temperature of some 200 K, sufficient to vaporize grain
mantles and thereby reinject molecules into the gas phase. Even closer to the star, shock waves
driven by the massive outflow can heat the gas to the point of destroying the grain cores them-
selves. Such thermal processing explains why sulfur and silicon, both major grain constituents,
are relatively abundant in this and other outflow regions. At the same time, such environments
are unfavorable to long chains, which apparently need heavily shielded dense cores to form and
survive.

Of the total list of known interstellar molecules, about half were first discovered in Sagit-
tarius B2, a giant molecular cloud located within 200 pc of the Galactic center. With a visual
extinction of some 30 mag, even near-infrared observations of the region are unable to detect
any but the brightest sources. Figure 5.3 is a high-resolution map in 800 pm continuum emis-
sion from heated dust. The cloud complex Sgr B2 lies along the dust ridge that also contains
Sgr A*, a compact radio source only a few parsecs from the Galaxy’s true center. As in the case
of Orion, the abundance of molecules is correlated with an elevated gas temperature created
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by the presence of many embedded stars. Most molecules are seen in Sgr B2/North, a com-
pact clump with gas temperature 200 K and a density in Hy as high as 107 cm~3. Here, it is
impossible to see the stellar cluster directly, but its presence is inferred from the 5 x 10° L
in radiation emitted by heated dust. The pattern in molecular abundances broadly resembles
Orion KL. It is intriguing that an equally luminous clump located just 2 parsecs away from
Sgr B2/North is relatively sparse in molecular lines. The luminosity in this latter region, known
as Sgr B2/Middle, stems from identifiable HII regions associated with several dozen O and B
stars. The lesson here is that the ultraviolet radiation inflating an HII region also destroys the
molecules that previously surrounded the star when it was more deeply embedded.

5.1.3 Adherence to Grains

Any account of the chemistry within dense clouds must consider the propensity of molecules to
stick to grain surfaces. Consider a volume V' of cloud gas with a number density nq of spherical
grains, each with radius a4. In the reference frame of a molecule, the grains are all moving with
Viherm, the molecule’s thermal speed:

3kpT \'/*
V;:herm = <2AmH) . (53)

Here A is the molecule’s mass relative to hydrogen. In a time interval At, each grain sweeps
out the cylindrical volume 7Ta(21 Viherm At, and all grains sweep out a volume larger by ngV.
Hence, the probability per unit time that the molecule is struck by some grain is the ratio of
this total volume to V, or ng waﬁ Viherm. Inverting this probability gives the average time for a
collision to occur:

1
2 V4

Ng Tag Vtherm
1

ng Ed ‘/therm

teoll =
(5.4)

Here we have used equation (2.42) for the total geometric cross section of the grains per hydro-
gen atom.

The quantity t.,;) measures the time to deplete significantly a given molecule, provided
there is a high probability of sticking upon collision. Such is the case for all molecules
except Hp, which does not readily adhere to grain mantles. Consider CS, for which
Viherm = 5.3 x 103 cms~! at T = 10 K. From equation (5.4), we find that ¢, is only
6 x 10° yr at the center of a dense core with ny = 10* cm™3. Once again, we face the
dilemma that the disappearance time is brief compared to the expected cloud age. To put the
matter another way, chemical models without grain depletion of molecules give a reasonable
match to the observed CS abundance.

There evidently must exist some mechanism for reinjecting molecules from grain surfaces
back into the gas phase. Ultraviolet photons would serve the purpose, but too few of them pen-
etrate dark cloud interiors. In sufficiently small grains, the heat from surface chemical reactions
could raise the grain temperature enough to sublimate many species. However, for standard
grains within dark clouds, the problem of rapid depletion of the molecules remains unsolved.
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Figure 5.3 Continuum emission at 800 um from heated dust near the Galactic center. Many
molecules have been discovered in the giant molecular cloud Sgr B2, located 200 pc from the
strong radio source Sgr A*. The dashed line demarcates the Galactic plane.
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5.2 Hydrogen (H:)

‘We now consider a few of the species that have been especially fruitful in the study of molecular
clouds. Table 5.1 lists abundances and important transitions for all the molecules discussed in
this chapter, as well as some others of interest. The sixth column gives the energy difference
between the upper and lower states. This energy is expressed as an equivalent temperature by
using the Boltzmann constant k. Also given is the Einstein coefficient Ay, i. e., the prob-
ability per time of spontaneous decay from the upper to the lower state. Appendix B intro-
duces the Einstein coefficients more systematically. Finally, Table 5.1 lists the critical density,
Nerit = Aul/Yul, Where vy is the rate of collisionally induced downward transitions in the mol-
ecule, as measured per unit colliding partner. This quantity, as we have noted, is an estimate
of the minimum ambient density at which collisions depopulate the upper state before it can
decay through radiation. The utility of n..i will become evident as we proceed through specific
examples.

5.2.1 Allowed Transitions

It is an unfortunate fact that the chief constituent of cold interstellar clouds, the hydrogen mol-
ecule, is also among the most difficult to detect. Even the lowest excited energy levels, those
corresponding to molecular rotation, are too far above the ground state to be easily populated.
In addition, Hs consists of two identical hydrogen atoms and therefore lacks a permanent elec-
tric dipole moment. A rotationally excited molecule must radiate through a relatively slow
quadrupole transition. To find Ha, it is best to look in hotter environments, such as clouds irra-
diated by a luminous star or shocked by a stellar wind. Here, photons or particle collisions can
excite vibrational and electronic states that do decay in a relatively brief time. The molecule
was actually first detected in 1970, through rocket observations that found several ultraviolet ab-
sorption lines in the direction of the O star £ Persei. These lines arise from the photo-excitation
of electronic states in He within an intervening diffuse cloud.

Since the hydrogen molecule plays a dominant role in many aspects of star formation, it is
worthwhile to examine its transitions in some detail. We begin with the rotational levels. In
classical mechanics, the kinetic energy of a dumbbell rotating about an axis through the center
of mass and perpendicular to the plane of rotation is given by

J2

B, = 57
Y

(5.5)
where [ is the moment of inertia and J the angular momentum. The quantum-mechanical
analog of (5.5) is
h2
Fot=—=J(J+1
I YR
=BhJ(J+1).

(5.6)

Here J is now the dimensionless rotational quantum number, which can be 0, 1, 2, etc. The
quantity B in the second form of equation (5.6) is known as the rotational constant and has the
units of frequency.
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Table 5.1 Some Useful Molecules

molecule  abundance® transition type A T? Al NS4t comments
(K) s™h (cm™?)
Ho 1 1—0 S(1) vibrational 21um 6600  8.5x 1077 7.8x107 shock tracer
CcO 8x107° J=1—-0 rotational 2.6 mm 5.5 7.5x1078  3.0x10? low density probe
OH 3x10~7 II3/5;J=3/2  A-doubling ~ 18cm  0.08 72x107'"  1.4x10°  magnetic field probe
NH3 2x1078 J,K)=(1,1) inversion 1.3 cm 1.1 1.7x10°7 1.9x10* temperature probe
H,CO 2%x10~8 219—111 rotational 2.1 mm 6.9 53x107° 1.3x108 high density probe
CS 1x1078 J=2—1 rotational  3.1mm 4.6  1.7x107°  4.2x10°  high density probe
HCO* 8x10~° J=1—-0 rotational  34mm 43  55x107°  1.5x10° tracer of ionization
H,0 616—5923 rotational 1.3cm 1.1 191072  1.4x10° maser
" <7x1078 lio—111 rotational 527 pm 273 3.5x1073  1.7x107 warm gas probe

¢ number density of main isotope relative to hydrogen, as measured in the dense core TMC-1
b equivalent temperature of the transition energy; T, = AFy/kp
¢ evaluated at T=10 K, except for Hy (T=2000 K) and H2O at 527 pm (T=20 K)
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Figure 5.4 Rotational levels of Ha for the first two vibrational states. Within the v = O state, the
J = 2 — 0 transition at 28.2 um is displayed. Also shown is the transition giving the 1-0 S(1)
rovibrational line at 2.12 pm. Note that two different energy scales are used.

The moment of inertia of Hy is the smallest of any diatomic molecule, so equation (5.6)
shows why its energy levels are widely spaced. Figure 5.4 displays the ladder of rotational lev-
els. Here the energy F is given both as an equivalent temperature, £'/k g, and in wave numbers,
E/he. Note that the two scales are similar numerically, since kg /hc = 0.70 degf1 cm~ L. The
second measure is convenient in that the energy difference between two states yields directly
the inverse of the wavelength of the emitted photon.! As already noted, the rotational levels of
Hy decay principally through electric quadrupole transitions, in which J decreases by 2. The
lowest possible transition, J = 2 — 0, has an associated energy change of 510 K and the rela-
tively low Einstein A-value of 3.0 x 10~ s~!. Each decay produces a photon of wavelength
28.2 um. This far-infrared line has been detected through spaceborne observations.

The total energy of the hydrogen molecule is the sum of its rotational, vibrational, and
electronic contributions:

Etot = Erot + Evib + Ee]ect . (57)

In quantum mechanics, the energy of a simple harmonic oscillator of natural frequency v, is
Eyir = hwo (v+1/2) (5.8)

where w, = 271, and where the vibrational quantum number v canbe 0, 1, 2, etc. The J = 0
rotational level of the v = 1 state has an energy above ground equivalent to 6.6 x 10® K and
an A-value of 8.5 x 10~7 s~1. In the hot environments where vibrational states are excited,
the molecule relaxes through rovibrational transitions, in which both J and v change. (See
Figure 5.4.) Here, the change in v is unrestricted, while AJ can be 0 or £+2. Suppose v’ and v”

I In this chapter only, we follow the spectroscopic definition of wave number, & = 1/).
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Figure 5.5 Potential energy of Hs as a function of internuclear separation. Note again the use of
two alternate energy scales. The three solid curves correspond to the ground and first two excited
electronic states. The horizontal lines represent vibrational levels. Arrows depict photo-excitation
into the Lyman band, followed by either fluorescent decay or dissociation.

denote the initial and final vibrational states, respectively. Then we designate the rovibrational
transitions as v’ —v” O(J"), Q(J"), or S(J") for J" — J' = 2, 0, or —2. Thus, the commonly
observed 1 — 05(1) line, with a wavelength of 2.12um, represents the transition from the
(v'=1,J =3)tothe (v' =0, J' =1) level.

The electronic states are even more widely spaced, with an energy separation of order 10° K.
Figure 5.5 is a potential energy diagram for the ground and first two excited states, which are
formed by promoting one electron to a higher orbital. The figure displays the Coulomb energy
of the protons plus the binding energy of the electrons, calculated as a function of internuclear
separation. This total energy acts as the potential well in which the protons oscillate. For
each electronic state, the equilibrium separation of the nuclei is located at the minimum of its
potential.

The ground electronic state contains 14 vibrational levels, plus a continuum of levels with
E > AE4iss = 4.48 eV, the molecule’s binding energy. In regions of high density, such as
shocks or collapsing clouds, Hy may be destroyed through energetic collisions. Otherwise,
dissociation occurs by the absorption of an ultraviolet photon. For photon energies exceed-
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ing 14.7 eV, the process is direct and leaves one of the hydrogen atoms in an excited elec-
tronic state. However, indirect radiative dissociation is more common. Here, a photon with
E > 11.2 eV excites Hs to a higher electronic state. About 85 percent of the time, the excited
molecule drops back to ground through electronic and rovibrational transitions. The cluster of
transitions connecting levels of varying v and J within the first excited electronic state to lev-
els in the ground electronic state is known as the Lyman band, while the transitions between
the second excited electronic and ground states fall within the Werner band. During the entire
decay process, known as fluorescence, lines are emitted with wavelengths ranging from the ul-
traviolet to the infrared. Observers have detected many of these in hot cloud regions. In order to
dissociate, the molecule must decay from an excited electronic state to a vibrational continuum
level lying above the v = 14 level in the ground state. (See Figure 5.5.) After dissociation, the
molecule’s energy surplus goes into both radiation and kinetic energy of the constituent atoms.

5.2.2 Formation Rates

Let us now return to the question of Hy formation. The allowed radiative transitions within the
ground electronic state are so slow that simple association of two free atoms is rarely productive.
What is needed is a third body to absorb the released energy. Interstellar dust grains play
this role. Two hydrogen atoms that have just landed on a grain wander along its surface until
they encounter one another. The grain’s heat capacity is so large that it can easily absorb the
recombination energy without an appreciable rise in temperature.

To quantify the Hy formation rate, consider a gas containing ny; hydrogen atoms per unit
volume. Suppose these have a thermal velocity Viherm. Then a single grain with geometric
cross section o4 is struck by an atom, on average, within the collision time q;:

teoll = (nHI 0d ‘/therm)_l . (59)

The incident atom is attracted to the grain surface not by a chemical bond, but by the weaker
Van der Waals force, with a typical binding energy of 0.04 eV. The atom rapidly explores the
surface, through quantum mechanical tunneling, until it comes to rest at a lattice defect. Here the
unpaired electron forms a somewhat stronger bond to the lattice, with an energy of order 0.1 eV.
Within another interval )1, @ second atom lands on the grain and quickly finds a binding site
adjacent to the first. Only then do the two atoms combine.

The resulting Hy molecule has no unpaired electrons and so binds only weakly to the defect
site where it formed. Thus, it soon returns to the gas phase. We may write the total Hy formation
rate per unit volume as

RHQ = 5 YH Nd tc_olll
(5.10)

= 5 VH N Oa nHl Viherm -

Here ng is the grain number density, and ~g is the sticking probability, i. e., the fraction of
atoms striking a grain that eventually recombine. This probability is about 0.3 at the gas and
grain temperatures of quiescent molecular clouds.
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Even in gas that is completely devoid of dust grains, Hy can still form through purely gas-
phase processes, as long as the temperature and density are high enough. Assuming that the gas
is at least lightly ionized, there will be a supply of free electrons. Two coupled reactions then
occur:

H+e —H +hv

_ _ (5.11)
H +H—Hy+ e,

where we use hv to denote a photon. Additionally, the ambient protons provide Hy through
H+H" — Hy + hv

5.12
Hf +H - Hy, + H . ©.12)

Molecular hydrogen may have formed by these reactions in the early Universe, before dust
grains condensed from the heavy-element debris of previous stellar generations. Because of
the limited supply of free electrons and protons, only a small fraction of the atomic hydrogen
could have turned molecular by this route. However, if the primordial hydrogen gas reached
sufficiently high densities, then the three-body processes

H+H+H—-Hy+H (5.13a)

and
H+H-+H, — 2H, (5.13b)

may have produced the first molecular clouds.

We have mentioned that the main destruction mechanism for Hy at lower densities is pho-
todissociation by ultraviolet photons of energy 11.2 eV or higher. Such radiation, largely pro-
duced by O and B stars, permeates interstellar space with a flux sufficient to dissociate each
molecule within a time period of about 400 years. A cloud of pure Hs, therefore, cannot exist,
since all the molecules near the surface are effectively destroyed. However, this very process,
along with efficient absorption of the radiation by dust grains, cuts down the ultraviolet flux until
molecules further inside can survive. The interstellar H is therefore said to be self-shielding.
We will return to this phenomenon in Chapter 8, when we discuss the chemical makeup of
star-forming clouds.

5.3 Carbon Monoxide (CO)

The simple and abundant molecule CO forms only through gas-phase reactions. Its strong
binding energy of 11.1 eV then helps preserve the molecule against further destructive reactions.
Like Ho, therefore, CO is self-shielding in the ambient field of ultraviolet radiation. In the outer
regions of a molecular cloud, the two species build up in a similar manner, although CO remains
dissociated to a greater depth. (See Chapter 8.)

It is fortunate for astrophysics that the CO molecule does have a permanent electric dipole
moment and emits strongly at radio frequencies. Since its 1970 discovery in the Orion molecular
cloud, CO has served as the primary tracer of molecular gas, both in our own and in external
galaxies. The most abundant isotope, 12C'60, is naturally the easiest to detect, but 2C'60,
12C18Q, and occasionally '2C'70 and '3C'®0, have also proved useful.
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Figure 5.6 Rotational levels of *>C'%0 within the ground (v = 0) vibrational state. The astro-
physically important J = 1 — 0 transition at 2.60 mm is shown.

5.3.1 Populating the Rotational Ladder

The rotational levels again have energies given by equation (5.6). These levels are more closely
spaced than for H, because the moment of inertia is greater. (See Figure 5.6.) More importantly,
the faster electric dipole transitions can now occur. Here, J changes by +1. The J = 1 state
is elevated above the ground state in 12C'%0 by AE;y = 4.8 x 10~ eV, or by an equivalent
temperature of only 5.5 K. It is therefore easy to excite this level inside a quiescent cloud and
even to populate J = 2, which lies 16 K above the ground state. When the J = 1 — 0 transition
is made radiatively, the emitted photon has a wavelength of 2.60 mm.

Within a molecular cloud, excitation of CO to the J = 1 level occurs primarily through
collisions with the ambient Hy. In a cloud of relatively low total number density n., each
upward transition is followed promptly by emission of a photon. Conversely, when n is high,
the excited CO usually transfers its excess energy to a colliding Ho molecule, with no emis-
sion of a photon. The critical density separating the two regimes is given by A1/7y10. Using
Al =75x10"8s7! and ;0 = 2.4 x 107! cm® s~! (the appropriate value for collisions
with Hy at a temperature of 10 K), we find that n¢¢ 1S 3 X 10% cm 3.

In general, the rate of spontaneous photon emission per unit volume from the J =1 — 0
transition is n1 A1g. Here ny denotes the number density of CO molecules in the level with
quantum number J. We may determine these populations by balancing the rates of collisional
and radiative excitation and deexcitation. Appendix B presents the simplified but instructive
example of a two-level system. The ratio of the densities n1 and ng is usually expressed through
the excitation temperature, To,. We define this quantity through a generalization of Boltzmann’s
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Figure 5.7 Emission in the J = 1 — 0 line of '2C'®0. The CO is immersed in a gas of pure Hy.
Emission is measured per CO molecule and is displayed as a function of Ho number density.
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where ¢g; and g are the degeneracies of the two levels. In the case of CO rotational states,
gs = 2J +1. For nyot < Nerit, N1 /Mo is small and proportional to nyet. (See Appendix B.) The
excitation temperature in this case is less than Ti;,,, the kinetic temperature that characterizes the
velocity distribution of the colliding molecules. For niot >> Neris, however, the CO molecule
comes into local thermodynamic equilibrium (LTE) with its environment. The J = 1and J = 0
level populations are again related through equation (5.14), but with T,« now equal to Ti;y,.
Increasing the density in a cloud can therefore enhance the J = 1 — 0 emission, but only
for subcritical values of n,. We show the full behavior in Figure 5.7, which was obtained by
numerical calculation of the level populations. At a fixed value of Ti;y,, the 1 — 0 emission
rate peaks as nyot increases to n..iy and beyond. The high-density decline is caused by the
increasing excitation of molecules to the J > 1 states. This effect slowly drains the population
of the J = 1 level, eventually forcing it down to the LTE value. The calculation here ignores
the fact that many of the emitted 1 — 0 photons can themselves excite CO molecules instead of
leaving the cloud. Inclusion of this radiative trapping would cause the peak in emission to be
achieved at densities somewhat less than ..
Figure 5.7 concerns a parcel of gas with uniform density ni.;. Along any line of sight
through a molecular cloud, the true density will vary, with most material being at some mini-

law:
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mum “background” value. If this ambient gas has an n,, well below n.; for the transition of
interest, it will not contribute appreciably to the emission. On the other hand, we have seen that
the emissivity declines for ny.; far above n..;, where there is often little material in any case.
The conclusion, valid beyond the specific case of CO, is that observations in a given transition
are most sensitive to gas with densities near the corresponding n..i;. This fact should be borne
in mind when interpreting molecular line studies.

5.3.2 Vibrational Band Emission

In gas that is being heated by nearby young stars, the upper vibrational levels of CO become
significantly populated. Equation (5.8) still gives the level energies to fair accuracy, but un-
derstanding the observed complex spectra requires that we consider the next higher correction.
Specifically, the picture of CO oscillating in a parabolic potential well must break down at large
amplitude, where the molecule is eventually torn apart. Thus, ., does not increase precisely
as v + 1/2, but contains a relatively small negative term proportional to (v + 1/2)2. As a con-
sequence, the frequencies of photons emitted by the transitions withv =1 — 0, 2 — 1, etc.,
decrease slowly with the starting v-value. Such fundamental vibrational transitions have the
largest A-values. Other overtone transitions with Av = —2, —3, etc. also occur. Figure 5.8
shows the system of first overtones observed toward the BN object in Orion. Here, the vibra-
tional levels are collisionally excited in a gas with kinetic temperature near 4000 K.

The emission spikes in Figure 5.8 are actually bands consisting of many closely spaced
lines. Each band corresponds to a pair of vibrational quantum numbers, say v’ and v”, while
the lines within a band are individual rovibrotional transitions. The spacing between these
lines gradually decreases toward higher frequency. Eventually, the lines merge in a band head.
Let us see how this behavior, evident in the higher-resolution spectrum of Figure 5.9, can be
understood in physical terms.

For downward dipole transitions within the same vibrational state (J — J — 1), equa-
tion (5.6) predicts that AF,..; is proportional to J, so that the lines are equally spaced. However,
a CO molecule in a higher v-state has a slightly larger average separation between atoms. Its
moment of inertia, I, is therefore greater and its rotational constant, B,,, is lower. If v’ and v”
again denote the upper and lower vibrational states, respectively, then the J — J — 1 transition
now yields an energy of

AE (', J =", J=1) = AEyy + (By + Byr) hJ + (By — Byn) h J?

(5.15)
~ AEyyn 4+ 2By hJ + (By — By ) h J? .

Here J = 1,2, 3, etc. and AFE,, is the energy difference between two J = 0 states. Note that
J = 0 — 0 dipole transitions do not exist, so that the band contains a gap at the corresponding
frequency. Since B, is slightly greater than B,, equation (5.15) shows that the frequencies
of the J — J — 1 lines, known collectively as the R-branch of the band, increase, reach a
maximum, and then begin to decline with higher J. For the fundamental v = 1 — 0 band, this
maximum is reached at A = 4.30 um, while it occurs at 2.29 um in the first overtone v = 2 — 0
band. Figure 5.9 shows the v = 2 — 0 band head in SSV 13, an embedded infrared source
driving a molecular outflow.
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Figure 5.8 Near-infrared spectrum of the BN object in Orion, shown at three different observing
times. The relative flux is plotted against the wave number k, defined here as 1 /).
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Figure 5.9 High-resolution near-infrared spectrum of the embedded stellar source SSV 13. The
structure of the v = 2 — 0 band head in *2C*®Q is evident. The smooth curve is from a theoretical
model that employs an isothermal slab at 3500 K. Note that the spectrum here represents only a
portion of the R-branch.
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For the CO molecule, J can change by either —1 or +1 between different rovibrational
states. The lines from J — 1 — J fall on the other side of the central gap, which lies to the right
of the spectrum shown in Figure 5.9. The energies in this P-branch are

AE (W', J—1—",J) = AEyu — (By + Byr) hJ + (By — Byr) hJ?

5.16
~ AEU/UH — QBU/ hJ+ (BU' — Bq,'/) h J2 y ( )

where, again, J = 1,2, 3, efc. Because of the sign change from equation (5.15), the frequency
falls below the gap for any J. The spacing between successive lines widens, and there is no
convergence to a band head.

Populating the upper electronic levels of CO requires even more energetic environments.
The first excited electronic level lies at an equivalent temperature of 9.3 x 10* K above ground.
Downward rovibrational transitions give rise to bands in the ultraviolet regime. Fewer lines
now separate the band head from the gap, since the difference B,» — B, in equation (5.15)
is significantly greater. If enough energy is available, CO dissociates. As in Hs, collisional
dissociation is direct, while photodissociation occurs through a two-step process. That is, the
molecule must first be excited by line absorption to a higher electronic level, from which it can
either relax to the ground state or else fall apart into separate carbon and oxygen atoms.

5.4 Ammonia (NH3)

We have seen how the lowest rotational levels of CO saturate in population as the cloud density
climbs above ni; for that species. The molecule then ceases to be a useful observational gauge
of nyot. Additionally, we have noted that photons from a given CO molecule are absorbed and
reemitted many times by other, identical molecules before leaving the cloud. In other words,
the cloud becomes optically thick to this radiation, a condition that sets in first for the lowest
transitions of the main isotope 12C'60. The detected radiation is then only sampling conditions
in the sparse, outer regions of the cloud.

Since its discovery in 1969, interstellar ammonia has been one of the most widely used
probes for higher-density molecular regions. Formed through a network of gas-phase reactions,
the polyatomic NH3 has a much more complex set of transitions than CO and is therefore a more
sensitive diagnostic of cloud conditions. Many useful transitions fall within a narrow frequency
range, thus greatly reducing relative errors in instrumental calibration.

5.4.1 The Symmetric Top

Let us consider first the rotational transitions of this molecule, a pyramid in which the hydrogen
atoms form an equilateral triangle (Figure 5.10). In classical mechanics, the kinetic energy of a
three-dimensional rotator is found from a generalization of equation (5.5):

Jio s e

Eyot = .
Y1, 21 216

(5.17)

Here, 14, Ip, and I are the moments of inertia about the principal axes of rotation, while .J 4,
Jp, and Jo are the corresponding projections of the total angular momentum vector J. The



152 5 Molecular Transitions: Basic Physics

Axis A
N
H
H
H Axis C
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Figure 5.11 Torque-free motion of NH3. The molecule rotates about the axes perpendicular to
the plane of hydrogen atoms, with associated angular momentum J 4. The latter vector in turn
precesses about the axis lying along the total angular momentum J'.

principal axes for NH3 are also shown in Figure 5.10. The molecule is a symmetric top, where
two of the axes, here labeled B and C, have identical moments of inertia. Note that I, < Ipg,
i. e., the molecule is a prolate (as opposed to oblate) rotator. In the absence of external torques,
a symmetric top rotates about its symmetry (A) axis, which in turn precesses about the fixed
vector J (Figure 5.11). The scalars J and J4 are therefore both constants of the motion.

To find the quantum mechanical energy levels, we first use the equality of Iz and I to
rewrite equation (5.17) as

J? 1 1
Bt =+ J3 (= - — ) . 5.18
“=ar, T4 (21,4 213) (5.18)

Since J and J4 are conserved classically, the generalization of equation (5.6) is

Ewt =BhJ(J+1) + (A-B)hK?. (5.19)
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Figure 5.12 Rotational levels of NHs. Those levels lying on the lower border constitute the
rotational backbone.

Here, A and B are the two rotational constants, while J and K are quantum numbers that
measure, respectively, the magnitude of the total angular momentum and its component along
the symmetry axis. For a given value of .J, the possible K -values range from —J to +J. Since,
according to (5.19), states with =K have the same energy, it is conventional, when labeling
states, to restrict K to values greater than or equal to O.

The total set of rotational levels is conveniently arranged into columns of fixed K -value
(Figure 5.12). Within a given column, the state of lowest energy has J = K. Downward
transitions from (J, K) to (J — 1, K) occur very rapidly, with typical A-values from 1072 to
10~! s~1. By symmetry, the molecule’s electric dipole moment vector g lies along the central
axis. Classically, rotation about this axis can therefore produce no dipole radiation. Correspond-
ingly, quantum-mechanical dipole transitions with nonzero A K are forbidden. States along the
lower border in the diagram consitute the rotational backbone. Downward quadrupole transi-
tions along this border, (J, K) — (J—1, K —1), do occur, but with A-values of order 1079 s~
Thus, the states along the backbone are metastable.

5.4.2 Inversion Lines

The most useful spectral lines from NHs, as we shall demonstrate in Chapter 6, arise from
inversion, the oscillation of the nitrogen atom through the hydrogen plane. In most molecules,
vibrational transitions yield infrared photons of much higher frequency than those from ro-
tational modes. The inversion transition of NHs, however, produces microwave photons, in
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contrast to the far-infrared rotational lines. The reason is that, from the classical viewpoint, the
nitrogen atom does not have sufficient energy to cross the central plane, i.e., there exists a barrier
in the potential well (Figure 5.13). In quantum mechanics, the atom’s wavefunction can tunnel
through this barrier, given sufficient time. Oscillation thus occurs, but at a far lower rate than
in a simple parabolic potential well. To produce the low-frequency emission, each rotational
level (J, K) with K > 0 is split into two sublevels with an energy separation of order 10~* eV
(Figure 5.14). The transition from the upper to the lower sublevel yields the main line of the
NHjs microwave spectrum. For the (1,1) state, this line has a wavelength of 1.27 cm.

Additional effects further split the two inversion states. The nitrogen nucleus has a non-
spherical charge distribution and an electric quadrupole moment. It can therefore be torqued in
the presence of an electric field gradient. The system energy depends on the relative orientation
of the nuclear spin and the total angular momentum vector of the electrons, which in turn varies
with the rotational state of the molecule. Consequently, each inversion state splits into three
sublevels, as illustrated in Figure 5.14. When the appropriate selection rules are enforced, the
allowed transitions between the upper and lower levels give rise to a total of five lines — the
original main line and two pairs of satellite lines, separated from the main line by about 1 MHz.

Finally, even weaker, magnetic interactions between the spins of the various nuclei split the
lines again, with typical separations of 40 KHz. The net result is that the observationally im-
portant (1,1) and (2,2) rotational states each produce a total of 18 lines. The original main line,
now split into 8 closely spaced components, has about half the total intensity of the inversion
transition, while each cluster of satellite lines carries roughly equal intensity.

5.5 Water (H>O)

The water molecule has a relatively large dipole moment, almost 20 times that of CO. Here, the
associated vector p is directed along the symmetry axis through the oxygen atom (Figure 5.15).
Within the ground vibrational state are a large number of allowed rotational transitions at far-
infrared and millimeter wavelengths. Excitation of these levels followed by prompt radiative
decay provides an important cooling mechanism in shock-heated clouds, where accelerated
chemical reactions produce a relatively high abundance of the molecule. Absorption by atmo-
spheric water is an impediment that has prevented HoO from becoming a primary diagnostic of
cloud conditions. Spaceborne observations, first by the SWAS satellite, have yielded an upper
bound to the H,O abundance in quiescent clouds (Table 5.1). A number of higher transitions
had previously been detected, starting with the important 22.2 GHz (1.35 cm) line discovered
in 1969. This line, along with others subsequently found, are actually maser transitions, in
which an enhanced population of the upper state creates extraordinarily strong emission. We
will discuss water masers and their application in Chapter 14.

5.5.1 The Asymmetric Top

The rotational emission spectrum of HoO is more complex than that of NH3 because the mol-
ecule is an asymmetric top, with three unequal moments of inertia along its principal axes
(Figure 5.15). Classically, the quantities conserved during rotation are the total vector angu-
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Figure 5.14 Splitting of the inversion line in the NH3s (1,1) state. The various frequency differ-
ences are indicated, along with allowed transitions.
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lar momentum J and its projection along an axis fixed in inertial space, but not the projection
along any axis tied to the molecule itself. Thus there is no second quantum number beyond J to
parametrize the rotational energy. This energy may be expressed as a complicated function of
J and the rotational constants A, B, and C', which correspond to the three principal axes in Fig-
ure 5.15. It is conventional to order the constants so that A > B > C. Since B is numerically
closer in value to C than to A, the molecule is more prolate than oblate.

Generalizing from the Jx notation for symmetric tops, the rotational states are labeled with
three numbers in the form Jx | g, . The first subscript is the K -value of that prolate symmetric
top state obtained if the rotational constant B were changed to C'. Similarly, K is the subscript
for the oblate configuration created by letting B tend toward A.? The dipole selection rules
allow J to change by 0 or £1, while K_; or K; can each change by £1 or 3. The so-
called eo states, i. e., those with even K _; and odd K, can only change into oe states and vice
versa, while ee and oo states are similarly linked. Physically, these two separate classes are
distinguished by the sign change of the molecular wave function under a 180° rotation about
the symmetry axis.

Any given rotational state has a number of equal-energy sublevels corresponding to different
orientations of the spins of the two hydrogen nuclei. This degeneracy is three times greater for
the eo and oe (“ortho”) class of states, which are correspondingly more populated than the ee
and oo ( “para”) class. The energy-level diagram of Figure 5.16 displays separately the lower
ortho- and para-rotational states. These are arranged so that states with a common .J-value
occupy the same column.

5.5.2 Observed Rotational Lines

The water molecule’s large dipole moment implies that many downward transitions have rel-
atively high A-values, particularly those between levels with the same J and neighboring K-
values. As a consequence, it is rather difficult to excite the higher levels collisionally. For
example, the 1,9 — 1¢; transition has A = 3.5 x 1073 s~! and a collisional deexcitation rate
of 2.0x 10719 ecm =3 s~! at Ti;, = 20 K. The corresponding value of n; is 2 x 107 cm™3. This
is far greater than densities in quiescent clouds, but attainable in shocked regions near massive

2 The rather cumbersome notation for the subscripts reflects the fact that a standard parameter measuring molecular
asymmetry tends toward —1 for prolate configurations and toward +1 for oblate structures.
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Figure 5.16 Rotational levels of HoO. Two maser transitions, 616 — 523 and 414 — 321, are
indicated on the right.

stars. At lower densities, rotational levels can still be excited by infrared continuum photons
from heated dust grains.

Whatever their source of energy, the excited molecules tend to cascade downward to the
rotational backbone, consisting of the states 1¢1, 212, 303, efc. Inspection of Figure 5.16 reveals
only two allowed transitions among the ortho-states, 414 — 321 and 616 — 523, by which
molecules can leave the backbone without dropping directly to the next lower backbone level.
The levels 321 and 523 thus accumulate molecules, but remain underpopulated relative to their
adjacent backbone states. In fact, both transitions in question are observed as masers, the second
being the 22.2 GHz line.

Like CO and NHgs, H2O forms through gas-phase reactions. Within shocked cloud regions,
the major sequence is

H, + O—OH + H

(5.20)

As we noted in §5.1, such neutral-neutral reactions are inoperative within cold, dark clouds.
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Here, ion-molecule reactions can still proceed. The formation of H,O involves the chain

Hi + O — Hy + OH*
OH" + Hy — OHJ + H
OH,™ + H, - H;0T + H
H;0" + ¢~ — H,O + H.

(5.21)

The last reaction is an example of the dissociative recombination process introduced in
equation (5.2). Such reactions proceed very quickly given an adequate supply of free electrons.

5.6 Hydroxyl (OH)

We saw in Chapter 3 how molecular clouds are threaded by the magnetic field lines that perme-
ate interstellar space. Compression of this field creates an effective pressure that partially sup-
ports clouds against gravitational collapse. To measure B accurately, a molecular probe should
have a relatively large magnetic moment. Especially important in this regard are molecules with
one unpaired electron and therefore a nonzero electronic angular momentum. Classified chem-
ically as free radicals, such compounds are violently reactive in the laboratory, but can survive
for long periods in the rarefied environments of molecular clouds. The most widely used species
of this kind is OH.

5.6.1 Nature of Rotational Motion

The rotational levels of OH again have energies given by equation (5.6). However, it is the more
finely spaced hyperfine transitions that have found application in magnetic field measurements.
A given rotational state, again labeled by the quantum number J, is split into two sublevels
of nearly equal energy by a phenomenon known as A-doubling. Here, A is the projection
of the orbital angular momentum of the unpaired electron along the molecule’s internuclear
axis. The molecule is rotationally symmetric about this axis, so there are no torques to alter
the corresponding component of the angular momentum. It follows that A is a valid quantum
number. Since a state with —A, i. e., with the orbital motion reversed, has almost the same
energy as the +A state, the label A is conventionally restricted to nonnegative integer values.
The projection of the electronic spin angular momentum along the internuclear axis is another
good quantum number, denoted 3. Since OH has only one unpaired electron, ¥ is restricted in
value to £1/2. The projection of the electron’s total angular momentum, a quantity denoted 2,
is given by |A + X|.

We emphasize that it is only the axial projections of the electronic angular momenta that
are constants of the motion. In a semi-classical description, the spin and orbital angular mo-
mentum vectors, denoted S and L respectively, are not fixed in space, but undergo a complex
motion (Figure 5.17). First, the unpaired electron is attracted toward the internuclear axis by
the powerful electrostatic force of the chemical bond. The resulting torque causes L to precess
rapidly about this axis. Second, the electron sees, in its own reference frame, a magnetic field
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Figure 5.17 Torque-free motion of

OH. The vectors L and S, represent-

ing respectively the unpaired elec-

tron’s orbital and spin angular mo-

mentum, have projections A and X

along the internuclear axis. Both L

A s and S precess rapidly about this axis.
0-<H Meanwhile, the internuclear axis it-
\ self, and the associated nuclear an-

L S gular momentum O, precess slowly

about the total angular momentum J.

from the motion of the nuclei and remaining electrons. The field creates a torque on the mag-
netic moment associated with S. (Recall the discussion of the hydrogen atom in § 2.1.) As a
result of this spin-orbit coupling, S also precesses quickly about the internuclear axis. Finally,
the axis itself tumbles slowly end over end, through rotation of the O and H nuclei. Note that
the angular momentum associated with this rotation, denoted O, lies perpendicular to the axis,
since the atomic nuclei have negligible moments of inertia about the line joining them.

Regardless of these internal torques, the angular momentum J, formed by adding vectorially
S, L, and O, is very nearly constant in magnitude and direction. We may picture the vector
O and the projection of S + L along the internuclear axis both precessing about the fixed J
(Figure 5.17). The motion is analogous to that of a symmetric top. (Recall Figure 5.11.)> Thus,
J is another good quantum number, whose possible values are given by 2, 0 + 1, Q + 2, etc.
This sequence is a generalization of J = 0, 1, 2, etc. for molecules without electronic angular
momentum.

The rotational states of the molecule are thus labeled, not only by J, but also by the quantum
numbers A and 2. In addition, one must specify S, the magnitude of the electronic spin. This
number, fixed for all rotational states, is here equal to 1/2. In spectroscopic notation, the ground
state for OH is symbolized 2Tl 2 and has J = 3/2. The IT denotes A = 1, while the subscript is
(). Since ¥ = +1/2 for this state, 2 = |141/2| = 3/2. Figure 5.18 shows the rotational ladder
of 215 /2 levels with J = 3/2, 5/2, 7/2, etc. The superscript in the spectroscopic symbol is
the multiplicity, equal to 25 + 1. In this case, the multiplicity of 2 indicates that there exists
another state with the same A, but with the unpaired electron’s spin oriented oppositely, i. e.,
with ¥ = —1/2 and therefore 2 = 1/2. Any state with these values of A and {2 is denoted

3 The precession of angular momentum vectors described here applies only to the lower rotational states of OH. In
states of higher J, the spin-orbit coupling can no longer effectively lock S to L directly.
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11, /2 the lowest one has J = 1/2. Figure 5.18 includes the separate ladder of 1L, /2 states
with J =1/2, 3/2, 5/2, etc.

5.6.2 A-Doubling

Focusing again on an individual rotational state, we saw how the motion of the internuclear axis
causes the axial projection of S + L to precess about J. Such precession by itself would not
affect the molecule’s energy. However, the nuclear rotation also distorts slightly the electron’s
orbital motion. Figure 5.19 depicts two orthogonal probability distributions for the electron in
the plane perpendicular to the internuclear axis. Because of the molecule’s symmetry about
the axis, the two cases (a) and (b) might be expected to have identical energy. However, the
molecule as a whole rotates about the perpendicular axis indicated in the figure. This rotation
induces a centrifugal force, so that the distribution in (a) has higher energy than in (b), where
the electron is, on average, farther from the rotation axis.

This splitting of the previously degenerate +A levels constitutes A-doubling. Note that the
actual wavefunctions for the two eigenstates (known as the 4+ and — states) are linear combina-
tions of those corresponding to orthogonal directions of electronic rotation. Since the nuclear
rotation of the molecule is very slow compared to the electron’s orbital speed, the resulting
perturbations to the energy are slight. Figure 5.18 shows schematically that the energy split in-
creases going up the rotational ladder to states of higher J, i. e., to faster molecular rotation. For
the 215 /2 (J = 3/2) state, the temperature equivalent of the energy difference is 8.0 x 102 K.
A photon emitted during the transition between sublevels has a frequency of about 1700 MHz
and a wavelength of 18 cm.
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5.6.3 Magnetic Hyperfine Splitting

Each of the sublevels of the II states is further split by an interaction between the spins of the
unpaired electron and the hydrogen nucleus. With reference to Figure 5.17, the result is that
even J is not strictly constant, but precesses with I, the proton angular momentum, about their
sum, the grand total angular momentum F'. The new interaction arises because the magnetic
field from the spinning electron at the position of the proton depends on the relative orientation
of the two spin axes. Thus, in Figure 5.19, the electronic angular momentum S appears parallel
to I in both panels. However, the magnetic field from the electron is actually parallel to I in (a)
and antiparallel in (b). Reversing the direction of I would result in two other distinct states.

The net effect of this magnetic hyperfine splitting is quantitatively small; each sublevel of
the ground 2115 /2 state is split in frequency by only about 60 MHz. The F'-values of the final
states are given in Figure 5.18. Transitions that connect states of the same F' are said to produce
main lines, while the others emit satellite lines. The reader may recall from Chapter 2 that the
same magnetic interaction is responsible for the famous 21 cm line of atomic hydrogen. The
split in energy, corresponding in that case to a frequency of 1420 MHz, is larger than in OH
because the average separation of the electron and proton is less.

The short vertical line segments in Figure 5.18 indicate the allowed radiative transitions
within the 211 /2 (J = 3/2) ground state of OH. Historically, the 1963 detection of the four lines
at 1612, 1665, 1667, and 1720 MHz constituted the first radio identification of an interstellar
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molecule. In this case, the lines appeared in absorption against the radio source Sgr A*. Their
relative intensities were close to the theoretically predicted values in an optically-thin medium,
with the strongest lines being the main ones at 1665 and 1667 MHz. Soon after, observers found
three of the four lines in emission, but the one at 1665 MHz was far brighter than the others.
This line, initially dubbed “mysterium,” was also much narrower than expected and strongly
variable. What was seen, in fact, was the first instance of an interstellar maser.

Chapter Summary

Even in the cold environments of dark clouds, one finds a great variety of molecules. Most
are created when an ion of one species polarizes a nearby, electrically neutral atom, increasing
their mutual attraction. A significant exception is Hs itself, which forms on the surfaces of dust
grains. It is puzzling that these grains do not promptly sweep up other molecules within a cloud
and remove them from the gas phase. Apparently, there are processes that liberate molecules
from grains, but they are poorly understood at present.

Rotational, vibrational, and electronic transitions of molecules require increasing energy for
excitation. A given transition radiates strongly when the ambient density is critical, i. e., just
high enough to offset radiative decay through collisonal pumping. In most molecular clouds,
H, is undetectable, so observers principally utilize the rotational lines of CO. Denser cloud
material may be traced through a complex of microwave NHj lines that arise from quantum
mechanical tunneling of the nitrogen atom. The high temperatures and densities created by
shocks can overpopulate rotational levels of H,O, leading to maser emission. Finally, rotation
of OH subtly affects the motion of this molecule’s unpaired electron. The resulting quartet of
lines near 18 cm is a valuable diagnostic of interstellar magnetic fields.
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6 Molecular Transitions: Applications

Having acquired some physical understanding of the most important molecular transitions, we
next examine how these lines are employed in practice. The infrared emission from Hs requires
more energetic conditions than are present in quiescent clouds. Hence, these lines are not useful
as general diagnostics. Note, however, that the 2.12 um line has proved effective in tracing
shocks and stellar jets. The potentially important rotational transitions of Ho,O are obscured
by atmospheric absorption; some of these lines have now been detected by satellite. Of the
molecules we have considered previously, the most heavily used are CO, NH3, and OH. As we
consider each species in turn, we focus on just a few of its common applications. We defer
treatment of the maser emission from HyO until Chapter 14.

6.1 Carbon Monoxide

Because its critical density is relatively low, CO has most often been used for studying mas-
sive clouds, rather than the dense cores within them. In these larger regions, the J =1 — 0
transition of *2C%0 is almost always optically thick, while the same line from rarer isotopes is
frequently not. The issue of optical thickness plays a key role when interpreting observations
from this molecule.

6.1.1 Observed Profiles

Figure 6.1 shows three representative J = 1 — 0 line profiles, all from the same region in
Taurus-Auriga. As usual, we plot the antenna temperature 74 instead of I, itself, and the
line-of-sight velocity V;. in place of the frequency v. The *2C60 profile in the figure has a
flat-topped or saturated appearance, the characteristic sign of optical thickness. Any photon
emitted near the line center v, is very quickly absorbed by nearby 2C'®0 molecules. Because
the absorbers have a finite relative velocity, the reemitted photons are slightly Doppler-shifted
in frequency. As this process is repeated a number of times, photons diffuse in frequency into
the line wings, i. €., the original emission profile is broadened.

Most molecules in the cloud have a small relative speed. Thus, '2C'60 photons are still
optically thick over some frequency range centered on v,. Within this range, the cloud radiates
from its surface like a blackbody. The observed intensity I, is proportional to the Planckian
function B, evaluated at the excitation temperature near the surface (see Appendix C). This
function varies little over the relatively narrow frequency range in which the radiation is op-
tically thick. Hence, the profile appears flat. Sufficiently far from line center, there are few
enough absorbing molecules that the photons can escape, and the intensity drops.

For more optically-thin transitions, such as the '3C'60 and '2C'30 lines also shown in
Figure 6.1, the profile is reduced in amplitude and more sharply peaked. In these cases, every
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Copyright © 2004 Wiley-VCH Verlag GmbH & Co. KGaA, Weinheim
ISBN: 3-527-40559-3
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Figure 6.1 Intensity profiles of the J = 1 — 0 line in three CO isotopes, observed toward
Taurus-Auriga.

molecule along the line of sight contributes to the emission, so that the intensity integrated
over all frequencies (or, equivalently, T4 integrated over V) is proportional to the total column
density of the isotope in question. It is important to understand that this proportionality cannot
hold for 2C'60, whose radiation emanates only from the cloud’s surface layers.

To see the matter more quantitatively, consider the ratio of the column densities of the
two species 12C'%0 and '3C'60. Since the oxygen nuclei are identical, this number in nearby
clouds should approximately equal the terrestrial value for the ratio of carbon isotopes, which
we denote as [*2C/13C]*. This ratio is measured to be 89. We do not expect the equality to be
exact, because a number of chemical reactions in clouds slightly favor the rarer isotope. Since
13C160 is more tightly bound than 12C'50 by 3.0 x 1073 eV, i. e, by an equivalent temperature
of 35 K, such chemical fractionation is significant at molecular cloud temperatures. In warmer
clouds, the inferred values of ['2C/'3C] do fall reasonably close to the terrestrial figure, although
there is evidence for a systematic decline toward the Galactic center. For the example shown in
Figure 6.1, however, the measured ratio of f T'4dV, for the two lines is only 2.2, much too small
to be caused by chemical fractionation alone. The true explanation is that, for the optically-thick
12C160 emission, [ T4dV, does not trace the full column density, which must be inferred by
other means.

6.1.2 Temperature and Optical Depth

The general problem we are addressing is how to use the received intensity of any spectral line
to deduce the physical conditions within a cloud. Let us focus first on temperature and density
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as the quantities of interest. A key relation, derived in Appendix C, is the detection equation:
TBo = TO [f(Tex) - f(ﬂ)g)] [1 - eXP(*ATo)} . (61)

Here, A7, and Tz, are, respectively, the cloud’s optical thickness at line center and the re-
ceived brightness temperature at the same frequency. As discussed in Appendix C, Tg(v) is
related to the directly observed T4 (v) through the beam efficiency and the beam dilution factor.
The quantity T}, in (6.1) is the blackbody temperature associated with any background radia-
tion field, assumed here to be approximately Planckian in its energy distribution. Finally, the
function f(T) is defined by

F(T) = [exp(To/T) — 1) 7" . (6.2)

Here Ty is the equivalent temperature of the transition, i.e., To = hv,/kp.

Let us apply the detection equation to the profiles in Figure 6.1. For this particular observa-
tion, both the beam efficiency and dilution factor happen to be close to unity, so that T ~ T'4.
Consider first the *C'0 line. While Té?; is known directly from the observed profile, equa-
tion (6.1) still contains, beside T}, the two unknowns Tel)f’ and AT&B; here we use the super-
script to specify the carbon isotope. Interpretation of the '3C160 profile clearly requires more
information. For the optically-thick '2C*®0 line, however, it is generally true that A7!2 > 1,
so that the rightmost factor in (6.1) reduces to unity. We then have, to a good approximation,

Tg =T [f(Ted) — f(Thg)] - (6.3)

Assuming the radiation source behind the cloud to be the cosmic microwave background, we
set Thg equal to 2.7 K. We also know that 772 is 5.5 K. We may now use equation (6.3) to
solve for T\ in terms of the observed quantity Téz. For our profile, Téf = 5.8 K, so we find
that 712 = 9.1 K. The *2C'°0 line is usually so optically thick that the J = 0 and J = 1 level
populations can be taken to be in LTE, even if the ambient density is less than n.,i; (see § 6.2
below). We therefore have a measure of the interior kinetic temperature:

Tiin = T22 . (6.4)

It is also of interest to evaluate the optical thickness of the cloud to the observed spectral
lines. In the case of '3C'60, its collisional and radiative transition rates per molecule, and
therefore also its value of n., are very close to those of 12C160, At a fixed ambient density
Ntot, ONE must obtain T, by considering not only n.;; but also the local radiation intensity (see
Appendix B). In the absence of a detailed model, it is difficult to assess the amount of radiative
trapping, but it is generally safe to take the lower levels of 13C*®0 to be in LTE if 12C!0 is
very optically thick. The relative populations in such levels for the two isotopes are then the
same, so that we have

T =T . (6.5)
This equality finally allows us to apply the detection equation to *C'60. With Téf’) known from
the observation to be 4.1 K, and T3 = 5.3 K, we find A713 = 1.2. The fact that the *C'60

line is only marginally optically thin is consistent with the profile’s appearance in Figure 6.1,
where we can see the beginning of saturation broadening.
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To estimate the optical thickness of the 2C'60 line, we first note that both A7}2 and A7}!3
must be proportional to the total column densities of their respective isotopes:

Ar? _ N,

—_— = = . 6.6
ATE NG, (6.6)
We have already seen, however, that
g, [y

Here « is a number less than unity, representing both chemical fractionation and the lesser
effect of photodissociation by ambient ultraviolet radiation. At a cloud temperature near 10 K,
~ ranges from 0.1 to 0.3, with higher values occurring at greater optical depths. Combining
(6.6) and (6.7), we solve for At}2%:

120 *
A’TC}Q =7 [@} A’Tc}3

= 89y AT .

(6.8)

For our sample observation, we use v = 0.3 to derive A7!2 = 27.

There are many variations on the basic method we have outlined. For example, an observer
wishing to obtain higher angular resolution may prefer to use the .J = 2 — 1 line of 2C'60 at
1.3 mm instead of J = 1 — 0. In this case, the optical depth will generally not be high enough
for equation (6.3) to hold. Suppose, however, that the analogous line in 12C'60 is still optically
thin. Then one may observe another, even higher transition in 12C'60. One writes equation (6.1)
for all three lines and solves for the unknowns Ty, A713, and A712. These optical depths refer
to the J = 2 — 1 transition only, since the higher one can be obtained through the assumption of
LTE. We will encounter a practical application of this technique in Chapter 13, when discussing
the temperatures within molecular outflows.

6.1.3 Column Density

Let us now consider the determination of the cloud volume density, n¢.¢. Here the idea is first
to evaluate column densities along each line of sight. An optically-thin transition is clearly the
optimal choice for this purpose. Although '3C'®0 often only marginally fulfills the requirement,
it is much more easily detected than rarer isotopes, such as '2C*80, that are unequivocally
optically thin. Accordingly, many CO-based estimates of n. start with the column density
N3,

We have already used the fact that the column density of any species is proportional to the
optical thickness of an emitted spectral line. The actual proportionality constant between N2,
and A7!3 follows in a straightforward manner from the transfer equation for spectral lines.
From Equations (C.15) and (C.16) in Appendix C, we find

87r1/2Au13Q13A7'13 9 T13 -1
N = o o =] 1|1- =2 . 6.9
co c?Aqg (!h) [ P ( Tel)(3>:| ©
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Figure 6.2 Steps in deriving the relationship between the *>*C*°0 and the total hydrogen column
densities.

Here Av'3 is the observed full-width half-maximum of the J = 1 — 0 line. The deriva-
tion of equation (6.9) assumes this width is intrinsic and neglects any saturation broaden-
ing. The quantity Q' is the partition function for the rotational levels. Equation (C.18)
implies that Q3 = 2713 /T13. Returning once more to our example, the observed velocity
width, AV!3 = (Av'3/v,) ¢, is 1.5 km s~1. Having already determined A713, we deduce that
N = 8.8 x 10 cm2.

For a given abundance of CO relative to hydrogen, Né?’o should be proportional to the total
hydrogen column density Ny = Nyr + 2 Ny,. Knowing Ny will not give us, of course, the
local volume density at interior points. However, if the cloud is well mapped, we may be able to
estimate the physical depth of the cloud along our line of sight at a number of points. Dividing
the column density by this depth then gives the average hydrogen number density ny in the
appropriate column.

6.1.4 Relation to Hydrogen Content

How, then, do we obtain the hydrogen column density from the CO data? The usual procedure
is to invoke an empirical Ny — NL%) relationship. As this relationship, or analogous ones in-
volving other CO isotopes, underlies the mass and density estimates for many molecular clouds
and cloud complexes, we should understand its derivation. The essential steps, which rely on
observations from ultraviolet to millimeter wavelengths, are shown schematically in Figure 6.2.

We recognize at the outset that the desired relationship cannot be established simply from
measurements of quiescent molecular clouds, where it is impossible to observe N directly. We
saw in Chapter 2, however, that O and B stars located behind diffuse clouds can yield estimates
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of Ny through photo-excitation of the Ly« transition. A similar procedure, but employing Ly-
man band excitation, may be used to obtain Hs column densities in front of early-type stars. In
this manner, we may estimate the total Ny for clouds that have both atomic and molecular hy-
drogen. Unfortunately, the clouds for which the procedure works are not detectable in 13C160.
What we must do is relate the column density to some other parameter that can be observed in
both diffuse and molecular clouds. Such a parameter is Ay. This is obtained from the color
excesses of the same background O and B stars used to determine hydrogen column densities.
In fact, stellar absorption dips and color excesses were used to establish the linear Ny — Ep_v
relation of equation (2.46). We then used equation (2.16) to establish the proportionality of
Ny and Ay in equation (3.2). Although derived from observations of diffuse clouds, this latter
equation can safely be extended to molecular clouds, as long as the composition of embedded
dust grains is not significantly different.

The final step is to establish a connection between N2 and Ay. Returning to molecular
clouds, we have already seen how the first quantity can be obtained from the measured intensity
of the J =1 — 0 emission line. If a cloud is not too opaque, we may estimate Ay by con-
sidering the obscuration of background stars. Consider for simplicity a uniform distribution of
identical field stars, with spatial density 7. and a single absolute visual magnitude My . Sup-
pose further that a molecular cloud, subtending a solid angle €2, exists between distances 71
and ro, and provides the only source of visual extinction (see Figure 6.3). Then the apparent
magnitude of any star located at r > ry is larger by Ay than it would have been without the
cloud. Conversely, the radial distances of these background stars, considered as a function of
my, are uniformly lower. According to equation (2.12), these distances increase with my, as

Alogr = 0.2 Amy . (6.10)

This linear relation holds only in front of the cloud or beyond it. In between, there must be a
kink.

There is no practical value to writing the full equation relating log r to my, since the first
quantity is not observed directly. Within any radial interval Ar, however, the number of stars
included in €, is

AN, =n, Q.r% Ar

=23n,Q.7° Alogr . @10
Thus, if N represents d N, /dmy , the observed number of stars per interval of apparent magni-
tude, Equations (6.10) and (6.11) imply that AV is proportional to 73 for r < 1 or > r5. Thus,
log N = 3logr to within an additive constant. A plot of the two observable quantities log N
and my should therefore show the same features as the log r — my relation— a smooth initial
rise, a temporary break in slope between two magnitudes m; and my corresponding to r; and
4, respectively, and then a resumption of the initial slope. Figure 6.3 indicates how Ay may be
read directly from such a plot.
In practice, one does not have the luxury of observing identical stars with a uniform spatial
distribution. However, a generalized method based on the same principal does establish the
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Figure 6.3 Procedure for obtaining Ay toward a molecular cloud through star counts.

NEE — Ay relation. This is found to be

13
NCO

=25x10% em 2 mag™? . (6.12)
Ay

Equations (3.2) and (6.12) finally yield the connection between the hydrogen and CO column
densities:
Ny =7.5x 10° N&, . (6.13)

Here, there is an estimated uncertainty of 50 percent in the proportionality constant. Returning
one last time to our Taurus example, we derive Ny = 6.6 X 102! cm—2.

One should bear in mind that the correlations underlying equation (6.13) represent an av-
erage within the solar neighborhood. Under a variety of circumstances, such as the exposure
of a cloud to intense ultraviolet emission from nearby stars, the concentration of CO relative
to hydrogen changes. Moreover, a given cloud might well have substantial optical thickness
even to 13C'60. The derivation of A7} through equation (6.1) is then no longer feasible. To
apply equation (6.13), one must first observe the cloud in a rarer CO isotope and then relate the
new column density to that of 13C'60 through the natural abundance ratios of the respective
isotopes.

6.1.5 The X -Factor

As one considers more distant clouds within the Milky Way, or those in other galaxies, the
emission from '2C'60 becomes too feeble for practical use, even if equation (6.13) still applies
in principle. Observational surveys on the largest scales revert to 12C'50 and utilize only the
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velocity-integrated profile. If we again assume beam dilution and efficiency factors of unity, the
hydrogen column density follows from the simple empirical relation:

Ny =X /T},Q v, . (6.14)

The proportionality constant X is currently estimated at 2 x 10?° cm=2 K~! km™! s, again
with a 50 percent uncertainty in either direction. Satellite observations of vy-rays have played
a major role both in establishing equation (6.14) and in setting the value of X. We will see
in Chapter 7 that cosmic-ray protons penetrating molecular clouds produce these high-energy
photons through collisions with hydrogen nuclei. With sufficient knowledge of the cosmic-ray
flux, the y-radiation provides a direct measure of Ny, to be compared with 12C60 observations
of the same region.

What is the theoretical basis for equation (6.14)? Earlier, we emphasized that the optical
thickness of 12C'60 implies that its integrated intensity should not be proportional to the col-
umn density along any line of sight. However, this statement refers to a well-resolved cloud
region. The emission at great distances actually stems from an ensemble of many clouds. For
equation (6.14) to hold, this diffuse collection must radiate, in some sense, as if it were optically
thin, even if each individual cloud is not.

This viewpoint presupposes a certain degree of uniformity among all the radiating entities,
at least in a statistical sense. To elucidate the underlying assumptions, let us crudely estimate
the integral in equation (6.14) as 74> AV,., where T'}? is the antenna temperature at line center
from a single, unresolved cloud, and AV, is the cloud’s observed line width. Equations (6.3)
and (6.4) together imply that T}i depends only on the local gas kinetic temperature. From the
discussion in § 3.3, we may relate AV, to the virial velocity in equation (3.20). This velocity,
in turn, is proportional to n}f L. Here, ny and L represent mean values within the smallest
radiating unit, which, for large-scale surveys, could be an entire cloud complex. We conclude
that the “constant” X in equation (6.14) is actually proportional to n}f /T}i. It is hardly
surprising, then, that careful studies have indicated variations in X across our own and external
galaxies, with a significant decline close to the galactic centers. Nevertheless, the figure quoted
above serves as a reasonable first approximation in many circumstances.’

6.2 Ammonia

In using ammonia to determine cloud densities and kinetic temperatures, one takes advantage
of the many observable lines associated with a single inversion transition. The basic idea is to
alter the guessed density and temperature until the observed spectrum is reproduced. In this
section, we shall explore this method in some detail, as the molecule has played a key role in
determining the properties of dense cores.

! When observing an external galaxy, the telescope beam usually contains many unresolved clouds. The line width,
set by the intercloud velocity, is much greater than AV/;. for a single object. We assume, however, that these entities
are so sparsely distributed that they do not shadow one another. Then the integrated antenna temperature is what it
would be for a collection of static clouds, with the same total column density. Thus, our scaling argument for X still
holds.
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Jf Figure 6.4 Cloud geometry assumed for deriving
the NH3 inversion spectrum.

6.2.1 Modeling the Inversion Lines

The fact that the states along the rotational backbone are metastable means that we may effec-
tively treat each one as an isolated two-level system. That is, we lump together all the levels
on either side of the inversion transition into two fictitious “super-levels.” Using such a model,
one successful strategy has been to determine first the excitation temperature and optical thick-
ness for both the (1,1) and (2,2) backbone states by matching theoretical and observed emission
spectra. Next, one solves the rate equations governing the super-level populations within each
backbone state, in order to relate the previously derived quantities to the cloud density and
kinetic temperature.

Let us follow this procedure, covering the essential steps. For simplicity, we take the cloud
to be a uniform-density sphere of radius R, and we consider a line of sight that passes through
its center (Figure 6.4). We focus on the transfer of radiation through molecules that are in a
specific backbone state, e.g., (1,1). Referring to the figure, the path length for radiation ema-
nating from the cloud’s far side is As = 2 R. The corresponding optical thickness is therefore
AT, =2 p kK, R, where p and k,, are the cloud’s mass density and opacity, respectively. We now
apply the detection equation (6.1), generalized to a frequency off line center:

Tp(v) = (Tex — Thg) [1 —exp (—AT,)] . (6.15)

In writing (6.15), we have used the Rayleigh-Jeans approximation to the function f, i.e., we
have assumed 7, < Tox and T, < Tie. This approximation is, in fact, only marginally
applicable because T, for the inversion transition is about 1 K, while T¢, and Tj,, are between
3 and 20 K.

To generate theoretical spectra from equation (6.15), we must somehow account for the
complex line structure. Within our two-level model, we let the opacity x, peak at discrete
frequency intervals. Specifically, we represent A7, as a sum:

V—Vs— Ay; 2

Av
where the index ¢ runs from O for the most intense central line to N = 17. Each line, assumed
to be a Gaussian of identical width A, is displaced in frequency by Ay; from the ¢ = 0 line

centered at v,. The coefficients «; are the relative absorption probabilities for each hyperfine
transition. These probabilities are known from theory. Finally, A7t is the sum of the optical

N
AT, = Attt Zai exp , (6.16)

=0
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Figure 6.5 Theoretically derived emission spectrum of the NHs (1,1) transition in the L1489
dense core. The observed spectrum is shown below, along with the difference between the two.

thicknesses at all the line centers. Equation (6.16) implies that the central optical thickness of
the ¢+ = 0 line is
AT, = o AT (6.17)

where the probability «a, is 0.23.

Assuming a background temperature Tj,; of 2.7 K, Equations (6.15) and (6.16) give a spec-
trum, T (v), for each choice of the three parameters Ty, Artet and Av. The idea is to tune
these parameters for the (1,1) and (2,2) states until their observed emission spectra are matched.
Figure 6.5 shows a pair of observed and calculated (1,1) spectra of the dense core 1.1489. No-
tice again that the independent variable is V;. rather than v. Thus, for obtaining the theoretical
spectrum, the quotient (v — v, — Ay;) in (6.16) is replaced by (V,. — AV;)/o. Here AV is the
shift of each satellite from the 7 = 0 line and ¢ is the common velocity width of each Gaussian
profile. Note also that the figure displays the antenna temperature 74, which may be converted
to T’p through the beam efficiency and the filling factor. These numbers are here 0.25 and 0.60,
respectively. The best match to the spectrum then corresponds to Ty, = 6.6 K, A7t°t = 14, and
oc=023kmsL.

6.2.2 Radiative Trapping

The next step is to relate T, and A7t°t for the two backbone states to the values of n.; and
Tiin- Physically, we need to find that unique density and temperature that produces, through
both radiation and collisions, the observed excitation of the two inversion transitions. We there-
fore solve, within the framework of our highly simplified model, the coupled equations of ra-
diative transfer and statistical equilibrium.
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According to equation (B.3) in Appendix B, the populations n,, and n; of the upper and
lower super-levels within a single backbone state remain constant in time if collisional and
radiative effects balance:

Yu Mtot 1 + Blu jnl = Yul Ntot Ny + Bul jnu + Aul Ny - (618)

The quantity .J is related to the mean intensity .J,, of the ambient field through equation (B.1):
jz/ J, é(v)dv . (6.19)
0

We take the absorption profile ¢(v) to have the same frequency dependence as A7, in equa-
tion (6.16):

N 2
P(v) = do Z(ai/ao)exp [— (%:_A%) (6.20)

=0

In this relation, ¢, = ¢(v=1,) is determined by the requirement that the profile be normalized

to unity: .
p(v)dv = 1.
/

Our solution to equation (6.18) will assume, for simplicity, that all quantities are spatially
constant. We obtain .J by starting with the exact solution of the radiative transfer equation for I,
(Appendix C). We then evaluate the specific intensity at the center of the sphere in Figure 6.4.
Equations (C.3) and (C.8) together imply

202 kp T, A 202kp T, A
I, = Vs kp bgexp(— n)+m [1_exp(_ T”)} _ (6.21)

c? 2 c? 2

Here we have set the optical thickness o, As in equation (B.3) equal to A7, /2 and have again
applied the Rayleigh-Jeans approximation. Since [, at the center is isotropic, J, = I,,. To
obtain J, we use Equations (6.19) and (6.20). Writing A7, in (6.21) as A1,¢(v)/¢., we find

21/3/63

J= 2 [/6 Tbg + (]- - ﬂ) Tex] ) (6.22)

where

L‘b(”)] : (6.23)

ﬁz/o dv ¢(v) exp {— 20,

Note that the parameter 3 is small for large optical thickness A7, and approaches unity as A,
goes to zero. This quantity is therefore a measure of the escape probability for a photon with
frequency near v,.

Returning to equation (6.18), Appendix B derives the level populations for arbitrary .J.
Equation (B.10) casts this solution in terms of T, and the radiation temperature 7y,q asso-
ciated with .J. Additionally, equation (B.7) implies that the parameter f.oy; of Equations (B.10)
and (B.11) reduces, in the Rayleigh-Jeans limit, to

-1
Nerit Trad )

Niot Lo

fcoll ~ (1 +
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According to equation (6.22), Traq = SThg + (1 — 8)Tex in the same limit. After substituting
these results into equation (B.10) and expanding the exponentials, we find

Thg Ttot T, T,
_ =1. 6.24
Tex * ﬂncrit Tex Tkin ( )

We recall that nepis = Aul/Yal, so that the dimensionless quantity 1ot /0 Neris in (6.25) mea-
sures the relative rates of collisional and radiative deexcitation. The factor 5 modifies the net
emission rate to account for the sphere’s finite optical thickness.

It is instructive to rewrite equation (6.24) in the form

Tex = aTbg + (1 - Oé) Tkin ) (625)

where )
Ntot To B
a=|14 ——— . (6.26)
( 6 Nerit Tkin >
We see that T, is a weighted average of Ti,s and Ti;,. Under conditions such that
Ntot Tkin
ﬂ TNerit To ’

we have o < 1 and LTE applies: Tex = Tyin. In an optically-thin environment, i.e., when
B < 1, this condition is fulfilled once the density of colliders no exceeds ne,i; by a sufficient
amount. Conversely, when collisions are relatively rare, o ~ 1 and the two-level system comes
into thermal equilibrium with the background radiation field: Tex =~ Ti,. Notice, finally, that o
can be much less than unity at any density n.t, provided [ is sufficiently small. In other words,
large optical thickness drives the level populations into LTE, even if the ambient density is
subcritical. This effect of radiative trapping, illustrated here for the specific case of a two-level
system, is of general importance in molecular clouds.

Suppose we know both T, and A7t°t for the (1,1) system through matching to the ob-
served hyperfine spectrum. With ¢(v) given by equation (6.20), we may calculate the escape
probability 3 from (6.23), after finding A7, from (6.17). We then substitute the values of 3
and T,y into equation (6.24) to yield a relation between n¢ and Ti;,. If we now repeat the
procedure for the (2,2) system, we obtain a second such relationship, from which the density
and kinetic temperature follow. For the representative dense core in Figure 6.5, this method
yields 1y = 2.5 x 10* cm™2 and Ty, = 10 K.

6.3 Hydroxyl

In quiescent clouds far from any luminous stars, it is difficult to excite the rotational states of
OH. Referring again to Figure 5.18, the energy gap between the ground and first excited level
of the 2113 /2 ladder has an equivalent temperature of 120 K, while the jump to the ground state
of the 211, /2 ladder is 180 K. We may therefore restrict our attention to the four ground-state
hyperfine transitions depicted in the figure. The Einstein A-coefficient for the strongest line at
1667 MHz (F = 2+ — 27) is quite low at 7.2 x 10~!! s~ Hence, the critical density for
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collisional deexcitation of the line is also low, and OH serves as a tracer only of rather diffuse
material. Figure 6.6 provides one example, the well-studied B1 cloud in Perseus. Here, the OH
map covers a region almost as extended as that seen in the more abundant 13C*60. Both species
saturate in intensity outside the densest central region. The (2,2) transition of NHg, on the other
hand, is seen only near the embedded star.

6.3.1 Zeeman Splitting

The main utility of OH is not as a tracer of cloud gas but as a probe of the local magnetic field
strength. The physical basis for these measurements is the Zeeman effect.? The energy of an
OH molecule situated in a magnetic field B depends on the relative orientation of the field and
the molecule’s magnetic moment gs:

Euag = —1-B . (6.27)

Since the magnetic moment of OH arises principally from the presence of an unpaired elec-
tron, proper evaluation of Fy,,, requires a perturbative analysis of the electronic wave function.
Such analysis shows that @ has contributions from both the electron’s orbital and spin angular
momenta:

B=p+ ps (6.28)
The first term is B
m=—3 ) (6.29)
MeC

where —e and m. are, respectively, the electronic charge and mass. The reader may verify that
equation (6.29) would also result classically if the electron’s magnetic moment arose from the

2 Magnetic fields in the atomic envelopes of molecular clouds are observed through the Zeeman effect in HI.
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current associated with the particle’s orbital motion. Since the orbital angular momentum is A
in order of magnitude, it is convenient to rewrite (6.29) as

= —gipup (L/R) . (6.30)
Here g; is a dimensionless number called the Landé g-factor, equal to unity in this case. The
quantity pp is the Bohr magneton, given by

eh
2mec (6.31)
=58x10%eVuG™"' .

BB =

The spin contribution g5 obeys an equation analogous to (6.30), but with a value for g of 2.0.

Given p; and p,, we may use Equations (6.27) and (6.28) to evaluate F,,,. However, in
the usual representation of the molecular wavefunction, neither the component of L nor of S
in the direction of B has an associated quantum number. As we saw in § 5.5, both L and S
precess rapidly about the internuclear axis because of the torque exerted on the electron by the
magnetic field of the nuclei and remaining, paired electrons. Within each A-doubled rotational
state shown in Figure 5.15, the precise energy depends on the relative orientation of B and the
grand total angular momentum F'. Let us denote by A E\,,,, the perturbation of the state energy
from its value at B = 0. Then AE,,,, depends on all the quantum numbers characterizing the
state (A, 2, S, J, I, and F), and on the additional quantum number M . The latter represents
the projection of F' along B and can take on 2F' + 1 integer values, ranging from Mp = —F
to +F'. The final expression for the energy perturbation is then

AEmag = —guB MF B. (632)

Here the full Landé g-factor is again of order unity and is a function of all the quantum numbers
except Mr.

Dividing equation (6.32) by &, we obtain the splitting in terms of frequency. We may write
the result as

Ao = (g) B. (6.33)

The factor 1/2 is convenient because the frequency splitting is symmetric with respect to the un-
perturbed line. For the dominant 1665 and 1667 MHz transitions, the constant b has the values
3.27 and 1.96 Hz uG !, respectively. The actual Avy,,, for typical cloud field strengths is there-
fore relatively small (Avpag [Vo ~ 1078). Nevertheless, it is much greater than in molecules
lacking an unpaired electron. Here, A-doubling is absent, and the magnetic interaction that splits
each rotational state involves the spins of two nucleons, rather than an electron and a nucleon.
From equation (6.31), the nuclear magneton p is smaller than pp by the electron-nucleon
mass ratio of 1/1836. The b-values of NH3 and H5O, for example, are only 7.2 x 10~* and
2.3 x 1072 Hz uG~}, respectively.

6.3.2 Polarized Lines

Figure 6.7 shows schematically the full splitting of the ground rotational state in the presence of
an external B-field. The various possible lines can be classified according to the corresponding
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Figure 6.7 Zeeman splitting of the ground rotational state of OH. The multiplicity of levels arises
from A-doubling, internal spin-orbit coupling, and the effect of an external magnetic field. The 7
possible transitions near the 1665 MHz line are shown.

values of AMp. Selection rules limit the possibilities to AMg = 0, +1, and —1, which
are designated 7-, or-, and o -transitions, respectively. The symbols pertain to the state of
polarization of the radiation, i. €., the manner in which the electric field vector oscillates.

Let us focus on the cluster of lines near 1665 MHz; the seven allowed level transitions (com-
prising only three distinct lines) are shown in Figure 6.7. The observed pattern of line splitting
and polarization depends on the angle 6 between the magnetic field and the line of sight (see
Figure 6.8). When § = 7/2, three separate lines appear: a m-transition at the original frequency
Vs, and two weaker o-lines at v, == Aviyae. Here the frequency shift is that in equation (6.33). As
shown in the figure, all three lines are linearly polarized, with the electric field vector oscillating
in a direction parallel to B for the unshifted line, and perpendicular for the two o-components.

When B is pointing directly toward the observer (i. e., 8 = 0), Figure 6.8 indicates that only
two lines appear. The o line, at a frequency of v, + Avpag, has right-handed circular po-
larization, i. €., the electric vector rotates counter-clockwise from the observer’s point of view.?

3 We follow the IEEE definition, in which right circular polarization is clockwise rotation of the electric field vector as
seen by the transmitter of the radiation, i. e, counter-clockwise to the observer.
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Conversely, the o, line at v, — Avp,,g, has left-handed circular polarization. For an arbitrary
inclination angle 6, each line at v/, &= Av/yy,g is an admixture of linearly and circularly polarized
components, i. e, it is elliptically polarized. Moreover, the intensity of the circularly polarized
component at each frequency varies as cos 6.

It is interesting that this splitting and polarization of the 1665 MHz line is in precise agree-
ment with a naive classical model of electromagnetic radiation arising from an oscillating elec-
tron. Here, the unshifted line is produced by the electron’s motion along the direction of B,
while the two o-components arise from circular motion in the plane perpendicular to the mag-
netic field (see Figure 6.8). When B lies along the line of sight, the central component disap-
pears, since an oscillating charge does not radiate in its direction of motion. However, this agree-
ment between the classical and quantum accounts is fortuitous. The 1612 MHz (F = 1T — 27)
line, for example, splits into more than three lines for any B-field orientation. The reader may
verify, incidentally, that the frequency shifts in the classical picture correspond to a Landé g-
factor of exactly unity.

6.3.3 Measurement of B-Fields

Since, for any line, the pattern of splitting depends on the angle 6, it would seem straightforward
to read off both B)|, the field component along the line of sight, and the orthogonal component
B, . However, our discussion has thus far assumed an idealized spectral line of zero width. In
fact, outside of maser environments, each OH line is at least broadened thermally, i. e, by the
Doppler shifts resulting from the molecules’ random motion. The magnitude of such broadening



180 6 Molecular Transitions: Applications

is, from Appendix E,
AVtherm _Us

: (6.34)

~

Vo c
where v, is the sound speed in the cloud. The estimate here is good to within a factor of
order unity. The quantity v, is (RTyin/st)'/?, where R is the ideal gas constant and i, the
mean molecular weight relative to hydrogen, is about 2. Comparing this line broadening to the
magnetic line splitting in equation (6.33), we find

AVmag bB

- 2 ~ £
AVtherm Vo Us
~ 1073 E Tiin e
wG /) \10K '

Apart from masers, the actual B-values of interest range in magnitude from roughly 10 uG in
cold, quiescent molecular clouds to 100 uG near HII regions. Hence, the well-separated lines in
Figure 6.8 are generally not seen, and a more indirect approach is necessary.

The mechanism of thermal broadening operates identically on all polarization components
of the radiation. Imagine viewing the 1665 MHz line, for example, through two circularly
polarizing filters of opposite helicity. The two profiles, Ir(v — vo) and Ir(v — v,), would
be identical in shape, but shifted in frequency by Avyy,,, (see Figure 6.9). This fact suggests
that we consider the difference of the two profiles. In general, the electric field vector of any
monochromatic radiation can be decomposed into right- and left-handed circularly polarized
waves. The intensity difference of these components is known as the Sokes V-parameter, one of
three independent scalar quantities that fully characterize the polarization state of the radiation.
In the present case, the radiation is not monochromatic, but Ir(v — vo) — I (v — v) is still
termed the V-spectrum of the source.*

We noted earlier that both Ir(v — v,) and I, (v — v,) are reduced in magnitude from the
total intensity (v — v, ) by cos 6. Hence we may write their difference as

(6.35)

Ir(v —vo) — I (v —vo) = o8 0 [I(V — Vo — Almag) — I(V — Vo + Almag)]

I (6.36)
~ —2 cos 0 Avpag Cdl—l/(v — V) .

Using equation (6.33) for Av, we have the approximate equality

I
IrR(v—ve)—I(v—v,)=-bB cos@d—(y—vo)
dv
(6.37)
=-bB ﬂ(y—v)
[ dv °/

Equation (6.37) represents a practical means of determining the field component B). One
first measures directly the V'-spectrum on the left side of the equation. It is best to evaluate the

4 In practice, one measures all three Stokes parameters by employing polarizing filters. One may then define the
fractional polarization of the beam, whether circular or linear, through algebraic combinations of these parameters;
see also equation (2.51).
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Figure 6.9 upper panel: Subtraction of the right- and left-circularly polarized components of an
OH line to yield the V'-spectrum. lower panel: Observed I- and V -spectra of the 1665 MHz and
1667 MHz lines in B1.

derivative on the right side using the average of Ir(v — v,) and I, (v — v5). Such an average
is equal to one half of the |-spectrum, where the Stokes I-parameter is the sum of the two
circularly polarized components. Finally, one determines B through a fitting procedure. Note
that a negative value of B indicates a field pointing toward the observer.

The first successful application of this procedure in molecular clouds was toward NGC 2024
in the Orion A complex (Plate 1). In this case, the 1665 and 1667 MHz lines appear in absorp-
tion against the continuum radiation from a background HII region, and the derived B is 38 uG.
Thus far, it has proved difficult to extend the technique to dense cores. The OH molecule is cre-
ated through ion-molecule reactions, and the relative abundance of the species diminishes in
very optically thick regions. Nevertheless, there are a handful of relevant observations. Fig-
ure 6.9 shows the Zeeman splitting in OH emission from the central region of the B1 cloud. The
best-fit value for B of —27pG indicates that the field is providing substantial support against
the cloud’s self-gravity. We will later study in depth this important aspect of cloud structure.
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Chapter Summary

The rotational transitions of CO effectively measure both cloud temperature and column density
along a given line of sight. Here one may profitably use a combination of optically thick lines,
emanating from the cloud surface, and optically thin lines that probe the interior. For more dis-
tant clouds in our own and other galaxies, only the strongest, optically thick lines from 2C160
are detectable. In all cases, one must rely on an empirical correlation to find the hydrogen
column density.

Observation of the NHj inversion lines give access to both temperature and local volume
density. The procedure is to model the collisional excitation and radiative decay of numerous
levels, while including the effect of partially trapped photons. The levels are populated as if the
molecules had a temperature intermediate between that characterizing the background radiation
and that governing their translational motion.

The unpaired electron in OH endows the molecule with a net magnetic moment. Conse-
quently, an ambient magnetic field reveals itself by shifting the frequencies of circularly polar-
ized lines. This Zeeman splitting has proved most useful in clouds of relatively modest density.
In these structures, the magnetic field is strong enough to play a key role in the clouds’ mechan-
ical equilibrium.
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7 Heating and Cooling

A proper understanding of molecular clouds must include an account of how they absorb en-
ergy and reradiate it into space. Our purpose in this chapter is to elucidate the most important
mechanisms. We first cover the heating from interstellar cosmic rays and photons. Included in
the latter are both the diffuse background of radiation and the X-rays from pre-main-sequence
stars. We next describe how clouds cool themselves through emission from their constituent
atoms, molecules, and dust grains.

In each case, our main goal is to provide a physical account of the relevant process, but we
also give the reader practical formulas for heating and cooling rates.! We limit ourselves to
the case of quiescent clouds, i. e., we ignore any heating from nearby massive stars or internal,
bulk motion of the gas. Both of these topics will be covered in later chapters. For convenient
reference, Table 7.1 lists all the thermal processes discussed here.

7.1 Cosmic Rays

One significant source of cloud heating is a ubiquitous flux of particles whose existence has
been known for almost a century, but whose origin is only now becoming clear. By 1900,
physicists were routinely using ionization chambers to measure minute amounts of emission
from radioactive elements. Even when no substance was introduced, the chambers recorded the
presence of some ionizing agent. Using such a device on board a balloon, V. Hess found, in
1912, that the flux increased with altitude and had no diurnal variation, and therefore was of
extraterrestrial and extrasolar origin. It took several more decades to unravel the detailed nature
of this bombarding stream.

7.1.1 Composition and Energetics

Cosmic rays, we now understand, mostly consist of relativistic protons, with an admixture of
heavy elements and electrons. Their composition is, in fact, roughly solar, but with significant
differences. An over-abundance of the light elements lithium, beryllium, and boron reflects the
creation of secondary particles through nuclear reactions between the protons and the interstel-
lar medium. These secondaries result from spallation, i. e., ejection from more massive target
nuclei. More frequently, cosmic ray protons collide with the slow-moving protons of interstellar
atomic hydrogen. Collision excites the target proton, causing it to emit a 7° meson. The meson,
in turn, decays into two ~y-rays. This process accounts for much of the diffuse background of

! The formulas we present are simplified, approximate versions of those found in the research literature. Quantitative
rates are trustworthy to about a factor of two, under the conditions specified.
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Table7.1
Cloud Heating
Process Reaction Equation
cosmic rays on HI pT+H—-H"4+e” +p* (7.12)
cosmic rays on Hy pt +Hy —» Hf +e” +p™ (7.14)
carbon ionization C+hr—Ct4e (7.16)
photoelectric ejection (7.18)
dust irradiation (7.20)
stellar X-rays H+hy — HF 4 e~ (7.23)
Cloud Cooling
Process Reaction Equation
O collisional excitation O+H—-O0O+H+hv (7.26)

Ct fine structure excitation @Ct+H — Ct +H + hv (7.27)
CO rotational excitation CO+Hy; - CO+Hy+hv  (7.35)
dust thermal emission (7.39)

gas-grain collisions (7.40)

interstellar «-radiation found by satellites in the 1960s and 1970s. Protons impinging on molec-
ular clouds produce more localized sources of «-rays. Observations by the COS-B satellite and,
subsequently, the Compton Gamma Ray Observatory, were useful as an independent means of
tracing the distribution of Hys in giant cloud complexes.

The observed energies of cosmic rays span an enormous range, from 10 to 10'* MeV. Note
that a single proton of 104 MeV has the kinetic energy of a well-hit tennis ball. From about 103
to 10 MeV, the received particle flux, ®cr (E), follows a power law: ®cr(E) ~ E~27. Here,
the flux is measured per unit energy E (see Figure 7.1). At higher energies than those shown
in the figure, the flux declines as E~3. Conversely, ®cg (E) flattens and then turns over as F
falls below about 10® MeV. This turnover is an effect of the solar wind, that both sweeps out
incoming particles and creates a periodic modulation of the flux in step with the solar activity
cycle.

Where do cosmic rays come from and how do they attain such high energies? With regard to
the latter issue, all the particles are electrically charged and thus subject to magnetic deflection.
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Indeed, it is the magnetic field within the solar wind that prevents low-energy particles from
reaching the Earth. A time-invariant field cannot alter a proton’s energy, since the Lorentz
force is perpendicular to the velocity vector. A changing magnetic field, however, generates
an electric field that can do work. Thus, as E. Fermi pointed out in 1949, cosmic rays could
be accelerated by the fields frozen into a turbulent interstellar plasma. Fifteen years earlier, W.
Baade and F. Zwicky had proposed that supernovae constitute the basic source of cosmic rays.
In recent decades, these two ideas have merged in a fruitful way. It is now believed that cosmic
rays with energies up to 10° MeV are produced by particle acceleration within the magnetized
shocks created by supernova remnants as they plow through the interstellar medium. More
energetic particles are probably extragalactic in origin.

The energy density of cosmic rays within our Galaxy is about 0.8 eV cm™3, close to that
associated with a typical interstellar magnetic field of 3 uG. This similarity suggests that the
Galactic field is strong enough to contain, at least temporarily, the cosmic rays produced from
within. Any charged particle entering a magnetized region executes circular motion. The size
of the gyroradius, 7, for a particle of mass m, charge ¢, and velocity v in a field of magnitude
Bis
_ymcv
=B

B (7.1)

where 7 is the Lorentz factor (1 — v2/¢?)~'/2. Even for a 105 MeV proton in a 3 uG field,
is only of order 10%® ¢m, far less than Galactic dimensions. Thus, the orbit is a tight helix, in
which the velocity is closely confined in the plane perpendicular to the field, but is unconstrained
in the parallel direction (Figure 7.2). Irregularities in the field change the orientation of these
helical orbits and lead to a gradual drift of the particles out of the Galaxy. From measurements
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Figure 7.2 Helical motion of a cosmic-ray proton in a magnetic field.
The gyroradius rp is indicated.

of the isotopic abundances of heavier nuclei, we know that the mean confinement time is of
order 107 yr. Diffusion across field lines also accounts for the high degree of isotropy seen in
the cosmic rays entering our solar system.

7.1.2 Interaction with Clouds

Upon entering a molecular cloud, a gyrating cosmic-ray proton interacts with ambient nuclei
and electrons through both the Coulomb and nuclear forces. The nuclear excitations princi-
pally decay through emission of ~y-rays, which promptly escape. Elastic scattering due to the
Coulomb repulsion between the proton and Hs is negligible at cosmic ray energies. Instead, the
proton scatters inelastically, exciting H to a higher electronic state that leads to dissociation.
On average, each scattering transfers 1.6 eV to the gas as kinetic energy. The most common
result of proton impact, however, is ionization:

pt+Hy, - Hf +e +p". (7.2)

Besides heating the cloud, ionization supplies the electric current that couples the gas to any
internal magnetic field. This coupling occurs even though the net fractional ionization is quite
low. The presence of charged species also serves to initiate the ion-molecule reactions described
in Chapter 5.

It is the secondary electron in (7.2) that actually provides heat through its subsequent inter-
actions with ambient hydrogen molecules. Let us denote the rate of heat deposition in the cloud
per unit volume as I'cg (H2 ). We may write this quantity as

FCR(HQ) = C(Hg) nH, AE(HQ) . (73)

Here, ((Hs) is the ionization rate (probability per unit time) for a single hydrogen molecule,
ny, is the volume density of these molecules, and AFE/(Hs) is the thermal energy added to the
gas as a result of each ionization event.

To obtain AF(Hs;), we must consider the energy of the secondary electron, which naturally
depends on that of the cosmic-ray proton. Protons with energy £ 2 1 GeV have no heating
effect at all. Instead of ionizing Hs, these produce nuclear excitation and ~y-rays. One might
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have expected that the electron production and heating from lower-energy protons would peak
and then fall off significantly with diminishing £. However, it is a peculiarity of the long-range
Coulomb interaction involved in the p-Hs collision that the energy of the secondary electron is
very insensitive to that of the incident proton. Thus, we can focus on a “typical” electron of
30 eV, which is produced by a 10 MeV proton.
There are a number of routes this electron can take. One possibility is the further ionization
of ambient molecules:
e” +Hy —» Hf +e +e . (7.4)

This reaction does not itself supply thermal energy, but produces an additional electron that can
heat the cloud. Although the incident electron is much less energetic than the original cosmic
ray proton, the cross section for ionization of Hs by electrons peaks at an energy several times
the threshold value of 15.4 eV. Thus, the process described by equation (7.4) is significant. For
our 10 MeV proton, this reaction enhances the total ionization rate {(Hs) by a factor of 1.6 over
that from the protons alone.

However it is produced, the electron may elastically scatter off a hydrogen molecule. Such a
collision imparts relatively little kinetic energy to the gas because of the tiny electron-to-proton
mass ratio. The electron may also scatter inelastically, exciting internal energy levels in Ho.
If the excited level is a rotational one within the ground electronic and vibrational state, there
is time to transfer energy to neighboring molecules through collisions. More commonly, it is
the higher electronic and vibrational states that are populated. These have such large A-values
that they always decay radiatively rather than collisionally. However, most of these energetic
photons are absorbed by dust. If the emitting Hy molecule is left in a high vibrational level of
the ground electronic state, it continues to decay until it ends up in an excited rotational level
within the ground state. Once again, these higher J-states heat the gas collisionally.

The most important means for the electron to provide heating is dissociation:

e +H, - H+H+e . (7.5)

The energy of the incoming electron beyond that required to dissociate Hy goes into motion
of the two hydrogen atoms. Collisions quickly disperse this energy throughout the gas. After
summing all possible processes with the appropriate branching ratios, we find that AE(Hs) is
7.0 eV. For comparison, the corresponding figures for 1 and 100 MeV cosmic ray proton are 6.3
and 7.6 eV, respectively.

Within diffuse clouds, the heating of atomic hydrogen by cosmic rays is also important. As
in the molecular case, the most common result of proton impact is ionization:

pT+H - H  +e¢ +pt. (7.6)

It is again the electron, now ejected at a typical energy of 35 eV, that actually heats the gas, at a
rate
Tor(HI) = ((HI) ngy AE(HI) . (7.7)

In a weakly ionized HI gas, the secondary electron initially slows down by ionization and ex-
citation of additional hydrogen atoms. The effect of secondary ionizations is to increase the
total ionization rate by a factor of 1.7. The excited and ionized atoms quickly radiate away their
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excess energy. Thus, true heating cannot begin until the energy of the electron falls below the
10.2 eV needed to excite hydrogen to its first excited (n = 2) electronic state. From then on,
the electron gradually loses its remaining energy through many elastic collisions. Numerical
calculation reveals that AE(HI), the average thermal energy transfer per ionization event, is
6.0eV.

7.1.3 Hydrogen lonization Rate

Determining either I'cr (Hs2) or I'cr (HI) still requires measurement of the respective ionization
rates, ((Hs) or ((HI). Here, the main impediment is our ignorance of the interstellar flux of low-
energy cosmic rays. We have noted, however, that the ionizations are the first steps in a network
of ion-molecule reactions that lead to the formation of more complex species. We may therefore
use the observed abundances of selected molecules to infer the ionization rates indirectly.

One such molecule is OH, which, along with hydrogen itself, can sometimes be detected in
diffuse clouds through its ultraviolet absorption lines. In this manner, observers have measured
the typical number density of OH relative to HI as 2 x 10~7. (Compare Table 5.1.) The sequence
of reactions forming OH from atomic oxygen and hydrogen begins when the H' created by
cosmic rays encounters an oxygen atom from the ambient gas:

H"+0—-0"+H. (7.8)

Note that the HT may also recombine with free electrons before such charge exchange can
occur. We will simplify the analysis by ignoring this possibility. As illustrated in Figure 7.3, the
production of O initiates a chain of reactions with Ha:

Ot +H, - OH" + H
OH" + H, — H,OT + H (7.9)
H20+ + H2 HH30+ + H .

The H30™ formed in the last reaction cannot gain any more hydrogen atoms, and instead un-
dergoes dissociative recombination with two possible outcomes:

H;0t + ¢ — {OH + e (7.10)
H,O + H.
The first reaction in (7.10) is known from laboratory measurements to occur with a relative
probability p; = 0.75.

Since each ionization of a hydrogen atom by a cosmic-ray proton leads to an OH with
probability p;, the volumetric production rate of OH is p; ((HI) nyi. In steady state, this rate is
balanced by the destruction of OH. The molecule can react with ambient ions such as C*, but
more frequently dissociates from ultraviolet radiation penetrating the cloud interior. Writing the
characteristic photodissociation time as Tphoto, W€ balance creation and destruction to find the
desired expression for the rate of cosmic-ray ionization:

noun -1
HI) = — oto
C(HI) = 2% (P2 Tphoro) o

=2x10"7s L.
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Figure 7.3 Reaction sequence forming OH within diffuse clouds. Note the branching ratios for
the two possible outcomes of HsO™ dissociative recombination. The OH itself is either photodis-
sociated or destroyed by ions such as CT.

In the numerical evaluation, we have inserted the theoretical result Tppot0 = 2 X 1010 g, relevant
for the diffuse clouds of interest. Note that our empirical value of ¢(HI) includes both direct
ionizations by protons and secondary ionizations by ejected electrons. Substituting this value
into equation (7.7), we find

_ —-13 NHI -3 -1
Ter(HI) = 1 x 10 (W) eVem3s (7.12)

It remains to determine the corresponding rates for molecular hydrogen. Theoretical calcu-
lations show that the probability of a hydrogen molecule being ionized by a cosmic-ray proton
is 1.6 times the atomic value. Utilizing the enhancement factors from secondary ionizations, we
have

1.6 x 1.6 x ((HI)

H =
¢(Ha) 1.7 (7.13)
=3x107Y st
so that n
Tor(Ha) = 2 x 10713 (WHme) eVem 35! . (7.14)

Comparison with equation (7.12) gives the simple result that, whether the gas is in atomic or
molecular form, the cosmic ray heating rate is the same as measured per hydrogen atom.

7.2 Interstellar Radiation

A second important heating agent for molecular clouds is the diffuse radiation field that perme-
ates interstellar space. We need to understand in detail how these photons impinging on the gas
create thermal energy. We should also look to stars embedded within the clouds as additional
heating sources.
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Figure 7.4 Mean intensity of the interstellar radiation field, expressed as a function of frequency.

7.21 Major Constituents

Figure 7.4 shows the intensity of the interstellar radiation field as a function of frequency. The
form of this distribution is a consequence of the space density and mass spectrum of both stars in
the solar neighborhood and of the gas and dust obscuring their light. Thus, we may reliably use
Figure 7.4 when considering relatively nearby interstellar clouds, but not to describe conditions
out of the plane of the Galaxy or closer to its center. The figure actually plots v.J,,, where J,, is
the specific intensity averaged over all solid angles in the sky. From the discussion in Chapter 2,
the latter quantity is related to the monochromatic energy density u, by

cu,
Jv = 47

Integration of the empirical J, over all frequencies yields, after using this equation, a total
radiation energy density of 1.1 eV cm™3. This figure is intriguingly close to that for the cosmic
rays.

The energetically dominant components of the radiation field are those at millimeter, far-
infrared, and optical wavelengths, peaking at log v,,x = 11.3, 12.4, and 14.5, respectively,
Here each frequency vy,.x is measured in Hz. The first component stems from the cosmic
background radiation, a blackbody distribution with an associated temperature of 2.74 K. Back-
ground photons heat clouds primarily by exciting the lowest rotational transitions in such abun-
dant molecules as CO. The far-infrared component in Figure 7.4 arises from interstellar dust
warmed by starlight. Molecular clouds are transparent to this radiation, which is therefore not a
heating agent.

The optical component consists of light from field stars. Suppose we crudely model the
energy distribution as arising from a diluted blackbody of temperature 7. To estimate this tem-
perature, we identify the peak frequency v,.x as that for which the blackbody specific intensity
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B, (T) has a maximum. We thus obtain T' = hvpax /Tokp = 5400 K, where we have used the
result from § 2.3 that z, = 2.82. This temperature is the surface value for a main-sequence
G3 star. We may regard this spectral type as an average over the A-dwarfs and K- and M-type
red giants that actually dominate the luminosity in the solar neighborhood. A true blackbody
radiation field of temperature 5400 K has a peak value for vB,, of 9.3 x 10° ergcm™2 s~ sr™ 1.
To match the observed peak of v.J, = 9.1 x 107* erg cm~2 s~! sr~!, the blackbody intensity
at every frequency must be multiplied by a dilution factor of W = 1 x 10713, This factor is
essentially the fractional solid angle of the sky occupied by stellar surfaces.

Figure 7.4 shows a smaller local maximum in the ultraviolet (log vy.x = 15.3). Matching
Vmax to blackbody values yields an equivalent temperature of 3.4 x 10* K, with a dilution
factor of 1 x 10~'7. To gauge the effect of massive stars on molecular clouds, theorists often
consider an ultraviolet flux that is far above the local background. The convention is to assume
an isotropic radiation field in this regime, but with an intensity distribution that is scaled upward
by some factor, traditionally denoted G.

At the highest frequencies, Figure 7.4 displays a contribution in the soft X-ray
regime (16.5 < log v < 16.8) and a conspicuous lack of data in the extreme ultraviolet
(15.5 < log v < 16.5). Radiation of both types was first observed through rocket experiments
in the 1960s and 1970s. The ultraviolet spectrum was later explored by the EUVE (Extreme
Ultraviolet Explorer) satellite. A diffuse gas with temperature of order 106 K can emit photons
in these regimes. Within the context of the three-phase model of the interstellar medium, such a
hot plasma gains its energy from supernova remnants and fast winds from massive stars. Note
that the stars themselves produce extreme ultraviolet photons. However, this contribution is
mostly absorbed through its ionization of hydrogen and helium in the stars’ own HII regions
or in intervening clouds. To avoid such absorption, the inferred 10 K gas must be relatively
nearby, probably within a distance of order 100 pc.

7.2.2 Carbon lonization

The ultraviolet component of the radiation field is too weak at energies above 13.6 eV to sig-
nificantly ionize the hydrogen or helium in molecular clouds. However, a number of heavier
elements have lower ionization potentials. Of these, atomic carbon (C I) is the most abundant,
with a number density relative to hydrogen of n¢/ng = 3 x 10~* (see Table 2.1). Any pho-
ton more energetic than 11.2 eV will eject an electron from C I. Since the kinetic energy of
this electron quickly disperses to surrounding atoms through collisions, carbon ionization is an
effective heating mechanism. The volumetric heating rate, which we denote as I'cy, is then

Tcr = ((CT)ne AE(CT) . (7.15)

Here, ((C I) is the ionization rate of a single carbon atom and AF/(C I) the average energy of
the ejected electron.

The evaluation of both ((CI) and AE(CT) entails an integration over frequency of the
radiation intensity .J,, weighted by the ionization cross section of C I. The result is that
((CT)=1x 107571 and AE(CI) = 1 eV. Substituting these values into equation (7.15)
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along with the carbon abundance, yields

_ —11 nH -3 -1
Tep =4 % 10 (m) eVem3s! . (7.16)
Note that our result implicitly assumes that carbon is still mostly in neutral form. In practice,
the element can be largely ionized in cloud regions where the heating is significant, and one
must reduce I'cr appropriately.

7.2.3 Photodlectric Heating

Ultraviolet photons also eject electrons from interstellar dust grains; these electrons heat sur-
rounding gas. The energy required to separate a single electron from the neutral grain surface,
i. e., the analog of the ionization potential, is known as the work function and is about 6 eV for
standard grain composition. The photons actually liberate liberate electrons about 100 A inside
the grain (see Figure 7.5). Only about 10 percent of these make their way to the surface. Those
that do must still overcome the work function and end up leaving the grain with energies of only
about 1 eV. Comparing with the typical photon energy of 10 eV, we see that the net energy effi-
ciency epg is only about 0.01. The photoelectric process is nevertheless a major heating source
for the gas because of the large grain cross section. We may write the associated rate I'pg in
terms of the grain number density and geometric cross section:

FPE =4r Ngoq EPE/ Jy dv . (717)
FUV

The frequency integration extends over the far-ultraviolet regime above 6 eV, while the factor
47 comes from geometric considerations. For an isotropic specific intensity, J, = I,,, the flux
impinging on a planar surface element would be [ .J, udQ) = 27 fol Jyudy = wJ,. However,
we picture standard grains as being (roughly) spherical in shape. The additional factor of 4 in
equation (7.17) is simply the ratio of the surface area of a sphere to the cross-sectional area
which that sphere presents to a plane-parallel flux. The quantity o is the cross section in the
latter sense.

We saw in Chapter 2 how ¥; = ngo4/np is determined, through a combination of em-
pirical and theoretical steps, to be 1.5 x 102! cm?. The quantity 47 [i.\;\,J, dv is estimated
from observations to be 1.6 x 1073 erg cm~2 s~ 1, a figure traditionally known as the “Habing
flux.” Using a representative epr of 0.01 in equation (7.17), we find that I'pg, has the value
2 x 1071 (ngy /103 cm™3) eV em =3 s~ 1. This estimate, however, ignores the influence of very
small grains, including PAHs. For these, the ejected electrons can more easily reach the sur-
face, i.e., the efficiency factor is higher. In addition, the number density of such grains is
relatively high. Recall that the abundance of 10 A grains exceeds that of 0.1 um particles by
(1077/107%)73-5 = 107. Despite the small cross section of each PAH, their cumulative effect
is thus appreciable. By integrating over a realistic grain size distribution, we arrive at a final
heating rate of

Ipg =3 x 10711 (#) eVem 3s7! . (7.18)
m
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infrared photon
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Figure 7.5 Interaction of ultraviolet photons with interstellar grains. The electron that is ejected
sometimes escapes from the grain surface, but more often deposits its energy to the lattice, which
in turn radiates infrared photons.

This figure assumes that each grain is electrically neutral, a condition that is violated in suffi-
ciently strong ultraviolet radiation fields. We will consider the resulting alteration to I'pg when
we discuss the photodissociation regions near massive stars in Chapter 8.

7.24 Irradiation of Grains

The liberated electrons that do not leave a grain impart their energy through collisions to the
lattice (Figure 7.5). Most of the ultraviolet radiation, therefore, serves to raise the grain temper-
ature T;;. Somewhat more dust heating is provided by the stronger flux of optical photons, which
also excite internal electrons. Counting only this visible component, the total dust heating rate
per unit volume is

Fd = 4’/T7”Ld Od Qu,absjudl/ . (719)

VIS

Here the grain absorption efficiency (), aps is proportional to v in the visual regime. As before,
we model J,, as arising from a diluted blackbody at the characteristic temperature 7" and peak
frequency vmax. Equation (7.19) then becomes

00 v 2h13 /c?
F = 4 W Vme [ d 7
d T ng UdQ ]‘ndx/o (Vmax) exp(hlj/kBT> —1 174

where W is the dilution factor. We define the nondimensional variable z = hv/kgT and find

7.,3 00 4
8t W Q.. naoakpTvy T
0 e

Lq
e

The nondimensional integral has the numerical value 24.9. We next use the relation between
nqoq and ngr, and set @), . equal to 0.1, the value appropriate for the optical peak frequency
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of Vpnax = 3 x 10M 571, (Recall equation (2.40) and Figure 2.10.) The expression for I'; then
becomes
ng

I, —2x10° (7
d= X 103 cm -3

) eVem 3s7t . (7.20)
We emphasize that this relation governs the heating of the dust grains, not the gas. The grains
can transfer energy to the gas only at cloud densities high enough for good collisional coupling
between the two components.

We have not yet mentioned the effect of interstellar radiation on the dominant constituent
of star-forming clouds, molecular hydrogen itself. As we saw in Chapter 5, the absorption of a
photon with energy hv greater than 11.2 eV promotes Hs to an excited electronic state. Most
often, the excited molecule drops to the electronic ground state and then cascades down the
rovibrational levels within that state. In quiescent molecular clouds, this decay occurs through
the emission of ultraviolet and infrared photons, but the energy can be given to other colliding
species at the high densities and temperatures behind shocks. If the excited Hy instead dissoci-
ates, it emits a photon of energy hv — A Fy;ss — € and imparts kinetic energy € to the separate
atoms. On average, € is about 2 eV. This energy quickly spreads into the gas through collisions.

In a quiescent cloud of molecular hydrogen exposed to the full interstellar radiation field,
this secondary effect of Hy dissociation would completely dominate the heating. As we have
already noted, however, such a cloud cannot exist. Molecular hydrogen is only found at a
depth below the cloud surface where the ultraviolet flux has already been severely attenuated
by excitation and dissociation of the outer H, molecules and by dust absorption. Consequently,
heating by dissociation is relegated to a minor role.

7.25 Stellar X-Rays

Molecular clouds are also heated by the radiation from new stars they create. Inside a large
complex, the densest regions are dispersed by winds and outflows generated from within, but
lower-density gas can remain. High-mass stars emit copiously in the ultraviolet. This radiation
heats nearby dust by direct absorption and gas through the grain photoelectric effect. The G-
factor measuring the enhancement of the ultraviolet flux above interstellar may be as high as
10 for a cloud neighboring an O or B star. In contrast, low-mass pre-main-sequence objects,
i. e., T Tauri stars, emit most of their luminosity at optical and near-infrared wavelengths. This
radiation is readily absorbed by dust grains, at a rate given by equation (7.19), but with an
appropriately enhanced J,,. At the typical densities of molecular cloud interiors, the grains
radiate away this energy before they can transfer it to the gas through collisions.

About 10~* of the luminosity from low-mass stars is in X-rays, which do heat the gas
directly. X-rays interact with molecular cloud gas by ionizing its constituent atoms. Photons
with energy below about 0.5 keV mostly ionize hydrogen and helium, while more energetic
ones eject the innermost ( K-shell) electrons from heavy elements. The total cross section for
photoionization, o, falls approximately as 2, apart from upward jumps whenever the photon
energy matches some ionization threshold. Recall from Chapter 2 that this falloff with frequency
contrasts directly with the behavior of infrared and optical photons encountering interstellar
dust.



196 7 Heating and Cooling

= -8 T T T T T
IUJ
¢
£
(8]
o 9Or 7
2
-
2 -0+ .
(o]
o
=
‘0
e 1L -
E
c
©
(]
= o | | | | |
-4 -3 -2 -1 0 +1

Frequency log (v/vx)

Figure 7.6 Mean intensity of X-rays at a distance of 0.1 pc from a pre-main-sequence star. The
star has a total X-ray luminosity of Lx = 1 x 103° erg s™!. The radiation is assumed to be
thermal bremsstrahlung from a plasma with temperature Tx = 1 x 107 K.

The X-rays in T Tauri stars originate from a hot plasma of temperature Tx =~ 1 x 107 K,
or a value of kpT'x near 1 keV. It is the acceleration of the randomly moving electrons in
this plasma that actually provides the radiation; this emission mechanism is called thermal
bremsstrahlung. Very few of these electrons have kinetic energies far above kpTx. Con-
sequently, the mean intensity .J,, produced by the plasma, which is nearly independent of
frequency for v < vx = kgT'x /h, falls off rapidly at higher frequencies. Figure 7.6 shows
vJ, from thermal bremsstrahlung, as would be detected close to a typical low-mass pre-main-
sequence star. This intensity plot ignores any interstellar absorption. In fact, stellar X-rays
emitted into a cloud of density ny deposit most of their energy within a characteristic distance
rx given by

rx = (ng JX)71

ny -1 (7.21)
=2 (103cm—3) pe -

Here, oy, is the absorption cross section of each hydrogen atom at vy, or 2 x 10722 cm? for
k BTX = 1keV.

Consider now the volumetric heating rate within a sphere of radius rx surrounding a star
with total X-ray luminosity Lx (Figure 7.7). Absorption causes the specific intensity at any
frequency to fall exponentially with distance. Taking the intrinsic J,, to be flat for v < vx, the
flux of photons F},, Av at radius r with frequency between v and v + Av must be

F Ay = (_) X xp (=) .

472
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Figure7.7 Cloud heating by stellar X-rays. Photons with the
maximum frequency vx can penetrate out to a maximum radial
distance rx . Photons with frequency v < vx see a larger cross

section. At any interior radius r, some of these are absorbed
and the rest stream outward.

Here the optical depth 7, is given by ngo,r, where the cross section o, is ox (vx/ u)3. Let
us assume that the energy of each ionizing photon is converted entirely to heat. Then to obtain
the volumetric heating rate at distance r, we first multiply the flux by ny o,. Integrating over

frequency, we find

ng Lx

vx
T'x / dv o, exp(—1,) . (7.22)
0

C dwr?uy

To evaluate this last expression, we first let 7x represent the optical depth to r at v = v,
i.e., Tx = ngoxr. From this definition, we also have 7, = 7x (Vx/V)g. We next define a new
variable y = v /vx, so that equation (7.22) becomes

n3 0% Lx
Py = MHIXEX

1
dyy—3 —xy %) .
p /0 yy " exp(—Txy ")

The exponential that appears on the righthand side, and therefore I'x itself, vanishes for dis-
tances well beyond rx, i. e., for 7x > 1. To evaluate I'x interior to this radius, we first note
that the integrand goes to zero for both small and large y, and peaks at y, = 7')1(/ . We may
crudely approximate the function as a Gaussian centered at y = y,, with the correct height and
curvature at that point. It is then convenient to extend the integration limits from y = —oo to

y = +o00. The heating rate then reduces to

1 Ly

X 66\/ 2 7';/3 r§(

. 1/3 LX T 78/3 B
—92x 1013 ("711) Vem 3!
: 103 cm—3 1030 erg 51 0.1pc evem s

We stress that this formula only applies for » < rx. The reader may verify that a volume
integration of I'"x out to this radius yields a total heat input rate of /27 /e Ly, close to the
correct value of L x.

(7.23)

7.3 Cooling by Atoms

We now turn our attention to the mechanisms by which molecular clouds lose energy to in-
terstellar space. Within a quiescent cloud, neither hydrogen nor helium can radiate away an
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appreciable fraction of the total thermal energy content. Hence, any cooling of the gas is neces-
sarily indirect and relies on the presence of minor constituents that do act as effective radiators.
Hydrogen and helium collide inelastically with ambient atoms, molecules, and dust grains, ex-
citing internal degrees of freedom. These excitations decay through the emission of photons.

7.3.1 Density Dependence

Consider first a simplified atom with only an upper and lower energy level, separated by AF,;.
If this species is excited by collisions with hydrogen at the rate n gy, per atom, what is A, the
volumetric rate of cooling? We know that, for ngy < neit = Aul/7al, each upward collisional
excitation is followed promptly by a downward radiative transition. In this low-density regime,
therefore, the cooling rate by hydrogen impact is

Aul (TLH < ncrit) = N NH Yu AE‘ul

= ‘(;—’l‘m ni Yu AEw exp(—To/Ty) , (7.24)
where n; is the population of the lower level. Here, we have used equation (B.4) to relate v,
to the less temperature-sensitive rate 7,1 through the gas temperature T, = Ti;,. Since only a
small portion of the atoms or molecules is excited at any time, the product n;ng appearing in
(7.24) is quite accurately given by the product of n% and the fractional number abundance of
the coolant.

At higher densities, ny > n.it, €ach upward collisional excitation is usually followed by
collisional deexcitation rather than by radiative decay. Under these conditions, the two level
populations are in LTE, and no longer depend on nz. The cooling rate is the product of n,, and
AgAFE,, the energy loss rate from the upper level:

Aul (nH > ncrit) = Ty, Aul AE‘ul

7.25
= Z—?nl Au AEy exp(—T,/Ty) . ( )
We see that A in this supercritical regime may formally be obtained from the subcritical result
by replacing ny with ng. It is therefore often said that collisions “quench” atomic cooling.
This terminology is somewhat misleading, as A still rises with increasing density, albeit at a
slower rate.

7.3.2 Fine-Structure Splitting

These general considerations find practical application in the fact that many atoms have low-
lying fine-structure levels that are prone to collisional excitation. The existence of such levels
stems from the spin-orbit interaction. Following our discussion of the hydrogen atom in § 2.1,
the relative motion of any orbiting electron and a charged nucleus creates a torque on the mag-
netic moment associated with the electron’s intrinsic spin. The electrons of hydrogen and helium
are described by single-particle wavefunctions that have no associated orbital angular momen-
tum (! = 0). Hence, the electronic ground states of these atoms lack the internal torque and
exhibit no fine-structure splitting. We must turn to oxygen, the next most abundant element.
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Figure 7.8 Fine-structure splitting of the electronic ground states of O I and C II. The far-infrared
lines associated with transitions between these levels are indicated. Also shown in the case of O I
are the optical transitions from the first excited electronic state. No optical lines arise from the
analogous transition in C II.

Oxygen exists in neutral, atomic form (O I) throughout large regions of molecular clouds.
In its electronic ground state, O I has four p-electrons (I = 1). Their individual orbital angular
momenta combine vectorially to yield a total orbital quantum number L = 1, while the electron
spins add together to S = 1. Although other values for L and S are possible, all result in greater
Coulomb repulsion between the electrons and hence higher energy. The electronic ground state
of O I is symbolized spectroscopically as P, where the symbol P denotes L = 1 and the
superscript is equal to 25 + 1. As sketched in Figure 7.8, the first excited state, corresponding
to L =2and S = 0, is denoted ! D.

The figure also shows that the 3P state is actually a multiplet of three different levels of
slightly different energy. Each level is distinguished by its degree of spin-orbit interaction. One
may picture the orbital and spin angular momentum vectors, L and S, precessing about their
fixed sum, J = L 4+ S. (Compare the discussion of the OH molecule in § 5.5.) The spin-orbit
energy is proportional to L-S, which remains constant during precession. By convention, each
level is labeled with the subscript .J, the magnitude of the total angular momentum. This number
can take the values 0, 1, or 2 for the 3 P state, but is restricted to 2 for the first excited (! D) state.
The 3P, level of O 1 is the true ground state, while the 3Py level is highest in energy. This
ordering of energies within the multiplet is called inverted, since, in the semi-classical model,
L and S prefer to be antiparallel, implying that .J is normally minimized in the ground state.>

2 In the electron’s reference frame, the nucleus creates a magnetic field B parallel to L. For an electron with spin
magnetic moment pts, the lowest energy occurs when e is parallel to B, and hence to L. Because of the electron’s
negative charge, pus is antiparallel to S. Therefore, L and .S are expected to be antiparallel.
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7.3.3 Emissonfrom Ol and C I

The energy difference between the 3 Py and 3 P, levels of O s 2.0 x 1072 eV, corresponding to
a temperature T, of 230 K. The upper level can be collisionally excited in the warmer regions
of a molecular cloud and decays with an associated A-value of 9.0 x 1075 s~1. Note that all
the downward fine-structure transitions are “forbidden” by the electric-dipole selection rules of
quantum mechanics and therefore occur through slower magnetic dipole interactions. For the
3P, — 3P, transition of O I, the emitted spectral line is symbolized [O I] 63 um, where the
braces denote a forbidden transition. Except in the very densest cloud regions, this far-infrared
radiation readily escapes and provides an important source of cooling. The deexcitation rate
Va1 from hydrogen impact has the value 4 x 10~!! cm3 s~! at the temperatures of interest
(Ty £ 40K), so that ne = 2 X 105 cm—3. We may therefore evaluate Agp, the volumetric
cooling rate, from the subcritical expression, equation (7.24). Using a number density of oxygen
relative to hydrogen of 4 x 10~* (Table 2.1) and noting that the degeneracy of each .J-state is
2J + 1, we find

2 230K
Aor =2 x 10710 (10&%) exp <— T ) eVem 3s7! . (7.26)
g

This expression would need to be modified in denser regions, where much of the oxygen is in
CO or grain mantles. In such locales, however, other cooling mechanisms dominate (Chapter 8).

Fine-structure cooling is also available from carbon, which has an elemental abundance
comparable to oxygen. As we have seen, atomic carbon can be readily ionized by the ultraviolet
component of the interstellar radiation field, so that it is actually C II that provides most of the
cooling. The ion has only one p-electron, and the spin-orbit interaction splits its ground state
into 2P /2 and ’p /2 levels. Figure 7.8 shows that, in this case, the energy ordering is normal,
i.e., the 2P, /2 level is actually the ground state. The energy difference between the levels is
7.93 x 1073 eV, corresponding to a T}, of 92 K and a photon wavelength of 158 um.

The appropriate value of -y, is now 6 x 10719 cm? s=1, and A is 2.4 x 1076 s~!. Thus,
the critical density is only 3 x 10 cm™3, a value often reached in molecular clouds. However,
most of the carbon is locked into CO at higher density, so that the subcritical cooling rate is still
appropriate. We find

B ng o \2 92K G
Acir =3 x 1077 (7_) exp ( ) eVem 3sL . (1.27)
103 cm—3 T,

Both Equations (7.26) and (7.27) have assumed that promotion to upper fine-structure levels
occurs only through impact with ambient hydrogen atoms. In fact, the levels are much more
easily excited by free electrons. It is only because the fractional ionization throughout quiescent
molecular clouds is very low that we may safely ignore the electronic contribution.

7.4 Cooling by Molecules and Dust

Turning from atoms to molecules, it is the closely spaced rotational levels that are readily pop-
ulated through collisions. At subcritical densities, these excitations decay quickly through ra-
diation, but the emitted photons may suffer absorption within the cloud. We need to account
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carefully for this radiative trapping to assess the net energy loss. Another important cloud con-
stituent is the dust, which can either heat or cool the gas.

7.4.1 Trappingin CO Lines

Although a number of molecules, such as H,O and Oo, act as cooling agents, the dominant one
is CO. Here, the J = 1 — 0 rotational transition is always optically thick in molecular clouds.
The relevant cross sections are so large, in fact, that a number of higher transitions are also
optically thick. Internal trapping reduces the emission in any given line, while enhancing the
populations of the higher levels above those attainable through collisions alone.

Consider now an idealized cloud of spatially uniform density and temperature. What is the
optical depth at line center for the J = 1 — 0 transition? By using equation (6.9), now applied
to the main isotope '2C'%0, we may write 71¢ in terms of the column density Nco:

g1\ A Ncoc? huyo
== ——|1— — . 2
Ti0 <90> Su% QAV [ exp( R, (7.28)

Here we have denoted the line-center frequency by v1g and have set T, equal to T;. As we re-
marked in § 6.2, this LTE assumption is justified once the line radiation becomes optically thick.
In writing (7.28), we have also assumed that the broadening of the spectral line is mainly due
to bulk motion in the cloud interior. Thus, we have set the line width Avyq equal to v19 AV/c,
where AV is the internal velocity dispersion. For the partition function (), we have used equa-
tion (C.18) to write Q = 2kpT,/hv1o. After expanding the exponential, whose argument is
less than unity, we may evaluate 719 numerically as

Ny T, \ 2/ AV \!
=8 x 102 g — ) 7.29
T = o (1x1022 cm2> (IOK) (1kms1) (7.29)

This expression assumes that nearly all the carbon, with its number abundance of 3 X 10~4
relative to hydrogen, is in the form of CO.

Despite the very large value of 719 under typical cloud conditions, the optical depth for
higher transitions, 7711, s, falls quickly with increasing J. The reason is the decline in IV, the
column density in the J-level. To quantify the trend, we generalize equation (7.29), utilizing
the result for quantum mechanical rotators that A1 s scales as (J +1)/(2J + 3) v 1,
Applying the LTE assumption to N; and using equation (5.6) to obtain the .J-dependence of
Vj+1,7, W€ find

_ J+1\ 1—exp[—(J+1)/6] J(J+1)
TJ+1,7 = T10 <2J + 1> 1 —exp(—1/6) P 20 ’ (7.30)
Here, 6 is a dimensionless temperature:
T T
o=ty _ To (7.31)

hl/lo 5.5K
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Figure 7.9 Plot of J,, the highest CO rotational level creating an optically thick line, shown as
a function of gas temperature. Also plotted is the volumetric cooling rate Ago. Here we have
displayed J. as a smoothly varying real number, to avoid artificial jumps in the associated cooling
rate.

At fixed 6, the presence of the Boltzmann factor exp[—J(J + 1)/26] ensures that 7,11 s
falls to unity at a modest J-value, which we denote as J,.. We may find this critical level by
solving

exp {J*(J* + 1)] . ( Jo+1 ) 1 —exp[—(J« +1)/0]
20 2J, +1 1 —exp(—1/6) (732)
_ 3AwNcoc® (Jo+1Y\ 1 —exp[—(J.+1)/6] '
16T v, AV <2J*+1> [ '

In the second form of this equation, we have inserted the expression for 71 from (7.28). Fig-
ure 7.9 shows .J, as a function of temperature, computed for a cloud with AV = 1kms~!,
ng, =1 % 103 cm—2, and a diameter of 1 pc, i. e., with an associated hydrogen column den-
sity of Ny = 6 x 102! cm™2. In this example, Nco = 2 x 10'® cm™2. The rise in J, with
temperature demonstrates the increasing importance of radiative trapping.

7.4.2 CO Cooling

All those transitions with J < J, are both optically thick and have level populations in
LTE. Deep within the cloud, the photons at these frequencies transport energy by diffu-
sion from one region to another, but only escape at the cloud surface. Here, the flux is
Feo(J+1,J) =7nB,(Ty)Av 41,5, where the Planckian specific intensity B, (T}) is evalu-
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ated at line center. That is,

2mhvi 1

Feo(J+1,J) = ’ AV . 7.33

ol +1,J) c3 exp (hvjq1,0/ksTy) — 1 ( )
After rewriting v/ 71,7 in terms of v, we find
2mhvy, (J+1)*

Foo(J+1,J) = 10 AV
( ) 3 exp[(J+1)/0]—1 (7:34)
_ J+ 1)1 AV P '
— 4 x10"20 ( 241
x 10 exp[(J+1)/0] —1 <1kms—1> eVem s

At fixed T,, and AV, equation (7.34) shows that Fco(J + 1,J) is a function only of the
variable o = (J + 1)/0. The cooling flux initially rises as o, peaks at a ~ 4, and there-
after declines. It would seem, then, that the peak flux might emanate from that transition with
J ~ 46 — 1. In practice, however, this line is always optically thin, with associated level pop-
ulations so far below LTE that it contributes little to the net cooling. The true maximum in
emission occurs at the lower value .J,. given implicitly by equation (7.32) and depicted in Fig-
ure 7.9. Because of the steep rise in emission with « (or J,), much of the total CO cooling
arises from this single, critical line.

To obtain the luminosity from the J, + 1 — J, transition, we multiply the flux in equa-
tion (7.34) by the cloud surface area. Alternatively, since the line is only marginally optically
thick, we may calculate a volumetric cooling rate A¢,. This form is more convenient when
comparing the rate to that from other sources. For the volumetric form, we may employ our
previous results for two-level atoms. Assuming that radiative trapping can maintain the J, + 1
level in LTE, we use equation (7.25) to find

¢ = I ABw Anco T (Je+ 10 +2)
_ —12 f(J) (LD +2) ny 5 :
=5x10 5 exp{ 20 (103cm*3) eVem “s |
where 7 .
_ (St 1
I =501

The reader may verify that Af,, when multiplied by the cloud volume, yields a luminosity
which matches that implied by equation (7.34) to within a factor of order unity.

In summary, the volumetric cooling rate from a cloud with given Ny, T,, and AV may
be found by first estimating J, from equation (7.32). We then obtain the radiative emission
from the dominant J, + 1 — J, line by using equation (7.35). For a more accurate assessment
of Aco, the fotal CO cooling, one should add the emission from several optically thick lines,
i. e., those with J < J,.. Here one needs to specify the cloud surface area. Figure 7.9 plots, in
addition to J., A& as a function of gas temperature for the same cloud parameters. Notice how
the cooling rate increases exponentially with T}, as radiative trapping excites more molecules
into the critical J,-level.
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7.4.3 Thermal Effect of Dust

Interstellar dust grains also serve as important coolants. In this case, collisions with gas atoms
and molecules lead to lattice vibrations, which decay through the emission of infrared photons.
As we have seen, the same grains are also heated through the absorption of optical and ultravi-
olet photons. Thus, the grain temperature, T}, is generally different from the gas temperature
T,.

Let us first consider Ay, the volumetric cooling rate due to emission from the grains them-
selves. Note that a volumetric rate is appropriate here since the cloud is usually optically thin
to these infrared photons. We may determine A4 from the general formula for thermal emission
in equation (2.30), after replacing pk,, aps by the equivalent n404Q, anbs. Integrating (4, )therm
over all solid angles and noting that the radiation is isotropic, we find

Ad =4m ng O’d/ nyabs BV(Td)dV . (736)
0

For a typical grain temperature of 30 K, B, (T;) peaks at a wavelength of about 100 pm,
much greater than grain dimensions. As we noted in Chapter 2, the absorption efficiency Q) abs
at long wavelengths tends to the quadratic form

Qu,abs = Qumax(V/Vmax)2 . (737)

Using this last relation in equation (7.36), along with ng o4 = X4 ng, we find

4 ¥ e
Ad = —ﬂ- Qymax d N H / V2 Bl, (Td)dV

V2

max 0
- 7.38
o 87T Qymnx Zd ng k% Tg /OO x° dl’ ( )
B ho v g €er—1""

To evaluate A4 numerically, we also recall from Chapter 2 that @), may be written in
terms of the corresponding opacity as umpg Ky, /Xq4. Here, p is the mean mass per par-
ticle relative to the atomic hydrogen value mpy (see Equations (2.2) and (2.38)). For the
opacity, we employ the theoretical result that £ = 0.34 cm? g~! at a wavelength of 100 um
(Umax = 3.0 x 10'2 s71). Using p = 1.3 for an HI gas and noting that the nondimensional
integral has a value of 122, we find

6
_ —10 "H Ty -3 1
Ag=1x10 (103 cm*3) <1OK> eVem™ °s™ . (7.39)

In writing the last equation, we have implicitly assumed that grains of all size have the same
temperature. This cannot generally be true. A grain bathed by ultraviolet light, for example, has
an absorption () that is independent of the grain radius a, as long as the grain diameter exceeds
the incident wavelength. On the other hand, this same grain emits in the infrared, where the
associated () varies as a. Smaller grains therefore need to be warmer in order to compensate
for their lower intrinsic emission rates. In practice, however, the range in temperature is modest
enough that an average T} is still a useful concept.
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Finally, we discuss gas cooling by collisions with grains. We stress that this process repre-
sents the transfer of energy between two components within a cloud, rather than a direct loss to
interstellar space. Knowledge of this rate, which we denote A,_.q4, is often essential to estab-
lishing the temperature of both gas and grains. A single grain is struck by a hydrogen molecule
once in the time ¢, given in equation (5.9), where we now replace each HI subscript by Ho.
The impacting molecule brings with it translational kinetic energy (3/2)kpTy,, which it imparts
to the grain lattice.> Assuming there is time for the molecule to reach thermal equilibrium with
the lattice before departing, it leaves with energy (3/2)kpT,;. The net cooling rate for the gas is
therefore

3 n
Agori = = kg (T, — Tq) —=
2 tcoll
3
= k53 ng v, (Ty — Ty) (7.40)

2/ T \Y2/ T, —T
—9 1714( nH ) g g —td 341
0 Pem—) (0K oK ) Voem s

Chapter Summary

The most important external source of gas heating for opaque clouds is cosmic rays. Relativistic
protons ionize Ho, liberating electrons which then dissociate other, still intact molecules. The
creation of ions within a cloud facilitates reactions that produce most molecules. One of these
is OH, measurement of whose abundance allows one to determine empirically the cosmic-ray
ionization rate.

Ultraviolet radiation is another source of thermal energy. The flux from field stars readily
ionizes carbon in HI clouds. Again, it is the ejected electron that actually provides heating. The
same radiation can also liberate electrons directly from the surfaces of dust grains. Those pho-
tons absorbed internally by the dust serve to raise its temperature to a value generally different
from that of the gas. The ultraviolet radiation from a massive star can warm gas out to a great
distance. Low-mass stars, on the other hand, provide heating through their X-rays. Here, the
effect is more localized.

It is the minor constituents within a cloud, rather than the hydrogen itself, that emit energy
into space. Hydrogen collides with O I and CII, exciting fine-structure levels that decay through
far-infrared lines. The most important coolant in molecular clouds is CO. Photons from the
lowest-lying rotational transitions become trapped inside the cloud, while those from higher
levels escape from its surface. Finally, gas transfers energy by collisions to dust grains. These,
in turn, radiate into the infrared continuum.

3 The average kinetic energy a molecule imparts to the grain surface is actually 2 kp Ty, since faster molecules, while
rarer, hit more often. We ignore this correction, as well as the finite probability that molecules bounce instead of
sticking to the grain.
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8 Cloud Thermal Structure

The physical processes we have just detailed enable us to reexamine, in a more quantitative
manner, the structure of molecular clouds. In this chapter, we focus on the variation of gas
and dust temperatures, and on the dissociation and ionization of the constituent molecules and
atoms. We consider both quiescent clouds and those subjected to the strong ultraviolet radiation
fields and shocks generated by nearby, massive stars. In the quiescent case, we analyze in some
detail the process of self-shielding, which governs the transition from atomic to molecular hy-
drogen. We also investigate the residual ionization within molecular gas, as this feature controls
the dynamical influence of magnetic fields. These fields, we show, strongly modify the shocks
that arise from stellar winds. Note that our treatment of clouds themselves is based largely on
the application of thermal and dissociative equilibrium. Thus, we can say little at this point
concerning mechanical issues, such as the internal distribution of density. To make progress on
that front, we must also invoke force balance, as we shall do in Chapter 9.

8.1 The Buildup of Molecules

Figure 8.1 depicts, in a schematic fashion, the generic molecular cloud that will be our object
of study. With reference to Table 3.1, the entity shown could represent an individual dark cloud
or a massive clump within a giant complex. The outermost region is the atomic envelope, in
which ultraviolet photons from the interstellar radiation field or nearby massive stars promptly
dissociate any molecular hydrogen that forms. As we discussed in Chapter 3, 21 cm observa-
tions of HI have established such a tenuous component around at least some giant complexes
(recall Figure 3.3), but have yet to map the analogous structure on smaller scales. Some clumps
that are especially embedded may lack this outer layer. In any case, most of the cloud mass is
taken up by the molecular interior. This is the region principally observed through various CO
isotopes. Inside it we find dense cores, a few of which are sketched here. Some of these cores,
in turn, contain young stars. Our present goal is not to explain this hierarchical structuring,
but to explore the interior run of temperature and chemical composition as one passes through
regions of successively higher density.

8.1.1 The Atomic Envelope

Let us begin our analysis with the outermost region. In the absence of X-rays from nearby young
stars, the gaseous component here is heated mainly by cosmic rays, at a volumetric rate given by
equation (7.12), and by the grain photoelectric effect (equation (7.18)). The additional heating
mechanism of carbon ionization (equation (7.16)) is unavailable, since that element is already
fully ionized throughout the envelope. The gas cools through emission of infrared photons from
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Copyright © 2004 Wiley-VCH Verlag GmbH & Co. KGaA, Weinheim
ISBN: 3-527-40559-3
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Figure 8.1 Sketch of a molecular cloud, including
dense cores with and without interior stars.

the fine-structure transitions of atoms and ions. The most effective coolants are the 63 um line
of O I (equation (7.26)) and the 158 um line of C II (equation (7.27)), both of which are optically
thin at typical envelope densities of ngy < 103 cm™3.

Comparing the magnitudes of the various rates, we find that Acy; exceeds Aoy at subcritical
densities, so that the requirement of thermal balance is effectively

I'pe = Acrr - (8.1)

The photoelectric heating rate varies linearly with the density n g, while the fine-structure cool-
ing rate is proportional to n%;. Thus, equation (8.1) yields immediately the desired temperature-
density relation:
T 40K
77 2.0 + log (ng/103cm=3)

Figure 8.2 plots this relation as the upper solid curve. The steady decline in T}, at higher density
stems from the increasing efficiency of fine-structure cooling.

From the last equation, we may derive a representative density and temperature at the cloud’s
outer boundary. We discussed in Chapter 2 how the various components of the interstellar
medium, including molecular clouds, all appear to be roughly in pressure balance. In a self-
gravitating molecular cloud, this ambient pressure applies at the edge, but climbs higher within
the deep interior. To determine conditions at the boundary, we use equation (8.2) as one relation
between ny and T,. For a second relation, we equate the product ny T, with the empirical
figure of 3000 cm~3 K. In this way, we obtain a density of 56 cm~? and a gas temperature of
54 K. The open circle in Figure 8.2 indicates this pair of boundary values.

The gas in the envelope is too rarefied to be thermally coupled to the dust, so we must
independently determine the temperature of the latter. The visual extinction through the enve-
lope is relatively small. Thus, optical photons can heat the dust at the rate I'; given in equa-
tion (7.20). Dust cooling occurs through the emission of far-infrared radiation at the rate Ay
(equation (7.39)). Since both I'; and A4 vary linearly with n g, equating the two yields a unique
temperature, here equal to 16 K. The dashed curve in Figure 8.2 shows this uniform distribution
of Td.

(8.2)
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Figure 8.2 Temperature profiles in the lower-density region of a molecular cloud. The solid curve
represents the gas temperature, while the dashed line refers to dust grains. The lower, dotted curve
results from balancing cosmic-ray heating and CO cooling in the gas.

8.1.2 Destruction and Formation of H,

The transition from the atomic envelope to the molecular interior occurs through the process
of self-shielding, i.e., the progressive loss through He—absorption of those interstellar photons
capable of dissociating the molecule (see Figure 8.3). To gain a more quantitative understanding
of the buildup in Hs, let us consider the key elements in the theory. The basic idea is to equate,
at each location, the rates of dissociation and recombination of Ho, thereby obtaining the spatial
variation of the molecular fraction fy, = 2ny,/ny.

We shall denote by o;(v) the cross section for a photon of frequency v to promote Hs into
one of the levels —each labeled by the index ¢ — within the first or second excited electronic states
(recall Figure 5.5). Note that our generic index ¢ really stands for some combination (v, J) of
vibrational and rotational quantum numbers. We further denote by (3; the probability that the
subsequent decay from such an excited level actually leads to dissociation of the molecule.
Summing over all available levels, we find the volumetric dissociation rate to be

Dy, = 47 nm, Y B /}{_Z‘”(”) dv . (8.3)
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Figure 8.3 Photodissociation of Hs at the surface of a cloud. The initial absorption of far-
ultraviolet photons is at frequencies close to line center for each rovibrational transition. Ab-
sorption in the line wings occurs further inside, where the radiation intensity is lower and most
atoms are recombined.

Here, J, is the average specific intensity of the local radiation field. If we first use the interstel-
lar field, then equation (8.3) gives us t4;ss, the characteristic Hy dissociation time in unshielded
regions. This time may be found from

tme = 4T Y % / i(v)dv (8.4)

and has a numerical value of 400 yr. Here, v; denotes the line-center frequency of each elec-
tronic transition. In going from equation (8.3) to Equation (8.4), we have used the fact that the
most rapid frequency variation is in each o;(v). The integral of o;(v) is proportional, through
atomic constants, to the oscillator strength of the transition, a quantity that has been calculated
quantum mechanically for all the relevant lines. Note that one may determine the oscillator
strengths, and hence t4;55, Without knowledge of the line-broadening mechanism, i. e., the pre-
cise functional form of o;(v). For the transitions of interest, v; is typically 3 x 107%% s=* and
the integrated cross section is about 1 x 10™% cm? s,

We next equate Dy, with Ry,, the recombination rate given in equation (5.10). Ap-
plying this procedure first at the envelope boundary, we set Viperm in that equation equal to
(3RT,/21)'/?, where T, = 54 K and ;1 = 1.3. The latter value is appropriate for an HI region.
After further equating ngog to ngX4, we find the boundary value of the molecular hydrogen
fraction:

fH2 =7H 2g 1 Vinerm tdiss

- 8.5
=3x107". 8
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Here we have set the HI boundary density to 56 cm~3. Thus, the actual molecular hydrogen
density, ny,, has the very low value of 9 x 10~* cm—*.

8.1.3 Photon Penetration

Proceeding inward, we must modify Dy, in equation (8.3) to account for the absorption of
ultraviolet photons. Dust provides some of this absorption, as does the electronic excitation
of Hy. Thus, a hydrogen column density Ny, with a molecular component Ny, , corresponds
to an optical depth of NyX4 + Nu,0;(v). Here, we are neglecting dust scattering and using
the fact that a grain’s cross section for absorbing the far-ultraviolet photons that dissociate Hy
is essentially its geometrical area. (The latter statement fails for the very smallest grains and
PAHs.) A proper determination of the new average radiation intensity at each radius would
entail a numerical calculation in spherical geometry. We adopt instead the simpler prescrip-
tion, valid in a plane-parallel slab, of reducing the boundary intensity at each frequency by
exp[—NgXq — Nu,o;(v)], where both column densities are measured radially inward from
the cloud boundary. The destruction rate now becomes

ﬂi Jui
hVi

Dy, = 4w ny, exp [- Ny 34 Z /m(y) exp [~ Nu,o:(v)] dv . (8.6)

Evaluation of the integral in equation (8.6) requires that we specify the form of o;(v). We do
so through use of the normalized line profile function ¢ (v — v;), introduced in Appendix B. The
cross section o; (1) is proportional to the profile function. Here the constant of proportionality
is the oscillator strength, as we see by applying the normalization condition of equation (B.2):

o, (V) =o(v—14) /ai(z/) dv' . (8.7)
We may now rewrite equation (8.6) in the form
Bi Ju, i
Dy, = 47 ny, exp [~ Ny X4 Z T /ai(u) dv . (8.8)

Here, 9; is the penetration probability for a line photon to reach the column density Ny, in the
presence of self-shielding:

5; = /du b(v — ;) exp {—NHQQs(V - Vi)/ai(l/)du'} . (8.9)

Note that §, for a given line, being an integral over all frequencies, depends only on Ny,
and decreases as the column density rises. Note also that, apart from a change in notation,
equation (8.9) is identical to equation (6.23) for the photon escape probability 3 in a spherical
medium.

Suppose that the lines are broadened by Gaussian turbulent motion (Appendix E). Then
all photons with frequencies within a Doppler width Avp of v; are quickly absorbed through
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electronic excitation. At the shallow depths where this absorption occurs, the molecule frac-
tion is still small. The large cross section, however, compensates to give a rapid falloff in the
incident flux. Referring to equation (8.9), the peaking of the profile function in the line core
greatly diminishes the exponential factor, even for modest Ny,. For a velocity dispersion AV
of 1 km s™!, Avp =1; AV/c =9 x 10° s71. Now the fraction of photons at frequency v
absorbed in column depth Ny, is Nu,o;(v), or Nu, [o;(v)dv/Avp averaged over the line
core. Conversely, the initial, line-core absorption is essentially complete within a column den-
sity ANy, = Avp/ [oi(v)dv = 9 x 10'® cm™2. Even with our low boundary value for ny,
of 9 x 10™* cm—3, this column is reached in the relatively short distance of 1 x 10'7 cm.

At greater depths, the only penetrating photons are those in the line wings, with a frequency
differing from v; by more than Avp. Referring again to equation (8.9), the relatively small value
of the profile function in the exponential means that the penetration probability now diminishes
slowly with column density. To follow this decline, we use the result from Appendix E that the
profile in the line wings is

’yl‘/4ﬂ'2
(v— ?)2 + (73 /4m?)? (8.10)
~ An2(v —v;)2

o(v—v;) =

Here the damping constant ; equals the Einstein A-value for the transition. The second, ap-
proximate form of (8.10) assumes |v — v;| > ;. Substituting this profile into equation (8.9)
and performing the resulting integration, we find

N, 1/2
6i:<NH> . (8.11)

The column density IV, sets the scale for §;, and is given by

i
Ni=——FF"7—7—.
" Ar [oi(v) dv

(8.12)
For a typical ; of 2 x 10% s~1, we find that N; is 1 x 10'2 cm—2. We now have a more complete
picture of the aborption process. Once the photons have traversed the initial column density
ANy, equation (8.11) indeed shows that their subsequent penetration probability decreases
gradually with depth, as N}E/ %. This behavior, in turn, stems from the gentle decline with
frequency of the absorption cross section in the line wings.

8.1.4 Appearance of H; and CO

Most of the buildup in Hy actually occurs within this interior region, i. e., at a column den-
sity above ANp,. Accordingly, we may follow the transition explicitly by employing equa-
tion (8.11) for ; in equation (8.8). After equating Dy, and Ry, equation (8.4) allows us to
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write
nu, (Ni)'/?

1
175~ &P [=Nu ¥l = 5 vm Zanm nut Vinern
tdiss NH2

2

(8.13)

1
=37H Sang (ng — 2nu,) Vinerm -

The angular brackets on the lefthand side denote an average over the various lines.

Our purpose, again, is to obtain the distribution of the molecular fraction fi,. Both Nz and
N, are integrals of volume density over the depth Ar = R — r. Here, R and r are the radial
positions of the cloud surface and the point of interest, respectively. It is clear that we need the
functional form of ny (Ar) before we can solve equation (8.13) for fi1,. For simplicity, let us
consider the case of a spatially uniform n . Then we may recast equation (8.13) into

Ar
4 (N; —2ngYgA
Ny, = / i, d(Ar) = (Ni) exp(=2npTaAr) . (8.14)
0 ['YH tdiss Ed V:cherm (nH/nH2 - 2)]
We introduce a nondimensional parameter 7,, defined as
4 (N;)
Mo = ) (8.15)
’Y?{ tﬁiss Ed ‘/t%erm n%{

and a dust “optical” depth at far-ultraviolet frequencies: 7 = ny ArX, = NgXg4. If we further
change the dependent variable to h = (1 — fy,) !, then equation (8.14) becomes

/o<hhl> dr = % (h — 1)%exp(—27) .

Differentiation of this equation with respect to 7 and rearrangement finally yields
dh
dr Noh

exp(27) + h — 1. (8.16)

After solving (8.16) numerically, we may recover the fraction fy,. Figure 8.4 shows the
spatial variation of this fraction. Here we have set ng to 100 cm ™2 and the temperature (needed
to compute Vinerm) to 30 K. We see how dust attenuation of ultraviolet photons ensures that fi,
reaches unity by a depth of Ar > 2 (ng¥4)~L, i. e., by a visual extinction Ay from the surface
of about 2. This result continues to hold in a more detailed treatment of the problem.

The change from atomic to molecular hydrogen occurs in step with another important tran-
sition, the buildup of CO. Like Hs, CO is dissociated by ultraviolet photons through electronic
excitation. This molecule, however, does not form out of neutral atomic components, via grain-
surface catalysis. Instead, it builds up through ion-molecule reactions in the gas phase. The
essential ingredient in these reactions is the ionized species C II, which quickly reacts with ei-
ther atomic or molecular hydrogen. For example, one major pathway to CO production in the
surface region is

Ct + Hy — CHJ
CHf +e — CH+ H (8.17)
CH+ O — CO+ H.
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Figure 8.4 Buildup of H» inside the cloud surface. Plotted is fu,, the fraction of hydrogen atoms
bound into molecules, as a function of the dust optical depth at far-ultraviolet frequencies.
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Figure 8.5 Chemical transformations in molecular gas exposed to interstellar far-ultraviolet radi-
ation. The changes are indicated as a function of the visual extinction Ay, measured inward from
the surface. Extinction values are appropriate for Orion-like conditions, i. e., for an ultraviolet
enhancement factor G ~ 10°.

It happens that carbon’s first ionization potential of 11.2 eV closely matches the excitation
energy of the Lyman band of Hy. Throughout the envelope, therefore, photons of higher energy
are depleted by both elements, and Hy and C I concurrently grow in abundance. It is important
to remember, however, that Hs is dissociated through absorption in discrete spectral lines, while
any continuum photon with frequency above 11.2 eV is capable of ionizing C I. Thus, even when
hydrogen has nearly all recombined and the intensity at each line center v; is essentially zero,
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there are still enough energetic photons at intermediate frequencies to maintain an appreciable
abundance of C II. The ion-molecule reactions continually use this C II to form CO, sometimes
by first producing C I. Once formed, CO then shields itself in a manner similar to Ho. Essentially
all of the gas-phase carbon is thus transformed, with increasing depth, from C II to CO, with
an intermediate layer of C I generally present, as well. The remaining free oxygen persists in
neutral, atomic form (O I) even deeper inside. In this case, the relatively small Oy dissociation
energy of 5.1 eV renders the molecule susceptible to even a small remnant of the incident
ultraviolet flux. Figure 8.5 sketches the major chemical transformations in the cloud, here one
bathed in a relatively strong radiation field. The transitions are shown as functions of Ay,
measured from the surface.

8.2 The Molecular Interior

As we move inside the atomic envelope, we enter a region that is at least partially shielded
from the external radiation field. The ambient temperature accordingly falls, as we noted ob-
servationally in the case of B335 (Figure 3.21). Despite this drop, and the concurrent rise in
density, there is still some nonzero level of ionization. We need to gauge this level carefully, as
it determines the influence of any internal magnetic field.

8.2.1 Temperature Profile

Consider first the run of temperature in the molecular interior. Since the grain photoelectric
effect relies on ultraviolet photons, it can no longer heat the gas within the molecular interior.
We are left with cosmic rays as the principal heating agent. Almost all the carbon is in CO,
which now becomes the major coolant. The gas temperature in this region therefore follows
from

Ter(Hz) = Aco | (8.18)

where equation (7.14) gives the cosmic-ray contribution. The rising curve in Figure 8.2 is the
temperature-density relation implied by equation (8.18). This behavior of Ty (ny) stems from
the fact that Aco is rather insensitive to density in this regime. Thus, the rise in I'cy with
density can only be offest by an increase in temperature.! Considering the decline of T}, in
the envelope, it is clear that the gas temperature must reach a minimum at some point. This
location conveniently demarcates the boundary with the molecular interior. For simplicity, we
have shown the minimum lying at the intersection of the two curves, but its true position, as
well as the local temperature profile, depend on the detailed falloff of the ultraviolet flux with
increasing depth.

The visual extinction Ay as we enter the molecular interior is of order unity, so that the
grains are still heated mostly by optical interstellar photons. Since the dust cools by infrared
emission, its temperature retains the envelope value of 16 K in our representative model. Ac-
cording to the rough profile in Figure 8.2, the gas temperature dips temporarily below this value

! Here we have used, for the volumetric CO cooling rate, A% from equation (7.35). Additional flux from optically
thick CO lines can raise the total rate by as much as a factor of 5 for typical cloud densities and sizes. The rising
temperature profile shown in Figure 8.2 would consequently be lowered by about 30 percent.



216 8 Cloud Thermal Structure

at the envelope-interior boundary before resuming its climb. For values of ny in excess of
about 10* cm™3, we enter the regime of dense cores. Here, gas-dust collisions become frequent
enough that significant heat transfer occurs between the two components. If the dust grains
are relatively cold, this exchange acts to cool the gas, at the volumetric rate A,_.4 given by
equation (7.40).

The condition of thermal equilibrium of the gas now reads

F'cr(Hz) = Aco + Ag—a - (8.19)

Because of the coupling term, we cannot solve this equation without simultaneously determin-
ing Ty. At these high densities, the typical value of Ay is so large that optical photons no longer
penetrate to heat the dust. There is also a rapid decline in the flux of interstellar mid-infrared
photons, which could potentially heat the grains because of the spike in opacity at 10 um. (Re-
call the discussion in § 2.3.) Photons of even longer wavelength are provided by the outer,
heated dust. If we neglect this component of the radiation field, then the interior dust is heated
principally by its collisional coupling to the gas. We denote the associated heating rate by the
new symbol I'y_. 4, although its magnitude is just given by the negative of equation (7.40). As
long as the column density /Ny is not so high that it prevents the escape of even far-infrared
radiation, the cooling rate is still A4 in equation (7.39). The dust temperature then follows from

Tyg = Ag. (8.20)

For a given value of ny, we may solve Equations (8.19) and (8.20) simultaneously for T,
and T5. As seen in Figure 8.6, the previous rise in T}, has now stopped, and the gas cools because
of increasing thermal contact with the very cold dust. Thus, A,_.4, which is already twice Aco
at ny = 10* cm™3, rapidly increases in importance because of its quadratic dependence on
density. The dust itself is also considerably colder than in the envelope because of the cutoff
of interstellar radiation. Proper accounting of this extinction and the reradiation of incident
photons at longer wavelengths would result in a smoother decline in Ty and turnover in T, from
the outer region.

Despite the simplifications we have made, the generic temperature profiles in Figures 8.2 and
8.6 are at least broadly consistent with those derived empirically from continuum and molecular-
line studies of individual clouds. Our discussion in Chapter 6 makes it clear that mapping the
density and temperature with good spatial resolution is still highly problematic. Hence, while
more careful theoretical calculations exist, systematic comparisons of these with observations
are still lacking. Note finally that we have extended Figure 8.6 to densities higher than those in
typical dense cores to emphasize the point that T, and T;; must eventually approach a common
value. Physically, thermal contact between the two components becomes so strong that they can
be considered a single species, whose temperature is determined by

Fer(Hz) = Ag - (8.21)

Here we have used the fact that Aco becomes insignificant in this limit. Equation (8.21) can be
solved to yield the unique temperature of 4 K.

Thus far, our discussion has centered on a relatively isolated cloud. When embedded within
other cold molecular gas, such as the interior of a giant complex where there are no nearby,
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Figure 8.6 Temperature profiles in the higher-density region of a molecular cloud. As in Fig-
ure 8.2, the gas (solid curve) and dust (dashed curve) are shown separately.

massive stars, a cloud receives less ultraviolet flux than the interstellar field assumed here. Thus,
both I'pr; and the envelope values of T; diminish. Moreover, the buildup of Hy and CO occurs
at lower column density. The net result is that the cloud’s envelope shrinks relative to its interior.
The thermal properties of the dense core, which is shielded from the interstellar radiation, are
unchanged.

8.2.2 Measuring the Ionization Level

As we will discuss in Chapter 10, dense cores evolve by the slippage of gas through the ambient
magnetic field. This process, in turn, depends critically on the ionization fraction, since it is
only the charged species that sense the field directly. Let us now examine how this fraction is
actually determined empirically. We will then look at the theory that allows us to follow the
ionization up to densities much higher than those presently observed.

We focus on the relative density of free electrons: [e”] = n.— /ny. Since electrons are the
dominant negative species, charge neutrality dictates that their density nearly equals the total for
positive ions. The idea is to relate [e~], which cannot be observed directly, to the concentration
of another species that can. One practical choice is HCO™, a relatively abundant molecule
which, along with CO, is detected through its rotational transitions (see Table 5.1).

Figure 8.7 depicts the principal creation and destruction pathways for HCO™ in dark clouds
or dense cores. The process begins with the generation of HJ by cosmic-ray impact of Hy. The
ionized molecule then reacts with neutral Hy:

Hi + Hy — HI + H. (8.22)
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Figure 8.7 Principal reactions creating

@ and destroying HCO™ in dark clouds or
dense cores.

We designate the associated rate constant as kp, with units of cm® s~1. The H;r produced
usually undergoes dissociative recombination:

Hf +e¢ — Hy + H. (8.23)
Less frequently, Hg,f reacts with CO to form HCO™:
Hf + CO — HCO' + Hy , (8.24)

where we denote as ks the reaction rate.?
The HCO™ formed through this reaction sequence is itself destroyed by dissociative recom-
bination:
HCO" + e~ — CO + H. (8.25)

Let kq,(HCO™) be the recombination rate. In equilibrium, the number density of HCO™ is

k2 [H{][CO]

HCO™) = 40N o] °

(8.26)

where the square brackets again signify the density relative to ny. To determine [H;], we
similarly use Equations (8.22) and (8.23), now ignoring equation (8.24) as a quantitatively in-
significant depletion channel. We find

k1 [Hy]

H3) = o e

(8.27)

Here, kq,(H3) is the reaction rate corresponding to equation (8.23). Finally, we obtain [Hj]
by balancing cosmic-ray ionization, at the volumetric rate {(Hsz) ny,, against destruction by
neutral hydrogen molecules:

[H}] = iﬁij . (8.28)

2 The dissociative recombination rate of H;,r in equation (8.23) is still uncertain. So too, therefore, is the relative
importance of destruction by CO.
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We now combine Equations (8.26), (8.27), and (8.28) to obtain the desired expression for
[e™] in terms of known and observable quantities:
k2 ((Hz) [CO] 1

2 1
" = kar(HF ) kay(HCO™) [HCO'] ny (8.29)

3 1

For numerical evaluation, we use k3 = 2 x 1079 cm® s™!, within the range of current exper-
imental values. For a temperature of 10 K, we also have kq,(Hj) =4 x 1076 cm® s~* and
kar(HCO™') = 3 x 1076 cm® s~1. We see, from Table 5.1, that the number density of HCO™
is typically 10~* that of CO. Thus, at a representative dense core ng of 10* cm~3, equa-
tion (8.29) indicates that [e~] is of order 1077,

8.2.3 Theoretical Derivation

How are we to understand this number from a theoretical perspective? Species such as HCO™
are important practically, but constitute only a fraction of the cloud’s ions. The majority are
singly charged atoms, chiefly Na™, Mg*, Ca™, and Fe™. Most heavy elements within a dense
core are actually locked up in solid grains, and only a few percent by mass exist in the gas phase.
Nevertheless, the density of the gaseous component is sufficiently high that the condition of
overall charge neutrality is, to good accuracy,

Ne- = Napt - (8.30)

Here, M signifies a metal ion. The right side of this relation is actually a sum over all such
species.

Metallic ions are created when neutral atoms undergo charge exchange with molecular ions,
such as Hi and HCO*. Denoting the molecules generically as m, we may symbolize this
process as

m™ 4+ M - m+ M, (8.31)

and write the associated reaction rate as k... A metal ion can be destroyed when it encounters
a free electron. However, the rate for such radiative recombination is negligible for the elec-
tron fractions of interest (recall § 5.1). Of greater significance are collisions with dust grains.
The latter have a small negative charge (equivalent to one or two free electrons), so the sticking
probability in these collisions is high. Recalling that the dust grain number density n4 is propor-
tional to ng, we may write the volumetric collision rate as kqn n g ny+. The coefficient kqur,
properly averaged, has the value 5 x 107!7 cm? s~! near a temperature of 10 K. The metallic

ion abundance follows by equating the creation and destruction rates:
kce nvnm+ = de nyg v+ - (832)

Turning to molecular ions, these form when cosmic rays bombard Ho, which then undergoes
charge exchange with other species. Their depletion partially stems from charge exchange with
neutral metallic atoms. We have also noted that they undergo dissociative recombination with
free electrons, as in equation (8.25). Their abundance in steady state therefore obeys

C(Ha) nu, = ke N+ v + Kdr N+ Ne— (8.33)
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Of the two means for depleting molecular ions, dissociative recombination is faster provided
that the electron abundance is not too low. We expect [e~] to fall with rising n g, since higher
density promotes recombination. The practical condition for ignoring the first righthand term in
equation (8.33)isny < 10% cm~3. Within this regime, we may eliminate n,,+ between (8.32)

and the simplified equation (8.33). After utilizing equation (8.30), we find

) ke 1/2
Ne- = 4(2)7’“4 ] (8.34)
2 kawm kar
Here, we have also set n g equal to 2 ny,. Since the number density of metals is proportional to

that of hydrogen, equation (8.34) predicts that [e~| varies as n;ll/ ®. A more careful treatment,
summing over the various metallic and molecular species, gives the same result and supplies the
numerical coefficient:

2

e] = 1x10 % ny"/ ng < 108 cm=3 (8.35)

This relation is consistent with the values of [e~] obtained empirically through the abundance
of HCO™ and other tracers. Equation (8.35) is frequently recast as

pi = Cp/?, (8.36)

where the constant C is 3 x 1076 cm—3/2 g!/2 at a temperature of 10 K.

The last two equations do not accurately track the ionization level within a collapsing cloud,
where the density climbs to very large values. For ny > 10% cm~2, charge exchange with
metals becomes the dominant mode of destroying molecular ions. We again eliminate n,+
between Equations (8.32) and (8.33), and use (8.30) to find

¢(Hs)

Ne— = TV ng > 103 cm™3 (8.37)

After using equation (7.14) for ((Hs), we find that n.- has the constant value of 0.3 cm™
this regime, therefore, [e~] is proportional to ;"
As np reaches even higher values, the number density of electrons and ions eventually falls

below that of the charged grains. From equation (2.47), the grain number fraction is

3. In

ng 24
ng  maj (8.38)
=3x10712,

where the numerical estimate uses a grain radius a4 of 1 X 10~° cm. Thus, from equation (8.37),
[e~] falls below ng/ng for ng larger than 1 x 10'* cm™3. In fact, deviations from equa-
tion (8.37) appear a bit earlier, for ng > 10° cm~3. Once the grains themselves become the
dominant carriers of both positive and negative charge, their collisions with neutral gas govern
the slippage of the magnetic field. As the density continues to rise, cosmic rays become at-
tenuated, and the dominant source of ionization shifts to radioactive elements (chiefly *°K) or
to X-rays from the central star. Finally, once temperatures exceed about 10® K, energetic colli-
sions among the gas particles supply most of the free electrons. Metallic atoms are again the first
species to be ionized. The electron fraction in the streaming gas starts to increase dramatically,
and coupling to the local magnetic field becomes much stronger.
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8.3 Photodissociation Regions

The most significant modification of cloud thermal structure is from nearby stars. Those born
in the center of a dense core radiatively heat a large volume of the surrounding dust. As we
will discuss in future chapters, it is this warm dust that has actually provided the best means for
identifying embedded young stars. Molecular gas is also heated by the shocks associated with
stellar winds.

We have already seen how O and B stars, although rare in number, wreak havoc with vast
quantities of molecular gas, to the point of dispersing the giant complexes into which they are
born. The effects here are both mechanical, through the impact of powerful stellar winds, and
thermal, through radiative and shock heating of cloud material. In this section, we consider in
detail the radiative effect. The theory has wide applicability. For example, infrared emission
from hot dust has been the principal tool for locating star formation regions in distant galaxies.

8.3.1 Grain Heating and Emission

Massive stars emit the bulk of their energy in the ultraviolet region of the spectrum. A molecular
cloud near such a star receives an ultraviolet flux orders of magnitude greater than from inter-
stellar radiation. Consider, for example, a main-sequence star of spectral type BO embedded
within a giant complex. This star has an effective temperature of 3 x 10* K, equal to the value
of T characterizing the ultraviolet component of the interstellar radiation field, and a bolometric
luminosity of L, = 5 x 10* L. The star emits photons at all energies up to 13.6 eV; those of
higher energy are absorbed in the surrounding HII region before reaching cloud gas. If located a
distance D from a clump within the complex, the star bathes the cloud face with a flux F, equal
to L./ 47 D?. On the other hand, the interstellar radiation contributes a flux Fip, = 7 fUV J,dv.
For F, to equal Fi,, the star must be at a distance

h L. 1/2
~ \4r P (8.39)

=50pc .

Here, we have estimated the integral of J,, over the ultraviolet range to be twice that for the
far-ultraviolet range of 6 eV and above. Since the latter is known empirically from the Habing
flux, we have

T J,dv ~ 2w J,dv = 8 x 10" %*ergem 2571 .

uv FUV
Some clumps within the complex will indeed be at a distance of order 50 pc. On the other
hand, we will see in Chapter 15 that molecular gas can persist as close as 0.1 pc from the star
in question. This neighboring gas, located just outside the star’s HII region, receives a flux
enhanced over the interstellar value by the factor G, here equal to (50/0.1)2 = 2 x 105.
Such an intense radiation field disturbs the physical and chemical equilibrium of the cloud
to great depths. Since all the molecules in the outer layers are promptly dissociated, the affected
area is known as a photodissociation region, a term coined by A. Tielens and D. Hollenbach in
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1985. Photodissociation regions are seen not only near massive stars, as in the Orion (M42) and
Omega (M17) Nebulae, but also in planetary nebulae and the nuclei of external galaxies.

What is the fate of the ultraviolet radiation? The answer is clear from the observations,
which show that photodissociation regions all emit copiously in the infrared. The nearest and
best studied example, the Orion Nebula, has a far-infrared luminosity estimated at 3 x 105 L.
This prodigious energy output can only stem from dust heated by stars in the region, both the
visible members of the Trapezium and others hidden from view by this same dust. The cooling
rate of dust grains, given by A4 in equation (7.39), rises steeply with the dust temperature
T4. Conversely, Ty responds sluggishly to large increases in the incident radiative flux. For a
quantitative assessment, we must first evaluate I';(UV), the dust heating rate in the ultraviolet.
Employing the enhancement factor G,, this rate is given by the appropriate modification of
equation (7.19):

Iy(UV) =47 Gongoq Q. J, dv

UV

— 4 Go S Qv / T, dv (8.40)
uv

_ -9 nH -3 -1

=2x10 Go (W) eV cm S .

In the second form of this equation, we have pulled @), out of the integrand because it varies
slowly in the ultraviolet. We used a value of 0.7 for ), ., corresponding to an opacity x
of 500 g cm~? at the peak frequency vpax = 2 X 101° s~! of the interstellar field. Equating
'y (UV) to Ay, we find

T, =16 GY° K . (8.41)

In our example of the BO star, T;; would be raised to 120 K. A blackbody at this temperature
emits at a peak wavelength of 30 um.

8.3.2 Fine-Structure Cooling

The cloud matter near O and B stars is also observed to radiate in atomic fine-structure lines,
principally those of O I and C II. Figure 8.8 shows the 158 um C II emission from the famous
Horsehead Nebula in Orion. The Nebula lies at the edge of a heavily obscured region, about
1° south of the Belt star ¢ Ori (see Figure 1.3). The O9 star, and the equally massive ¢ Ori to
the west, illuminate the cloud edge with ultraviolet light, providing an equivalent G, of about
100. In Figure 8.8, the optical image of the Nebula is shown in the negative, while the contours
represent the 158 um intensity distribution. We have grown accustomed to thinking of clouds
being delineated by their CO emission, but the luminosity in C II is here far greater.

The strong atomic line emission from photodissociation regions, which itself totals only
about 1 percent of the continuum infrared luminosity, stems from hot gas located alongside
the dust. The fraction of 1 percent can be neatly explained if we assume that, as in quiescent
clouds, the gas is heated primarily through the grain photoelectric effect. As we have seen,
€pE, the efficiency with which an ultraviolet photon converts its energy to heating the gas, as
opposed to the dust, is indeed about 0.01. The fine-structure luminosity from regions of massive
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Figure 8.8 Negative optical photograph of the Horsehead Nebula in Orion. The white contours
show emission in the 158 pum fine-structure line of C II.

star formation is so large that it is here, rather than in quiescent clouds, that the transitions were
first detected in space. Thus, the 63 um emission of O I was found in M42 and M17, with
luminosities in the line of 600 and 3000 L, respectively.

Previously we argued, using Equations (7.26) and (7.27), that the cooling from C II should
dominate that from O I in cloud envelopes. When these lines are seen toward dense photodis-
sociation regions, O I is generally stronger. Let us see how this reversal comes about. Equa-
tions (7.26) and (7.27) were derived assuming n g, the density of colliding hydrogen atoms, to
be below the critical values for both transitions. This assumption is safe enough in the envelopes
of quiescent molecular clouds, but not in the gas surrounding massive stars, where shock com-
pression can lead to much higher densities. Consider, then, the fine-structure emission from
cloud material with arbitrary nz, bathed in an increasing ultraviolet flux. The two fiducial den-
sities to bear in mind are 3 x 103 cm™3, which is ny for the C II line, and 5 x 10° cm™3,
the corresponding value for the 63 um line of O I at a typical gas temperature of 300 K, where
Ya =2 % 1070 cm=3 571,

For a cloud density below 3 x 103 cm—3, both Aoy and Acyy are still given by equation (7.24),
and their ratio is

Aot
Acrr

1
= 0.07 exp (%) , (8.42)

g

which is indeed less than unity. The emission in the dominant C II line relative to that from the
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dust is A r
CII PE
= = 0.01 8.43
Ag r'y(UV) ’ (8.43)
where we have scaled up I'pg, in equation (7.18) by the factor G, and have used equation (8.40)
for ';(UV). The gas temperature follows by equating I'pg, to Acrr. The appropriate modifica-

tion to equation (8.2) for quiescent envelopes is then
T _ 40K
9 2.0+ 1log(ny/103cm=3) —log G,

Notice that this last equation, if evaluated at an ng of 103 cm~3, formally yields an infinite
T, for G, greater than the modest value 10*? = 100. The true situation is that the photoelectric
heating rate is self-limiting. As G, climbs above unity, Ty at the cloud edge does rise at first
and can reach several hundred K, as predicted by equation (8.44). However, if electrons are
ejected from grain surfaces too rapidly, the resulting buildup of positive charge creates a strong
electrostatic force. This attractive force inhibits further ejection, effectively lowering epg until
thermal balance can be once more achieved. From this point on, further increase of GG, actually
lowers T} at the cloud edge.

For densities between 3 x 103 cm™2 and 5 x 10° cm™3, Aoy remains unchanged,
but Acyr must now be found from equation (7.25), which effectively reduces the rate by
(3 x 103 cm™3 /ng). The ratio of Aoy to Acy is now

Aot 9 ng
20U _ 91072 (1 2 8.4
Acn x 10 ( 103 cm—3 ) exp T, ’ (8.45)

so that Acyy still dominates at lower densities. However, the two cooling rates become com-
parable at the highest ny because of the quadratic increase of Ag; with density. It should be
remembered here that we are only discussing local rates. The emission from the entire cloud
favors O I even more, since neutral oxygen persists to greater depths. Regardless of which line
dominates, our derivation of equation (8.43) makes it clear that the ratio of fine-structure to dust
cooling remains about 0.01, as long as we can ignore the lowering of epg.

Finally, for cloud densities above 5 x 105 cm™3, both O I and C 1II are in the supercritical

regime and we find
Aot ( 138)
— =1lexp|——— . (8.46

Act P T, )

Since all the level populations have now reached LTE, it is the product A, AFE,;, the emis-
sion rate per atom from the upper level, which now governs both cooling rates. This product,
weighted by the relative chemical abundances and degeneracy factors, is higher for the O I tran-
sition. Although clumps with ng > 5 x 10° cm™3 may indeed exist around massive stars, the
radiation in both lines can be optically thick in such environments. The relevant cooling rate
for both species is then a surface flux, given by the appropriate modification of equation (7.33).
The ratio of the two fluxes is

For  (230\" exp(92/T,) —1
Fer \ 92 ) exp(230/T,) —1"

so that the O I line dominates for any T} greater than 40 K.

(8.44)

(8.47)
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The basic chemical transformations within photodissociation regions are just those found in
quiescent cloud envelopes. Indeed, the various recombinations also occur at similar Ay -values,
since the greater G, tends to compensate for the higher ambient density. In the surface region,
the ultraviolet flux not only dissociates Hs, but also ionizes those atoms, such as carbon, with
ionization potentials below 13.6 eV. Carbon still becomes CO within the molecular interior,
where it again acts as a principal coolant of the gas. The other important thermal processes
also remain the same, except in clouds of the very highest densities and G,-values, in which
infrared radiation from hot dust can excite the fine-structure lines and thus warm the gas. The
temperature structure of both gas and dust is thus qualitatively similar to the quiescent case
(Figure 8.2), with both T, and Ty scaling upward as G, increases, and with T, always exceed-
ing T;; by a wide margin at the cloud edge. One significant difference is that Ty, always climbs
initially before turning over and undergoing its characteristic slow decline within the envelope.
This temporary increase stems from the rise in epg accompanying the attenuation of the ultra-
violet flux. For G,-values near 10°, the peak gas temperature can exceed 10® K. Deeper in the
cloud, increasing thermal contact between the gas and dust again drives them toward a common
temperature that is relatively insensitive to the external ultraviolet flux.

8.3.3 Heated H,

Let us finally consider observations of molecular hydrogen. We earlier noted that photodis-
sociation through excitation of the Lyman and Werner bands is an inefficient process, as the
excited molecule usually relaxes intact to its ground state. The fluorescent emission accom-
panying such relaxation is another important signature of photodissociation regions. Radia-
tion from the lower rovibrational transitions occurs at near-infrared wavelengths accessible to
ground-based telescopes. If the ambient density ng is subcritical with respect to these transi-
tions (nepit ~ 10% cm™3), the branching ratios during fluorescent cascade depend only on the
transition rates for radiative decay, i. e., on internal molecular constants. Thus, the relative in-
tensities of the various lines are also determined, although the absolute intensities still vary with
G, and ny. Referring back to Figure 5.4, consider the 1 — 0 S(1) and 2 — 1 S(1) lines, which
are transitions between the same rotational sublevels for v =1 — 0 and v = 2 — 1, respec-
tively. Since the A-values of the two transitions are nearly identical, it is not surprising that
the theoretical fluorescent intensities are also close, with the 1 — 0 .5(1) line predicted to be 1.8
times as strong.

In fact, the observed relative line intensities often differ considerably from the predicted
fluorescent values. To quantify the difference, we recall that the volumetric emission rate asso-
ciated with any transition from an upper to a lower state is given by

Ag = ny Aq Ay . (8.48)

If we express the level population n, using the generalized Boltzmann relation of equa-
tion (5.14), then equation (8.48) becomes

ln (Aul/gul Aul AEul) = Co — AEu/kB Tex . (849)

Here C, is a nondimensional number depending on ny,, Tex, and molecular constants, and
AFE, is the energy of the upper level above ground. In an optically-thin environment, the ob-
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served intensity [ is proportional to A,;. Now if the region in question were in LTE, Ty
would equal the gas temperature Ty;. Then a plot of In(/y1/gy, AuAEw) versus AE,, for all the
observed Hy lines would yield a straight line with slope —1/kgT,. Of course, the molecular
hydrogen in a photodissociation region of subcritical density is not in LTE, so that such an exci-
tation diagram should not exhibit a unique slope. In some cases of observed Hs line emission,
this is true. In others, however, the diagrams clearly do indicate a single temperature.

Figure 8.9 shows an example of each type. In the first panel is an excitation diagram for
NGC 2023, a reflection nebula illuminated by a B star in the molecular cloud L1630. The open
and closed circles symbolize, respectively, the “para” and “ortho” forms of Hs. (In classical lan-
guage, the two proton spins in parahydrogen point in opposite directions.) From the observed
intensities, no single slope is evident, although there is a pattern of slopes, and therefore excita-
tion temperatures, among subgroups of lines. In particular, the 1 — 0 S(1) and 2 — 1 S(1) lines,
distinguished by additional outer circles in the figure, have an intensity ratio of 3.7. Since this is
larger than 1.8, the region exhibits collisional pumping of the levels, in addition to fluorescent
decay. The observed ratio yields, after applying equation (8.49) to each line and subtracting, a
Tex of 3600 K. Such a “vibrational temperature” is useful information, but it does not necessar-
ily correspond to any actual 7.

The second panel shows results from the area of peak emission in the Orion BN-KL region;
this area coincides with the infrared source IRc2. Here, a single slope evidently does fit the data.
The 1 —0 S(1) to 2 — 1 S(1) intensity ratio is now much higher, about 10, and the best-fit Tex
using all the points is 2000 K. This figure probably does represent a gas kinetic temperature.
In a photodissociation region, however, such high gas temperatures are only attained in cloud
envelopes exposed to the largest G,-values, where very little Ho could survive. What then is
the excitation mechanism? It is generally agreed that all such regions, of which Orion BN-KL
was the first example discovered, represent gas that previously passed through a shock, became
violently heated as a result, and is now cooling back down to normal cloud temperatures. For
the Hy levels to be maintained in LTE through collisions, the ambient density must be very high,
at least 10° cm~3. In the present example, the shock creating the emission is generated where
the wind from a massive star strikes nearby cloud gas. The generation of shocks, however, is
associated with stars of all mass and enters so many aspects of stellar formation that we should
explore the phenomenon from a broader perspective.

8.4 J-Shocks

Shocks are sharp transitions generated in a fluid when it is subjected to a large pressure gradient.
O and B stars, for example, create shocks in two different ways. The wind from such a star
encounters a stationary shock front, i.e., a sudden, adverse pressure gradient, when it impacts a
molecular cloud. At greater distances, the star creates as HII region, an extended volume heated
and ionized by ultraviolet radiation. The pressure of this hot gas on the surrounding material
generates supersonic motion and a moving shock wave, which compresses and heats the cloud
gas ahead of it as it propagates away from the star. Of course, shock “waves” can always be
viewed as stationary “fronts” by an appropriate change of reference frame; we shall henceforth
employ that special frame for our discussion.
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The properties of the shock transition depend on the preshock density and speed. The latter
is known as the shock velocity and will be designated Vypock. A shock arises only when Vipeck
exceeds the local sound speed. A moving fluid element then has no time to be “warned” by
sound waves of the approaching high-pressure region. It therefore undergoes a sudden change
created by direct contact with the hotter and denser postshock gas. We will later examine rela-
tively slow shocks where this change can occur more gradually. For now, we focus on the faster
J-shocks, in which all fluid variables jump to their postshock values.

8.4.1 Temperature and Density Changes

From a kinetic viewpoint, shocks convert much of the ordered, bulk motion of the preshock gas
into random, thermal motion. For sufficiently high shock speeds, the hot postshock gas radi-
ates, and this radiation further heats more distant gas both upstream and downstream from the
front itself. Figure 8.10 shows the temperature and density profiles associated with a modestly
strong shock in a molecular cloud. The horizontal axis represents distance on either side of
the front, as measured by the column density Nz . In Figure 8.10a, preshock gas with number
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Figure 8.10 Gas temperature and hydrogen number density in a shocked molecular cloud, where
Vihock = 80 km s™!. The graph actually displays log (T}) and log (nr) — 3. Both quantities are
shown as functions of hydrogen column density (a) upstream from the shock front, and (b) behind
it. The reference frame is that for which the front is stationary.

density ny streams to the right at velocity Vinock, here equal to 80 km s~!. Meanwhile, the
gas temperature T} is increased by the radiation emitted just downstream from the front. The
warmed preshock region is known as the radiative precursor. The front itself is the transition
layer in which the actual thermalization of motion occurs through collisions between the pre-
and postshock atoms and molecules.® The thickness of this layer is roughly one particle mean-
free-path in the postshock gas. For the example shown in the figure, the relevant mean-free-path
pertains to collisions between ions and electrons, and is 4 X 1019 ¢cm. This distance is so small
compared to the length scale for variations outside the front that the fluid essentially undergoes
a discontinuous change in its properties. The temperature, density, and pressure jump upward,
while the velocity is reduced to a value that is subsonic with respect to the local sound speed.
Downstream from the front, the gas temperature falls, first quickly and then more slowly, in an
extended relaxation region (Figure 8.10b). It is the radiation generated in this cooling zone that
has provided our knowledge of shocks in star-forming environments.

The changes in the gas properties across the shock are independent of the thermalization
mechanism within the front and are readily determined through conservation of mass, mo-
mentum, and energy. We derive the corresponding set of Rankine-Hugoniot jump conditions
in Appendix F. We also derive the ratios of various post— to preshock quantities in terms of
the upstream Mach number M; = Vipoex/a1. Here, we let the subscripts 1, 2, and 3 repre-
sent far upstream, immediate postshock, and final, downstream quantities, respectively. For

3 Such momentum exchange through interparticle collisions underlies ordinary fluid viscosity. For this reason, J-shocks
are also known as viscous shocks.
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the case of a strong (M; > 1) shock in a perfect gas with v = 5/3, equation (F.16) tells us
that To /Ty = (5/16) M?. The adiabatic sound speed a; is equal to (5kgT} /3umg)'/?, so the
postshock temperature is

3 HMmH ‘/S%IOCk

T = 16kp

(8.50)

2
—29x10°K ( Vihoek )

100 km s—1

In the second form of this equation, we have assumed p = 1.3 (neutral preshock gas) and have
used, as a fiducial Vipock, the typical wind speed for a low-mass young star. Note that the
massive stars we have been discussing can have wind speeds exceeding 1000 km s~!. In any
case, we see that wind-generated shocks in molecular clouds create temperatures far in excess
of any we have encountered thus far.

The hot postshock gas both decelerates and cools. Once the velocity is well below the local
sound speed, the pressure within the relaxation region no longer changes with depth. Hence the
density, which is proportional to P/T} in a perfect gas, can increase considerably by the time
the temperature has relaxed to its undisturbed value 73 (see Figure 8.10b). This increase is, in
practice, limited by the rise of magnetic pressure within the gas. Nevertheless, the compressive
effect of shocks plausibly underlies the very high densities seen in such regions as Orion BN-
KL.

We may also employ the conservation relations to express the total rate of energy loss from
the relaxation region. Applying equation (F.17) from Appendix F to a perfect gas, we have

1, , v Pr 2 Fraa
o L = (8.51
[2 y—1p]4 P1 Vshock )

where v is the fluid velocity relative to the front, and F}.q is the flux emitted in either direction.
For a strong shock, the term (1/2)V2_ dominates all others on the left side, and we have
simply
1
Fraa = Z P1 ‘/s?l)'xock . (8.52)

Thus, F}.q increases sharply with the shock speed.

8.4.2 Hydrogen Ionization

The intense radiation from a strong shock can easily destroy any molecules in the preshock
flow. In addition, the photons radiated by the postshock gas can have energies exceeding the
13.6 eV limit from HII regions. If their energies also exceed 15.4 eV, the photodissociation of
H, proceeds not by the usual excitation of the Lyman and Werner bands, but rather through
direct ionization followed by radiative recombination:

Hy + hv — Hf + e~

8.53
Hf +e¢ — H+H. (833
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Consider now the spatial variation of the ionizing flux through the precursor, i.e., for
x < x,, Where x, denotes the shock front location. Let F.,4(x) denote this flux, as measured in
photons cm~2 s~!. If we assume that all photons are eventually absorbed, then Frad () starts
at zero and increases to some finite value at the front itself. For preshock gas whose hydrogen
is initially all molecular, each two H atoms produced in this manner absorb one ionizing photon
from the radiation field generated at the front. An additional two photons are required to ionize
both atoms. Thus, over a small distance interval Az within the precursor, the increase in flux is
related to the changes in atomic and ionized hydrogen number density by

1 3
AFrad = Vihook <§ Angr + 3 AnHII)

At the shock front, we therefore have

frad ($o>

1 3
071 Voo = §fHI(xo) + §fHH(£Uo) . (8.54)

Here, (ng); is the incoming number density, while fy; and fuy; are, respectively, the num-
ber fractions of atomic and ionized hydrogen. In order to completely ionize the precursor flow
(fur =0, fuir = 1), the outgoing photon flux must be a factor 3/2 larger than the incoming
particle flux. Determination of the actual emitted spectrum requires detailed numerical calcula-
tions. These find that a shock speed of 120 km s~! is necessary to meet this critical ionization
condition. At even higher shock velocities, HI is converted to HII at an ionization front which
stands off from the shock at some fixed location x; < x..

Implicit in our discussion is the assumption that the electrons ejected from both Hy and HI
do not have time to recombine before the preshock gas is swept into the front. The focusing
effect of the Coulomb force causes recombination cross sections to vary with electron velocity
as v~2. At the high temperatures of concern, these cross sections are sufficiently small that
the assumption is justified. By the same token, the hydrogen just inside the front also cannot
recombine promptly, since its density is only increased by at most a factor of 4 (see Appendix F).
The initial ionization state of the postshock gas is therefore inherited from the precursor and is
not set by the local density and temperature, as it would be in LTE. This statement also applies if
the incoming gas is lightly ionized. Consider, for example, a shock with (nf); = 10° cm~3 and
Vihock = 80 km s~1. Calculations show that the hydrogen crossing the front is only 1 percent
ionized in this case. On the other hand, the postshock temperature, from equation (8.50), is
2 x 10° K, which would result in essentially complete ionization in LTE.

8.4.3 Nonequilibrium Cooling

The manner in which the postshock gas radiates away its internal energy depends sensitively
on its ionization state. Since the latter can differ significantly from LTE, the gas is said to
undergo nonequilibrium cooling. Much of the radiation behind the front follows the excitation,
by electron impact, of electronic levels within relatively abundant heavy elements, such as C, N,
and O. Their initial ionization states depend on the character of the shock-generated radiation
field and therefore Vi, ,ck. Once excited, the higher electronic levels decay very rapidly, through
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allowed electric-dipole transitions. The resulting ultraviolet photons are those which actually
ionize the precursor.

Whatever hydrogen survives in atomic form can also be excited collisionally. Here, the
emitted photons are quickly absorbed by neighboring hydrogen atoms, which most often reemit
a photon of the same energy. This process of resonant scattering continues until an excited
atom drops first to an intermediate level before reaching the ground state. The lower-energy
photons produced scatter until most of the original radiation is converted into the Ly« line
emitted during the n = 2 — 1 transition. This line, together with additional ultraviolet photons
from heavy ions, constitutes most of the shock’s total radiative output.

The hydrogen further downstream at first becomes increasingly ionized through both colli-
sions and the ion-produced radiation field. Meanwhile, the gas temperature falls until, at about
10* K, recombination begins to offset photoionization. The cooling of the gas is now largely
due to electron collisions with HI, followed eventually by Ly« emission. This cooling is highly
sensitive to temperature, since lower electron thermal velocities cannot excite hydrogen’s elec-
tronic levels. Hence, the temperature maintains a plateau near 10* K, which extends until all the
shock ultraviolet photons more energetic than 13.6 eV are absorbed and recombination is com-
plete (see Figure 8.10b). Note that nonequilibrium cooling dominates also in the plateau, but
that the hydrogen ionization fraction is now greater than LTE because of the relative slowness
of recombination.

Since HI by itself is a poor cooling agent, the end of hydrogen recombination allows the
emission to be dominated once more by the metals. These are neutral or at most singly ion-
ized. The ambient temperature is now too low for collisions to populate those levels within
metal atoms corresponding to permitted transitions. However, any levels lying roughly kgTj
above ground, i.e., about 1 eV for T, ~ 10% K, can still be excited. Such metastable states
actually exist in abundance. An important example is the ' D state of O 1. This is the level,
characterized by total electronic quantum numbers L = 2 and S = 0, that we encountered
when discussing fine-structure splitting (recall § 7.3 and Figure 7.8). Electric-dipole transitions
to the ground state (L = 1,5 = 1) are forbidden, but the decay can still occur through a “semi-
forbidden,” magnetic-dipole transition. Here, the associated A-value is 6.3 X 1073 s~!. The
emitted [OI] 6300 A line is an important tracer of wind-generated shocks from young stars.

8.4.4 Molecule Formation

The excitation of metastable states allows the postshock temperature to fall steeply once more,
until the familiar fine-structure transitions dominate the cooling. Of particular importance is the
[OI] 63 pm line, which here overwhelms [CII] 158 um emission because of the high temperature
and density. Once the temperature has dropped to several 103 K, molecules start to reform and
thereafter control both heating and cooling. First to appear is Ho, initially produced by the
H™ formed out of the residual electron supply (recall equation (5.11)). After the electrons
are exhausted, Ho formation continues through grain-surface catalysis. The new molecules are
vibrationally excited when first injected back into the gas phase. If ny at this point is at least
10° cm™3, decay of these levels occurs collisionally. Under these conditions, the formation of
H> becomes the major heating source for the gas, stabilizing T at a second plateau of about
500 K until all the hydrogen becomes molecular. This feature is also evident in Figure 8.10b.
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Other molecules also form, through purely gas-phase processes. The low ionization level
and prolonged temperature elevation of the plateau are conducive to neutral-neutral reactions. A
network of such reactions is activated which yields a variety of species, including the important
coolants CO, OH, and H,O. The latter two form mainly through

H, + O —- OH+ H

(8.55)

The far-infrared and millimeter rotational emission from these molecules, together with increas-
ing thermal contact with the relatively cold dust, allow the cloud gas finally to settle back down
to its original, undisturbed temperature. Note that the total postshock cooling time is only a few
years for shocks impacting molecular clouds. In the example shown in Figure 8.10, the distance
covered by the relaxation region is of order 10'3 cm.

8.4.5 Dust Heating and Destruction

For deeply embedded shocks, very little of the optical and near-infrared emission produced be-
hind the front can escape the cloud. As in photodissociation regions, most of this radiation, ex-
cluding the ionizing component, is absorbed by dust and reemitted at far-infrared wavelengths.
The absorption heats the dust grains, particularly those which actually enter the shock front.
Such a grain receives an energy per unit time of 04F.,q. Here, F},4 is given by equation (8.52),
and o4 is the geometrical cross section, appropriate for ultraviolet radiation. To estimate T};, we
may equate the volumetric heating rate ogngFraq = Sgng Frad, to A4 in equation (7.39). For
ng = 10% em™2 and Vipocx = 100 km s~1, we thus find 7; = 190 K.

The thermal effect on dust entering high-velocity shocks is minor compared to the mechani-
cal effect associated with collisions in the postshock region. Grain-grain collisions drive shocks
inside the solid material that vaporize it once the deposited energy exceeds several times the
binding energy of the lattice. The latter is typically 5 eV per atom. Such collisions can also
shatter the grain directly. Most importantly, fast-moving ions from the gas phase chip away
the grains’ surface layers. This phenomenon of sputtering effectively destroys most incoming
grains for shock speeds in excess of 200 km s~!. Sputtering by the shocks associated with
supernova remnants is the principal destruction mechanism for dust throughout the interstellar
medium.

We mentioned previously that the emissivity of the postshock gas is sensitive to its state of
ionization. For increasing shock velocity, first hydrogen and then the heavy elements become
completely ionized and therefore ineffective as coolants. Suppose that the depth of the relax-
ation region is limited by some constraint, such as the geometrical thickness of the shocked
cloud. Then there exists a critical shock speed above which the postshock gas cannot cool in
the available flow time. The energy injected by the preshock gas thus remains trapped for an
extended period. Such nonradiative shocks are created, for example, by the impact of O- and
B-star winds on surrounding cloud matter, a circumstance we shall consider in Chapter 15.
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8.5 C-Shocks

We finally consider shocks in which the fluid variables do not undergo a discontinuous jump, but
change smoothly and continuously. This possibility was first conjectured theoretically. Later,
observations of heated molecular hydrogen seemed to call for just such a transition. Subsequent
studies have confirmed the idea and demonstrated its applicability in star-forming regions.

8.5.1 Maximal Compression

The rovibrational transitions of Hy supply most of the copious emission from the Orion BN-
KL region. Figure 8.9 demonstrates that, despite the presence of highly luminous sources, the
molecule is not fluorescing, but is in LTE at a temperature near 2000 K. As we stated earlier,
the ultimate source of energy is likely to be a wind-driven shock. This hypothesis is bolstered
by the presence of the [OI] 63 um line, which should indeed be a major postshock coolant. On
the other hand, it is not clear how the excitation of Hs actually occurs. Even a moderately fast
shock dissociates the molecule, which only later reforms on grain surfaces farther downstream.
At this point, the ambient temperature is about 500 K, well below that observed. One could
invoke a shock so weak that Hy passes through the front without being dissociated. However,
the resulting infrared emission would then be too low. Increasing the preshock atomic density
np does raise the collisional excitation rate of He, but also leads to the rapid formation of other
molecules like HO, which then dominate the cooling.

How is it possible, then, for molecular hydrogen to pass through the shock front intact and
yet be heated enough to radiate away much of the incoming energy flux? The answer is that
the preshock gas in this case contains a relatively strong magnetic field. As we shall detail
in Chapter 9, magnetized interstellar gas in motion effectively carries along its internal field.
Passage through the front compresses both the gas and the magnetic field. Field compression
absorbs some of the incoming momentum. The postshock gas pressure, as well as the kinetic
temperature, is lower than for a nonmagnetized fluid entering with identical velocity. The re-
duction in temperature prevents molecular dissociation. On the other hand, if the shock speed is
high enough, even the diminished postshock temperature is sufficient for Hy and other species
to emit strongly.

The cushioning effect of the magnetic field also limits the density increase attainable by
matter as it traverses the shock. Suppose that the pressure associated with the field, B2 /8,
is negligible in the preshock state, as compared to the initial ram pressure, p;v?. Crossing the
shock both compresses the gas and raises the magnetic pressure, since the field is frozen into the
matter. Indeed, the postshock magnetic field strength, Bs, is related to the preshock value by

By P2
—_— = — . 8.56
B (8.56)

This relation applies only when the field is perpendicular to the direction of the flow, as in
Figure 8.11.
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Maximal compression occurs when the postshock value of B2 /87 greatly exceeds both the
thermal and ram pressures. In this limiting case, momentum conservation implies that
B3 >
—= = p1uy . 8.57
R P1 V1 ( )

Combining Equations (8.56) and (8.57), we find

(pg) _ /8mp1vr
P1/ max Bl

-af3),

B
Varp
We shall later demonstrate that V4 represents the speed at which disturbances propagate along
the magnetic field. The ratio of fluid to Alfvén velocities is known as the Alfvénic Mach number.
Equation (8.58) tells us that the largest possible compression is y/2 times this ratio, evaluated in
the preshock state.

It is instructive to compare our result with that for an unmagnetized gas. In this case, the
compression is the square of the ordinary Mach number, i. e., the ratio of the fluid velocity to
the local sound speed (see Appendix F). Here it is assumed that the postshock temperature
has fallen to its preshock value, the circumstance allowing the highest shock compression. The
Alfvén velocity within interstellar clouds generally exceeds the sound speed by an order of
magnitude. Hence, for any given fluid speed, the ordinary Mach number exceeds the Alfvénic
one. We see, then, that the presence of the field severely limits the degree of shock compression.

(8.58)

Here, V4 is the Alfvén velocity, defined as

VA =

(8.59)
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8.5.2 Magnetic Precursor

The field has another important effect on shock structure. It is only the ions and electrons
within the fluid that are subject to the Lorentz force. These charged species then transit the
force to the neutral fluid via ion-neutral and, less significantly, electron-neutral collisions. At
the very low ionization levels of molecular clouds, the ion-electron fluid and the neutrals may
have substantially different speeds. In particular, the magnetic field may decelerate the charged
species before the neutrals can significantly alter their speed. The neutral velocity eventually
undergoes a sharp jump at an ordinary J-shock, i. e., one meditated by collisions among neutral
atoms and molecules. The region of gradually increasing field strength and declining ion speed
ahead of the J-shock is known as the magnetic precursor.

No fluid can shock unless it is moving faster than the speed of internal pressure disturbances.
In the neutral component of the gas, this signal speed is the sound velocity. Now the collisions
between neutrals and ions in the magnetic precursor not only transmit momentum, but also raise
the temperature within the neutral gas, and hence the sound speed. Since the incoming velocity
is less supersonic, the density enhancement across the J-shock is reduced. For a sufficiently
strong field, the J-shock disappears altogether, and neither fluid undergoes a sharp discontinuity.
We call the transition in this case a C-shock, where the prefix denotes “continuous.” The smooth
deceleration of the neutrals stems from collisional drag with the relatively slow ions. *

In summary, there are two possible types of shocks within a magnetized gas (see Fig-
ure 8.11). If the field is relatively weak, the neutral matter still undergoes a J-shock, char-
acterized by a sharp increase in temperature and density, and a corresponding drop in velocity
from supersonic to subsonic values. Upstream is the extended magnetic precursor, in which the
field strength builds and the velocity of electrons and ions declines. If the ambient magnetic
field is stronger, there is no viscous shock at all. The fluid temperature and density increase
smoothly, with the rise in density being limited by equation (8.58). The neutral velocity still
falls, but the decline is again gradual, and the velocity itself remains supersonic through the
transition region.

Figure 8.12 displays numerical results for the structure of a C-shock in a molecular cloud.
As in the previous figure, gas enters the stationary front from the left. In this particular exam-
ple, the preshock cloud density is ny = 10%* em =3, while Vipoek is 25 km s~1. The preshock
magnetic field strength, By, is 100 pG. If the shock were propagating at the same speed into a
nonmagnetic cloud, equation (8.50) would give a postshock temperature of 3.4 x 10* K. De-
tailed calculations confirm that, at a preshock density of 10* cm~3, all the molecular hydrogen
would be dissociated. Figure 8.12 shows, however, that the actual peak temperature is only
1200 K, and the dissociation is negligible. The figure also demonstrates that the ions are the
first to decelerate, while the neutral velocity is only later reduced. Eventually, however, all
species are comoving again. The whole C-shock in this case spans a distance of 3 x 10'6 cm.

4 The incoming neutrals are moving faster than either the sound speed or V4, as given in equation (8.59). However,
the signal speed in the ion-electron fluid is a modified Alfvén velocity, obtained by replacing p in equation (8.49) by
the total density of ions and electrons, p; + pe ~ p; < p. Since the actual ion velocity is always well under this
new signal speed, the charged species decelerate smoothly, creating a drag on the neutrals.
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Figure 8.12 Structure of a C-shock in a molecular cloud. Here, Vinoex =25kms™!,
ng = 10" cm™3, and B =100 uG, where ny and B refer to the preshocked state. Displayed
are the gas temperature 7T, the neutral velocity vy, and the ion velocity v;. The shock is station-
ary in the adopted reference frame.

8.5.3 Heating and Cooling Mechanisms

Within a J-shock, the immediate postshock temperature follows from the Rankine-Hugoniot
jump conditions, while the subsequent decline in the relaxation region is due to the various
cooling mechanisms already discussed. In a C-shock, both the temperature rise and decline are
smooth and, as we have seen, cover a larger total distance. The temperature profile depends
sensitively on both the internal heating and cooling. Nevertheless, the jump conditions may still
be used to relate upstream and downstream material outside the interaction region, i. e., in which
both charged and neutral species have a common speed and kinetic temperature. Heating within
the shock mainly stems from the differential velocity between the ions and neutrals. This slip
generates random motion in the neutral atoms and molecules, as a result of repeated scattering.

Interstellar grains similarly impart thermal energy through collisions, although their temper-
ature remains well below that of the gas. Additionally, the dust effectively transfers momentum
between the neutrals and ions. The reason is that individual grains carry an electrical charge,
even within quiescent clouds. (Recall § 8.3 for the situation near massive stars.) The charged
bodies, like ions and electrons, gyrate about the local magnetic field. Their collisions with the
neutrals then exert a drag force on this fluid.

Much of the cooling is from molecular lines, all in the infrared regime. We have already
mentioned the rovibrational transitions of Hy. Rotational lines from CO, OH, and H5O are also
significant, and sometimes paramount in the energy balance. Note that the CO lines include
much higher levels (e. g., J = 15 — 14) than in quiescent clouds. Cooling by H2O does not
dominate until the preshock density is about 105 cm™—3. Atomic fine-structure lines also con-
tribute, principally [OI] 63 um. Notably absent are the ultraviolet and optical transitions that
characterize J-shocks. In the example of Figure 8.12, the initial temperature rise reflects the
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dominance of ion-neutral heating over O I cooling. The peaking and decline of the temperature
occur once Hy cooling begins to take over. In addition, the neutrals eventually decelerate to the
ion speed, so the velocity slip is no longer a heat source.

Thus far, we have described C-shocks as a phenomenon occurring when the ambient mag-
netic field exceeds a certain strength. We may alternatively consider a fixed ambient field and
ask what happens when we change the preshock flow velocity. It now becomes apparent that
efficient cooling is fundamental for the existence of C-shocks. As long as the ambient field
strength is above some threshold value, modestly supersonic velocities give rise to these con-
tinuous transitions. For too large a speed, the increased heating from ion-neutral slippage over-
whelms the available cooling, and the molecules begin to dissociate. However, the molecules
themselves supply much of the cooling. Hence the effect is catastrophic. Even a small amount
of dissociation lowers the cooling and raises the temperature, leading to further dissociation,
and eventually ionization. The temperature approaches 75, as given in equation (8.50), and we
have a J-shock, albeit with a magnetic precursor. Where this transition occurs depends not only
on the field strength, but also on the preshock degree of ionization. Numerical studies involving
magnetic fields with reasonable field values and ionizations for molecular cloud environments

find that the critical shock velocity lies between 40 and 50 km s~ *.

8.5.4 The Wardle Instability

Returning to the Orion BN-KL region, the Hy emission has features that remain problematic, at
least for the simplest C-shock models. The individual lines tend to be quite broad, with velocity
widths often exceeding 100 km s~!. A planar C-shock normal to the flow can yield emission
over a range of velocities, depending on the actual speed of the preshocked gas. The total range
of velocities, however, cannot exceed the upper limit to Vypoc of about 50 km s~!. On the other
hand, suppose that gas enters the planar shock obliquely. Then the velocity component parallel
to the front is preserved. This component could easily exceed 100 km s~!, depending on the
wind speed and the orientation of the shock relative to this flow. Broadened lines could then be
produced by the superposition of many such oblique shocks, each with a different orientation;
i. e., from a curved, rather than planar, shock front. Over part of the curved surface, the impact
speed could be high enough to result in a J-shock, while the rest could have a C-type character.

We shall detail in Chapter 13 how curved shock fronts naturally arise whenever collimated,
jet-like winds impact molecular clouds, and how the fronts indeed yield broad emission lines.
In the Orion region itself, infrared observations of high spatial resolution have found numerous
small arcs glowing in Hs. These appear to be individual bowshocks, produced when a wide-
angle spray of material from IRc2 impacts surrounding cloud gas. Whether all of the hydrogen
emission from the region can be modeled in this way remains to be seen.

Even the simplest, planar C-shock must be, on purely theoretical grounds, an idealization.
Consider the forces acting on a typical ion. In the lower panel of Figure 8.11, the drag force
arising from collisions with neutrals acts to the right and is proportional to the velocity differ-
ence v, — v;. The ions are also subject to the Lorentz force, which in turn is proportional to
7 x B. In the case shown, j points out of the page, so that 3 x B opposes the drag. In fact,
the Lorentz force is the larger of the two and leads to the deceleration of the ions as the flow
proceeds to the right.
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Figure 8.13 Origin of the Wardle instability. When the magnetic field is straight and perpendicu-
lar to the flow, the drag force on the ions and the Lorentz force are antiparallel. When the field is
bent, the two forces cannot be collinear, and ions build up and deplete at alternate locations.

Suppose now that we impose a sinusoidal ripple on the magnetic field. Then, as illustrated
in Figure 8.13, the Lorentz force must still be locally perpendicular to each field line and so
changes direction spatially. Since the velocities v,, and v; are as yet unaltered, the drag force is
still horizontal. It is evident from the figure that v,, — v; may have a component along the field
line, which cannot be opposed by 7 x B. The result is that ions slide together along the field,
increasing the density at some points and decreasing it at others. However, an increased density
leads to greater drag on the neutrals, which in turn pull the ions farther in the flow direction,
warping the field even more.

There are a number of mitigating factors that can stifle growth of the perturbation. If, for
example, the initial ripple has too short a wavelength, the sharp rise in magnetic tension straight-
ens the field again. Nevertheless, there exists a range of wavelengths for which even a tiny
perturbation grows to large amplitude, provided the Alfvénic Mach number is sufficiently high.
Numerical simulations of this Wardle instability find that gas tends to collect in thin sheets lying
along the flow direction and oriented perpendicular to the magnetic field. In the final, steady-
state pattern, the increased drag within the sheets is offset by bending of the distorted field. The
density within a sheet is much higher than our estimate in equation (8.58). Despite this com-
plexity, most excitation of molecular lines occurs upstream of the region where the sheets start
to form. The observed flux, therefore, differs little from that of an idealized, planar C-shock.

Chapter Summary

Clouds exposed to interstellar radiation have an outer envelope of atomic hydrogen. Further
inside, the atoms recombine on grain surfaces to form Hs. The newly formed molecules, along
with ambient grains, absorb ultraviolet photons and thereby shield other molecules from disso-
ciation. In the absence of nearby, massive stars, buildup of Hs is essentially complete by a depth
corresponding to Ay = 2.

Gas in the molecular interior is heated principally by cosmic rays. Even in the highest-
density regions, this penetrating flux maintains a small ionization level. Molecular ions thus
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created transfer their positive charge to metal atoms, which in turn stick to grains. The equilib-
rium abundances of ions and free electrons may be calculated theoretically and agree with those
obtained indirectly through the detection of species such as HCO™.

Ultraviolet radiation from massive stars forms photodissociation regions in cloud gas. These
are mainly seen through their far-infrared emission, produced by heated dust. Electrons ejected
from grains also heat the gas, so that it radiates in the 63 um and 158 pum lines of O I and
C 1II, respectively. Any H, directly exposed to the ultraviolet photons emits a characteristic
fluorescent spectrum of infrared lines.

Massive stars also produce strong winds. A wind impacting lightly magnetized cloud matter
creates a J-type shock. Matter crossing the front is suddenly heated and emits radiation that can
fully ionize the upstream gas. Grains may also be destroyed in the shock through their mutual
collisions. Gas further downstream cools until molecules eventually reform. If the cloud is
strongly magnetized, the wind creates a C-type shock, at least below some limiting speed. All
properties of the incoming fluid now vary smoothly because of ion-neutral friction. This friction
creates heat, but the temperature rise is relatively shallow. Any ripples in the shock front become
amplified, so that gas collects in sheets oriented along the flow direction. Observationally,
J- and C-type shocks coexist in some environments, including the Orion BN-KL region.
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9 Cloud Equilibrium and Stability

We now turn our attention to the dynamical theory of star formation. In doing so, we shift
emphasis from the thermal properties of molecular clouds to their mechanical behavior, both as
static entities prior to stellar birth (the present chapter), and during the collapse process itself
(Chapter 10). The theoretical considerations presented here, in combination with our previous
empirical survey, will make it clear that the formation of stars is not simply the result of giant
clouds breaking apart into tiny, dense substructures. The onset of collapse is rather a highly
localized occurrence within large complexes, and the character of that collapse dictates the
structure of the nascent protostar (Chapter 11). Having said this, it is also true that individual
collapses can occur over extensive regions of a complex. Chapter 12 examines the empirical
data and main theoretical ideas concerning the formation of stellar groups.

Since most molecular gas is apparently not in a state of collapse, it is important to under-
stand first the balance of forces allowing clouds to persist over long periods of time. Support
against gravity arises partially from thermal pressure, but also from the interstellar magnetic
field, especially on the largest scales. The latter portion of this chapter accordingly discusses
aspects of magnetic support. The presentation in these sections is at a higher technical level
than in previous chapters. Nevertheless, the reader equipped with a basic, working knowledge
of electromagnetic theory should find no essential difficulty in following the various arguments.

9.1 Isothermal Spheres and the Jeans Mass

We begin by analyzing a simplified cloud that maintains equilibrium only through the forces of
self-gravity and thermal pressure. We further ignore any internal temperature gradients, i. e., we
specify an isothermal equation of state. From our discussion in Chapter 8, this last condition is
inappropriate for modeling the larger molecular clouds, but can serve as a useful first approx-
imation in the case of dense cores and Bok globules (see Figures 3.21 and 8.6). One should
also recall the empirical finding that mechanical support from MHD waves, as evidenced by
enhanced molecular line widths, diminishes only at these smallest scales (Chapter 3). Never-
theless, we shall find that some of the lessons drawn from purely pressure-supported, isothermal
configurations shed light even on the giant cloud complexes.

9.1.1 Density Structure

The reader has already encountered the mathematical expression of hydrostatic equilibrium
(equation (2.4)), as well as the equation of state for an ideal, isothermal gas (equation (2.6)), both
originally framed in the context of HI clouds. Generalizing to arbitrary chemical composition,
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we have 1
—;VP - Vo, =0, 0.1

and
P =par®, (9.2)

where a7, the isothermal sound speed, is (RT/1)'/2. The gravitational potential ®, in (9.1)

obeys Poisson’s equation (2.8), with the righthand side now referring to the density of the cloud
itself:
Vi@, = 47Gp. 9.3)

Initially, we limit ourselves to spherically symmetric clouds. Quite generally, equations (9.1)
and (9.2) together imply that the sum (In p + @, /a3) is a spatial constant. For the spherical
case, we thus write

p(r) = peexp (—Py/af) . 94)

Here, we have set ®, equal to zero at the cloud center (r = 0), where the density is denoted as
pe. Equation (9.3) now becomes

1 d— (7‘2 &) =4nGp (9.5a)

r2 dr dr
=4nGpeexp (—P,y/a7) . (9.5b)
It is useful to recast equation (9.5b) into dimensionless form. We define a new dependent
variabl