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Preface

When, upon my return to Holland, I started to teach an advanced course on the
interstellar medium in 1998, I quickly realized that there was no suitable textbook
available. There is, of course, the incomparable monograph by Spitzer, Physics
of the Interstellar Medium (1978, New York: Wiley and Sons). But that book is
quite challenging and not very suitable for a student course. Moreover, by now,
it is very dated. Over the intervening years, our insights into the basic physics of
the interstellar medium have much improved thanks, for example, to the opening
up of the infrared and submillimeter windows. In particular, molecules, which
we now know to be deeply interwoven into the fabric of the Universe, play
only a little role in Spitzer’s book. When Eddington made his famous remark,
“Atoms are physics but molecules are chemistry,” he merely expressed, on the
one hand, the dream of a physicist of a simple universe, which can be caught in
a single equation, and, on the other hand, the dread of a reality where solutions
are never clean and simple. The latter is of course obvious to a chemist and it
is now abundantly clear that Eddington’s fear has turned into reality, even for
astronomy. Present-day graduate students will require an intimate knowledge of
molecular astrophysics in order to be active in the field of the interstellar medium
of our own or other galaxies whether it is in the here and now or all the way
back in the early Universe. This will become even more the case with the launch
of the submillimeter space mission, Herschel, in 2007, when the Atacama Large
Millimeter Array is finished in 2011, and with the launch of the James Webb
Space Telescope in the next decade. Together these missions will push the frontier
of the molecular Universe all the way back to the initial pollution of the Universe
with the first metals by the first generation of luminous objects, which forever
spoiled the physicist’s Garden of Eden.

This book covers both the physics and the chemistry of the interstellar medium.
Chapters on heating, cooling, and chemical processes provide the students with
the necessary toolbox for the astrophysics and astrochemistry of the interstel-
lar medium. This background is rounded off with chapters on the physics and
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X Preface

chemistry of interstellar dust and large molecules. Once the students have mastered
these subjects, they are well prepared for an in-depth discussion of classical topics
of the interstellar medium: HII regions, the phases of the interstellar medium,
shocks, and the dynamical interaction of HII regions, supernova remnants, and
stellar winds with the ISM. The chemistry of the interstellar medium is covered
in chapters on diffuse clouds, photodissociation regions, and molecular clouds.
All together, this forms a comprehensive course, covering most current aspects
of the interstellar medium, which will prepare students well for the future.

Over the years, this book grew from the course that I taught in Groningen.
Indeed, in many ways, writing this book carried me through those dark Dutch
days. Fortunately, I have many good friends who understand that, when the Sun
sets in October not to appear again until May, it is a good time to leave Holland
and visit other institutes. I owe a deep debt of gratitude to the Miller Institute and
the Astronomy Department of the University of California in Berkeley and my
hosts Imke de Pater and Chris McKee, to the Space Sciences Division of NASA
Ames Research Center and my hosts David Hollenbach and Lou Allamandola,
to the Institute for Geophysics and Planetary Physics of the Lawrence Livermore
National Laboratory and my hosts Wil van Breugel and John Bradley, to the
Centre d’Etudes Spatiale des Rayonnements in Toulouse and my host Emmanuel
Caux, and to the Laboratoire d’ Astrophysique de 1’Observatoire de Grenoble and
my host Cecilia Ceccarelli for their hospitality and for providing an environment
conducive to great science. Most of the chapters of this book were conceived
and written during these extended visits. Of course, much of this book reflects a
lifetime spent in discovering the molecular Universe. I want to thank Harm Habing
without whose human touch I would have left astronomy before even finishing
the first stage of my journey. Also, I owe much to Lou Allamandola and David
Hollenbach, with whom I have spent so many wonderful hours on the trail of
discovery: not only for sharing their deep insights and understanding of physical
and chemical processes of relevance to studies of the interstellar medium but,
particularly, for their friendship. I am also deeply indebted to the many graduate
students, who carried me through the many stages of this course, solved the many
IXTEX problems, and always succeeded in making the right figures, as well as
for their careful proofreading of the manuscript. Most of all, their enthusiasm
always managed to perk me up. In this regard, I specifically want to thank Adwin
Boogert, Rense Boomsma, Jan Cami, Stephanie Cazaux, Sasha Hony, Jacquie
Keane, Leticia Martin-Herndndez, Chris Ormel, Els Peeters, and Henrik Spoon for
their help. Finally, Marion understands like no other what it is to live away from
what feels like home. Her encouragement to follow my dream and her support
during these difficult years have made this possible. To my girls—Anneke, Saskia,
and Elske—the only thing I can say is that, now, it is really done.



Constants

Physical constants

Symbol  Description SI cgs
Value Unit Value Unit
c Speed of light 2.9979 (8) ms™! 2.9979 (10) cm™'s7!
h Planck’s constant 6.6261(—34) Js 6.6261(—27) ergs
k Boltzmann’s 1.3807(—23) J/KK 1.3807(—16) erg/K
constant
Osp Stefan-Boltzmann ~ 5.6704 (—8) Wm™2 K™* 5.6704 (-=5) ergs™'cm™2 K™
constant
G Gravitational 6.674 (—11) Nm2kg? 6.674 (—8) dyncm 2 g2
constant
N, Avogadro’s constant  6.0221 (23) mol™! 6.0221 (23) mol™!
m, Electron rest mass 9.1094(-31) kg 9.1094(—-28) ¢
m, Proton rest mass 1.6726(—27) kg 1.6726(—24) ¢
m, Atomic mass unit 1.6605(—27) kg 1.6605(—24) ¢
e Electron charge 1.602 (—19) C 4.803 (—10) esu
a Fine-structure 7.2974 (-3) 7.2974 (-3)
constant
Values a x 10” are given as a (b).
Astronomical constants
Symbol Description SI cgs
Value Unit Value Unit
AU Astronomical unit 1.496 (11) m 1.496 (13) cm
ly Light year 9.463 (15) m 9.463 (17) cm
pc Parsec 3.086 (16) m 3.086 (18) cm
pc? Square parsec 9.5234 (32) m? 9.5234 (36) cm?
kpc? Square kiloparsec  9.5234 (38) m?’ 9.5234 (42) cm?
L, Solar luminosity ~ 3.85 (26) Js7! 385 (33) ergs™!
Mg Solar mass 1.989 (30) kg 1989 (33) ¢
Rg Solar radius 696 (8) m 6.96 (10) cm
T, Solar effective 5.78 3) K 5.78 3) K
temperature
Iy Jansky 1.00 (=26) Wm2Hz! 100 (-23) ergs' cm™?Hz!

Values a x 10° are given as a (b).
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Conversion factors

Angles and lengths

Unit/symbol Description SI cgs
Value Unit Value Unit
deg degree 1.7453 (=2) rad 1.7453 (-2) rad
arcmin arcminute 2.908 88 (—4) rad 2.908 88(—4) rad
arcsec arcsecond 4.8481 (—6) rad 4.8481 (—6) rad
sq deg degree? 3.046 (—4) st 3.046 (—4) ST
A angstrom 1.0 (-10) m 1.0 (—8) cm
pm micrometer 1.0 (—6) m 1.0 (—4) cm
Values a x 10” are given as a (b).
SI and cgs units
Description SI cgs
Value Unit Value Unit
Time 1 S 1
1 year 3.16 (7)
Length 1 m 1 (2) cm
Velocity 1 m s~} 1 ) cm s~
Force 1 N 1 (5) dyne
Pressure 1 Pa 1 (=D dyne cm™2
Energy 1 J 1 @) erg
Charge 1 C 2.9979 (9) esu
Magnetic flux density 1 T 1 4 gauss

Values a x 10” are given as a (b).
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List of conversion factors xiii

Energy conversion factors

erg eV K cm™! Hz
erg  1.00 6.242 (11) 7243  (15) 5034 (15) 1509 (26)
eV 1.602 (=12) 1.00 1.1604 (4)  8064.4 2.418 (14)
K 13806(—16) 8617 (—=5) 1.00 0.695 2.084 (10)
cm~! 1.9865(—16) 1.240 (—4) 1.4389 1.00 2.9970(10)
Hz  6.626 (—27) 4.136(—15) 4.798 (—11) 3.336(=11) 1.00

Values a x 10° are given as a (b). To convert from unit in column 1 to units above the rows,
multiply by value; e.g., 1eV = 1.602 x 1072 erg.

A useful compendium of constants can be found in C. W. Allen, Astrophysical
Quantities, (London: The Athlone Press). The website http://physics.nist.gov/cuu/,
maintained by the National Institute of Standards and Technology, provides a
wealth of information on constants.
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The galactic ecosystem

The Milky Way is largely empty. Stars are separated by some 2 pc in the solar
neighborhood (p, = 6 x 1072 pc~3). If we take our Solar System as a measure,
with a heliosphere radius of ~235 AU, stars and their associated planetary systems
fill about 3 x 10~!° of the available space. This book deals with what is in between
these stars: the interstellar medium (ISM). The ISM is filled with a tenuous
hydrogen and helium gas and a sprinkling of heavier atoms. These elements can be
neutral, ionized, or in molecular form and in the gas phase or in the solid state. This
gas and dust is visibly present in a variety of distinct objects: HII regions, reflection
nebulae, dark clouds, and supernova remnants. In a more general sense, the gas is
organized in phases — cold molecular clouds, cool HI clouds, warm intercloud gas,
and hot coronal gas — of which those objects are highly visible manifestations. This
gas and dust is heated by stellar photons, originating from many stars (the so-called
average interstellar radiation field), cosmic rays (energetic [~GeV] protons), and
X-rays (emitted by local, galactic, and extragalactic hot gas). This gas and dust
cools through a variety of line and continuum processes and the spectrum will
depend on the local physical conditions. Surveys in different wavelength regions
therefore probe different components of the ISM. This first chapter presents an
inventory of the ISM with an emphasis on prominent objects in the ISM and the
global structure of the ISM.

The interstellar medium plays a central role in the evolution of the Galaxy.
It is the repository of the ashes of previous generations of stars enriched by the
nucleosynthetic products of the fiery cauldrons in the stellar interiors. These are
injected either with a bang, in a supernova explosion, or with a whimper, in the
much slower moving winds of low-mass stars on the asymptotic giant branch.
In this way, the abundances of heavy elements in the ISM slowly increase. This
is part of the cycle of life for the stars of the Galaxy, because the ISM itself is
the birthplace of future generations of stars. It is this constant recycling and its



2 The galactic ecosystem
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Figure 1.1 A panoramic image of a (southern) portion of the Milky Way’s disk.
The image has been inverted and dark corresponds to emission from ionized gas
and reflection nebulae. The light band stretching irregularly across the whole
image is due to absorption by dust clouds. Image courtesy of J. P. Gleason.

associated enrichment that drives the evolution of the Galaxy, both physically and
in its emission characteristics.

1.1 Interstellar objects
1.1.1 HII regions

Ionized gas nebulae feature prominently in the Milky Way as bright visible
nebulous objects. The Great Nebula in Orion (M42; Fig. 1.2) and the Lagoon
Nebula (M8) are well-known examples. HII regions span a range in brightness,
however, and fainter examples are the California Nebula and IC 434 (Fig. 1.3).
The gas in these regions is ionized and has a temperature of about 10* K. Densities
range from 103-10* cm™> for compact (~0.5 pc) HII regions such as the Orion
Nebula to ~10cm™ for more diffuse and extended nebulae such as the North
America Nebula (~10pc). The optical spectra of these regions are dominated
by H and He recombination lines and collisionally excited, optical (forbidden)
line emission from trace ions such as [OII], [OIII], and [NII]. HII regions are
also strong sources of thermal radio emission (free—free) from the ionized gas
and of infrared emission due to warm dust. HII regions are formed by young
massive stars with spectral type earlier than about B1 (7.4 > 25000 K), which
emit copious amounts of photons beyond the Lyman limit (hv > 13.6eV) and
ionize and heat their surrounding, nascent molecular clouds. They are, therefore,
signposts of sites of massive star formation in the Galaxy.

1.1.2  Reflection nebulae

Reflection nebulae are bluish nebulae that reflect the light of a nearby bright star.
NGC 2023 in the Orion constellation (see Fig. 1.3) and the striated nebulosity
associated with the Pleiades are familiar cases. In this case, the observed light
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Figure 1.2 A black and white representation of the Orion Nebula as observed
by the Hubble Space Telescope in [OIII], He, and [NII]. Light and dark have
been inverted. The gas is ionized by the Trapezium cluster, in particular ' C
Ori, in the center of the image. The bright bar in the south-west is an ionization
front eating its way into the surrounding neutral material in the photodissoci-
ation region known as the Orion Bar. The dark bay (light in this image), a
cloud of foreground obscuring material, is also evident to the east. This image
gives a clear view of the complex topography created by the interaction of a
newly formed massive star with its surrounding natal cloud. Image courtesy of
R. O’Dell.

is not due to hot gas but rather reflected starlight. There is no radio emission
but there is infrared emission from warm dust, although this is less luminous
than for HII regions. For the compact reflection nebulae, densities are typically a
little smaller (~10% cm™3) than for compact HII regions. Reflection nebulae are
illuminated by stars with spectral types later than about B1. Regions around hotter
stars also show (faint) reflected light emission but the spectrum is then dominated
by the emission from the ionized gas. For the earlier stellar types, the surrounding
nebulosity may be the material from which the star was formed (e.g., NGC 2023;
NGC 7023). Often, however, the nebulosity is due to a chance encounter between
the star and a cloud (e.g., the Pleiades). Reflection nebulae can also be associated
with the ejecta of a late-type star (e.g., IC 2220; the Red Rectangle).
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Figure 1.3 Part of the Orion molecular cloud containing the Horse Head Nebula.
The diffuse glow behind the horse head is IC 434 ionized by the bright star, o
Ori. The horse head is a protrusion of the molecular cloud obvious in the lower
part of this image. The nebula to the south-east of the horse head is the reflection
nebula, NGC 2023. Image courtesy of the Canadian-France-Hawaii telescope,
J.-C. Cuillandre, Coelem.

1.1.3 Dark nebulae

A striking aspect of the all-sky optical view of the Milky Way is the presence
of many dark regions in which few stars are seen (cf. Fig. 1.1). The direction
towards the center of the Galaxy is rampant with such dark clouds, which actually
seem to divide the galactic plane in two. The Coalsack near the Southern Cross
is a particularly nice example of a roundish dark cloud. Dark clouds are readily
apparent when backlighted. The Horse Head Nebula (see Fig. 1.3) silhouetted
against the reddish glow of the HII region, IC 434, and the dark bay in the Orion
HII region (see Fig. 1.2) are two famous examples. Individual dark clouds come
in a range of sizes from tens-of-parsecs large to the tiny (~10~2 pc) Bok globules
associated with HII regions such as the Orion Nebula. Likewise, some dark clouds
are completely black (A, > 10 magnitudes) while others are hardly discernible.
While dark clouds are outlined by the absence of stars, they do show faint optical
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reflected light. Also, they become bright at mid- and far-infrared wavelengths.
Some really dense clouds are opaque even at mid-IR wavelengths and appear as
infrared dark clouds (IRDC) in absorption against background galactic mid-IR
emission.

1.1.4 Photodissociation regions

While HII regions and reflection nebulae dominate the Galaxy at visible wave-
lengths, in the infrared, photodissociation regions dominate the sky. Originally,
the name photodissociation regions (PDRs; sometimes also called photodominated
regions with fortunately the same abbreviation) was given to the atomic—molecular
zones that separate ionized and molecular gas near bright luminous O and B
stars (e.g., surrounding HII regions and reflection nebulae) and the Orion Bar
(Fig. 1.2) and NGC 2023 (Fig. 1.3) are prime examples of classical PDRs. In
these regions, penetrating far-ultraviolet (FUV) photons (with energies between 6
and 13.6eV) dissociate and ionize molecular species. Most of the FUV photons
are absorbed by the dust, but a small fraction heat the gas through the photo-
electric effect to a few hundred degrees. Photodissociation regions are thus
bright in IR dust continuum and atomic fine-structure cooling lines as well as
molecular lines. In essence, of course, everywhere where FUV photons strike a
cloud, a PDR will ensue. Indeed, the term PDRs has now expanded to include
all regions of the ISM where FUV photons dominate the physical and chem-
ical processes. As such, PDRs include the neutral atomic gas of the ISM as
well as much of the gas in molecular clouds (except, e.g., for dense starless
cores).

1.1.5 Supernova remnants

Supernova remnants (SNRs) are formed when the material ejected in the explosion
that terminates the life of some stars shocks surrounding ISM material and
an SNR’s spectrum is that of a high velocity shock. About 100 supernova remnants
are visible in our Galaxy; they are generally characterized by long, delicate fila-
ments radiating in-line radiation (Fig. 1.4). Supernova remnants are prominent
sources of radio emission due to relativistic electrons spiraling around a magnetic
field (synchroton emission) and some 200 have been identified at radio wave-
lengths. Supernova remnants also stick out at X-ray wavelengths because of
emission by hot (~10°K) gas. Not all SNRs are wispy. The Crab Nebula is an
example of a compact SNR.
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Figure 1.4 A small portion of the Cygnus Loop, the remnant of a supernova
that exploded about 10000 years ago. The image has been inverted to bring out
the delicate structure of the nebulosity. The emission is due to a shock wave and
is about 3 pc in size. Image courtesy of L. K. Tan, StarryScapes.

1.2 Components of the interstellar medium

The gas in the ISM is organized in a variety of phases. The physical properties
of these phases are summarized in Table 1.1.

1.2.1 Neutral atomic gas

The 21 cm line of atomic hydrogen traces the neutral gas of the ISM. This
neutral gas can also be observed in optical and UV absorption lines of various
elements towards bright background stars. The neutral medium is organized
in cold (~100K) diffuse HI clouds (cold neutral medium, CNM) and warm
(=8000K) intercloud gas (warm neutral medium, WNM). A standard HI cloud
(often called a Spitzer-type cloud) has a typical density of 50cm™ and a size
of 10pc. The density of the WNM is much less (~0.5cm™>). Between 4 and
8 kpc from the galactic center, 80% of the HI mass in the plane of the Galaxy
is in diffuse clouds in a layer with a (Gaussian) scale height of about 100 pc.
At higher latitudes, however, much of the HI mass is in the intercloud medium
with a larger scale height of 220 pc but with an exponential tail extending well
into the lower halo. These two neutral phases have, on average, similar surface
densities. Because the Sun is located in the local bubble, the local, total WNM
column density towards the North Galactic Pole is about 2.5 times that of the
CNM. In the outer Galaxy, the HI scale height rapidly increases.



1.2 Components of the interstellar medium 7

Table 1.1 Characteristics of the phases of the interstellar medium

M4 < ny, >¢ p

0

Phase ng (em=3) TP (K) ¢ (%) (10° My) (ecm™3)  H' (pc) (Mype™?)
Hot

intercloud 0.003 10° ~50.0 — 0.0015 3000 0.3
Warm

neutral

medium 0.5 8000 30.0 2.8 0.1" 220" 1.5

0.06" 400" 1.4

Warm

ionized

medium 0.1 8000 25.0 1.0 0.025 900 1.1
Cold neutral

medium/ 50.0 80 1.0 2.2 0.4 94 2.3
Molecular

clouds >200.0 10 0.05 1.3 0.12 75 1.0
HII regions  1-10° 10* — 0.05 0.015* 70 0.05

¢ Typical gas density for each phase.

b Typical gas temperature for each phase.

¢ Volume filling factor (very uncertain and controversial!) of each phase.
4 Total mass.

¢ Average mid-plane density.

f Gaussian scale height, ~ exp[—(z/H)?/2], unless otherwise indicated.
8 Surface density in the solar neighborhood.

" Best represented by a Gaussian and an exponential.

i WIM represented by an exponential.

J Diffuse clouds.

k HII regions represented by an exponential.

1.2.2 Ionized gas

Diffuse ionized gas in the ISM can be traced through dispersion of pulsar signals,
through optical and UV ionic absorption lines against background sources, and
through emission in the Ha recombination line (see Fig. 1.5). The first two can
only be done in a limited number of selected sight-lines. The faintness and large
extent of the galactic Ha hamper the last probe. While most of the Ha luminosity
of the Milky Way is emitted by distinct HII regions, almost all of the mass of
ionized gas (10° M,,) resides in a diffuse component. This warm ionized medium
(WIM) has a low density (~0.1 cm™?), a temperature of 228000 K, a volume filling
factor of ~0.25, and a scale height of >~ 1 kpc. The weakness of the [OI] A6300
line (in a few selected directions) implies that the gas is nearly fully ionized. The
source of ionization is not entirely clear. Energetically, ionizing photons from
O stars are the most likely candidates but these photons have to “escape” from
the associated HII regions and travel over large distances (hundreds of parsecs)
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Wisconsin H-Alpha Mapper Northern Sky Survey
Total Integrated Intensity Map (—80 <V gg < +80 km s7h
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Figure 1.5 The integrated galactic (¢ versus b) Ha emission obtained by the
WHAM survey. This emission from ionized gas, about a million times fainter
than the Orion Nebula, traces the warm ionized medium. Note the large filament
(40°) sticking up out of the galactic plane. Image courtesy of R. Reynolds.

without being absorbed by omnipresent neutral hydrogen. Finally, the WIM shows
a complex spatial structure including thin filaments sticking ~ 1kpc out of the
plane of the Galaxy, further compounding the ionization problem.

1.2.3 Molecular gas

The CO J =1 —0 transition at 2.6 mm is commonly used as a tracer of molecular
gas in the Galaxy (Fig. 1.6). Surveys in this line have shown that much of the
molecular gas in the Milky Way is localized in discrete giant molecular clouds
with typical sizes of 40 pc, masses of 4 x 10° M, densities of ~200 cm~3, and
temperatures of 10 K. However, it should be understood that molecular clouds
show a large range in each of these properties. Molecular clouds are characterized
by high turbulent pressures as indicated by the large linewidths of emission lines.
Molecular clouds are self-gravitating rather than in pressure equilibrium with
other phases in the ISM. While they are stable over time scales of ~3 x 107 years,
presumably because of a balance of magnetic and turbulent pressure and gravity,
molecular clouds are the sites of active star formation. Observations of molecular
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Figure 1.6 The emission of CO in the outer Galaxy obtained by the FCRAO
survey. Much of the emission is local, stemming from molecular clouds between
0.5 and 1kpc. In addition, giant molecular clouds associated with the NGC
7538-Sharpless 156-Sharpless 152 region (¢ = 110°) and the W3-W4-W5 region
(£ = 135°) are also present. The image has been inverted and dark corresponds
to emission. Image courtesy of Chris Brunt (FCRAO).

clouds in the rotational transitions of a variety of species allow a detailed study of
their physical and chemical properties. These studies show that molecular clouds
have spatial structure on all scales. In particular, molecular clouds contain cores
with sizes of ~ 1 pc, densities in excess of 10*cm™3, and masses in the range
10-10° M, in which star formation is localized. While CO is commonly used
to trace interstellar molecular gas, H, is thought to be the dominant molecular
species, with a H,/CO ratio of 10*~103. In addition, some 200 different molecular
species have been detected — mainly through their rotational transitions in the
submillimeter wavelength regions — in the shielded environments of molecular
clouds. In general, these species are relatively simple, often unsaturated, radi-
cals, or ions. Acetylenic carbon chains and their derivatives figure prominently
on the list of detected molecules. However, this may merely reflect observa-
tional bias, since such species possess large dipole moments and relatively small
partition functions, both of which make them readily detectable at microwave
wavelengths.

1.2.4 Coronal gas

Hot (~10°-10% K) gas can be traced through UV absorption lines of highly ionized
species (e.g., CIV, SVI, NV, OVI) seen against bright background sources. Such
hot plasmas also emit continuum (bremsstrahlung, radiative recombination, two
photon) and line (collisionally excited and recombination) radiation in the extreme
ultraviolet and X-ray wavelength regions. These observations have revealed the
existence of a pervasive hot (3-10 x 10° K) and tenuous (~ 1073 cm™3) phase
(the hot intercloud medium, HIM) of the ISM. The observations indicate a range of
temperatures where the higher ionization stages probe hotter gas. The hot gas fills
most of the volume of the halo (scale height >3 kpc) but the volume filling factor
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in the disk is more controversial. This gas is heated and ionized through shocks
driven by stellar winds from early type stars and by supernova explosions. Much
of the hot, high-latitude gas may have been vented by superbubbles created by the
concerted efforts of whole OB associations into the halo in the form of a galactic
fountain. This hot gas cools down, “condenses” into clouds, and rains down again
on the disk. In the disk, the distribution of the hot gas is quite irregular. The Sun
itself is located in a hot bubble with a size of approximately 100 pc.

1.2.5 Interstellar dust

The presence of dust in the interstellar medium manifests itself in various ways.
Through their absorption and scattering, small dust grains give rise to a general
reddening and extinction of the light from distant stars (Fig. 1.1). Moreover, polar-
ization of starlight is caused by elongated large dust grains aligned in the galactic
magnetic field (dichroic absorption). Furthermore, near bright stars, scattering of
starlight by dust produces a reflection nebula. Finally, the interstellar medium is
bright in the infrared because of continuum emission by cold dust grains. Analysis
of the wavelength dependence of interstellar reddening implies a size distribution,
n(a) ~ a3, which ranges from ~3000 A all the way to the molecular domain
(~5 A). The number density of grains with sizes ~1000 A is ~10~'3 per H atom.
Most of the mass of interstellar dust is thus in the larger grains but the surface
area is in the smallest grains. Abundance studies in the ISM show that many of
the refractory elements (e.g., C, Si, Mg, Fe, Al, Ti, Ca) are locked up in dust; i.e.,
dust contains about 1% by mass of the gas.

Large (>100A) interstellar dust grains are in radiative equilibrium with the
interstellar radiation field at temperatures of ~15K and the absorbed stellar
photons are reradiated as infrared and submillimeter continuum emission. Near
bright stars, the dust temperature is higher; typically some 75K for a compact
HII region. Emission by interstellar dust dominates these wavelength regions.
Rotating interstellar dust grains also give rise to emission at radio wavelengths.
Very small (<100A) dust grains undergo fluctuations in their temperature
upon the absorption of a single UV photon and emit at mid-IR (25-60 pm)
wavelengths.

1.2.6 Large interstellar molecules

Besides dust grains, the interstellar medium also contains a population of large
molecules. These molecules are particularly “visible”” at mid-IR wavelengths. The
IR spectrum of most objects — HII regions, reflection nebulae, surfaces of dark
clouds, diffuse interstellar clouds and cirrus clouds, galactic nuclei, the interstellar
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Figure 1.7 An infrared view of the Eagle Nebula (image inverted) obtained with
ISOCAM on the Infrared Space Observatory. The dark emission that dominates
the image is due to IR fluorescence of large polycyclic aromatic hydrocarbon
molecules. Near the center of the image some of the faint emission is due to
large, cool dust grains present in the ionized gas. The well-known pillars are
visible just under the center of this image as the three-fingered hand. Image
courtesy of the ISOGAL team, especially Andrea Moneti and Frederic Schuller.

medium of galaxies as a whole, and star burst galaxies — are dominated by broad
infrared emission features (Fig. 1.7). These IR emission features are characteristics
for polycyclic aromatic hydrocarbon (PAH) materials. These bands represent the
vibrational relaxation process of FUV-pumped PAH species, containing some
50 C atoms. These species are very abundant, ~10~ relative to H, locking up
about 10% of the elemental carbon.

These PAHs may just be one — very visible — representative of the molecular
Universe. In fact, visible spectra of stars generally show prominent absorption
features that are too broad to be atomic in origin. These so-called diffuse interstel-
lar bands (DIBs) are generally attributed to electronic absorption by moderately
large molecules (10-50 C atoms). Unsaturated carbon chains, containing 10-20 C
atoms, are leading candidates for these DIBs. There are now in excess of 200 DIBs
known, of which some 50 are moderately strong. Because, typically, the visible
spectrum of a molecular species is dominated by at most one strong transition,
the DIBs implicate the presence of a large number of different molecular species.

These large molecules seem to represent the extension of the interstellar grain
size distribution into the molecular domain. Interstellar grains are known to contain
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several populations of nano particles: nano diamonds have been isolated from mete-
orites with an isotopic composition that indicates a presolar origin; i.e., these grains
predate the formation of the Solar System and they never fully equilibrated with the
gas in the early solar nebula. Likewise, silicon nanoparticles may be the carrier of a
widespread luminescence phenomena, the so-called extended red emission (ERE).

1.3 Energy sources
1.3.1 Radiation fields

The ISM is permeated by various photon fields, which influence the physical and
chemical state of the gas and dust (Fig. 1.8). The stellar radiation field contains
contributions from early-type stars, which dominate the far-ultraviolet (FUV)
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Figure 1.8 The mean intensity in units of erg cm=2 s~! Hz ! sr! of the inter-
stellar radiation field in the solar neighborhood. Contributions by hot gas, OB
stars, older stars, large molecules (PAHs), dust, and the cosmic microwave back-
ground are indicated. Figure adapted from J. Black, 1996, First Symposium on
the IR Cirrus and Diffuse Interstellar Clouds, ed. R. M. Cutri and W. B. Latter
(San Francisco: ASP), p. 355. The calculated X-ray/EUV emission spectrum and
the FUV spectrum were kindly provided by J. Slavin. The dust emission is a
fit to the COBE results for the galactic emission. The PAH spectrum was taken
from ISO measurements of the mid-IR emission spectrum of the interstellar
medium scaled to the measurements of the IR cirrus by IRAS (F. Boulanger,
2000, in ISO Beyond Point Sources: Studies of Extended Infrared Emission,
ed. R.J. Laureijs, K. Leech, and M. F. Kessler, E. S. A.-S. P., 455, p. 3). The black
squares at 12, 25, 60 and 100 wm are the IRAS measurements of the IR cirrus,
the DIRBE/COM measurement at 240 um, and those at 3.3, 3.5, and 4.95 pm
are the balloon measurement by Proneas experiment (M. Giard, J. M. Lamarre,
F. Pajot, and G. Serra, 1994, A. & A., 286, p. 203). Note that the latter have
been superimposed on the stellar spectrum.
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wavelengths, A-type stars, which control the visible region, and late-type stars,
which are important at far-red to near-infrared wavelengths. The strength of the
FUYV average interstellar radiation is often expressed in terms of the Habing field,
1.2x107* erg cm™2 s~! sr~!, named after Harm Habing, a pioneer in this field.
Current estimates put the average interstellar radiation field at G, = 1.7 Habing
fields. Often, the radiation field in PDRs produced by a nearby star shining on
a nearby cloud is expressed in terms of the equivalent one-dimensional average
interstellar radiation field flux (e.g., 1.6 x 1073 erg cm~2 s~ 1).

These stellar photons are absorbed by dust grains and reradiated at longer
wavelengths — in discrete emission bands in the mid-IR and in continuum emis-
sion in the far-IR and submillimeter regions (Fig. 1.8). The 2.7 K cosmological
background takes over at millimeter wavelengths. At extreme ultraviolet wave-
lengths (EUV), even a small amount of neutral hydrogen absorbs all radiation and
the intensity of the average radiation field due to stars drops precipitously at the
Lyman edge (912 A; Fig. 1.9). Stars do not contribute much at the shortest wave-
lengths (X-rays). Instead, emission by hot plasmas — the coronal gas in the halo
and in SNRs — dominates the radiation field. This component shows numerous
emission lines. There is also an extragalactic contribution at the hardest energies.
These X-ray emission components are mediated by absorption by foreground
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Figure 1.9 The average photon field in the solar neighborhood in units of
photons cm~2s~' A~!. Contributions by hot gas, OB stars, and older stars are
indicated. The calculated X-ray/EUV/FUV spectrum was kindly provided by
J. Slavin. The visual spectrum was taken from J.S. Mathis, P. G. Mezger, and
N. Panagia, 1983, A. & A., 128, p. 212.
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Table 1.2 Energy balance

P Energy density Heating rate
Source (107! dyne cm™2) (eV cm™3) (erg s~! H-atom™!)
Thermal 0.5 6.0 -5 (-26)°
[0AY — 0.5 5 (-26)
Cosmic ray 1.0 2.0 3 (=27)
Magnetic fields 1.0 0.6 2 (-27)
Turbulence 0.8 1.5 1 (=27)
2.7 K background — 0.25 —

“ Energy loss rate.

gas and, because the ionization cross section decreases rapidly with increasing
energy at EUV-X-ray wavelengths, this effect is more pronounced at the longer
wavelengths.

Photodissociation rates and ionization rates are proportional to the photon
intensity (Fig. 1.9). A simple polynomial fit for the mean photon intensity of the
interstellar radiation field is

Nigrr =8.530x 1079471 —1.376 x 1071472 4+5.495 x 10' A 3em 25 'Hz 'sr !,

(1.1)
with A in A. The Habing field corresponds to about 108 photons cm~2 s~ between
6 and 13.6eV and about a factor of 10 fewer between 11 and 13.6eV.

1.3.2 Magnetic fields

The magnetic field is an important energy and pressure source in the ISM (cf.
Table 1.2), controlling to a large extent the dynamics of the gas. The interstellar
magnetic field manifests itself through linear polarization of starlight by aligned
dust grains (dichroic absorption; Fig. 1.10), in polarization of far-infrared contin-
uum emission of aligned dust grains, linear polarization of synchroton emission,
Faraday rotation of background, polarized, radio sources, and Zeeman splitting of
the 21 cm HI line and lines of molecules with unpaired electrons such as OH.
The magnetic field is about 5wG in the solar neighborhood, increasing to
about 8 WG in the molecular ring at 4 kpc. Models for the synchroton emission,
which trace the distribution of the magnetic field, imply the existence of a thin-
disk component, associated with the gaseous disk, and a thick-disk component —
the halo component — with a scale height of 1.5kpc near the solar circle. The
magnetic field consists of a uniform component and a non-uniform component.
The uniform component of the magnetic field is roughly circular with a strength
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Figure 1.10 The direction of the magnetic field of the Galaxy as measured
through optical polarization of starlight. Upper panel: stars within 400 pc, empha-
sizing the magnetic field associated with local clouds. Lower panel: stars between
2 and 4 kpc, showing some regions with magnetic field parallel to the galactic
plane while others are more random. Figure reproduced with permission from
D.S. Mathewson and V. L. Ford, 1970, Mem. R. A. S., 74, p. 139.

of about 1.5 wG in the solar neighborhood and has two field reversals within the
solar circle and one outside. The field may show a spiral structure where the
reversals occur in the interarm regions. There is also a considerable non-uniform
magnetic field, partly associated with expanding interstellar shells (superbubbles)
and their shocks. The strength of the magnetic field increases inside dense clouds,
B ~ n® with a ~ 0.5 and typically B ~30uG at n >~ 10*cm™>. The direction of
the field is correlated over the entire extent of the cloud from the diffuser outer
parts to the denser cores.

1.3.3 Cosmic rays

High energy (= 100MeV nucleon™') particles contribute considerably to the
energy density of the ISM (~2eV cm™3; Table 1.2). Cosmic rays consist mainly
of relativistic protons with energies between 1 and 10GeV, 10% helium, and
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heavier elements and electrons at about the 1% level. The relative abundance
of the elements in the cosmic rays is non-solar, attesting to the importance of
spallation—production of light elements and an origin either in material of stel-
lar (perhaps SN) composition or in sputtered interstellar grains. The interaction
of energetic (1-10GeV) cosmic-ray protons with interstellar gas gives rise to
gamma rays with £, 2 50MeV through 7% meson decay emission. Likewise,
the interaction of energetic (<1GeV) electrons with interstellar gas gives rise
to gamma rays through bremsstrahlung and inverse Compton scattering. Gamma
ray observations, in combination with interstellar gas surveys, can therefore be
used to measure the distribution of cosmic rays in the Galaxy. Cosmic rays are
tied to the galactic magnetic field and confined to a disk of radius 12 kpc with
a thickness of ~2kpc. Cosmic rays seem to draw their energy from supernovae
with an efficiency of about 10% of the kinetic energy of the ejecta. The pres-
sure due to these cosmic rays provides support against gravity for the gas in
the ISM.

Low-energy (~100 MeV) cosmic rays are important for the heating and ioniza-
tion of interstellar gas. Unfortunately, their flux is difficult to measure within
the heliosphere because of strong modulation by the solar wind. The measured
cosmic-ray flux near the Earth is shown in Fig. 1.11 together with a fit based
upon a model for the cosmic-ray injection spectrum and energy-dependence of
the residence time in the interstellar medium. It is obvious that the correction
is substantial at low energies. While the interstellar cosmic-ray flux is diffi-
cult to measure directly, the resulting ionization drives the build-up of simple
molecules (e.g., OH), which can be studied (Section 8.7). These indirect measure-
ments imply a primary cosmic-ray ionization rate in the ISM of {cg ~ 2 x 10716
(H atom)~! s~!. Localized regions of much higher ionization rate may occur near
associations of massive stars.

1.3.4 Kinetic energy of the ISM

Winds from early-type stars and supernovae explosions supply bulk kinetic energy
to the ISM. Compared to the stellar radiative budget, the total mechanical energy
output is only small, ~0.5 % (Table 1.2). However, the turbulent energy of the
HI is about 6 x 107! erg kpc~ in the solar neighborhood and provides support
for the HI gas against gravity. The HI also shows ordered vertical flow, at some
5km s~! in the Milky Way, as well as the infall of large gas complexes at higher
latitudes.

The expanding shells blown by individual stars and the superbubbles blown
by the concerted action of OB associations have an important influence on the
morphology of the ISM. They sweep up and compress the surrounding ISM
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Figure 1.11 The cosmic-ray proton flux as a function of energy measured near
the Earth and the inferred interstellar cosmic-ray flux after the effects of modu-
lation by the solar wind have been taken into account. Figure reproduced with
permission from W.-H. Ip and W.I. Axford, 1985, A. & A., 149, p. 71.

and set it into motion. These motions are often unstable to Rayleigh-Taylor and
Kelvin—Helmholtz instabilities and, in general, turbulence is expected to take over.
This kinetic energy decays through shock waves when clouds collide, emerging
as line radiation, or through the excitation of plasma waves, which, eventually,
also heat the gas. The average heating due to turbulence is, however, small
(Table 1.2).

On a smaller scale, individual molecular clouds show linewidths in excess of
the thermal width because of the presence of turbulent motions. This turbulence,
which is probably of a magneto-hydrodynamic nature, supports these clouds
against self-gravity. This turbulent energy is supplied by powerful outflows driven
by newly formed stars into their surroundings — and hence derives from the
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gravitational energy of the collapsing cloud core — or by direct tapping of the
magnetic or rotational energy supporting the cloud.

1.3.5 Summary

While these energy sources are very similar in magnitude (cf. Table 1.2), how
much each of them contributes to the heating of the gas (and dust) depends
on the coupling processes. Understanding these processes will thus be of prime
importance for understanding the physical state of the ISM.

1.4 The Milky Way

Table 1.3 summarizes several characteristics of the Milky Way as a galaxy.
Comparing these with those of other galaxies, the Hubble type of the Milky Way
seems to be somewhere between an Sb and an Sc. In many ways, the Milky Way
seems to be an average spiral galaxy.

1.4.1 Galactic distribution

The molecular gas shows an exponential distribution, peaking at the molecular
ring (4.5 kpc) with a scale length of about 3 kpc. In contrast, the atomic gas has
a rather flat distribution out to about 18 kpc (cf. Fig. 1.12). So, within the solar
circle, the surface density of the molecular gas is somewhat larger than that of the
atomic gas. In contrast, the atomic gas dominates the molecular gas by far in the
outer Galaxy. Within 4 kpc, there is a hole in both the atomic and molecular gas
distribution except for the nuclear ring in the inner Galaxy. The total HI mass is
about 5 times that of H,.

The most striking aspect of the gas and dust distribution of any galaxy is the
thinness of the disk. The molecular gas has a thickness of ~75 pc compared with
a radial scale length of 4kpc. In the inner Milky Way, the HI scale height is two
to three times larger, depending on which neutral gas component is considered.
In the outer Galaxy, the neutral gas disk flares to a thickness of about 1 kpc.
Nevertheless, this is still small compared to the radial scale length. The gas disk
also shows a warp in the outer Galaxy.

1.4.2 Spiral structure

It is difficult to discern the spiral structure of our Galaxy from the atomic gas
distribution because of the presence of non-circular velocity components. Mol-
ecular clouds are better tracers; not least because molecular clouds are more
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Table 1.3 The Milky Way

Object Mass (M)
Stars 1.8 (11)
Gas 4.5 (9)
Source Luminosity (L)
Stellar luminosities
All stars 4.0 (10)
OBA 8.0 (9)
Gas and dust
[CIO] 158 pm 50 (7)
FIR 1.7 (10)
Radio 1.5 (8
y-rays 30 (5
Mechanical luminosities
SN 20  (8)
WR 20 (7)
OBA 1.0 (7)
AGB 1.0 4)
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Figure 1.12 The mass surface density of HI and H, as a function of galacto-
centric radius. The distribution of HI in the outer Galaxy is quite sensitive to the
adopted galactic rotation curve. Note that the nuclear ring is not shown. Figure
reproduced with permission from T. M. Dame, 1993, in Back fo the Galaxy, ed.
S.S. Holt and F. Verter (New York: AIP), p. 267.
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limited to the arms. Long structures are present in either tracer and, for example,
the Sagittarius—Carina arm is readily recognized. Nevertheless, whether the Milky
Way is a two-arm or four-arm spiral has not been settled.

1.4.3 Spiral galaxies

The overall distribution of the ISM can be particularly well studied in other
nearby galaxies such as M31. This shows that the bright HII regions, the atomic
and molecular gas, and the dust are concentrated in spiral arms. In contrast the
interarm regions are much less obscured, although diffuse HI is present throughout
the disk as well. Edge-on galaxies such as NGC 891 — an Sb galaxy very similar
to our own — show most clearly the narrow disk component; for example, in the
dust absorbing background stellar light. The HI distribution of this galaxy shows
a component that is somewhat more extended than that of the Milky Way.

1.5 The mass budget of the ISM

Stars of all masses in various stages of their lives indiscriminately pollute their
environment with gas, dust, and metals. Except for a few elements produced
in the Big Bang, the abundance of all heavy elements reflects this enrichment
with stellar nucleosynthetic products. Table 1.4 summarizes gas and dust mass
injection rates into the ISM for a variety of stellar objects. The dust budget has
been split out into two separate columns according to whether the stellar source
contains carbon-rich zones (C/O > 1), which lead to carbonaceous dust formation,
or oxygen-rich zones, which lead to the formation of oxides (silicates) or metals.
The quoted values are uncertain — some more than others — and are often based
upon various assumptions. Even estimates of the relative importance of high-mass
stars versus low-mass stars evolve over time because of new developments in, for
example, the determination of mass loss rates (e.g., IR studies) or nucleosynthetic
reaction rates (e.g., the >C(a, y)'®0 rate). Thus, while 20 years ago high-mass
stars (M > 8 M) were thought to be mainly responsible for the carbon in the
interstellar medium, in more recent studies carbon-rich red giants dominate. These
injection rates also vary across the Galaxy; i.e., because of the general increase
in metallicity towards the inner Galaxy, the ratio of the O-rich to C-rich giants
increases towards the galactic center, as does the Wolf—Rayet star population.
The gas mass return rate is dominated by low-mass red giants, as expected,
since low-mass stars dominate the stellar mass of the Galaxy. However, massive
stars are more efficient in producing and injecting heavy elements, such as O
and Si, in the ISM (a typical type-II supernova has an enrichment factor of ~10
for such elements). However, on the AGB, low-mass stars inject much C formed
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Table 1.4 Interstellar gas and dust budgets

Source M¢, (M, kpc™ Myear™") M’ (M, kpc=* Myear™') M¢, (M kpc™> Myear™')
C-rich giants 750 3.0 —
O-rich giants 750 — 5.0
Novae 6 0.3 0.03
SN type Ia — 0.34 24
OB stars 30 —

Red supergiants 20 — 0.2
Wolf-Rayet 100° 0.06" —
SN type 1I 100 24 104
Star formation —3000 — —
Halo circulation/ 7000

Infall® 150

¢ Total gas mass injection rate.

b Carbon dust injection rate.

¢ Silicate and metal dust injection rate.

4 Fraction and composition of dust formed in SN is presently unknown. These values correspond to upper
limits.

¢ Dust injection only by carbon-rich WC 8-10 stars.

/ Mass exchange between the disk and the halo estimated from HI in non-circular orbits and CIV studies.

¢ Estimated infall of material from the intergalactic medium and satellite galaxies.

by the triple-a process. Asymptotic giant branch stars are also the site of the
production of the s process (formed through slow neutron capture) elements.
Type-Ia supernovae, which also have low mass progenitors, inject a considerable
amount of Fe into the ISM.

The time scale for stars to inject or replenish the local interstellar gas mass
(8 x 10° Mg kpc~2) is ~5 x 10° years. The total dust injection rate corresponds
to a dust-to-gas ratio in the ejecta of ~1.5%. This is somewhat larger than the
average dust-to-gas ratio in the ISM, reflecting the synthesis of heavy elements in
type-1I supernova. Locally, star formation will convert all molecular gas into stars
in only 2 x 108 years; the average star formation rate is heavily weighted towards
the inner molecular ring. The different phases of the ISM exchange material at
a rapid rate (3 x 107 years) and, considering all the available gas, this time scale
to convert gas into stars increases to ~3 x 10° years and is more comparable
to the stellar injection time scale. Both rates are very short compared with the
lifetime of the Galaxy (~1.2 x 10'° years). The disk of the Galaxy also exchanges
material with the lower halo. In particular, the concerted action of supernovae
set up a galactic fountain and some 5 M, is exchanged per year. In terms of
the mass flux, this circulation pattern dominates the mass budget. Finally, the
Galaxy is still accreting primordial material from its environment. The amount
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of this accretion is controversial. There is a contribution from satellite galaxies
such as the Magellanic Clouds, and the Magellanic Stream represents an accretion
of some 150 M, kpc~2 Myear~!. There are also some indirect arguments that
suggest that the Galaxy may have been accreting about 1 M, year~! of metal-poor
primordial gas over much of its lifetime or about an order of magnitude more
than the Magellanic Stream accretion.

1.6 The lifecycle of the Galaxy

The origin and evolution of galaxies are closely tied to the cyclic processes in
which stars eject gas and dust into the ISM, while at the same time gas and dust
clouds in the ISM collapse gravitationally to form stars. The ISM is the birthplace
of stars, but stars regulate the structure of the gas, and therefore influence the star
formation rate. Winds from low-mass stars — and hence, the past star formation
rate — control the total mass balance of interstellar gas and contribute substantially
to the injection of dust, an important opacity source, and polycyclic aromatic
hydrocarbon molecules (PAHs), an important heating agent of interstellar gas.
High-mass stars (i.e., the present star formation rate) dominate the mechanical
energy injection into the ISM, through stellar winds and supernova explosions,
and thus the turbulent pressure that helps support clouds against galactic- and self-
gravity. Through the formation of the hot coronal phase, massive stars regulate the
thermal pressure as well. Massive stars also control the FUV photon energy budget
and the cosmic-ray flux, which are important heating, ionization, and dissociation
sources of the interstellar gas, and they are also the source of intermediate-mass
elements that play an important role in interstellar dust. Eventually, it is the dust
opacity that allows molecule formation and survival. The enhanced cooling by
molecules is crucial in the onset of gravitational instability of molecular clouds.

Clearly, therefore, there is a complex feedback between star formation and the
ISM. And it is this feedback that determines the structure, composition, chemical
evolution, and observational characteristics of the interstellar medium in the Milky
Way and in other galaxies all the way back to the first stars and galaxies that
formed at redshifts, z, >5. If we want to understand this interaction, we have
to understand the fundamental physical processes that link interstellar gas to the
mechanical and FUV photon energy inputs from stars.

1.7 Physics and chemistry of the ISM

The key point always to keep in mind when studying the interstellar medium is
that the ISM is far from being in thermodynamic equilibrium. In thermodynamic
equilibrium, a medium is characterized by a single temperature, which describes
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the velocity distribution, excitation, ionization, and molecular composition of the
gas. While the velocity distribution of the gas can generally be well described by a
single temperature, the excitation, ionization, and molecular composition are often
very different from thermodynamic equilibrium values at this temperature. This
reflects the low pressure of the ISM, so that, for example, collisions cannot keep up
with the fast radiative decay rates of atomic and molecular levels. Ionization and
chemical composition are also kept from their equilibrium values by the presence
of ~100MeV cosmic-ray particles — clearly a non-Maxwellian component — and
a diluted, stellar, EUV-FUV photon field, which is much stronger than a 100 K
medium would normally have. Finally, the large-scale velocity field is much
influenced by the input of mechanical energy.

Whenever a gas is not in local thermodynamic equilibrium, the level popula-
tions, degree of ionization, chemical composition, and of course the temperature
are set by balancing the rates of the processes involved. Much of the study of
the ISM is thus concerned with identifying the various processes that control
the ionization and energy balance, setting up the detailed statistical equilibrium
equations and solving them for the conditions appropriate for the medium.

In the remainder of this book, we will thus first study the physical and chemical
processes that are of astrophysical relevance (Chapters 2—4). This is followed by a
discussion of the physics and chemistry of two important components of the ISM:
dust grains (Chapter 5) and large molecules (Chapter 6). With this in hand, we can
examine in-depth HII regions, the phases of the ISM, photodissociation regions,
and molecular clouds (Chapters 7-10). In each chapter, the ionization and thermal
balance are investigated first, setting up the statistical equilibrium equations and
deriving the relevant parameters of the medium. This is then followed by a discussion
of the observations of these objects and their analysis. In Chapters 11-12, non-
equilibrium effects of a different nature are studied. Specifically, the time-dependent
effects of strong shock waves on the temperature and chemical composition
of clouds are discussed in Chapter 11. Chapter 12 examines then the dynami-
cal effects of expanding HII regions, supernova explosions and stellar winds.
Finally, in Chapter 13, some aspects of the lifecycle of interstellar dust — which
is a prime example of these types of non-equilibrium effects — are explored.

1.8 Further reading

A general, technical yet accessible, introduction to the interstellar medium is
provided by [1].

An introductory-level discussion of the interstellar medium can be found in [2].
A thorough but now dated monograph on physical processes in the interstellar
medium is [3], which is an updated version of [4]. These two textbooks are
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no easy reading matter and the reader should beware that many a promising
young scientist was last observed buying these books. A recent monograph on
the interstellar medium is [5], which is intended for postgraduate courses. An
unsurpassed textbook treating the physics of ionized gas is [6].

A recent overview of the properties of our Galaxy as compared to other galaxies
is given by [7].

Panoramic images of the Milky Way at different wavelengths can be found on
the web, http://adc.gsfc.nasa.gov/mw/milkyway.html.

Each of these wavelengths traces a different component of the Galaxy. It is
instructive to compare these different images.
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Gas cooling

In this chapter, we will examine the various line cooling processes of interstellar
gas. Together with the heating processes, which are discussed in the next chapter,
this will allow us to solve the energy balance for the gas in a wide variety
of environments. This will be applied in HII regions (Section 7.3), HI regions
(Section 8.2.2), photodissociation regions (Section 9.3), and molecular clouds
(Section 10.3). This chapter starts off with a refresher on the concepts of electronic,
vibrational, and rotational spectroscopy (Section 2.1). We will then discuss the
cooling rate (Section 2.2) with the emphasis on two-level systems (Section 2.3).
A two-level system analysis is a powerful tool for understanding the details of gas
emission processes and we will encounter this many times in subsequent chapters.
We will then consider in detail the cooling processes in ionized (Section 2.4) and
neutral (Section 2.5) gas. The last section (Section 2.6) discusses the cooling law.

2.1 Spectroscopy

Table 2.1 summarizes typical properties of transitions. These are, of course,
directly related to the binding energies of the species involved. Electronic binding
energies for atoms increase from left to right in the periodic system from about
5eV to some 20 eV. For hydrogen and helium the lowest electronic transitions are
fairly high (10.2 and 21.3 eV, respectively); a substantial fraction of the ionization
energy. Multi-electron systems have electronic orbitals that are low in energy
compared with their ionization potentials. Their electronic transitions thus occur
in the visible through extreme UV range. Transitions of bonding electrons in
molecules typically also occur in the UV range. However, radicals or ions —
which have an unpaired electron in low-lying electronic states — have transitions
in the visible range. Molecular vibrational transitions involve motions of the
atoms and, because of the larger reduced mass, are shifted by a factor /m./M
into the mid-infrared, where m, and M are the masses of the electron and atom,

25
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Table 2.1 Typical transition strength®

Type of transition S A,(s7!)  Example A Ay(s™)
Electric dipole

Uuv 1 10° Ly« 1216 A 2.40x 10®
Optical 1 107  Ha 6563 A 6.00 x 10°
Vibrational 1073 10? CO 4.67pm 34.00
Rotational 10 3x107% CS? 6.lmm 1.70x 10°°
Forbidden

Optical (Electric quadrupole) 1073 1 [o111] 4363 A 1.7

Optical (Magnetic dipole) 2x107° 2x10*> [OII] 5007 A 2.00x 1072
Far-IR fine structure 2;(;({);)7 Yo lOHI] 52um  9.80x107°
Hyperfine HI 2lem 290 x 1075

¢ See text for details.
» The J = 1 — O transition.

respectively. Molecules can also rotate and the centrifugal energy is proportional
to 1/M. Hence, rotational energies of molecules are smaller by a factor m./M
compared with electronic energies and occur at (sub)millimeter wavelengths. As
an example, the binding energy of CO is 11eV (1100 A), the vibrational energy is
0.27eV (2170cm™!, 4.67 wm), and the rotational energy is 5 x 10™* eV (2.6 mm).
A final and important point to keep in mind when considering transitions between
levels is that they obey certain selection rules depending on whether they are
electric dipole, magnetic dipole, electric quadrupole, etc. This directly influences
the strength of the transitions (Table 2.1 and Section 2.1.4). We will come back
to this later (Table 2.2 and Section 2.1.4).

2.1.1 Electronic spectroscopy

Atoms

Each atomic line can be related to a transition between two atomic states. These
states are identified by their quantum numbers. The states are characterized by the
principal quantum number, n (1, 2, ...); the orbital angular momentum, ¢ (which
can have values between 0 and n — 1); and the electron spin angular momentum,
s(£1/2). The orbital angular momenta are designated by s, p, d, ... , corresponding
to £=0, 1, 2, ... The total angular momentum, j, is the vector sum of ¢ and s.
For hydrogen, neglecting fine structure, the energies of the atomic states depend
only on n. Hydrogen transitions can be grouped into series (downward transitions,
m — n, or upward transitions, n — m) according to the value of n, with the
conventional names for the first few: Lyman (n = 1), Balmer (n = 2), Paschen
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Electric dipole

Magnetic dipole

Electric quadrupole

“allowed” “forbidden” “forbidden”
1 AJ =0, £l AJ=0,=£1 AJ=0,%£1,+£2
00 0«0 00,1/2+1/2,0 1
2 AM =0, £1 AM =0, £1 AM =0,£1,+£2
0+ 0 when AJ =0 0 +» 0 when AJ =0
3 Parity change No parity change No parity change
4t One electron jumping For all electrons One electron jumping with
Al = %1, An arbitrary Al=0,An=0 Al =0, £2, An arbitrary
or for all electrons
Al=0,An=0
5¢ AS=0 AS=0 AS=0
6° AL=0,+£1 AL=0,AJ ==1 AL=0,%£1,+2
0«0 00,01

“ A short summary of six selection rules describing electric dipole and quadrupole and magnetic
dipole transitions.
b With negligible configuration interaction.

¢ For LS coupling only.

Hydrogen energy levels Hydrogen energy levels

_f 2L 4 _L
-1 — -1 , —_— =
3 3] 2
~ =5 - -5
o 7 O
I Qg
11 -11
-13 131
-15

Figure 2.1 The energy level diagram of hydrogen. The principal quantum
number, 1, increases upwards (for clarity only the lower ones are labeled). The
orbital angular momentum number, £, increases rightwards and only the first few
are shown. They are labeled s, p, d, f. The arrows indicate some allowed transi-
tions. (a) The Lyman « through 6 transitions are indicated. (b) The « transitions
between the lowest levels are indicated. Note that the 2s level is metastable.

(n = 3), Brackett (n =4), Pfund (n =5), and Humphreys (n = 6). Successive
lines in these series are labeled a, B, v, etc. Thus, Lyman « emission corresponds
to the transition n =2 — 1. The Balmer transitions are also indicated by the
designation, Ha, HS3, etc.

For heavier species, the electrons are grouped in closed and open shells. The
shell energies depend mainly on n. Subshells within each shell have different
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angular momenta and are labeled by n, £, and the number of electrons in the
subshell (to the maximum possible 2(2¢+ 1)). For heavier species, the description
of states involved in transitions becomes more complicated than for H because
of the interaction between the various electrons present. The energy levels of an
atom are characterized by the values of J, the magnitude of the total angular
momentum. The total angular momentum, J is defined by J =L +S. Here, L is
the orbital angular momentum: the vector sum of the orbital angular momenta
of the individual electrons. The spin of the atom, S, is the sum of the electron
spins, where each electron has a spin 1/2 that can be parallel or antiparallel.
The total angular momentum, J, is formed by vector addition and can take the
integral values, (L+S), (L+S—1),(L+S—2),...,|L—S]. There are thus 25+ 1
possible J values. When relativistic effects are small, a level with a given L and
S is split into a number of distinct levels with different values of J, because of
spin-orbit coupling. This coupling is a result of the interaction of the magnetic
moment of the electron spin with the magnetic moment of the orbital motion. This
fine-structure splitting is a small perturbation — of the order of a?Z*, with « the
fine-structure constant (= 1/137) and Z the nuclear charge. Transitions among
the fine-structure levels occur therefore at near-to far-IR wavelengths.

Energy levels are then designated by term symbols, 25*!L ,, with the different
values for the total orbital angular momentum, L =0, 1, 2, ..., denoted by capital
roman letters, S, P, D, ...! The multiplicity of the term, 25 + 1, can take values
1,2,3, ..., and leads to the designation singlet, doublet, triplet, ..., levels. Each of
these levels is still degenerate with respect to the orientation of J; e.g., J is space
quantized in a magnetic field. Designating M as the component of J along the
direction of the magnetic field, M can take the values, J, (J—1), (J=2),...,—J
(e.g., gy =2J +1). Generally, the nuclear spin is of little concern. However, for
HI, the hyperfine structure, resulting from the interaction of the magnetic moments
of the electron and the nucleus, is of particular interest because it gives rise to the
21 cm line. This interaction is quite weak and the resulting splitting is very small.
All this terminology of electronic terms can be interpreted in classical terms of
orbital and spin angular momentum and the coupling between them. However,
in addition, there is the quantum-mechanical concept of parity, which has no
classical analog. Parity describes the behavior of the wave function, ¥(x, y, z),
under reflection where even parity corresponds to ¥(x,y,z) = ¥(—x, —y, —2)
and odd parity, (x,y,z) = —(—x, —y, —z). Odd parity is indicated by a left
superscript o.

Selection rules for electronic transitions are summarized in Table 2.2. These
merely reflect conservation principles. Thus, angular momentum has to be

! Unfortunately, convention uses very similar notation for L = 0 (S) and for the electron spin angular momen-
tum ().
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conserved under vector addition and, given that the photon has one unit of
angular momentum, this leads to the AJ and AL rules. The electron spin can only
be changed by a magnetic field. The parity rule reflects that the dipole operator
in the transition moment integral (proportional to the transition probability) has
odd parity and hence only couples states with opposing parity. In the weak spin-
orbit coupling regime (LS-coupling, also called Russell-Saunders coupling), the
fine-structure energies are small compared to the energy differences of the levels.
In the LS-coupling case, both L and S are “good” quantum numbers, which are
conserved. When the coupling increases, (e.g., for heavier elements with larger
nuclear charge), this rule breaks down and the spin-orbit interactions become as
strong as the interactions between individual spins or orbital angular momenta.
For LS coupling, conservation of S results in the segregation of transitions into
groups associated with singlet, triplet, or quintet states, and transitions between
these different S-states are weak. Conversely, this then implies that a species
can become “trapped” in the lowest triplet or quintet state, which can represent
considerable internal excitation.

As an example, consider neutral carbon with six electrons (1s?2s22p?). In the
ground state, four of these are paired up in 1s and 2s orbitals and two occupy 2p
orbitals but with the same spin (e.g., 1s>2s22p> where the superscript indicates the
number of electrons in the shell). These parallel spins give favorable exchange
interactions. The ground state has thus L=1,5=1, and J =0, e.g., 3PO. Fine-
structure interaction then produces two levels, *P; and *P, at 16.4 and 43.4cm™!
above the ground state. The state where the electrons have opposing spin has
slightly higher energy and has L =2,5 =0, and J =2 with designation, 'D,
at about 10000 cm~! above ground. The next state up is a 'S, state at about
21600cm™'. These levels arise from the same electron configuration and are
thus only linked through forbidden transitions. In particular, the P levels are
connected through fine-structure transitions at 609 and 370 wm. The forbidden
character of transitions between the low-lying states is a very general point: all
the low-lying electronic levels of the more common species arise from the same
electronic configuration as their ground state and transitions are forbidden because
of the parity selection rule.

Molecules

We will first discuss diatomic molecules, which in many ways we can describe
in terms of an equivalent atom. Many of the concepts of atomic spectroscopy
carry directly over into molecular spectroscopy. The nuclei in diatomic molecules
produce an electric field along the internuclear axis. The component of the
angular momentum vector of each electron along the internuclear axis can only
take on values m; =1, (l—1),(l—2), ..., —I. The variable, A, is then defined
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as the absolute value of m;, where A =0,1,2,..., correspond to o, 3§, ...,
completely analogous to atomic s, p, d, ..., orbitals. For centrosymmetric species
(e.g., homonuclear diatomics), parity under inversion is indicated by g for even
and u for odd (the wave function does not change sign and changes sign, respec-
tively). The term symbols of electronic levels in diatomic molecules are then
characterized by the component of the total angular momentum along the inter-
molecular axis, A equal to the sum of the As. Analogous to the designation,
S, P, D, ..., for atoms, we have for diatomic molecules, X, II, A, ..., corre-
sponding to A =0, 1, 2, ... The multiplicity of the term is indicated by a super-
script with the value 25 + 1, reflecting the orientation of the total spin angular
momentum, 3, with respect to the internuclear axis, where 3 can take the values
S,(§—1),(S—2),...,—S.2 The total angular momentum () is the sum of the
orbital and spin angular momenta along the internuclear axis, ) = A+ 3. We
can then designate molecular terms as ZS“AM, ¢» Where the subscripts only apply
to centrosymmetric species. For 3 terms, a £ superscript indicates the behavior
of the wave function under reflection in the plane containing the two nuclei. As
for atoms, coupling of the magnetic moments associated with spinning/orbiting
charges is important. In this case, in addition to the orbital and spin angular
momenta, we also need to consider the nuclear rotations. Two limiting cases are of
interest: Hund’s case (a), where the latter is unimportant and spin—orbit coupling
is dominant, and Hund’s case (b), where the spin couples strongly to the nuclear
rotations and weakly to the orbital motions.

As for atoms, the total angular momentum must change by 0 or 1 (and
J = 0+« 0). The selection rules for allowed electronic transitions are now
AA = 0,£1,AS=0,A3 =0, and AQ =0, £1. The selection rules associ-
ated with symmetry are now: for 3 terms, only 3% < 3 and 3~ <> 3~ are
allowed. For centrosymmetric species, only transitions with a change in parity
(e.g., u <> g) are allowed. As for atoms, the conservation of electronic spin can
lead to metastable excited levels.

So, molecular hydrogen has the ground state 12; with § =0, A =0, and
Q =0 and bound excited singlet states, '3+ and 'TI, (Fig. 2.2). There is also a
repulsive electronic triplet state, >3, at intermediate energies and bound excited
triplet states (*I1, and 32;). Molecular oxygen has a ground state 32; and carbon
monoxide has the ground state !> *. Singlet—triplet transitions are forbidden and
the first allowed electronic transitions for molecular hydrogen are the Lyman
('=F —'3F) and Werner (' —'11,) bands.

In polyatomic molecules, electronic transitions are often connected to the exci-
tation of specific types of electrons or electrons associated with a small group of

2 Again, convention uses very similar notations for the A = 0 term () and the total spin angular momentum ().
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Figure 2.2 Schematic of the low-lying electronic energy levels of H, as a
function of the separation between the two hydrogen atoms. Some vibrational
levels in the ground electronic state are also schematically included. Dissoci-
ation and ionization energies are indicated on the right-hand side in eV and
cm~'. Some excitation energies are given on the left-hand side in cm™!. All
energies are relative to the v =0 level in the ground electronic state. Figure
reproduced from G.B. Field, W.B. Somerville, and K. Dressler, and reprinted
with permission from Ann. Rev. Astron. Astrophys., 4, p. 207, ©1966, by Ann.
Rev. (www.annualreviews.org).

atoms in the species. For example, the 7* <— 7 transition in a C= C bond occurs
around 60000 cm~! (1600 A), while in a C= O bond this transition occurs around
36000cm~" (2800 A). In a conjugated chain, this transition will shift to longer
wavelengths. It is not possible to review the spectroscopy of polyatomic species
here. In short, for a given nuclear geometry, molecular orbitals are constructed
from atomic orbitals. The available electrons are then divided over these orbitals
to construct electronic configurations, taking electron correlation into account
(e.g., the Pauli principle). The lowest electronic configuration is then the ground
state. For organic molecules, the ground state possesses a “closed shell” configu-
ration (i.e., all the bonding and non-bonding orbitals are filled with a pair of elec-
trons). Radicals (and often ions) possess molecular orbitals with only one electron.

For our purposes, the relevant electrons are located in the highest filled molec-
ular orbitals. Deeper-lying electrons are not easily excited by the relatively low
energies of photons in the interstellar medium. Radicals have transitions at low
energies (i.e., in the visible range of the spectrum) associated with the partially
occupied molecular orbital. Ground-state configurations for species where the
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electrons are paired must be singlet and are labeled S; where the S indicates
singlet and the O the ground state. Electronically excited singlet states are then
enumerated according to their energy as S, S,, ... Excited states do not have to
have paired electron spins. Hence, we can distinguish triplet states, which are
designated T, T, ... (the subscript O is exclusively assigned to the ground state).
The lowest triplet state is at somewhat lower energy than the first excited singlet
state, reflecting the better electron correlation in the former. This energy differ-
ence ranges from ~0.3 to 3 eV. For polycyclic aromatic hydrocarbons this energy
difference is typically 1-1.5eV (Fig. 2.3). As for atoms and diatomic molecules,
allowed radiative transitions have no change in electron spin. Hence, the lowest
triplet state is metastable with respect to the ground state.

Up to now, we have purposely avoided the most striking aspect of molecular
spectra, the presence of considerable substructure associated with nuclear vibra-
tions and rotations. The quantization of vibrations and rotations will be discussed
in more detail in Sections 2.1.2 and 2.1.3. What is of importance here is that during

Energy

Figure 2.3 Schematic diagram of singlet and triplet electronic levels of an
organic molecule. The electronic states are displaced horizontally for clarity but
this has no physical meaning. The vertical axis denotes energy on an arbitrary
scale. Within each electronic state, vibrational levels are schematically displayed.
The rotational sublevels are not shown.
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an electronic transition, the molecule may also change its vibrational or rotational
state. This may result in vibrational sidebands, which are shifted in energy by
one or more quanta of vibrational energy (~1000-3000 cm™"). In addition, these
bands also show small-scale structure caused by simultaneous rotational transi-
tions. As for vibrations, these are classified in terms of classical P, Q, and R
branches (cf. Section 2.1.2). The general appearance of these bands reflects the
difference in rotational constants between the two electronic states involved in
the transition.

2.1.2 Vibrational spectroscopy

The essence of vibrational spectroscopy is contained within Hooke’s law for a
harmonic oscillator,
pe L [ 2.1)
2mc\
with v the fundamental frequency,  the force constant, and W the reduced mass
of the molecular units vibrating. The factor c is included to transform the unit to
wavenumbers (cm~!) for cgs units, commonly used in spectroscopy. Molecular
bond strengths are, of course, very similar to binding energies of electrons to an
atom. However, the frequencies of the transitions of molecular vibrational levels
are, thus, shifted to lower energies by /m./M, with m, and M the masses of
the electron and atom, respectively, and occur in the near- and mid-IR. Real
molecules are not harmonic oscillators and, as a result of anharmonicity of the
bonding, hot bands (e.g., 2—-1, 3-2) are generally shifted to lower frequencies. All
the possible vibrational motions of a molecule can now be described in terms of
these fundamental modes. A non-linear molecule containing N atoms will have
3N — 6 normal modes; a linear molecule 3N — 5. Not all of these modes will
lead to distinct absorptions. Some of the modes will occur at the same frequency
and hence these modes are degenerate. Others will not be infrared-active because
the dipole moment does not change during the vibration. So, as an example,
methane has nine fundamental modes but only the symmetric and asymmetric
stretching and bending vibrations of the C—H bonds about the central C atom
show up in the IR absorption spectrum: the v,(1306cm™"), the v,(1534cm™1),
and the ;(3019cm™~!) modes. Vibrations in homonuclear molecules do not lead
to changes in the dipole moment and hence are inactive in the infrared. Mixing of
isotopes in such species will lead to infrared absorptions. Likewise, interactions
with the environment in a solid will introduce weak infrared activity.
Vibrational transitions are very characteristic for the motions of the atoms in
the molecular group directly involved but much less sensitive to the structure of
the rest of the molecule. Characteristic band positions of various molecular groups
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X—H bond stretching modes
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Figure 2.4 Summary of the vibrational frequencies of various molecular groups.
The filled boxes indicate the range over which specific molecular groups absorb.
The vibrations of these groups are schematically indicated in the linked boxes.
Figure kindly provided by D. Hudgins.

are illustrated in Fig. 2.4 and summarized in Table 2.3. Modes involving motions
of hydrogen occur at considerably higher frequencies than modes involving similar
motions of heavier atoms (Hooke’s law again). Thus, H-stretching vibrations occur
in the 3 wm region, while stretching motions among (single-bonded) C, N, and O
atoms are located around 10 pm. Likewise, when the bond strength increases, the
vibration shifts to higher frequencies. Simplistically speaking, single bonds are
characterized by two electrons occupying the bonding molecular orbital. Similarly,
double bonds and triple bonds correspond to four and six electrons in the bonding
molecular orbitals. Because the bond strength increases from single bonds to
double bonds to triple bonds, the location of singly, doubly, and triply bonded
CC vibrations shifts from about 1000 to 2000cm™~" (Fig. 2.4).

The actual spectrum of a gaseous compound is much more complex because
transitions are actually combined rotational-vibrational transitions where both the
vibrational and the rotational energy can change. This gives rise to three sets
of absorption bands corresponding to AJ =1 (R branch), AJ =0 (Q branch),
and AJ = —1 (P branch), where AJ = J' —J with J' and J the rotational quan-
tum numbers in the upper and lower vibrational state, respectively. For elec-
tric quadrupole transitions, the selection rules are AJ =2 (S branch), AJ =0
(Q branch), and AJ = —2 (O branch). These sets of bands are, of course, shifted
from each other by the difference in rotational energy content of the species.
Consider as an example a diatomic molecule, which we represent here as a
harmonic oscillator and a rigid rotor. The energy is then given by

E(v,J):w(v—i—%)—i—BJ(J—i—l), (2.2)

with v and J the vibrational and rotational quantum number, w the vibrational
frequency, and B the rotational constant. The R branch (v=1— 2, J - J+1)
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Table 2.3 Characteristic vibrational band positions

Group Mode Frequency range (cm™')  Note
OH stretch
free OH 3610-3645¢ sharp
intramolecular? 3450-3600 sharp
intermolecular® 3200-3550 broad
chelated? 2500-3200 very broad
NH stretch
free NH 3300-3500 sharp
H-bonded NH 3070-3350 broad
CH stretch
=C-H 3280-3340
=C-H 3000-3100
CO-CH; 2900-3000 ketones
C-CH; 2865-2885 symmetric
2950-2975 asymmetric
O-CH; 2815-2835 symmetric
2955-2995 asymmetric
N-CH; 2780-2805 aliphatic amines
N-CH; 2810-2820 aromatic amines
CH, 2840-2870 symmetric
2915-2940 asymmetric
CH 2880-2900
C=C stretch
c=C 2100-2140 terminal group
C-C=C-C 2190-2260
C-C=C-C-C=C- 2040-2200
C=N stretch
saturated aliphatic 2240-2260
aryl 2215-2240
C=0 stretch
non-conjugated 1700-1900
conjugated® 1590-1750
amides 1630-1680
C=C stretch
—-HC=C=CH, 1945-1980
—HC=C=CH- 1915-1930
CH bend
CH, 1370-1390 symmetric
1440-1465 asymmetric
CH, 1440-1480
CH 1340

CO-0O-C stretch
formates ~1190
acetates ~1245
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Table 2.3 (cont.)

Group Mode Frequency range (cm™!) Note
C-O-C stretch
saturated aliphatic 1060-1150 asymmetric
alkyl, aryl ethers 1230-1277
vinyl ethers 1200-1225
aromatic modes
C-H stretch ~3030
C-H deformation ~1160 in plane
C-H deformation 900740 out of plane/
C=C stretch 1590-1625, 1280-1315

@ The OH frequency of free water occurs at 3756cm™".

b H-bonded as dimer or polymer.

¢ In a fully H-bonded network such as ice.

4 The OH is H-bonded to an adjacent C=0 group.

¢ Two double bonds separated by a single bond.

/ Pattern of bonds whose position depends on number of adjacent C-atoms with H.

corresponds to ¥ = w+ 2B (J + 1) and the Pbranch (v=1—2, J > J—1) to
v = w — 2BJ . Forall heteronuclear diatomic molecules (and some vibrations of linear
polyatomic molecules), the Q branchis absent butitstransitions(v=1— 2, J — J)
would occur at v = w. Thus, the spectrum consists of two sets of absorption bands
where the individual transitions are separated by the rotational constant. This is
illustrated in Fig. 2.5 for CO. In a real molecule, the effects of centrifugal distortion
(as the molecule spins faster, the bond stretches, the moment of inertia increases, and
B decreases; cf. Section 2.1.3) and the coupling between rotations and vibrations (as
the bond stretches, the moment of inertia increases and B decreases; cf. Section 2.1.3)
have to be included and this will shift these bands slightly and separate out the
individual Q branch transitions; but the principle remains.

In the solid state, rotations are generally suppressed and hence the rotational—
vibrational bands collapse to one absorption band at the band origin. This band
position will be shifted with respect to the free (gas phase) species because of
interactions with neighboring molecules. This shift will be larger if the interaction
is stronger. For species isolated in inert matrices (e.g., a noble gas) where only
weak van der Waals forces are active, the peak position will be close to the
gas phase origin (e.g., the position of the Q branch). For molecules that can
form complexes or even stronger H bonds, the shift can be substantial. Water is
notorious in this respect and the v; mode of isolated H,O shifts from the gas phase
position, 3756 cm™!, to 3733 cm~! in an Ar matrix, 3727 cm~! in an N, matrix
and 3707 cm™! in a CO matrix. For the dimer (two H,O molecules H-bonded to
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Figure 2.5 The infrared absorption spectrum of CO in the gas phase, at different
spectral resolutions (top three curves). To first order, the P and R branches consist
of equidistant absorption lines with an absorption intensity that initially increases
with J owing to the statistical weight but, eventually, Boltzmann statistics take
over. The bottom curve shows the absorption spectrum of solid CO. Absorp-
tion increases upwards in each curve. Figure reproduced with permission from
L.J. Allamandola, 1984, in Galactic and Extragalactic Infrared Spectroscopy,
ed. M. Kessler and P. Phillips, (Dordrecht: Reidel), p. 5.

each other), the peak positions are 3726 and 3709 cm~! (Ar matrix), 3715 and
3699 cm~! (N, matrix), and 3673 and 3493 cm~! (CO matrix). In crystalline
H,O ice, this effect is very strong, on account of H-bonding, and the v; mode is
located at 3206 cm~!. In contrast for CO, which forms only weak bonds, these
shifts are always small; gas phase 2143 cm~!, CO isolated in N, 2140 cm™!,
CO isolated in Ar 2138.4 cm™', and solid CO 2138.4 cm™'. Different modes in
a molecule are often affected differently. For water, the stretching mode shifts by
some 300 cm~! while the bending mode shifts by only 65 cm™!. Finally, besides
the peak position, the width of a band is also severely affected by solid-state
effects. In the gas phase, the width is set by the Doppler or turbulent broadening
of the medium and is, for galactic objects, of the order of 3kms~! (0.02cm™1).
A species trapped in the solid phase will experience variations in the interaction
with the environment from one site to another. This will result in slight shifts
in the peak frequency and hence broadening of the line. When the interaction
with the environment is small (as for an inert species in a noble gas matrix) this
broadening is 1-3cm™!, but this broadening is very large for H-bonding species
in an H-bonding environment (e.g., 300 cm™! for solid H,0).
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Vibrational spectra can be used as fingerprints for the identification of the
molecular groups of a species and, hence, provide a powerful tool to determine
the class of molecules present (e.g., alkanes versus aldehydes). However, as a
rule, vibrational spectra cannot easily distinguish the specific molecule within a
class. The smallest molecule within a class often forms an exception to this rule.
For example, the C—H stretching vibration of methane (3019cm™!) is shifted
from that of other alkanes (2840-2975cm™!). For a pure substance, subtleties
within the spectra can be used to identify the compound present. Thus, the
spectrum of n-hexane (CqH,,) will show absorptions at the positions of the
stretching and bending vibrations of methyl (CH;) and methylene (CH,) groups
in a relative strength commensurate with the intrinsic strength of the modes of
these molecular groups and the relative number of CH; and CH, groups present
in the molecule (two versus four groups). The isomer isohexane (2-methylpentane
with an additional methyl group replacing one of the Hs on the second C atom
of the pentane molecule) will also show methyl and methylene absorptions but in
a different relative strength (three versus three groups). Furthermore, the methyl
bands will be split because of interaction between the adjacent CH; groups. In
the gas phase, identification can be considerably aided by resolved P, Q, and R
branches. In the solid state, when a mixture of species is present, identification
of specific molecular species present within a class is often daunting.

2.1.3 Rotational spectroscopy

Diatomic and linear polyatomic molecules
For a rigidly rotating (i.e., internal nuclear geometry fixed and ignoring electronic
motions) diatomic or linear polyatomic molecule, the rotational energy levels are
given by
EI’
— =B, J(J+1), (2.3)
hc

with B, the rotational constant and J the rotational quantum number (cf. Eq. (2.2)).
The rotation constant is equal to

h
B, =—F—, 2.4
¢ 8m2cl 24
with I the moment of inertia,
] = Zmirl.z, (25)
i

and m; the mass of atom i at distance r; from the center of mass. If we allow
for centrifugal stretching of the rotating molecule, then we have to add a term
—D.J?*(J +1)? to Eq. (2.3) with D, = 4B? /w? and o, the vibrational frequency
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Table 2.4 Characteristics of molecular cooling lines

Species Transition v,,(GHz) E,(K) A, (s7h n, (cm™?)
Co 1-0 115.3 5.5 7.2x 1078 1.1x10°
2-1 230.8 16.6 6.9 x 1077 6.7 x 10°
3-2 346.0 33.2 2.5x 107 2.1 x10%
4-3 461.5 55.4 6.1 x 107° 4.4 x 10*
54 576.9 83.0 1.2x 1073 7.8 x 10*
6-5 691.2 116.3 2.1x1073 1.3x10°
7-6 806.5 155.0 3.4x107° 2.0x 10°
CS 1-0 49.0 24 1.8x10°¢ 4.6 x 10*
2-1 98.0 7.1 1.7x107° 3.0 x 103
3-2 147.0 14.0 6.6 x 107 1.3x10°
5-4 244.9 35.0 3.1x 107 8.8 x 10°
7-6 342.9 66.0 1.0x 1073 2.8 x 107
10-9 489.8 129.0 2.6x1073 1.2 x 108
HCO* 1-0 89.2 4.3 3.0x 1073 1.7 x 10°
3-2 267.6 26.0 1.0x 1073 4.2 x10°
4-3 356.7 43.0 25%x 1073 9.7 x 10°
HCN 1-0 88.6 4.3 2.4 %1073 2.6 x 10°
3-2 265.9 26.0 8.4x10~* 7.8 x 107
4-3 354.5 43.0 2.1x1073 1.5x 108
H,CO 2-1y, 140.8 6.8 54x107° 1.1 x 10°
3,521, 211.2 17 23x 107 5.6 x 10°
4,3, 281.5 30 60x107*  9.7x10°
515414 351.8 47 12x1073  2.6x107
NH, (1,1) inversion 23.7 1.1 1.7 x 1077 1.8 x 10°
(2,2) inversion 23.7 42 2.3x1077 2.1x10°
H, 2-0 1.06 x 10* ¢ 510 29x 107" 10
3-1 1.76 x 10*® 1015 4.8 x 10710 300
4 A=282wm.
b\ =17.0um.

(in cm™"). Radiative rotational transitions are allowed for AJ = %1, corresponding
to

E(J+1)—E(J) =2hcB (J +1), (2.6)

for a rigid rotor and the spectrum consists of a set of evenly spaced lines in
frequency space. Centrifugal distortion will destroy this constant separation. The
separation of the lines will now increase in half of the spectrum and decrease
in the other half. Table 2.4 summarizes the characteristics of rotational transi-
tions of diatomic molecules. Molecules consisting of heavy atoms have rotational
constants corresponding to ~3K and the J =1 — 0 transition falls at a few
millimeters. Because of the lower mass, the rotational energy levels of hydrides
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are shifted to higher energies; i.e., the submillimeter or far-infrared range. The
statistical weight is given by g; =2J 4 1.

Molecular hydrogen is a homonuclear molecule and has no permanent dipole
moment and, hence, no allowed dipole transitions. H, has weak rotational
quadrupole transitions with AJ = £2. Thus, the energy levels of H, divide
out into two separate ladders with even or odd J, which are not connected
by radiative transitions. Because of symmetry considerations, the even states
correspond to para H, (i.e., antiparallel nuclear spins) and the odd levels to
ortho states (e.g., parallel nuclear spins). Then, owing to nuclear spin statistics
(gg =2S5+1), the ortho levels have three times the statistical weight of the para
levels.

Symmetric top molecules

For a non-linear molecule, the rotational energy will depend on the axis of rotation.
Two of the moments of inertia are equal — usually by symmetry — in a symmetric
top molecule. For a prolate symmetric top, I, < Iz = I~ (a cigar shape) and for an
oblate symmetric top, I, = Iz < I~ (a disk shape) with [; the respective moments
of inertia. The rotational motion is characterized by two quantum numbers: the
total angular momentum, J, and its projection on the symmetry axis, K. For a
prolate symmetric top, the energy levels are given by

% =BJ(J+1)+(A-B)K?, (2.7)

where the rotational constants, B and A, are given by
h

= —) 2.8
8772 CIB ( )
h
= — (2.9)
8m2cl,
and A > B. For an oblate symmetric top, we have
E
h—f =BJ(J+1)+(C—B)K?, (2.10)
C
where the rotational constant, C, is given by
h
=— (2.11)
8m2cl,

For a prolate top, we recover the expression of a linear or diatomic molecule
with I, =0 for K = 0. Figure 2.6 illustrates the energy levels for a prolate and
an oblate symmetric top. The value of K must not be greater than J (i.e., |K| =
J,J—1,7—-2,...,0). Except for K =0, all K states are doubly degenerate,
corresponding to opposite directions of rotation around the figure axis. The energy
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levels divide thus into separate ladders with / =K, K+ 1, K+2, ... Hence, for a
given K, the energy levels of a symmetric top show the same simple structure as
linear molecules but the different K ladders are offset by (A — B)K? in energy. For
a given J value, the energy of a level increases with increasing K for a prolate top
while it decreases for an oblate top (cf. Fig. 2.6). We recognize that the molecule
is rotating around its principal axis when |K| is close to its maximum, J, and
rotating end-over-end when K = 0.

Radiative transitions are allowed between the J levels within a given K ladder
(AJ =1, AK = 0), which again reflects angular momentum conservation of the
oscillating dipole of a rotating polar molecule coupled with the spin of the photon.
As for the linear rotor, the spectrum consists of a simple series of equidistant
lines, separated by 2B(J + 1), which, in first order, overlap for all K-values. Thus,
the transition J =1 —0 for K = 0 occurs at v = 2B, the transitions J =2 —1
for K=0, 1 areat v=4B,and J=3—-2 for K =0,1,2 at v = 6B. However,
because of centrifugal distortion, the transitions with different K values separate
out. Note that the lowest level in each K ladder is metastable. Each level is, as
usual, 2J +1 fold degenerate.

Asymmetric top molecules

For asymmetric top molecules, all three moments of inertia are different and there
is no simple general formula describing the energy levels. When Iz >~ I, # I
(oblate) or Iz >~ I~ # 1, (prolate), the levels can be represented by Jg- g+, where
K~ and K are approximate quantum numbers. As an example, formaldehyde is
a near-prolate molecule. The energy levels show the characteristic pattern of the

prolate 99— oblate
9—— 9 99— g
9 —— 9—— 9 s S— 4
8—
— 8 — §—— g
g — 88— 8 7— § 8 §—
S 7—
> . —_— [ 77— .
%u 7 7 6 6 =) 7 7 7T — 7
G| 6 — 6—— 07— ST g
5 Jp— G| 6T 6 6 6——
s s 5 e s 6——
4— 4— ¢ 3—o 3 5 s—
O b a4,
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0 1 2 3 4 f= 1T—
0 1 2 3 4

Figure 2.6 Schematic rotational energy level diagram for a prolate (left) and
oblate (right) symmetric top molecule. Energy increases upwards. The individual
levels have been labeled with their J value. The K ladders have been shifted
horizontally. Allowed transitions occur within each K ladder. Because K is the
projection of J on the molecular symmetry axis, we have K < J.
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Figure 2.7 Energy level diagram for H,CO, a near-prolate molecule. Note that
formaldehyde has para, K is even, and ortho, K is odd, levels. Figure repro-
duced with permission from J. G. Mangum and A. Wootten, 1993, Ap. J. S, 89,
p. 123.

prolate case (Fig. 2.7). The slight deviation from the pure prolate symmetric top
case lifts the degeneracy of the levels with K > 0 and each level is now split into
two. Nevertheless, for the lowest levels, transitions between the different K ladders
are still not allowed. Finally, note that formaldehyde has para (K = even) and
ortho (K = odd) states.

H,0 is an example of an asymmetric top molecule. Its energy levels (Fig. 2.8)
can still be described by Jg- g+ but transitions between K ladders are now allowed.

Partition function

For rotational transitions, the transitio